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ABSTRACT

Binaries are thought to be the primary heating source in globular clusters, since
they can heat the environment of globular clusters by converting their binding energy
to the kinetic energy of the incoming stars through the dynamical interactions. Even
a small primordial binary fraction is sufficient to postpone globular clusters from
the core collapse for many relaxation times. So the binary fraction is an essential
parameter which can dramatically affect the dynamical evolution of globular clusters.
In this thesis work, I determined the binary fractions for a sample of 35 Galactic
globular clusters with their color-magnitude diagrams (CMDs), which covers a wide
range of the dynamical ages and metallicity. Those CMDs were constructed with
the PSF photometry by Dolphot (V1.2) from their HST ACS archival data. Three
different methods were used to estimate the binary fractions within the core, the
half-mass radius, and the whole field of view regions. The binary fractions along the
cluster radial bins were also analyzed. From the results, I found that the mean binary
fractions within the core and the half-mass radii are 7.0% and 5.6%, respectively. The
binary fractions within the core and the half-mass radii correlate with the cluster ages,
with decreasing binary fractions against time, but not with their dynamical times and
metallicity. The binary fractions within the half-mass radius also correlate with the
cluster absolute V magnitudes, with fainter clusters having higher binary fractions.
The radial distribution of the binary fractions show a significant correlation with
the cluster radii, with decreasing values outwards. This is consistent with the mass
segregation effect predicted by the simulations of the dynamical evolution of globular

clusters. I also compiled a catalog containing 6,004 high mass-ratio binary candidates

Xiv



selected from 23 Galactic globular clusters in our sample through their CMDs, which
can be used to search the main-sequence-main-sequence binaries in globular clusters

with the future radial velocity observations.
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CHAPTER 1

Introduction

Globular clusters (GCs) are very old and simple systems in the Universe, as they
only contain stars while having not much gas, dust, and dark matter. Those star sys-
tems usually have 10° to 10° old population stars (Hut et al., 1992a) only interacting
with each other through the gravitational forces. Even in such a simple stellar envi-
ronment, there are many questions unanswered. One of them is how they dynamically

evolve.

1.1 Early Theories for the Globular Cluster Dynamical Evo-

lution

There were large amount of studies over the last few decades focusing on how
globular clusters evolve under the gravitational forces (see Elson et al. (1987), Spitzer
(1987), and Hut et al. (1992a) for intense review). Early theories suggest four distin-
guished stages during the whole life of a globular cluster, according to its core radius,
where the surface brightness is half of its central value (Spitzer, 1987), and its total
mass. They are initial contraction, core collapse (Lynden-Bell & Wood, 1968; Cohn,
1980; Lynden-Bell & Eggleton, 1980), core oscillations (Sugimoto & Bettwieser, 1983;
Bettwieser & Sugimoto, 1984), and evaporation (Spitzer, 1940). During the initial

contraction stage, the core radius of a globular cluster contracts slowly with time. Af-



ter several relaxation times, it reaches the core collapse stage where the core shrinks
in size dramatically within a short time scale. The central stellar density becomes
so high that the hard binaries, whose orbital velocities are much greater than the
velocity dispersion of the host cluster (see Appendix A for discussions on hard bina-
ries), can be formed through the dynamical processes. Those hard binaries can later
provide heating energy to the cluster core by converting their binding energy to the
kinetic energy of the incoming stars, which will prevent the core from further col-
lapsing and eventually will make the core re-expand. The re-expansion will be halted
when all the binaries are destroyed or have escaped. Then the core will undergo
core collapse again. This core-collapse-and-re-expansion cycle is the core oscillation
stage. There will be several such cycles at the core oscillation stage until the whole
cluster is disrupted through evaporation process (i.e. high-speed stars escaping from
the cluster).

One observational feature of the dynamical evolution is the collapsed cores of
globular clusters through the surface brightness profile study. Newell & O’Neil (1978)
gave the first observational evidence of a collapsed core in M15. Unlike other non-
core-collapsed clusters, where the surface brightness profiles become flat towards the
center, the core-collapsed cluster M15 shows a cusp feature (i.e. the surface brightness
keep increasing toward the center, see Figure 1.1).

The median time scale for core collapse is short, about 2 Gyrs (Spitzer, 1987),
comparing to the mean age of the Galactic globular clusters which is much greater
than 5 Gyrs. This implies that the majority of the Galactic globular clusters today
should have undergone core collapse. The survey of Galactic globular clusters by
Djorgovski & King (1986), however, found only 21 out of 129 (or 16 %) globular
clusters with collapsed cores. The more recent survey by Harris 1996 (2010 edition)
shows a similar low fraction of the Galactic globular clusters with collapsed cores,

29 out of 157 (or 18 %). The contradictory of the core collapse time scale between
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Figure 1.1: Comparisons of the surface brightness profiles for globular clusters (Newell &
O’Neil, 1978). M15: core-collapsed cluster; M3 & 47 Tuc: normal clusters.

the theory and the observation raises the question whether the majority of globular
clusters have undergone core collapse and now in the re-expanding phase (Goodman,
1984; Djorgovski & King, 1986; Elson et al., 1987), or they did not even have core
collapse at all. Either way, there should be heating energy sources to re-expand the
clusters, or to delay the clusters from core collapse.

There are mainly three ways to provide heating energy in the globular cluster
cores: hard binaries, stellar mass loss, and intermediate-mass black holes. The binding
energy of a hard binary can be released during interactions with other stars or binaries.
The released energy can transfer to the incoming single star or the softer binary
system, so as to heat up the stellar environment. The hard binary, on the other
hand, will shrink in orbit and become harder, and eventually it will be destroyed
or escape from the clusters (Heggie, 1975; Hut & Bahcall, 1983). The hard binaries
can be formed dynamically during the late evolutional stage of a globular cluster,

where the stellar density is so high that single stars can form hard binaries through



dynamical interactions, such as quiescent low-mass X-ray binaries (qLMXBs), CVs,
and millisecond pulsars (MSPs). The problem is, the observed number of those
dynamically formed binaries is not enough to provide sufficient heating energy to
the cluster cores (Goodman, 1987). The majority of hard binaries, however, might
be formed primordially, i.e. they formed at the same time as other single stars in the
host globular cluster (Goodman, 1987).

The stellar mass loss (in terms of stellar winds, planetary nebula, or supernova
explosions) through the stellar evolution can diminish the mass of the cluster core, or
decrease the potential energy of the cluster. The potential energy will decrease more
than the kinetic energy of the system when reaching new equilibrium, making it an
indirect heating source to the cluster (Hut et al., 1992a). The required stellar mass
loss rate is ~ 1% of the total mass of the cluster for every relaxation time, which
would be too bright for the core comparing to the observations (Goodman, 1984;
Statler et al., 1987).

Intermediate-mass Black holes with mass less than 1000 M., can also provide an
indirect heating source. They tend to capture passing-by stars, which makes those
stars release part of their kinetic energy to the stellar environment. But the problem
is how such intermediate-mass black holes formed in globular clusters or whether they
exist at all (Goodman, 1984).

In summary, hard binaries are important in globular clusters, because they can
provide heating energy to the cluster cores, and they can affect and accelerate the
stellar evolution processes, so as to provide heating energy indirectly in terms of stellar
mass loss. Early simple simulation shows that even a small fraction of primordial

binaries can prevent globular clusters from core collapse for several relaxation times

(Gao et al, 1991).



1.2 The Modern Simulations for the Globular Cluster Dy-

namical Evolution Including Binaries

Constructing a dynamical model of a globular cluster is not easy, as the total
number (10° ~ 10%) is too big for direct star-by-star tracking, and too small to use
the mean field theory. Adding binaries in the model makes the simulation even more
difficult. The time scale of a binary is from seconds to days comparing to the ages of a
typical globular cluster (several Gyrs), and the distance is several AUs comparing to
the size of a GC (tens of parsecs). Large magnitude span in both time and distance
makes the simulation of the dynamical evolution for globular clusters really time
expensive. This limited the early simulations to the size of several hundred stars to a
few thousands (McMillan et al., 1990, 1991; McMillan & Hut, 1994), or similar to the
open cluster condition, and only considered equal mass point stars (Gao et al, 1991;

McMillan et al., 1990).

1.2.1 Monte-Carlo Simulations

The recent Monte-Carlo dynamical simulations of globular clusters are performed
by Fregeau et al. (2003), who used a self-consistent two-dimensional Monte-Carlo
simulation method, and assumed first only equal-mass binaries and later a mass-ratio
range from 0 to 1 (Fregeau & Rasio, 2007). They included direct integration of binary
scattering interactions (Fregeau & Rasio, 2007), and later also included single and
binary stellar evolution codes SSE and BSE from Hurley et al. (2000), Hurley & Shara
(2002), & Hurley et al. (2002) (Chatterjee et al., 2010). Ivanova et al. (2005) used
a simplified model, considering stellar evolution with StarTrack (Belczynski et al.,
2008), and the strong dynamical interactions of binaries are integrated numerically
with Fewbody (Fregeau et al., 2004).

Their main results are in Figure 1.2 to 1.5. In Figure 1.2, the third part of the



first plot shows the cluster size (in unit of the half-mass radius) versus time (in unit
of the half-mass relaxation time). It is obvious that even with 2% binary fraction,
it is sufficient to postpone the onset of core collapse for several relaxation times (22
trp, with 2% binary fraction (solid line) VS. 10 ¢, without binaries (dashed line)).
The second panel in this figure also shows the linear relationship between the core
collapsed time (in unit of the core collapsed time without binaries) and the binary
fractions. Note that, when the binary fraction is high enough, the globular cluster will
be tidally disrupted even before reaching the core collapsed phase. The third plot in
Figure 1.2 shows the binary fraction at different regions of the clusters evolving with
time for different models. The binary fraction at the core region usually increases
with time at the beginning due to mass segregation effect, where heavier stars (e.g.
binaries) tend to sink to the core while lighter stars (e.g. single stars) tend to drift
outwards, and decreases later due to the binary destructions and escaping. The binary
fractions at outside region stay roughly the same over time.

In Figure 1.3, the ratio of the core to the half-mass radius is plotted against the
binary fraction. At the low binary fraction region, the radius ratio increases, while
at the high binary fraction region, the radius ratio decreases.

Figure 1.4 also shows the binary fraction evolution Vs. dynamical time by Ivanova
et al. (2005). The core binary fraction increases from initial 0.2 to 0.35 at 4t,, and
decreases to 0.3 at 20t,,. The binary fraction at the outer region decreases from (.2
to 0.08 at 20 t,.

Figure 1.5 shows the binary fractions vs. time at different regions (upper curve
for core, lower curve for whole cluster) by Chatterjee et al. (2010). The core binary
fraction increases with time till 16 Gyrs and decreases after that. The binary fractions

outside the core radius generally stay unchanged over time.
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1.2.2 N-body Simulations

Hurley et al. (2007) performed the first realistic N-body simulations (n=100,000)
of globular clusters including binaries in the range of 5% to 50%. Their results are
similar to Figure 1.5, only that when binary fractions increase, there will be slightly
deviations between different evolution curves (see Figure 1.6, first two rows). The
lower two panels show the radial distribution of binary fractions, which decrease
dramatically outwards to the half-mass radius, but stay unchanged beyond that.

Figure 1.7 gives an example of the dynamical model for NGC 6397 (Hurley et
al., 2008), where the outer binary fraction (upper plot) remains unchanged over time
while the core binary fraction (lower plot) increases against time. This gives us a way
to measure the primordial binary fraction, i.e. only measuring the binary fraction

outside the core.

1.2.3 Full Analytical Analysis

Sollima (2008) provides a full analytical method to construct the dynamical models
of a globular cluster. Figure 1.8 shows the radial distribution of binary fractions at
different ages and with different models. The decreasing feature of the binary fractions
outwards is consistent with the N-body simulation by Hurley et al. (2007), suggesting
that this radial distribution is the result of the dynamical mass segregation effect. The

lower plots show the mass-ratio function evolution before and after the simulation.

1.2.4 Their Agreements and Divergences

There are some agreements and discrepancies between Monte Carlo simulations
and N-body simulations. But one should realize that the core density and cluster mass
are not the same, both of which affect the half-mass relaxation time and hence the
mass segregation timescale, as well as the binary dynamical interaction rate. Fregeau

et al. (2009) provides such comparison between Monte-Carlo and N-body simulations.
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They found that the binary fraction increases in core with time (5% initial to 10% at
present), dominated by mass segregation process. The overall binary fraction stays
the same over time, due to the combination of stripping single stars from outskirts and
binary disruptions. They also found that the observed MS-MS binaries only consist
a small portion of the total true binaries (23% of all binaries at 14 Gyrs), while the
majorities are in forms of MS-WD (44%) and WD-WD (32%) binaries.

The main agreements are that binaries can postpone core collapse, and globular
clusters should show mass segregation features, such as the binary fractions radial
distribution (see Figure 1.2, 1.6, and 1.8). The main disagreement is on whether
the core binary fractions should increase with time (Fregeau et al., 2003; Hurley et
al., 2007, 2008; Fregeau et al., 2009; Chatterjee et al., 2010) or decrease with time

(Ivanova et al., 2005).
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1.3 The Observations of the Globular Cluster Binaries

Although the theoretical models and simulations are well developed for the evo-
lution of globular clusters with binary burning process, sufficient observations to test
these models are lacking. One reason is that it is very difficult to isolate individual
stars in the high density region such as the cores of globular clusters from the ground
based telescope. The other reason is that photometry errors are very large due to
superposition of those blending stars. These two difficulties make the determination

of binaries fraction challenging.

1.3.1 X-ray Point Sources in Globular Clusters

Unlike the optical images of globular clusters, where hundreds of thousands of stars
are observed in a small field, the X-ray images only show dozens of point sources (Fig-
ure 1.9). Those point sources can be categorized according to their X-ray luminosities
(Heinke, 2011). The most luminous X-ray point sources in globular clusters are from
the quiescent low-mass X-ray binaries (qLMXBs, a neutron star plus a donor at the
low accreting state). The second luminous X-ray sources are CVs (a white dwarf plus
a donor), followed by Chromospherically active binary stars (ABs, a main-sequence
star plus a main-sequence/sub-giant star) and millisecond pulsars (MSPs; a recycled
neutron star plus a donor). The qLMXBs, MSPs, and part of CVs are dynamically
formed (Clark, 1975; Bailyn, 1995), as they are usually found in the dense core regions
(Cohn et al., 2010) and their frequencies can be scaled by the closer encounter rates
(Pooley et al., 2003; Pooley & Hut, 2006). ABs and part of CVs are thought to be
primordial origin (Ivanova et al., 2006; Lu et al., 2011).

In summary, X-ray observations can be very effective to detect binaries in globular

clusters, as those X-ray point sources are mainly binaries.
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NGC 6266 NGC 7099

Figure 1.9: X-ray images for globular clusters (Credit:NASA /CXC/MIT/D.Pooley et al.).
Left: NGC 6266; Right: NGC 7099.

1.3.2 Radial Velocity Variables

A direct method to detect binaries in globular clusters by optical observations
is through the spectroscopic observation to measure radial velocity variations (see
Figure 1.10 for example), which can only be applied to red giant and sub-giant stars.
This is because those stars are bright in magnitude and cool in temperature, so
there are many strong absorption lines for cross-correlation. This will improve the
accuracy of radial velocity measurement to below 1 km/s. The drawback for this
method is that it requires large amounts of observing time over several years, and
the binary detecting rate is really low. Gunn & Griffin (1979) studied 111 giants in
M3, with the accuracy of 1km/s, and none binaries were found. By improving the
accuracy to 0.9 km/s, Pryor et al. (1988) only found 1 binary from those 111 giants
in M3, suggesting very low efficiency in detecting binaries in GCs with radial velocity
studies. Similarly, Yan & Cohen (1996) found 6 spectroscopic binaries in NGC 5053
by observing 77 giants and sub-giants. Cote & Ficher (1996) searched 33 turn-off

dwarfs in M4, and inferred a 15 % of binary fraction. Cote et al. (1996) observed 109
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Figure 1.10: Radial velocity variable in M3 (Hut et al., 1992a). The fitted period is 2657,
with a velocity amplitude of 9.3 km/s.

red giants in M22 with spectroscopy study, and found that only 1-3% of them are
long period binaries.

For some long period binaries (greater than 10 years), even the current obser-
vational accuracy is not enough to discover the small radial velocity change over a
reasonable time (5 years). For binaries composed of two main sequence stars, radial
velocity observation present other challenges. Not only are these stars fainter than
giants, but they have fewer lines for spectral cross-correlations, thereby demanding
high S/N spectra that can place unreasonable demands on even the largest ground-
based telescopes. Another issue with ground-based spectroscopic observations is that,
even for good seeing conditions, multiple unrelated stars can fall in a single spectral
PSF. This restricts such studies to the outer regions of globular clusters, which may

not be representative of the dynamically more active inner parts.

1.3.3 Eclipsing Binaries

A different direct method for detecting binaries in GCs is through observation of
eclipsing binaries. This method still needs a substantial amount of observing time
investment to monitor many stars in globular clusters and search for the photometric

variables through their light curves. While this method is biased by small orbital

15



outside 4 core radii.

183

184

185

18.6

18,7

18.8

19.1

18.2

18.3

184

18.5

19.6

18,7

18.8

188

19.0

19.1

19.2

stragglers in NGC5466 (see

of stars that form the main

| LI L LI I L LI I LI | LI L) | LI I

", NH 19 3

& S E™ o
& e
k " ﬁ?& -
EO% i& "% o? ]
— A ¥
D &l ¥ 3
:||||f||n||||||nn|1r.|||:||l||!E
ﬂ LI ‘ LA I LI | LB I T IT] LI | LI t
Ex ¥ .« NH30 3
= =
g o ¥ xk, x k>
5 * P o
Byr, RIS
e F g A P 7
Ex% a, e x% a, 3
E o & - WX Y &, L
= 23 i B w” x ’,’F.* Y8 ]
— =!A¢ "u:’ “: » x"d‘,,'c;" _:
i 1 % 3
F x x =
:| 11 ] [ I Ll LI j | I 111 l 11 i 11} I»:
:I L I LI I L l L I T 11 I LB 5 ] LI I:
= NH 31 3
C g e i

st s % ] x ] x
g 'lﬁ'!i Si’ﬁk;e T ;:h'f'.’ ﬁi :’.‘i*k?.g
e ) I
= G
S ﬁ‘ =
:l L1 1 I 11 1 | L 1 I 11 [ L1 ! I . I | |:
-2 0 2 4 .6 B 1.0 1.2

Phase

Figure 1.11: The light curves of three eclipsing binaries in NGC 5466 (Mateo et al., 1990).

inclination short period binaries, it is another valuable method for investigating binary
systems. Mateo et al. (1990) detected three short-period eclipsing binaries in the blue
Figure 1.11). Yan & Mateo (1994) detected 5 short-period
main-sequence eclipsing binaries in M71. And in M5 (=NGC5904), Yan & Reid (1996)

found 6 short-period eclipsing binaries (1 blue straggler and 5 main sequence stars)

1.3.4 Photometric Binaries from the Color-magnitude Diagrams

An indirect method, and the one used here, makes use of the accurate measurement
sequence in a color-magnitude diagram (CMD). For main

sequence stars of a single age and metallicity, the width of the main sequence of single
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Figure 1.12: The photometric binaries from the CMD of NGC 5053. Black circles are
main-sequence stars. The red circles are photometric binaries with mass-ratio greater than
0.5. The green, blue, and red curves are for binary populations with mass ratios equal 0,
0.5, and 1, respectively. The binaries follow the blue curved arrow from green curve to red
curve with binary mass ratios from 0 to 1. The maximum up-shift in magnitude is 0.752
for equal-mass binaries.

stars should be limited only by measurement error. Relative to the single star main
sequence, an unresolved binary star will be either redder, for a lower mass secondary,
or brighter (by 0.75 mag) but at the same color for two stars of equal mass (see
Figure 1.12). An ensemble of binaries forms a thickening to the red of the single
star main sequence, which we can measure. This method is not biased on binary
period distribution but on the binaries with mass ratios close to 1, and the binaries
detected are mainly main-sequence-main-sequence ones. This method is very efficient
in measuring the global binary fractions in globular clusters, as they only need one
observation for images at two bands to construct the CMD.

The method is difficult to execute for the core regions for most clusters from the
ground because of the precision required at faint magnitudes (S/N = 50-100 at V
= 21) and in crowded fields. To date, only a few loose globular clusters have been

studied for the binary fractions with ground-based telescopes at their outer regions.
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Romani & Weinberg (1991) obtained a binary fraction of 9% within 10-30 core radii
of NGC 6341 and 4% within 25-65 core radii for NGC 7099. Bolte (1992) measured
a binary fraction of > 10% within 1-6 core radii for NGC 288. Clark et al. (2004)
measured Palomar 13 and got the binary fraction of (30 & 4)% within 18 core radii.

The binary fractions at core regions, however, are the most sensitive parameter
to the cluster dynamical time. Only the Hubble Space Telescope (HST) has suffi-
cient sensitivity and spatial resolution to resolve even the core of globular clusters
(see Figure 1.13). This greatly improves the photometric accuracy, and makes the
measurement of binary fraction possible as a function of positions. This method can
detect wide-separated binaries, but it is biased against binaries with low-mass secon-
daries. The benefit of this method is that, it requires relatively less observing time,
and one can measure the global binary fraction without other assumptions. With
HST, there are some studies with CMD method. Rubenstein & Bailyn (1997) mea-
sured that the binary fraction of NGC 6752 to be 15% - 38% in the inner core radius,
and probably less than 16% beyond that. Bellazzini et al. (2002) also determined the
binary fraction of NGC 288 within its half light radius to be (15 £ 5)% with HST
WFPC2 data, depending on the adopted binary mass ratio function. Its binary frac-
tion outside the half light radius is less than 10%, and most likely closer to 0%. Richer
et al. (2004) measured the evolved cluster M4 with proper-motion selected WFPC2
data. They found the binary fraction within 1.5 core radius is about 2%, decreasing
to about 1% between 1.5 and 8.0 core radii. Zhao & Bailyn (2005) studied two clus-
ters, M3 and M13, with WFPC2 data, and they found that the binary fraction of
M3 within one core radius lies between 6% and 22%, and falls to 1% - 3% between
1-2 core radii. In M13, it was not possible to measure its binary fraction using their
data, because the observed spread of the main-sequence is larger than the artificial
star test, implying an intrinsic metallicity dispersion for M13. Davis et al. (2008)

measured the binary fraction of the core collapsed cluster NGC 6397 with both ACS
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Figure 1.13: Comparisons of images of 47 Tuc between VLT (left) and HST (right).
Credit: (left) VLT/ESO/R. Kotak and H. Boffin; (right) NASA/ESA/G. Meylan
and WFPC2 data. They well constrained the binary fraction outside the half light
radius to be (1.240.4)% with 126 orbits of observation with ACS and proper-motion
selected clean data, and constrained the binary fraction within the half light radius
to be (5 + 1)% with WFPC2 data.

Sollima et al. (2007) performed the first sample study for the binary fractions
in globular clusters. They used aperture photometry to construct the CMDs for 13
low-density, high galactic latitude globular clusters with ACS data. They found a
minimum of 6% binary fraction within one core radius for all clusters in their sample,
and global fractions ranging from 10 to 50 per cent depending on the clusters and the
assumed binary mass-ratio model.

Although the HST data become mature, systematical analysis of binary fractions
and the direct comparison to theoretical predictions are still lacking, which is the

motivation of this thesis work.
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1.4 Outline of this Thesis Work

In this thesis, I compiled a sample of 35 Galactic globular clusters, a larger sample
than previous efforts, and one that takes advantage of the wealth of the archived HST
data. Chapter 2 will be focused on the methodology, including data analysis process,
three different methods to measure the binary fractions, and the technical discussions.
Chapter 3 will present the results, which include binary fractions within the core, the
half-mass radius, and the whole field of view regions. Results of the correlation
analysis between binary fractions and the clusters properties, such as ages, [Fe/H],
Mv, and radius, will also present in Chapter 3, as well as the high mass-ratio binary
candidate catalog and their properties. Chapter 4 will present the summary of this
thesis and give suggestion for future work.

The major questions that this thesis work need to answer are 1) how the binary
fractions, within the core and at outer region, evolve with time? 2) What are the
binary fraction radial distributions in globular clusters? 3) Can we see any mass
segregation effect in globular clusters? 4) How the observation results are comparing

to the theoretical simulation predictions?
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CHAPTER 2

HST Observations of Globular Cluster Binaries:

Methodology

2.1 Sample Selection

To achieve the primary goal of determining the binary fraction, we need accurate
color-magnitude diagrams (CMD). CMDs can be made from several different filters,
such as a subset of B, V, R, and I, although for the main sequence in the late G to
early M spectral region, the most accurate CMDs are composed from a subset of V|
R, and I (V and I to be used when possible).

For good photometric errors (0.02 mag rms), about 6,000 stars on the CMD will
yield an uncertainty in the binary fraction of 1.5-2% (after Hut et al. (1992a), Table
4). This type of photometric accuracy is achieved with WFPC2 V band images in
1500 seconds for V.= 24.0 (m-M = 14.6 mag for a M1 star), or for V = 24.9 when
using the ASC/WFC (m-M = 15.5 mag for a M1 star).

We examined the HST observations taken for every Galactic globular cluster in the
list of Harris 1996 (2010 edition) and most have some WFPC2 or ACS observations,
but many of these were taken in snapshot mode and are not sufficiently long to
meet our criteria. We find about 35 globular clusters that are sufficiently luminous,

and with long enough exposures that we can extract useful information on binary
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fractions. Most of those data sets are from the HST Treasury program for globular
clusters with ACS observations in F606W and F814W filters (Sarajedini et al., 2007).

Table 2.1 shows the basic information for each cluster in this sample, including
Galactic longitude (1), Galactic latitude (b), metallicity ([Fe/H]), foreground redden-
ing E(B-V), absolute visual magnitude My, collapsed core (y/n), core radius (r.),
half light radius (ry,), log relaxation time at half mass radius (logt,;), age (t9), and
dynamical age (t9/t,;). The dynamical ages in this sample range from dynamical
young clusters (t9/t,, = 1.5) to dynamical old one (tg/t,, = 46.4)(see upper right
panel in Figure 2.1). The metallicities in this sample range from metal poor cluster
([Fe/H] = —2.37) to metal rich one ([Fe/H] = —0.32)(see Figure 2.1, lower left
panel). Figure 2.1 lower right panel shows the distribution of those clusters relative
to the Galactic disk plane, among which 9 clusters are within the +15° Galactic
latitudes, and are potentially affected by non-member stars.

Table 2.2 shows the HST ACS observation log for each cluster, including filter
type, number of exposures used, exposure time per frame, and data set ID. We only
used the long exposure frames here and did not include those short exposure frames,

because we are only interested in the CMDs below the turn-off point.

2.2 Data Reduction and Photometry

We retrieved the HST ACS archival data on F606W and F814W bands for each
cluster in our sample through the STSci, which have been calibrated with the most
recent calibration frames on the fly. For each filter, all FLT images were drizzled to
the same reference frame to measure any residual relative shifts among frames using
Multidrizzle. This step is necessary as it can 1) provide better image alignments than
the default pipeline; 2) and correct the default masks used to mask out good pixels
due to inaccurate alignments for the calibration pipeline, which helps to recover more

faint stars. A clean and deep drizzled image was generated as the reference frame,
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Table 2.1: Basic properties of the Galactic globular clusters in the sample®

Object 1 b [Fe/H] E(B-V) My core Te rn logty,  te®  to/tm
° ° collapse ' ! Gyr
NGC 104 305.89 -44.89 -0.72 0.04 -9.42 036 3.17 955 10.7 3.0
NGC 288  152.30 -89.38 -1.32 0.03  -6.75 1.35 223 9.32 11.3 54
NGC 362 301.53 -46.25 -1.26 0.05 -8.43 y 0.18 0.82 893 8.7 10.2
NGC 1851 244.51 -35.03 -1.18 0.02 -8.33 0.09 0.51 8.82 9.2 13.9
NGC 2808 282.19 -11.25 -1.14 022 -9.39 0.25 0.80 9.15 9.3 6.6
NGC 4590 299.63 36.06 -2.23 0.05 -7.37 0.58 1.51 927 112 6.0
NGC 5053 335.70 78.95 -2.27 0.01 -6.76 2.08 2.61 987 108 1.5
M3 4222 7871  -1.50 0.01  -8.88 037 231 979 113 1.8
NGC 5466  42.15 73.59 -1.98 0.00 -6.98 143 230 976 122 21
NGC 5897 34295 30.29 -1.90 0.09 -7.23 1.40 206 957 123 3.3
NGC 5904 386 46.80 -1.29 0.03 -8.81 044 177 941 109 42
NGC 5927 326.60 4.86 -0.49 045 -7.81 042 1.10 894 10.9° 125
NGC 6093 352.67 19.46 -1.75 0.18 -8.23 0.15 061 880 124 19.7
NGC 6121 350.97 1597 -1.16 035 -7.19 116 433 893 11.7 13.7
NGC 6101 317.74 -15.82 -1.98 0.05 -6.94 097 1.06 9.22 107 64
M 13 59.01 4091 -1.53 0.02  -8.55 062 169 930 119 6.0
NGC 6218 15.72  26.31 -1.37 019 -7.31 079 177 887 125 169
NGC 6341 6834 3486 -2.31 0.02 -8.21 0.26 1.02 9.02 123 11.7
NGC 6352 34142 -7.17 -0.64 022  -6.47 0.83 2.05 8.92 9.9 11.9
NGC 6362 325.55 -17.57 -0.99 0.09 -6.95 113 205 920 11.0 6.9
NGC 6397 338.17 -11.96 -2.02 0.18 -6.64 y 0.05 290 860 121 304
NGC 6541 349.29 -11.19 -1.81 0.14  -8.52 y 0.18 1.06 9.03 14.07 13.1
NGC 6624 2.79 -791 -0.44 0.28  -7.49 y 0.06 0.82 8.71 10.6  20.7
NGC 6637  1.72 -10.27 -0.64 0.18 -7.64 033 084 882 106 16.0
NGC 6652  1.53 -11.38 -0.81 0.09 -6.66 0.10 048 839 114 464
NGC 6656  9.89 -7.55 -1.70 0.34  -8.50 133 336  9.23 123 7.2
NGC 6723  0.07 -17.30 -1.10 0.05 -7.83 y 083 153 924 116 6.7
NGC 6752 336.49 -25.63 -1.54 0.04 -7.73 y 0.17 191 887 122 16.5
Terzan 7 3.39  -20.07 -0.32 0.07  -5.01 049 0.77 8.96 7.4 8.1
Arp 2 8.55 -20.79 -1.75 0.10 -5.29 119 177 970  11.3 2.3
NGC 6809 879 -23.27 -1.94 0.08  -7.57 1.80 283 929 123 6.3
NGC 6981  35.16 -32.68 -1.42 0.05 -7.04 046 093 923  95° 5.6
NGC 7078  65.01 -27.31 -2.37 0.10 -9.19 y 0.14 1.00 932 11.7 56
NGC 7099 2718 -46.84 -2.27 0.03  -7.45 y 0.06 1.03 888 119 15.7
Palomar 12 30.51 -47.68 -0.85 0.02 -4.47 0.02 1.72 9.28 6.4 3.4
“ all columns except ages ty are from Harris 1996 (2010 edition).
b ages tg are from Salaris & Weiss (2002) except ¢ from Fullton et al. (1996), ¢ from

Alonso-Garcia (2010), and € from Sollima et al. (2007).
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Figure 2.1: Distributions of properties for each globular clusters in the sample. Upper left:
ages distribution. Upper right: dynamical ages distribution. Lower left: [Fe/H] distribution.
Lower right: galactic position distribution.
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Table 2.2: HST ACS observation log

Name Filter  # of Exposures Exposure Time (s)  Dataset
NGC 104 F606W 4 50 JILI60010
F814W 4 50 J9L960020
NGC 288 F606W 4 130 JOLI9ADO10
F814W 4 150 JOLIADO20
NGC 362 F606W 4 150 J9L930010
F814W 4 170 J9L.930020
NGC 1851 F606W ) 350 JOL910010
F814W ) 350 JIL910020
NGC 2808 F606W ) 360 JOL947010
F814W ) 370 JOL947020
NGC 4590 F606W 4 130 J9L932010
F814W 4 150 J9L.932020
NGC 5053 F606W ) 340 J9L.902010
F814W 5) 350 JIL902020
M3 F606W 4 130 JIL953010
F814W 4 150 J9L.953020
NGC 5466 F606W 5 340 J9L903010
F814W ) 350 J9L903020
NGC 5897 F606W 4 340 JOL913010
F814W 3 350 JIL913020
NGC 5904 F606W 4 140 JILI956010
F814W 4 140 J9L956020
NGC 5927 F606W ) 350 J9L914010
F814W ) 360 J9L.914020
NGC 6093 F606W ) 340 JIL916010
F814W ) 340 JILI916020
NGC 6101 F606W ) 370 JILI917010
F814W ) 380 JIL917020
NGC 6121 F606W 4 25 JILIY64010
F814W 4 30 JILI964020
M 13 F606W 4 140 JIL957010
F814W 4 140 JIL957020
NGC 6218 F606W 4 90 J9L.944010
F814W 4 90 J9L.944020
NGC 6341 F606W 4 140 JOL958010
F814W 4 150 JIL958020
NGC 6352 F606W 4 140 JIL959010
F814W 4 150 J9L.959020

25

continued on next page



continued from previous page

Name Filter  # of Exposures Exposure Time (s)  Dataset
NGC 6362 F606W 4 130 J9L934010
F814W 4 150 J9L934020
NGC 6397  F606W 4 15 JOL965010
F814W 4 15 JILIY65020
NGC 6541  F606W 4 140 JIL936010
F814W 4 150 JIL936020
NGC 6624 F606W 5 350 J9L.922010
F814W 5 350 J91.922020
NGC 6637  F606W 5 340 JOL937010
F814W 5 340 JOL937020
NGC 6652  F606W D 340 JOLI938010
F814W D 340 JILI938020
NGC 6656  F606W 4 55 JOL948010
F814W 4 65 JOL948020
NGC 6723 F606W 4 140 J9L9Y41010
F814W 4 150 JIL941020
NGC 6752  F606W 4 35 JILIY66010
F814W 4 40 JOL966020
NGC 6809 F606W 4 70 JOL963010
F814W 4 80 JILI963020
NGC 6981  F606W 4 130 JOL9Y42010
F814W 4 150 J9L.942020
NGC 7078  F606W 4 130 JOL954010
F814W 4 150 J9L954020
NGC 7099  F606W 4 140 JOL955010
F814W 4 140 JIL955020
Arp2 F606W 5t 345 J9L925010
F814W 5 345 J9L925020
Parlomar 12 F606W 5 340 J9L928010
F814W 5 340 J9L928020
Terzan 7 F606W 5 345 J9L924010
F814W Y 345 J9L.924020

26



20 20

FB0BW

22

24

261 1 IR B 261 1 . I R |
0.4 0.6 0.8 1.0 1.2 1.4 0.4 0.6 0.8 1.0 1.2 1.4
FE0BW—F814W FE06W-F814W

Figure 2.2: Comparisons of the quality of the CMDs for NGC 4590 between different
version of Dolphot, V1.0 (left), V1.2 (right). The latter version shows significant improve-
ment on the accuracy of the stars near turn-off point, and shows narrower spread on the
main-sequence.

and all the accurate masks in FLT images were updated.

We then performed photometry with Dolphot (V1.2, Dolphin 2000), which is
an automated CCD photometry package for general use and for HST data (ACS,
WEFPC2, and WPC3) with specially designed modules (ACS module (V1.2) here).
We found significant improvement in the quality of PSF photometry for Dolphot
V1.2 from V1.0. This can be found in Figure 2.2, where the CMD for NGC 4590 near
the turn-off point is well-defined and the main sequence is narrower by Dolphot V1.2
(right panel) comparing to Dolphot V1.0 (left panel).

We prepared the FLT images with the following steps for later Dolphot usage.
First, bad pixels were masked out and pixel areas were multiplied to all the FLT
images with the acsmask command, and only the SCI frames were stored for further
usage to save disk space. Second, all the FLT images were split into two chips with

the splitgroups command. Third, sky maps were calculated for each chip with the
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calesky command.

To perform photometry on individual FLT frames simultaneously while using the
drizzled frame as the reference image, Dolphot requires alignment estimates relative
to the reference frame for individual image. Thus we determined the RA and DEC
of the center of each chip of the FLT image, found the pixel coordinates of that RA
and DEC in the reference image, subtracted from the pixel coordinates of the center
of the reference image, and input those as the initial image alignments for Dolphot.
An alternative way to measure the initial alignments is to construct a star list with
at least 3 stars per chip using ds9 or IRAF. Each star entry has pixel coordinates in
both the target and reference images. Then using the command acsfitdistort, we can
obtain the initial alignments for each chip. This initial guess alignments are good
enough, as Dolphot will further fine-tune the image alignments to the accuracy of 0.1
pixel within a two-pixel range.

We adopted the recommended parameter values in the input parameter file accord-
ing to the Dolphot ACS manual, and performed PSF-fitting photometry. From the
output photometry files, the error weighted average magnitudes for both the F814W
and the F606W filters were used. Note that the magnitudes used here are instru-
mental ones with zero point set to VEGA system. To select good stars from artifacts
(e.g. spikes around bright stars) and residual cosmic rays, we adopted the criteria
as follows: [sharpness| < 0.1, crowding < 0.5, object type < 2, and each good star
should be detected in at least two frames for each filter (i.e. error flag < 8 for each
frame indicates a good detection). In practice, we chose stars one magnitude below
the turn-off point, since close to the turn-off point, binary sequences turn to merge
with the main sequence and lose all the binary information. We also discarded stars
more than four magnitudes below the turn-off point, because stars near the detection
threshold do not play an important role due to large photometric spread from the

main-sequence stars. Figure 2.3 gives an example of the CMD from the PSF-fitting
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photometry. The red dashed lines indicate the portion of CMD we used during the

analysis. Other lines will be discussed later.

2.3 The Artificial Star Tests

Without knowing the photometric errors, completeness, and the rate of superposi-
tion of stars, we cannot have accurate measurement of binary fractions from the CMD.
The artificial star tests, however, can help us understand the photometric errors and
accuracy, as well as completeness (or star recovery percentage) at different region of
clusters and at different magnitudes. It can also simulate the rate of superposition of

stars if performed properly.

2.3.1 Defining the Main-sequence Ridge Line

To perform artificial star tests and later CMD analysis, we need to define the
main-sequence ridge line (MSRL) of the observed CMD first. We constructed the
MSRL from the data instead of fitting theoretical isochrones to the CMD, as the
latter method is not sufficiently accurate to define the ridge line. To define the
MSRL from the CMD, we used a moving box method. In each step, we defined a
box with a height of 0.1 magnitude in the F606W axis, and a width of all range
in the color (F606W-F814W) axis. Then we searched the peak value of the color
histograms in that box with a color bin-size of 0.0015 magnitude. The color value at
the peak and the middle point of the box in the F606W axis direction are the defined
MSRL for stars in that box. Next, the box was moved down 0.01 magnitude along
the F606W axis, and we repeated the process above until all the observed magnitudes
were measured. The result line was then smoothed with the moving average method

with a period of 50. In Figure 2.3, the green line is the defined MSRL.
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Figure 2.3: An example of the observed CMD (left) and the straightened CMD (right) for
NGC 4590. The solid green line is the defined MSRL. The solid red line is the equal-mass
binary population. Binary fraction is estimated within the range of the dashed red lines.
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2.3.2 Performing the Artificial Star Tests

With the defined MSRL, we can perform the artificial star tests in Dolphot, with
the parameter FakeStars set to a fake star list, which were generated by our own IDL
routine. The F606W magnitudes of those fake stars were randomly generated while
the F814W magnitudes were derived from the MSRL, so that all those fake stars
are on the MSRL. The (X, Y) coordinates of those fake stars were randomly chosen
from the area of the drizzled reference frame, but were not at the empty non-data
CCD area. Each fake star in this list was added to each FLT frame one at a time,
and was recovered using the same photometry process by Dolphot. Subsequently, all
FLT frames were restored to original states and the next fake star was added. These
processes were repeated until all the fake stars were added and recovered. The final
photometric output file was screened using the same criteria as the observed one to
select good fake stars. This method, which we added only one fake star at a time, does
not introduce extra blending errors for those added fake stars, and one can generate
as many of fake stars as needed. In practice, we added 100,000 fake stars for each
image. Figure 2.4 shows two examples of the artificial star tests, NGC 5053 (low
stellar density cluster) and NGC 1851 (high stellar density cluster). The green line
is the input fake stars (total of 100,000 stars for each cluster), which are all on the
MSRL. The scattered black dots are the recovered fake stars (69,995 stars for NGC
5053 and 52,205 stars for NGC 1851).

2.3.3 Photometric Accuracy, Uncertainty, and Completeness

After we have the input and recovered fake star lists, we can study the photomet-
ric accuracy and uncertainty. Here, we compared the photometry for two clusters,
NGC 5053 (low stellar density cluster) and NGC 1851 (high stellar density cluster).
Their HST ACS observations are very similar in exposure times: NGC 5053 (F606W:
340s*5, F814W: 350s*5) and NGC 1851 (F606W: 350s*5, F814W: 350s*5).
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Figure 2.4: Two examples of artificial star tests. Left column: low stellar density cluster
NGC 5053. Right column: high stellar density cluster NGC 1851. Upper panel: the
observed ACS images for these two clusters. The red circle represents core region while the
green one is for half light region. Lower panel: the input fake stars (green lines) and the
recovered fake stars (black dots) on CMDs.
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In Figure 2.5, we plot the magnitude differences for input and recovered stars for
F606W filter (1st row) and F814W filter (2nd row). These plots indicate photometric
discrepancies, and all of them showing differences within £0.2 magnitudes. Note from
the plots that at fainter magnitudes, the magnitudes of the recovered stars tend to
be fainter than the input ones. Row 3 and 4 in Figure 2.5 show the photometric
uncertainties for F606W and F814W filters, respectively. Row 5 in Figure 2.5 shows
the uncertainties in color (F606W-F814W), which are calculated by square root of sum
of squares for the uncertainties of the magnitudes at F606W and F814W bands. These
uncertainties are the photometric spreads of the main-sequence stars on the CMDs.
From those plots we can see that most stars in NGC 1851 has similar photometric
accuracy and uncertainties as that in NGC 5053, only that in NGC 1851 there are
more stars with large errors scattering around, even for bright stars.

Row 6 in Figure 2.5 shows the completeness curve (or star recovery percentage),
which is calculated by dividing the total number of recovered stars (N(out)) at certain
magnitude interval by the total number of input stars (N(In)) at the same magnitude
interval. The completeness curve for NGC 5053 is quite flat down to the 26.5 mag-
nitude, indicating even star recovery percentage down to very faint magnitude. For
NGC 1851, however, the star recovery percentage is not even, with relatively higher
recovery percentage towards brighter stars than the fainter ones. This can be seen
from the fake CMDs in Figure 2.4, where there are fewer faint stars in NGC 1851
than in NGC 5053, even though they have similar exposure times. This indicates
that faint stars are hard to recover in dense stellar region due to high and un-uniform

background lights.

2.4 The High Mass-ratio Binary Fraction

Binary fraction with high mass-ratio close to 1 is relatively easy to measure using

CMDs. Those binaries have relatively large distances to the main-sequence stars,
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Figure 2.5: Examples of the results for the artificial star tests: NGC 5053 (left column) and
NGC 1851 (right column). Row 1 & 2: differences of the input and recovered magnitudes
for filter F606W and F814W. Row 3 & 4: magnitude uncertainties for filter F606W and

F814W. Row 5: color uncertainties. Row 6: completeness curve.
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and are usually beyond at least 3 o of the photometric errors from the main sequence
stars. This can be seen from the straightened CMD (i.e. the CMD subtracted the
color of the MSRL), where the binaries distribute on the right side and with certain
distance to the main sequence below the turn-off point (Figure 2.6). The maximum
distance is from equal-mass binaries, and this distance varies with the shape of the
MSRL (the green line in Figure 2.6). The minimum distance is for binaries with
mass-ratio close to 0, and they are undistinguished from those main-sequence stars
(the blue solid line in Figure 2.6). When the photometric errors get larger, the main-
sequence stars will eventually spread to the equal-mass binary region, smearing out
all the binary signals (see Figure 2.6, right panel for example). But as long as the
photometry for the CMD is good enough, the main sequence will be tight and high
mass-ratio binaries will be distinguishable from main-sequence stars (such as stars
in the region B of Figure 2.6). There are two other contaminations, however, beside

photometric errors: superposition of stars and field stars.

2.4.1 The Model for the Superposition of Stars

The superposition of stars in a star cluster occurs when the cluster is projected
from 3D to 2D. Two stars (or more) in the line of sight and within the minimum
angular resolution will be measured as one star (or a blend). They are not physically
bound binaries, but have exactly the same effect on CMD as those real ones. It is
very difficult to screen blending stars, but statistically, we can simulate their distri-
bution through Monte-Carlo simulations. In Appendix B, we discussed the blending
fraction in terms of Poisson function and tested it with Monte-Carlo simulations.
The blending fraction is proportional to the radial stellar number density of a cluster,
decreasing from the core to outside region. The general way to measure blending frac-
tion is through artificial star tests, in which fake stars from MSRL are added to real

images and are recovered with the same photometric processes as real stars. Any fake

35



stars overlapping with real stars will represent a blending source, and the recovered
magnitudes will be the sum of them. As long as the added fake stars follow the radial
light distribution of a globular cluster, it then represents the similar blending fraction
as that cluster. The drawback for this method is that it is really time-consuming.
A 100,000 star run will take more than 24 hours. In practice, we used the following
method to save the simulation time, which uses the real star map instead of images
to avoid large amount of photometric time.

In each simulation, we added fake stars to the real star map, and the fake stars have
the same luminosity function and light distribution as the real ones, so it should have
a similar blending fraction as the observed one. To generate the fake star list, we chose
fake stars with their V magnitudes sampled by the observed luminosity function, and
their I magnitudes calculated from the MSRL, i.e. all the fake stars are on the MSRL
and have the same luminosity function as the real stars. The number of total fake
stars added is equal to that of the total observed stars to produce similar condition.
Each fake star was assigned a radius r to the center of the cluster, which was sampled
by the radial light distribution of real stars, so that the radial light distribution of
fake stars is similar to the real ones. Then the azimuth angle is randomly assigned to
the fake star to calculate the coordinates (x,y). To that position (x,y), any real star
with distance less than 1 resolution element (the minimum resolution size Dolphot
used) will be considered as a blended star, and the total magnitude will be added.
To find those blended stars, we used our IDL routine with K-D tree algorithm by
comparing lists of the observed stars and fake stars. Those blended sources were
then added photometric errors from the observed stars (see Figure 2.5). We repeated
this simulation 30 times to obtain an average number or an average residual color
distribution (used later) of blending stars, which took less than 1 minute in most

cases.
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2.4.2 The Model for the Field Star Population

Field stars, both faint foreground stars and bright background stars, can also
contaminate the binary population on CMDs and thus affect the accuracy of the
measurement of the binary fraction, especially for low Galactic latitude clusters. They
affect the number of binaries in the binary region on CMD, as well as the number
of single stars on main-sequence. High galactic latitude clusters do not have many
field stars contaminated. NGC 4590 (b = 36.05°), for example, only has 24 field stars
(simulated from the model of Robin et al. (2003)) in the ACS field of view, or 0.06%
of the total observed stars in that field. Low Galactic latitude clusters, however, have
many contaminations from field stars. NGC 6624 (b = —7.91°), for example, has
51,325 field stars in the ACS field of view, which is about 50% of the total observed
stars in that field. The best way to select cluster members is by proper motion,
which, however, requires at least two epochs HST observations separated by years. An
alternative way is to construct the field star model from the theoretical model of the
Galaxy to statistically account for those field stars. We used the Stellar population
Synthesis model of the Galaxy (Robin et al., 2003) to simulate field stars at the
cluster position, with the size of ACS CCD chips, 202’ by 202’. The V and I Johnson-
Cousin magnitudes of the generated field stars are corrected the reddening first and
are converted into ACS F606W and F814W magnitudes by the transformations of
Sirianni et al. (2005), then are randomly added to the original images with Poisson
noise added. Then we adopt the same photometry method with Dolphot to recover
those field stars. The recovered field stars will have similar photometry errors as the

cluster stars, as well as the completeness and blending effect.

2.4.3 Estimate the High Mass-ratio Binary Fraction

To estimate the high mass-ratio binary fraction, we divided the MSRL-subtracted

CMD into different regions to count stars (see Figure 2.6, left panel). In Figure 2.6,
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the green line is the equal-mass binary population. The red line on the right side of
the main sequence is the binary population with binary mass-ratio equal to 0.5. The
binary mass-ratio of 0.5 is chosen because in most cases, this binary population is
beyond the 3 o photometric errors of the main-sequence stars. The dash blue lines
are the upper and lower limits of usable stars for both F606W magnitude and residual
color. The main-sequence star (or single star) region S is defined between the red
lines. The binary region B is where the residual color is greater than the 0.5 binary
mass-ratio curve and less than 0.2 (i.e. on the right side of the red lines but on the
left side of dash blue line). The residual region R is where the residual colors are
beyond the blue side of the symmetric line for the 0.5 binary mass-ratio curve. but
greater than -0.2.

We then count stars separately in those regions for three types of star populations,
observed stars, simulated blended stars, and simulated field stars. The simulated
blended stars and field stars are generated with methods mentioned in Section 2.4.1
and 2.4.2. Region S contains mainly single stars (main-sequence stars), with some field
stars contaminated. Region R contains main-sequence stars with large photometric
errors, and with some field stars contaminated. Region B contains mainly binaries
with mass-ratio greater than 0.5, with some blended stars and field stars. It also
has some main-sequence stars with large photometric errors, and can be estimated
with the number in region R. So the high mass-ratio binary fraction fb(highgq) can

be calculated by the formula:

obs __ nblend _ nfield _ ( obs field)

. n nes —n
fb(highg) = F—"F—— B i ML,
ng” —ny

(2.1)

jeld . i
where n%*, n%end, and nge are the star numbers in region B for the observed stars,

blended stars, and field stars, respectively. n%* and ngdd are the star numbers in

obs

region R for observed stars and field stars, respectively. (n%® — nﬁ dd) represents any

38



residual main-sequence stars with large photometric errors. This number should be
also subtracted from region B assuming symmetric distribution. n¢** and n{ eld are
total star numbers in the dashed blue line box for observed stars and field stars, which

is the whole restricted region we use during the analysis. The 1 o error estimate for

the binary fractions is given in Appendix C.

2.5 The Global Binary Fractions

The high mass-ratio (> 0.5) binary fraction discuss in Section 2.4 only accounts
for those binaries with large distances to the main-sequence stars. Binaries with
small mass ratios, however, are ignored, as they are too close to the main-sequence
and are hidden by the photometric errors. But as long as we know exactly what the
photometric errors are and the rate of superposition of stars, we can even statistically

recover small mass-ratio binaries hidden in the main sequence.

2.5.1 The Star Counting Method

To avoid contaminations from photometric errors, we did three things. First, we
only select stars 3 to 4 magnitudes below the turn-off point to exclude faint stars
with larger photometric errors. Second, we add two gaussian models to represent
the photometric errors during fitting, one for the main component with similar small
errors, and the other for stars with larger errors. Third, we introduce the parameter
Geut 0 the binary model, which represents the minimum binary mass-ratio we can get
from the data, below which binaries are undetectable.

To estimate this, we first fit the residual color distribution with two Gaussian
models, which represent the photometric errors of the main-sequence stars. The fit
is only applied from 0.02 on the red side to all the blue side, since the blue side is
not affected by both blending stars and real binaries, the broadening is only due to

photometric errors. The fit is quite good (with x? close to 1). The positive residual
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Figure 2.6: Demonstration of the regions when measuring the minimum binary fraction.
The straightened color-magnitude diagrams are for NGC 5053 (left) and NGC 2808 (right).
Left panel: the green line is the equal-mass binary population. The solid blue curves are
the binary population with mass ratio equals 0.5 (right curve), and its symmetric one on
the left. The dashed red lines are the 30 photometric spread of color in comparison. The
dash blue lines are the upper and lower limits of usable stars for both F606 W magnitude
and residual color. The main-sequence star (or single star) region S is defined between the
solid blue lines. The binary region B is where the residual color is greater than the 0.5
mass-ratio binary line and less than 0.2. The residual region R is where the residual colors
are beyond the blue side of the left solid blue line but greater than -0.2. Right panel: same
as left but for NGC 2808 with large photometric errors. The 3 ¢ photometric limit lines
(dashed red lines) intersect with the equal-mass binary line, indicating that the photometric
spread is so large that even the equal-mass binary signals are buried.
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of the fitting on the red side is due to binaries, with contaminations from blending
stars and field stars.

After subtracting the photometric errors, field stars, and blended stars, the resid-
ual color distribution on the red site is only from the contribution of physical binaries.
We summed all the residuals on the red side and divided it by the total number of
stars without the field stars, which gives the binary fraction including low mass-ratio

binaries.

2.5.2 The y? Fitting Method

There is another way to account for low mass-ratio binaries, and one can even
constrain the binary mass-ratio distribution function. Here, we constructed the binary
population by fitting to an additional binary mass-ratio distribution function.

We assume the binary mass-ratio distribution function following the power law:
f(q) o ¢*, where ¢ = M;/M,, and with a minimum value of g¢,, and a maximum
value of 1 (equal mass binaries). The minimum mass for the secondary star is set to
0.2 M, (the observed lowest mass from luminosity function of F606W band), thus
this will set a minimum value of ¢,,;, not to be 0. We have a detailed discussion
on how the stellar IMF could affect the binary mass-ratio distribution function in
Appendix D. First we assume here three different cases for the power of x, x = 0, a
flat mass-ratio distribution; z = —1, which leads to a peak at low mass ratios; x = 1,
which leads to a peak at high mass ratios. Whenever there are enough stars, we can
let = free to fit.

To construct the physical binary population, we first assume a binary fraction of
fy, or a total of N x f, stars to be in the binary systems, where N is the total number
of the observed stars. We then extract V magnitudes with the number N x f, from the
observed V magnitude luminosity function to be the primaries’ V magnitudes. The V

magnitudes of the secondary stars are calculated using a mass-ratio ¢ extracted from
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an assumed mass-ratio distribution and an assumed mass-luminosity relationship:
L o« M35, Their I magnitudes are derived from the MSRL, and the combined binary
magnitudes are calculated. Each binary system is added the photometric errors at
their V and I magnitudes to simulate the photometric spreads. Finally, we can obtain
the residual color distribution for the constructed binary population by subtracting
the color of MSRL. We repeat this process for 30 times for each binary fraction fp,
and construct the average profile for the physical binary population as the way we
applied to blended stars.

Now, we have models for single stars (two gaussian models), field stars (see Sec-
tion 2.4.2) , superposition of stars (see Section 2.4.1), and binary model with the
known fraction f, (see Section 2.5.2). The total sum of all these models will produce
the final model to compare to the observed residual color distribution profile with a
x? test. For a given cluster, the models for single stars, field stars, and the blending
stars are fixed as they depend only on the observed luminosity function, Galactic
positions, and observed light distribution. The only model that changes during the
fitting process is the binary model, as it varies with the binary fraction f,, and the
power index x from the binary mass-ratio distribution function.

We use the bi-section method to search the best-fit f, (i.e. fits with the minimum
chi-square value) at each assumed x. For clusters with enough bins, we also fit the
power of x.

A fitting example is shown in Table 2.3, for NGC 4590. The first three rows in the
table show the fitting results with the power z, and the minimum binary mass ratio
Gmin fixed, only with the binary fraction as a free parameter to fit. The error range
in the table is estimated by changing the parameter so that the x? value changes by
1.0 (or 1 o confidence level). The x? value favors more on the model with the power
x = —1, which also gives the higher value of binary fraction (10.8 +0.4)%. With the

power z, and gm:n free to fit, the fit improves significantly (x?/dof = 88.4/82), with
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a binary fraction of (10.8 + 0.3)%. Figure 2.7 shows the residual color distribution
fitted by only Gaussian model (upper) and by best-fit model (lower) for NGC 4590.
Symmetric spread of the main-sequence is due to photometric errors, which can be
fitted by Gaussian model fairly well, as there is no large systematical residuals on the
blue side. The asymmetric spread of the main-sequence is due to binary populations
and blending of stars, which is shown as positive residuals on the red side on the upper
panel. In the lower panel, models for binaries and blending of stars are included,
and this best-fit model fits well to the observed data. Figure 2.8 shows the model
components for the fitting (upper) and the enlarged view (lower) for NGC 4590. Solid
red line: overall model; dashed red line: gaussian model for photometric errors; dashed
green line: binary model; dashed blue line: model for blending due to overlapping
stars; black histogram: observed residual color distribution. For this cluster, the field

stars are around 50 in the field of view of HST, so they are negligible.

Table 2.3: Example of the fitting results for NGC 4590.

Method Power x Trmin fo(counting)%  fi(fitting) (%)  x*/dof
fixed z, gmin 0 0.24 10.4 9.440.7 175.9/84
fixed z, gmin 1 0.24 10.4 6.8 +0.2 236.3/84
fixed 2, Gomin 1 0.24 10.4 108404  126.7/84
fit all —23£1.5 0.325+0.007 10.8 10.34+0.4 88.4/82

2.6 The Binary Fraction Radial Analysis

One effect of globular cluster dynamical evolution is mass segregation, which im-
plies that massive stars tend to sink to the center of the core while light stars tend
to drift to the outside of the cluster. Since a binary system contains two stars, it is
more massive than a single star. So binaries tend to sink towards the cluster core by
mass segregation. By performing radial analysis of binary fractions, we can test this

dynamical effect.
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Figure 2.7: The residual color distribution fitted by only Gaussian model (upper) and
by best-fit model (lower). Symmetric spread of the main-sequence is due to photometric
errors, which can be fitted by Gaussian model fairly well, as there is no large systematical
residuals on the blue side. The asymmetric spread of the main-sequence is due to binary
populations and blending of stars, which is shown as positive residuals on the red side on
the upper panel. In the lower panel, models for binaries and blending of stars are included,
and this best-fit model fits well to the observed data.
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Figure 2.8: Model components for the fitting (upper) and the enlarged view (lower). Solid
red line: overall model; dashed red line: gaussian model for photometric errors; dashed green
line: binary model; dashed blue line: model for blending due to overlapping stars; black
histogram: observed residual color distribution. For this cluster, the field stars are around
50 in the field of view of HST, so they are negligible.
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2.6.1 The Analyzing Method

In this analysis, we divide the whole ACS field of view into three annular bins,
with their centers at the cluster center obtained from Harris 1996 (2010 edition). The
bin sizes are determined so that each bin contains roughly one-third of total stars
recovered from the whole field. This is done iteratively by searching from the outer
most bin, which is half size of the ACS CCD side. The inner radius is 1 pixel smaller
than the outer radius. Then we count the star number inside this annulus. If the
star number achieves one-third of total stars, we then find the inner radius for the
bin. Otherwise, we decrease the inner radius by 1 pixel, and count again until the
star number achieves one-third of total stars. By dividing image into three annular
bins with similar star number, we can have similar statistical quality for each bin to

co1pare.

2.6.2 The Radial CMD Qualities

In Appendix F, we plot the CMDs at different radii bins. The CMD quality for
the central bin is the worst among the three, which shows larger photometric spread
and fewer faint star recovery than the other two. This is understandable, as towards
the center region of a cluster, the star density becomes higher and higher. This not
only increases the background level, making fainter stars harder to detect, but also

increases the blending probability, making the PSF determination poorer.

2.7 Discussions on the Techniques

In this section, we will discuss the factors that can affect the measurement accuracy

of binary fractions in globular clusters using their CMDs.
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2.7.1 The Photometric Errors

The key aspect to estimate binary fraction using CMD method is the highly
accurate photometry for the CMDs. As the photometric errors become larger, the
spread of the main-sequence becomes larger, which will smear out the signals from
binaries with small mass-ratio. In order to decrease the photometric errors, we need
to increase the exposure time to increase the S/N ratio at certain magnitude. This
is true for low density clusters, in which stars are quite isolated, and the PSF can be
determined quite well. The photometric errors are approaching to their theoretical
limit. High density clusters, however, have very crowded central region, where the
high and varied background make the PSF determination quite uncertain. Most of
the errors are not from low S/N ratios but from uncertainties in the PSFs and the
backgrounds. Increasing the observing time for those crowded clusters would not help
lower the photometric errors. Instead, developing more sophisticated PSF photometry

algorithm for crowded region is needed, which is still not matured yet.

2.7.2 The Metallicity Dispersion

Theoretical model shows that the dispersion of the metallicity of a globular clus-
ter can also cause spread in color on the main sequence. Figure 2.9 shows that a
metallicity (Z) difference of 0.002 (from red to blue line at certain V magnitude),
equivalent to d[Fe/H| = 0.30, can cause a spread of about 0.054 magnitude in color,
and 0.284 in V magnitude. So given the uncertainty in [Fe/H] of 0.03, the caused
spread in color will be 0.005, and shift in V magnitude will be 0.028. The intrinsic
color spread is smaller compared to the typical width in color of the main-sequence
with the HST observation (about 0.012), and the shift in V magnitude will not affect
the color distribution. Thus the intrinsic metallicity dispersion in most clusters can
be negligible. For multi-population systems, however, this will not be the case (Piotto

et al., 2007; Pasquini et al., 2011).
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Figure 2.9: Isochrone Models at different metallicity.

2.7.3 The Differential Reddening

Observations on globular clusters located near the Galactic center can be affected
by the existence of large and differential extinction of the foreground dust. Alonso-
Garcia et al. (2011) show the technique to correct this effect. From our sample, most
clusters are well above the Galactic plane and with the reddening E(B-V) less than
0.1, which are not important to spread the color of the main sequence comparing to
their photometric errors. For clusters near the Galactic plane, however, the reddening
can be very large. Along with the heavily contaminated field stars, the determination

of binary fractions in those clusters are quite uncertain.
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CHAPTER 3

HST Observations of Globular Cluster Binaries:

Results

In this chapter, we will show the analysis results for the binary fractions in the
sample. For each cluster, we performed analysis using three different methods (the
high mass-ratio binary method, the star counting method, and the x? fitting method)
discussed in Section 2.4 and 2.5, and for three different types of regions on the CCD
chips (i.e. the region including the whole field of view, within the core and the

half-mass radius, and radial annular bins).

3.1 Binary Fractions within the Whole Field of View

Analysis of the whole field of view statistically gives the most reliable results, as
it includes the most number of stars. In the Appendix E from Figure E.1 to E.35, we
show the results for each cluster in the sample. The 1st row is for HST ACS images
in inverted black and white color and squared color scale. The red circle on the left
image is the core radius region, while the green one is the half mass radius region. For
some clusters (e.g. NGC 104), the green circle is not shown, indicating the half-mass
radius region is too large to be covered by the ACS field of view. The image on the

right panel shows the recovered stars (green dots) and the three radial bins (blue
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circles) discussed in Section 2.6. Note that, in some dense clusters (e.g. NGC 104),
the center regions do not shown recovered stars, indicating that the stellar density is
too high to have a good photometry measurement. There are no stars recovered near
the CCD edge and between the gap of two chips, because the drizzled patterns during
the observations cause such regions to have only one observation coverage, which will
be rejected during the screening process.

The left panel on the 2nd row in Figure E.1 to E.35 shows the observed CMD
(left half) and the straightened CMD (right half) for the whole field of view, with
the defined MSRL (solid green lines) on top of them. We also plot the equal-mass
binary line (solid red line) to indicate the maximum distances in color a binary can be
relative to the main sequence. On the straightened CMD, we also add the 0.5 mass-
ratio binary line (solid blue line) and its symmetric line on the blue side to show
to star selecting region discussed in Section 2.4. To demonstrate the photometric
quality, we plot the 3 o photometric errors in color and its symmetric line on the
blue side (dashed red lines). The dashed blue lines show the CMD portion where we
analyzed on.

The right panel of the 2nd row shows the luminosity function of the F606W
magnitude for stars in all field of view, which is corrected by the completeness at
each magnitude.

The 3rd row shows the residual color distribution of the stars (black histograms)
in the chosen magnitude and residual color range (i.e. the box region formed by
the dashed blue lines on the straightened CMD). The red curve is the two-Gaussian
model (representing the main-sequence stars with certain photometric spreads) plus
the field star and blending star model. The lower panel shows the red curve subtracted
distribution. Note that the residuals on the left side are quite small and around
0, indicating a good fit by the red curve. On the right side, however, there are

systematic positive residuals even after accounting for the field star and blending star
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contaminations, indicating binary signals. With this residual distribution, we can
estimate binary fractions using the star counting method discussed in Section 2.5.1.

The right panel on the 3rd row shows the best-fit model (including the binary
model) to the residual color distribution. The method is discussed in Section 2.5.2.
The last row shows the model components (left panel) for the fitting method and the
zoom-in view (right panel). In the plots, the solid red curve is the overall model.
The dashed red curves are the two Gaussian components, while the green curve is the
binary model. The blending stars is modeled in blue dashed curve, and the field stars
is in black dashed curve. By comparing the area of each component in the model, we
can get a direct view of the contribution from each component.

In Table 3.1, we list the analysis results using different methods for the whole
field of view. In this table, we give the region size in terms of their half mass radii
in Column 2. In Column 3, 4, and 5, we list the binary fractions with 1 o errors
for high mass-ratio (¢ > 0.5) method, star counting method, and x? fitting method,
respectively. Column 6 and 7 are the fitted parameters in the x? fitting method,
where power z is the power index of the power-law function for the binary mass-ratio
distribution, and g, is the minimum binary mass ratio we can get. Column 8 gives
the x? and degrees of freedom for the fitting method. The last column gives the
binary fraction quality flags. They indicate the main error sources. Only the results
including one quality flag can be used, such as g (good estimate), d (dense core), and
n (small number of stars). Results including flag f (field stars) or e (large photometric
errors) should be used in caution, as the contaminations are asymmetric and with
large uncertainties (some fractions become negative values due to the asymmetric
distribution of field stars).

From the table, we can calculate the mean binary fractions including 25 reliable
binary fractions from the three methods: 5.2% (high q), 6.3% (counting), and 7.3%

(fitting), respectively. In Figure 3.1, we show the comparisons of binary fractions ob-
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tained through different methods. Blue filled circles are for binary fractions obtained
by high q method Vs. counting method. Red open circles are for binary fractions
obtained by fitting method Vs. counting method. The black solid line shows where
the two methods give the same results. From the figure, we can see that the binary
fractions obtained through the counting and fitting method are consistent with each
other, while they are usually larger than the values obtained through high mass-ratio
method. This is because the latter method does not include binaries with small mass
ratio that are hidden in the main sequence, while the former methods can statistically
recover part of the signals from the small mass-ratio binaries.

For the fitting method in Table 3.1, the fitted power x has a mean value of —1.9+
1.1 (from the 25 reliable clusters), indicating that most binaries distribute on small
mass ratios. The fitted minimum binary fraction ¢,,;, has a mean value of 0.3040.06,
which is smaller than the cut-off ratio in the high mass-ratio method (¢ = 0.5),
indicating that the fitting method can recover part of mass-ratio binaries that are
hidden in the main sequence. In Figure 3.2, we show the average mass-ratio function

constrained from the sample, with x = —1.9 and ¢,.;,, = 0.30.

3.2 Binary Fractions within the Half-mass Radius

The analysis for the binary fractions within the half-mass radius is important, as
it provides results that can be compared among different clusters versus their cluster
properties. One difference with the fitting method is that we fixed the values of the
power index x and the minimum mass-ratio ¢,,;, to the ones obtained by whole field
analysis, because there are more stars to constrain the parameters using the whole
chips.

The binary fractions are listed in Table 3.2, which is similar to Table 3.1, only
that we omit the size column as all the regions are 1 half-mass radii. We also exclude

the columns of power index z and the minimum mass-ratio ¢,,;,, as they are all fixed
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Figure 3.1: Comparisons of binary fractions from the whole field of view between differ-
ent methods. Blue filled circles: binary fractions obtained by high q method Vs. count-
ing method. Red open circles: binary fractions obtained by fitting method Vs. counting
method. The black solid line shows where the two methods give the same results.
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Figure 3.2: The binary mass ratio distribution function constrained by the sample results.
The power x = —1.9, and the minimum mass ratio ¢, = 0.30.
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Table 3.1: Fitting results for whole field of view

Source  size(in ry)  fo(q¢ > 0.5)%  fy(count)% Fo(fit)% Power x Gmin x2/dof Note?
NGC104 0.75 3.01£0.13  8.04+£0.70  8.70£0.50 -2.95+0.05 0.284+0.01 204.1/162 d
NGC288 1.06 6.47+0.31 12.87+1.32 13.20+0.60 -1.504+0.09 0.27+0.00 120.1/106 g
NGC362 2.89 4.39+0.16  8.28+£0.75  9.60+0.30 -2.11£0.19 0.24+0.01 176.9/142 d
NGC1851 4.64 2.88+0.15  5.51+0.82  6.50+0.50 -2.914+0.05 0.29+0.01 126.4/136 d
NGC2808 2.96 1.26+£0.18 -2.05+£0.66  0.50+0.00  0.00+3.00 0.77+0.45 299.5/164 d,p,e
NGC4590 1.57 8.124+0.30 11.14+1.27 13.30£1.10 -2.48+0.38 0.33£0.00 141.6/ 96 g
NGC5053 0.91 5.57£0.40 8.09+£1.81  7.50£1.50 -0.98+0.75 0.33+0.01  43.9/ 70 g

M3 1.02 5.10£0.17  5.45+0.70  6.80£0.40 -2.11+0.19 0.33£0.00 200.3/161 d
NGC5466 1.03 5.19£0.35 8.96+£1.86  8.80£1.60 -1.50+0.38 0.30+0.03  34.6/ 63 g
NGC5897 1.15 5.74+0.28  6.10+1.27  7.10£2.40 -0.75+0.19 0.33+£0.01 100.4/ 98 g
NGC5904 1.34 3.01+£0.14  4.61+£0.82  5.70£1.20 -3.00+0.05 0.30+0.06 113.6/122 d
NGC5927 2.15 2.44+0.21 12.29+0.93 14.20+0.50 -3.00+0.01 0.24+0.01 157.3/148 f
NGC6093 3.88 3.87+0.18  1.424+0.84  3.90+0.30 -3.00£0.09 0.40+0.00 207.6/125 d
NGC6121 0.55 4.7840.48 11.73+£2.16 16.20+0.90 -3.00+0.19 0.25£0.01 66.0/ 62 f
NGC6101 2.25 5.33+0.23  6.54+1.12  7.40£0.40 -1.50+0.19 0.31£0.00 105.8/100 g

M13 1.40 3.2840.14  2.15+£0.71  2.50£0.20 -2.81+£0.09 0.41+0.01 147.1/145 d
NGC6218 1.34 3.156+£0.22  8.51£1.29  8.80£0.90 -1.12+0.38 0.1840.01 92.6/ 91 g
NGC6341 2.32 4.1240.18  4.19+0.69  4.40+1.20 -1.03+0.75 0.27+0.03 247.0/146 d
NGC6352 1.15 -0.58+0.87  6.92+2.09  5.50+2.30 -1.884+0.38 0.21+0.06 110.4/ 99 f
NGC6362 1.15 4.39+0.29 11.21+1.42 12.504+1.70 -2.484+0.09 0.24+0.03 108.2/ 95 g
NGC6397 0.82 4.4840.49  7.81£1.81 10.90+1.00 -3.00£0.19 0.35+0.00 103.1/ 79 g
NGC6541 2.23 2.53£0.19  5.57+£0.78  7.60£0.30 -3.00£0.02 0.27£0.00 227.7/140 d,f
NGC6624 2.89 1.57+0.54 13.77£1.32 27.30+2.90 -2.98+0.19 0.18+0.03 200.2/144  df
NGC6637 2.82 2.06£0.30  5.53£1.10  6.60£0.40 -1.88+£0.19 0.18+0.01 142.3/135 d.f
NGC6652 4.93 0.87£0.71 -0.03£2.08  1.50£0.50  0.00£3.00 0.89+0.45 92.7/ 85 d,f
NGC6656 0.70 -4.874+0.28 -0.69+0.97  3.90+£1.40 -3.00+£0.05 0.184+0.03 488.0/124 f
NGC6723 1.55 4.55+0.19  8.79+£0.97 10.20+0.60 -3.00£0.05 0.28+0.00 113.2/118 g
NGC6752 1.24 0.91+0.16  2.97+1.04  4.00+0.50 -2.814+0.19 0.25+£0.01 124.2/ 98 g
Terzan7 3.07 12.23+0.79  19.674+2.62 19.10£1.70  0.00£0.19 0.1840.06 40.5/ 63 g

Arp2 1.34 8.51+0.55  8.32+2.16  7.70£1.60  0.00£0.38 0.44+£0.23 57.9/ 74 g
NGC6809 0.84 3.31+£0.22  3.10+1.31  3.604+0.30  0.00£0.75 0.25+0.06 64.8/ 77 g
NGC6981 2.54 5.33£0.24  5.50£1.25 6.00£0.40 -1.88+0.75 0.38+0.01  85.3/102 d
NGC7078 2.37 4.38+0.17  0.50+0.62  1.504+0.10  0.00+0.19 0.25+£0.03 229.2/160 d,e
NGC7099 2.30 3.06+£0.28  4.23+1.08  5.20£1.00 -3.00£0.75 0.33£0.06  85.7/ 68 g
Palomar12 1.38 13.44+£1.26  7.99£4.25 15.90£9.50 -0.75£1.50 0.2540.45 13.1/ 33 n

?Note:results quality flags. d: dense core; f: field stars; n: small number of stars; p:
multi-populations; e: large photometric errors; g: good estimate. Binary fractions
with flags of g, d, and n are usually good to use. Uncertainty from flag f is quite
large, so be caution when use those values. Binary fractions with more than one flag
are not good to use.
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Table 3.2: Fitting results within half light radius

Source  fy(q > 0.5)%  fy(count)% f(fit)%h  x*/dof  Note®
ngcl04 3.03+ 0.13  8.03£0.70 8.73+0.81 205.6/162 d
ngc288 6.29+ 0.32 12.26+1.38  11.85+0.36  96.9/ 99 g
ngces62 5.69+ 0.36  8.17£1.30 6.62+0.35 122.8/118 d
ngcl851 3.89£ 0.85 -1.06£2.79 0.50+0.00  40.3/ 73 d,e

nge2808 12,094+ 0.96  -4.84+42.44  0.50+£0.00 71.9/90 dep
ngc4590 6.24+ 0.30  7.33£1.39 8.62+1.21 112.3/ 87 g
ngedH053 5.57+ 0.40  8.17£1.81 8.25+1.68 42.5/ 70 g
m3 5.03£ 0.17  5.42+0.70 6.62+£0.24 197.4/161 d
ngcH466 5.23£ 0.35  9.03£1.86 9.36+£0.63  33.4/ 63 g
nged897 5.63+ 0.28  5.84£1.28 6.28+0.30  82.5/ 96 g
ngcdH904 3.15+£ 0.15  4.8440.85 5.48+1.17 111.6/122 d
ngch927 3.87+ 0.28  6.18%+1.29 5.18+1.03 107.8/127 f
ngc6093 7.59+ 0.58  1.25£1.78 2.22+1.73  80.8/ 98 d
ngc6121 4.79+ 048 -1.944+3.37 0.50+0.35  46.7/ 40 g
ngc6101 2.50+ 0.38  6.59£1.12 7.70+0.65 105.7/100 g
ml3 3.46£ 0.16  2.12£0.75 2.56+0.60 149.2/144 d
ngc6218 3.21+ 0.24 8.31£1.35 8.87+2.94 93.3/ 88 g
ngc6341 5.31+£ 0.29  3.27£0.98 3.33+£0.97 151.0/136 d
ngc6352 -0.57+ 0.88  6.06£2.11 5.91+£1.53 104.7/ 98 f
ngc6362 431+ 0.29 10.64+£1.44  11.594+1.04 99.9/ 94 g
ngc6397 4474+ 049  7.75+1.81  10.84+0.67 100.7/ 79 g
ngc6541 3.94+ 0.28  1.6941.08 2.96+0.40 184.6/123 d
ngc6624 1.31+ 0.57  8.13+1.96 5.424£7.96  63.7/ 93 f.d
ngc6637 4.16+ 0.40  4.10£1.63 2.96+£0.59 102.5/103 f.d
ngc6652 3.17£ 0.78  11.82+3.67 3.45+£1.70  42.6/ 41 f.d
ngc6656 -4.944+ 0.28  -0.69£0.97 3.76+1.39 486.9/124 f
ngc6723 4.66+ 0.21  7.19£1.06 8.37+1.03 101.3/115 g
ngc6752 0.74£ 0.16  2.26£1.07 2.96+0.45 118.3/ 96 g
Terzan7 17.154+ 1.40 13.56+2.71  13.30+2.03  43.9/ 62 g
Arp2 8.05+ 0.55  4.9243.31 4.444+1.39  30.9/ 50 g
ngc6309 3.31£ 0.22  -5.14£2.92 0.50+0.06  33.4/ 43 g
ngc6981 7.184+ 0.38  5.43£1.27 6.13+£0.64  85.7/102 d
ngc7078 5.85+ 0.32  0.47£0.62 1.484+0.17 231.0/160 d
ngc7099 3.78¢ 0.44  2.50£1.52 0.50+£1.25 103.6/ 62 d
Palomar12  13.36+ 1.30 -8.38+£6.02 12.314+19.88 7.2/20.0 g

Note: same as Table 3.1.
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Figure 3.3: Same as Figure 3.1, but for half-mass radius results.

to the values in Table 3.1. The average binary fractions within the half-mass radius
from this table is 5.6% (for high q (¢ > 0.5) binary fractions), which includes 27
reliable clusters with flags of d, n, or g. And the results are consistent with the fitting
and counting methods (see Figure 3.3).

The binary fractions against ages and the dynamical ages are the most important
relation, as it can tell us how the binary fraction evolves with time. The relationship
can be compared to the model predictions through different dynamical simulations of
globular clusters.

We use a straight line defined below to fit the data points.

y=b+kx*xz, (3.1)

where y is the binary fraction and x is the different properties of globular clusters.
Figure 3.4 shows the relationships between the half-mass binary fractions and the

ages, dynamical ages (absolute ages divided by the relaxation time at half-mass ra-

dius), metallicity [Fe/H], and the absolute V magnitudes. The fitted line parameters

and the Spearman rank coefficients are shown in Table 3.3. From this table, we can
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Table 3.3: Fitting results for the half-mass binary fractions Vs. different properties of
clusters

Vs. Properties k b x*/dof  coefficient, significance
Age -0.53+0.05 10.02+0.61 1055.2/ 25 -0.392 0.043
Dynamical Age -0.10+0.01 4.65+£0.09 1042.0/ 25 -0.068 0.737
[Fe/H] -1.04+0.11  2.4440.18 1054.4/ 25 -0.016 0.936
Mv 0.63+£0.06  9.124+0.41 1017.0/ 25 0.490 0.010

see that the half-mass binary fractions are anti-correlated with the cluster ages (the
Spearman rank coefficient analysis shows a reliable significance), meaning that the
half-mass binary fractions are decreasing over time. This could be the fact that bi-
naries are destructed or escape from the clusters, making the whole binary fraction
decrease. But we do not see the correlation of half-mass radius binary fractions cor-
related with the dynamical times, nor the metallicity [Fe/H]. The half-mass binary
fractions also show a correlation with the cluster absolute V magnitudes, meaning
that less massive clusters (larger Mv in value) should have higher binary fractions.
This correlation is also confirmed by Spearman rank coefficient, with very reliable sig-
nificance. The relationship was also discovered by Milone et al. (2008). The possible
explanation for this correlation is that, less massive clusters have lower stellar density,
so the relaxation time is longer. This will cause less frequent dynamical interactions
between binaries and other stars. So binaries are not destroyed or escape quickly like
those in the denser region, leaving the binary fraction still high. The lower density
end of this trend is for the open clusters, where they usually have higher binary fre-
quencies (~ 30% for Hyades by Griffin et al. (1988), > 59 % for Praesepe by Bolte
(1991), and 50% for M67 by Fan et al. (1996)). A more recent study of 9 open clus-
ters show 15%-54% of binary fraction (Bica & Bonatto, 2005). For field stars near
the solar neighborhood, the binary frequency can be as high as 50% (Duquennoy &
Mayor, 1991; Halbwachs et al., 2003).
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3.3 Binary Fractions within the Core Regions

The binary fractions within the core regions are supposed to represent the dy-
namical features according to simulations. The binary systems tend to sink to the
core while the single stars tend to drift outwards by the mass segregation effect,
which make the core binary fractions increase against evolutional time. In our sam-
ple, not all the clusters are suitable for the core binary fraction analysis, because 1)
the core regions for some dense clusters are too crowded to recover stars; 2) the core
regions for some core-collapsed clusters are too small to include enough stars. With
such limitations, we only analyzed 25 clusters in our sample with the high mass-ratio
method.

Table 3.4 shows the core binary fractions for 25 clusters with the high mass-
ratio (¢ > 0.5) method. The mean binary fractions within the core regions is about
7.0% (excluding 8 clusters with field star contamination or due to large photometric
errors and low star numbers). Table 3.5 shows the correlation analysis of the core
binary fractions with different cluster properties: age, dynamical age, [Fe/H]|, and
Mv. Figure 3.5 shows the correlation plots. From Table 3.5 we can see that, the core
binary fractions shows an anti-correlation with the cluster ages. The Spearman rank
analysis shows a significant correlation, which indicates that the core binary fractions
are decreasing over time, indicating the destruction or escape of the core binaries are
more than the binaries sinking to the core caused by the mass segregation effect. The
correlation between the core binary fractions and the dynamical ages, however, is not
significant. The core binary fractions are also not significantly correlated with [Fe/H]

or Mv.

29



Table 3.4: The core binary fractions for 25 clusters with the high q method

Name  fb(high q)% Note®
ngcl04  4.26 £ 2.68 d,n
ngc288  5.64 £ 0.41 g
ngc4590  9.43 £+ 0.69 g
nged053  5.67 £ 0.40 g

m3 5.42 + 1.07 d
ngehH466  5.58 £ 0.43 g
ngebH897  5.08 £ 0.34 g
nged904 773 £ 0.72 d

d7
8
g
d
g

ngch927 541 + 0.82
ngc6101  6.13 4+ 0.40
ngc6121  4.94 + 0.63
ml3 6.17 &£ 0.47
ngc6218  3.75 + 0.47
ngc6341  1.20 4+ 2.47 d,n
ngc6352 1.76 + 1.30 f
ngc6362 4.81 + 0.44 g
ngc6bH41  -0.12 £ 547 dn
ngc6637  8.51 + 1.27 d.f
ngc6656 -2.39 + 0.33 f
ngc6723  6.89 4+ 0.38 g
ngc6752 527 + 2.47 d.n
ngc6809  3.43 + 0.24
ngc6981 11.56 £+ 0.81
Arp2 7.42 + 0.69
Terzan7 20.02 + 2.10
Note: same as Table 3.1.

= B 0 0R

Table 3.5: Fitting results for the core binary fractions Vs. different properties of clusters

Vs. Property k b x*/dof  coefficient, significance
Age -2.40+0.14 32.75+£1.61 501.9/ 23 -0.595 0.002
Dynamical age 0.05+0.03  4.41+0.26 787.3/ 23 -0.150 0.474
[Fe/H] 0.97+£0.24  6.27+0.37 773.9/ 23 0.140 0.505
Mv 1.944+0.15 19.07+1.11 617.6/ 23 0.265 0.201
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Table 3.6: Fitting results for radial bins

Source  Bin Range(ry) fi(q > 0.5)%  fp(count)% fo(fit)% x?/dof Note®
ngcl04 0.00-0.29 4.14+0.29  5.63+£1.27  4.1940.38 144.7/130 d
0.29-0.42 2.7240.22 10.02£1.25 11.944+0.54  75.7/110 d
0.42-0.56 2.11+£0.18  6.22+1.26 10.59+1.63 104.7/100 d
ngc288 0.00-0.43 4.75£0.51  4.514£2.39  2.59+0.98  64.0/ 63 g
0.43-0.70 6.96+0.58 17.21+£2.33 23.63+2.32 77.0/ 71 g
0.70-1.05 6.94+0.55 18.69+2.32 35.45+8.90  38.8/ 67 g
nge362 0.00-0.97 5.74+0.37  8.38+1.34  6.53+0.40 127.7/118 d
0.97-1.48 4.57+0.27 12.61+1.32 15.76+£1.15  91.9/101 d
1.48-2.16 2.53+£0.22  7.73+1.33 10.37+1.14  89.0/ 87 g
ngcl851 0.00-1.55 3.80+0.37  3.03+1.47  2.84+0.63 91.5/113 d
1.55-2.34 2.20£0.25  5.93+1.45  8.62£1.02 76.0/ 87 d
2.34-3.55 1.50£0.20  6.48+1.45 8.74+0.97 79.1/ 76 d
ngc2808 0.00-1.35 -1.56+0.38 -2.444+1.19  0.50+0.01 186.9/141 d.e,p
1.35-1.73 1.1440.29 -1.08£1.17  0.56+0.14 180.3/132 d.e,p
1.73-2.26 1.49+0.28 -3.54+1.17  0.50+0.02 204.4/130 d,e,p
ngc4590 0.00-0.44 8.27£0.61  7.02£2.30 5.42+1.21 47.3/ 64 g
0.44-0.74 3.884+0.45 5.21£2.30 6.90£1.58  38.4/ 55 g
0.74-1.14 6.40+0.51 10.83+£2.28 19.70+1.83  74.5/ 60 g
ngcbH053 0.00-0.36 5.64+0.77  8.88+3.24  5.91+2.57  22.2/ 43 g
0.36-0.52 4.71+£0.70  2.33+3.31  6.41+4.18  26.6/ 40 g
0.52-0.68 4.90+0.74  0.1243.32  5.42+2.20  25.1/ 41 g
m3 0.00-0.35 6.17£0.39  6.48+1.26 5.44+1.48 112.2/135 d
0.35-0.54 3.94+0.28  6.85+1.25 9.21+0.38  82.8/111 d
0.54-0.76 3.62+0.24  5.55+1.25 8.37+1.42 128.6/102 d
ngchH466 0.00-0.39 5.09+£0.66 -0.484+3.41 1.48+1.48  31.8/ 39 g
0.39-0.58 5.23+0.66  3.02+3.37  8.37+4.37  24.6/ 38 g
0.58-0.79 4.6240.62  1.96+3.37 6.414+4.51 34.4/ 39 g
ngch897 0.00-0.44 4.754+0.56  2.114£2.32  1.9840.67 41.0/ 63 g
0.44-0.64 4.2540.49  5.92+2.29  6.65+0.98  29.6/ 59 g
0.64-0.85 5.70£0.51  7.40£2.29 11.82+1.72 32.6/ 61 g
ngcb904 0.00-0.43 4.85+0.35  1.94+1.49  2.354+1.47  75.4/103 d
0.43-0.68 2.10+£0.24  6.11+£1.47  6.90+£1.40  75.9/ 78 g
0.68-0.99 1.15+£0.18  4.094+1.48  6.28+2.12 52.3/ 67 g
ngch927 0.00-0.75 4.69+0.38  4.43+1.66 2.71+0.86 117.0/112 df
0.75-1.15 1.1940.34 11.01+£1.64 15.85+1.13  87.3/ 96 f
1.15-1.64 0.7840.39 21.00£1.66 35.45+2.88 122.6/ 94 f
ngc6093 0.00-1.17 7.09+0.44  3.29+1.46  3.73+0.46 100.7/108 d
1.17-1.82 2.97+£0.29  1.54+1.46  4.254£0.69  89.0/ 85 d
1.82-2.96 0.414+0.23 -0.52+£1.48 0.75+0.96  47.2/ 73 g
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Source  Bin Range(ry,)  fi(q > 0.5)%  fi(count)% fH(fit)% x*/dof Note®
ngc6101 0.00-0.84 5.74+£0.46  3.21£2.01  2.71+0.81 73.0/ 69 g
0.84-1.25 4.76+0.42  7.64+£2.00 9.61+2.16  46.1/ 64 g
1.25-1.72 4.21£0.40  6.47+£2.01 10.84+1.38  46.2/ 61 g
ngc6121 0.00-0.20 5.4940.82 -9.74+4.05 0.50£0.06  53.9/ 33 n
0.20-0.30 2.87+£0.80 -4.49+4.04  2.474£2.95  29.0/ 35 n
0.30-0.41 4.11£0.94 -8.794+4.11  0.5040.00 16.4/ 38 n
ml3 0.00-0.50 5.00+£0.34  1.26+1.28  1.24+0.43 113.3/120 d
0.50-0.75 2.2840.26  1.67+1.27  2.35+2.70  84.0/102 d
0.75-1.04 1.65+0.21  2.5241.27  2.71+0.62 86.8/ 90 g
ngc6218 0.00-0.47 3.41+0.45  3.80+2.35  2.35+0.67  51.6/ 59 g
0.47-0.72 2.87+0.39  3.91+£2.35 3.70£1.83  39.7/ 55 g
0.72-1.00 3.08+0.40  2.75£2.36  4.44+2.31 54.4/ 57 g
ngc6341 0.00-0.75 5.79+0.40  2.66+1.24  2.35+0.44 113.5/121 d
0.75-1.18 2.77+0.31  3.34£1.23  3.95+£0.43  76.3/102 d
1.18-1.74 2.43+0.25  3.69+1.23  4.44+1.73 104.0/ 87 g
ngc6352 0.00-0.43 1.31£1.24 -2.20+3.50  0.50+0.00  36.8/ 57 f
0.43-0.64 1.97+£1.52  2.14+3.77  1.4843.55  36.9/ 54 f
0.64-0.86 -4.64+1.85 -5.00+4.22  0.50+0.00  34.6/ 55 f
ngc6362 0.00-0.44 5.07+0.57  8.48+2.60 4.44+1.49  58.4/ 60 g
0.44-0.65 3.90+0.52  7.414+2.61 7.39+£2.70  28.4/ 56 g
0.65-0.85 3.44+0.49 16.05+2.59 29.05+4.64  61.7/ 56 g
ngc6397 0.00-0.28 1.83+£0.75 -0.18+3.27  0.50+0.00  36.4/ 46 g
0.28-0.45 1.8840.77  6.15£3.28 10.84+1.63  33.6/ 45 g
0.45-0.61 4.16+£0.92  0.48+3.36 20.19+7.12  43.3/ 49 g
ngc6541 0.00-0.71 4.924+0.39  2.80+1.39  2.59+0.72  97.4/111 d
0.71-1.14 1.5240.32  2.87£1.40 5.79£0.79  96.3/ 93 d
1.14-1.66 0.86+0.32 11.95+1.40 19.70+1.41 177.0/ 87 g
ngc6624 0.00-0.91 0.93+0.61 12.57+2.10 7.51+0.68  64.2/ 86 f
0.91-1.45 1.51+£0.88 14.604+2.29 16.00+1.11 61.0/ 84 f
1.45-2.13 2.154+1.34 10.50+£2.69 21.42+2.71 73.2/ 90 f
ngc6637 0.00-0.87 4.90+£0.46  2.16+1.84 1.12+0.83 102.9/ 96 f
0.87-1.38 0.87+0.44 5.87+1.88 9.85+2.96 67.2/ 82 f
1.38-2.15 -0.14+0.65  1.804+2.09  1.9842.40  56.1/ 76 f
ngc6652 0.00-1.34 3.156+0.66  6.04£3.02 3.45+£1.21 34.5/ 50 f
1.34-2.34 1.54+£1.06  0.27+3.48  4.44+2.87  28.7/ 48 f
2.34-3.77 -4.18+2.18  -9.2544.86  0.50+0.00  36.2/ 47 f
ngc6656 0.00-0.26 -1.01£0.47  -3.70+£1.73  0.50+0.03  86.4/ 84 f
0.26-0.39 -4.944+0.51  1.70+£1.75  7.14+1.02 126.0/ 82 f
0.39-0.52 -8.16+0.58 -0.514+1.82  8.37+1.04 168.6/ 80 f
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Source  Bin Range(rs) fo(q > 0.5)%  fy(count)% To(fit)% x?/dof Note”

ngc6723 0.00-0.50 6.87£0.41 7.61£1.72 5.67+0.75  93.7/ 92 d

0.50-0.80 3.81£0.32 2.83+1.74 4.31+1.15 1155/ 79 g

0.80-1.16 2.55+0.30 12.78+1.72  19.14+1.43 132.6/ 72 g

ngc6752 0.00-0.41 0.78+£0.35  -1.48£1.90 0.52+0.03 774/ 75 g
0.41-0.66 -0.06£0.26 1.30+1.88 0.50+£0.06  70.2/ 65 g

0.66-0.93 0.85+0.25 5.24+1.87 11.70+1.80  64.5/ 64 g

ngc6809 0.00-0.32 3.29£0.45 2.00+£2.44 1.4842.00  39.3/ 49 g
0.32-0.47 2.99+0.46 1.85+2.44 4.44+2.15 357/ 48 g

0.47-0.60 2.5940.40 1.01+2.45 3.45+0.00  44.3/ 48 g

ngc6981 0.00-0.67 9.55£0.58 8.62+2.18 5.18+0.77  54.4/ 75 d
0.67-1.12 3.60£0.40 3.5542.20 3.95+3.95 41.2/ 66 g

1.12-1.89 2.11+0.32 1.1442.22 2.47+1.48  53.7/ 58 g

ngc7078 0.00-0.85 5.72+0.40 3.97£1.10 2.8440.51 163.3/140 d.e
0.85-1.25 3.11£0.31 2.45+1.09 2.4140.76 136.9/122  d.e

1.25-1.78 1.56£0.25  -5.58+1.12 0.50+0.00 252.2/107  d,e

ngc7099 0.00-0.64 5.12+£0.70  -4.63£1.93 0.56+£0.46  74.6/ 52 g
0.64-1.11 1.3940.47 3.73+£1.94 5.91+2.15  43.0/ 42 g

1.11-1.74 0.67£0.38 2.87+1.96 6.41+4.29  36.0/ 37 g

Arp2 0.00-0.49 6.65+0.94 0.83+£3.85 6.41+£2.20  13.0/ 28 g
0.49-0.72 7.21£0.91 1.15+£3.89 12.31+£12.31 11.6/ 29 g

0.72-1.02 10.38£1.08  -7.34+4.05 0.50+£0.00 9.1/ 27 g

Palomar12 0.00-0.40 16.60£2.52 -37.87+8.55 0.50£0.00 2.2/ 13 n
0.40-0.71 13.66£2.15 -22.56+8.15 0.50+0.5 1.5/ 13 n

0.71-1.05 9.26+1.96 -8.86+£7.91 8.37+8.37 3.6/ 13 n

Terzan7 0.00-0.86 17.38+1.58 6.61+4.57 6.41+£2.20  13.0/ 28 n
0.86-1.48 9.85+1.31 3.08+4.76 12.314+12.31 11.6/ 29 n

1.48-2.35 7.94+£1.26  -5.75+5.05 0.50+£0.00 9.1/ 27 n

%Note: same as Table 3.1.
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3.4 The Radial Distribution of the Binary Fractions

The analysis for the binary fractions at radial annular bins is also important, as
it can diagnose any radial changes for the binary fractions. In Figure F.1 to F.35,
we show the radial analysis results for each cluster. The panels on the left, middle,
and right columns are for the inner radial bin, the middle radial bin, and the outer
radial bin, respectively. For each column, the 1st to 5th rows are the same as the
corresponding panels in Figure E.1 to E.35, only that the formers are for different
radial bins. On the 6th row, the left panel shows the radial distribution of the
binary fractions obtained through three different methods, high q method (black),
star counting method (red), and yx? fitting method (green). The right panel shows
the luminosity functions (normalized to the maximum number) at different radial
bins, inner (black), middle (red), and outer (green).

From those figures, we can see that the quality of the CMDs changes dramatically
for some dense clusters (e.g. NGC 1851), In those dense clusters, the inner radial bins
usually have the worst photometric quality among the three bins, shown by larger
spread of the main-sequence stars and fewer fain stars recovery. The outer bins,
however, usually have very narrow main sequence on the CMDs, and produce much
reliable results of binary fractions. For low density clusters (e.g. NGC 5053), the
photometric quality is not so different among the three bins.

Another concern is that for the star counting and x? fitting methods, the results
are more scattered than using the whole field. This is because each radial bin only
contains about one third of total stars, making the statistics worse. The analysis
involving fitting process will be unable to constrain the model, which causes big
errors in the binary fractions (see Figure 3.6 for binary fraction comparison among
three methods). The high ¢ method is the more reliable one when the star number
is small.

We list all the results for each radial bin in Table 3.6. The tables are similar to
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Figure 3.6: Same as Figure 3.1, but for all radial bin results.

Table 3.2, only that we add one column showing the size of each radial bin in terms
of the half-light radius. Each cluster has three rows, showing the inner bin, middle
bin, and the outer bin results, respectively.

In Figure 3.7, we plot all the high mass-ratio (¢ > 0.5) binary fractions at dif-
ferent annular bins from all the clusters in our sample verse their radial distance to
cluster center. The upper panel is the high mass-ratio binary fractions normalized to
their core fractions, and the distances are normalized to their core radii. Note that
there are only 17 clusters with reliable core binary fractions measured in our sample.

The straight line fitted results are shown in Table 3.7, first row, which shows a mod-

erate correlation (slope k& = —0.41). The Spearman R rank correlation coefficient,
however, shows a significant correlation (coefficient = —0.69, with a highly reliable
significance).

The lower panel in Figure 3.7 and the second row in Table 3.7 show the high mass-
ratio binary fractions normalized to their half-mass fractions versus the distances
normalized to their half-mass radii. The straight line fit shows a strong correlation
(slope k = —0.99), which is confirmed by the Spearman R rank correlation coefficient

(-0.61) with a highly reliable significance.
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Table 3.7: Fitting results for binary fractions vs. radius.

normalize k b x?/dof  coefficient, significance
to r. and fb. -0.414£0.04 1.34+£0.07 286.5/64 -0.69 1.9e-10
to rp and fb, -0.9940.08 1.45+0.06 288.3/100 -0.61 7.4e-12

This correlation (fb Vs. r) is very important, as it confirms the mass segregation
effect in globular clusters. Both the recent Monte Carlo and the N-body simulations
predict the binary fraction distribution along the cluster radii (see Fregeau et al.
(2003), Hurley et al. (2007), and Sollima (2008)), which show that after several half-
mass relaxation times, binaries tend to sink to the core of a cluster. The single stars at
the core region, however, drift outwards of clusters, which makes the binary fraction
at the core region increases. The outer region, on the other hand, decreases in both
binaries (sinking to the center) and single stars (due to evaporation), making the
binary fraction in the outer region roughly unchanged (Hurley et al., 2008). Thus the
binary fractions will decrease against the radii. Sollima et al. (2007) also observed
this trend with 7 clusters. Here, we confirmed this relationship with a larger sample

(34 clusters in the plot, or 102 annular bins), which gives a robust fit.

3.5 The Catalog for the High Mass-ratio Binary Candidates

Direct search of binaries (by studies of radial velocity variables or eclipsing bina-
ries) and constructing a large binary sample in globular clusters are really challenging.
The key problem is that most surveys are not efficient to discover binaries. For in-
stance, in a recent spectroscopic binary survey for globular cluster M4 (= NGC 6121)
by Sommariva et al. (2009), where they monitored stars from the red giant tip to the
main sequence (one magnitude below the turn-off point), 57 binaries out of 2469 stars
were discovered, or a 2.3 % binary discovery rate. The binary discovery rate might
be higher in open cluster, e.g. for the open cluster Hyades, Griffin et al. (1988) per-

formed a radial-velocity survey for more than 400 stars including the main sequence.

67



fb(q>0.5)/fb(q>0.5)_rc

@]
N
~
[e2]
Cca
o

r/rc

20 T[T T T T T T T T T T T T T T T

5(9>0.5) /f6(q>0.5)_rh

—-0.5 \\\\\\\\\\\\\\\\\\\r\\\\\\\\\\\\\\\\\\\\\

0 1 2 3
r/rh

Figure 3.7: Combined high mass-ratio (¢ > 0.5) binary fractions Vs. radius. Each cluster
has three bins, and with the same symbol and the same color on this figure.
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They found that about 30% of stars are binaries after excluding field stars. But as
long as the main sequence stars (mostly are single stars) are included, most of the
survey time will be wasted on monitoring single stars.

Observing stars on the second sequence above the main sequence on the CMDs,
however, is a very efficient way to search for main-sequence binaries. Bolte (1991)
tested this method in open stellar cluster Praesepe (= M44, NGC 2623), where he
observed 17 stars above the main sequence through the radial velocity study, and
found that 10 out of 17 (or 59 %) stars are demonstrably binary systems. If we
can apply this method to globular clusters, monitoring 5000 stars can yield more
than 3000 binaries, which will provide valuable and reliable information about the
properties of binaries in globular clusters, such as the period distribution (or the
separation distribution). Combining with binary mass-ratio distribution, one can
calculate the binary hardness distribution, which is a key input parameter in the

theoretical model in the dynamical evolution of globular clusters.

3.5.1 Selecting Criteria

One product of this thesis work is to produce such binary candidate catalog for
future observations. With the highly accurate CMDs obtained by HST observations,
we can select those potential main-sequence binary candidates from their CMDs. To

do this, we use the following criteria.

1) The Galactic latitude for the cluster is not within £15°, so that there are not

many field star contaminations. This rules out 9 clusters in our sample.

2) The magnitude range starts from one magnitude below the turn-off point, and
goes 2 to 3 magnitudes down the main sequence. Stars are not selected too
close to the turn-off point because around that area, binaries are merging with

the main sequence, making the binary sequence indistinguishable. We do not
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choose stars that are too faint, because the photometric errors will be too large

to hide those binaries.

3) We only select those binaries with mass-ratio greater than 0.5 and less or equal
to 1. Those low mass-ratio binaries are too close to the main sequence even for

bright stars.

4) For low density clusters, we use the whole field of view of ACS images, because
the photometries are equally good from the center region to the outside. For
high density clusters, however, we only use the outer bin. For some really dense
clusters (e.g. NGC 104, M3, and NGC 7078), even the outer bin is too dense,
making the CMD too scattered for a clean selection of binaries. In those cases,

we do not include them in the catalog.

3.5.2 The Catalog

By the criteria discussed in 3.5.1, we selected a total of 6,004 high mass-ratio
(¢ > 0.5) binary candidates from 23 clusters in our sample. In Figure 3.8 to 3.10,
we plot the binary candidates (red circles) on their CMDs (main-sequence stars as
black circles), as long as the MSRL (green line), 0.5 mass-ratio line (blue line), and
equal-mass binary line (red line). We also list the selected region (e.g. all field of view,
middle and outer bins, and outer bin only) and the number of binaries selected on each
figure. From all those figures we can see that, those high mass-ratio binary candidates
are well separated from the main sequence stars with few field stars contaminated.
As they are all from low density regions, the rate of star superposition is fairly low
(less than 0.05%). There should be very high probability that they are binaries.

In Appendix G, we list all the binary candidates in tables for each selected cluster,
including their RA and Dec, magnitudes for F606W and F814W filters, and distance

to the cluster center in arcsecond.
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72



T 210
m13 outer

N(binary)= 231 °

T T T
Palomar12 all

N(binary)= 96

T T
nge7099 mid+outer
N(binary)= 161

220

225

FEOBW

230

240 o
X . as 0.6 ) 08 o 05 0.6 07 0.8 0. 1.0 1
FE06W-F814W FE0BW—F814W FEO0BW—F814W

21 T
<Arp2 all

N(binary)= 186

" Terzany all .
N(bmaey)= 306

Feosw
»
&

0
FEO6W—F814W

Figure 3.10: The CMDs for selecting high mass-ratio binary candidates (continued).

3.5.3 The Properties of the Binary Candidates

To pre-examine those binary candidates, we plot some of their property distribu-
tions in Figure 3.11. On the upper left panel, we plot the distribution of their absolute
magnitudes in the F606W band, which were corrected by their distance modulus and
reddening. On the upper right panel, we plot the residual color distribution of those
binaries (i.e. the colors of binaries minus the colors of their MSRL). On the lower
panel, we show the binary surface brightness distribution (absolute magnitude per
r2), Vs. radial distance to the center in terms of the core radius (r.). The red curve

is the fitted model from Equation 3.2,

S(r)=5S(0) + 2.5lg(1 + "), (3.2)

where S(0) is the center surface brightness, and r is in unit of the core radius r.. The

fitted parameters are S(0) = -0.44 and n = 3.58, with x?/dof = 472/307. Note that,
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Figure 3.11: Properties of the high mass-ratio binary candidates in the catalog. Upper left:
binary candidates absolute magnitude distribution. Upper right: residual color distribution;
Lower panel: binary candidates surface brightness profile with model fitted.

the single star surface brightness profile usually follows the King’s model (King, 1962,
1966) with the index n equal to 2. The reason that the binary surface brightness
profile differs from the single star surface brightness profile is unknown. But this

profile again shows an independent evidence that there are more binaries towards the

cluster centers than outward, which is the result of the mass segregation effect.
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CHAPTER 4

Summary and Future Work

4.1 Summary

4.1.1 Summary of the Methodology

I used the photometric binaries method on CMDs to determine binary fractions
for a sample of 35 Galactic globular clusters, which covers a wide range in the dynam-
ical ages and metallicity. Those CMDs were constructed with the PSF photometry
by Dolphot (V1.2) from their HST ACS archival data. Three different methods to
measured the binary fractions were introduced, the high mass-ratio (¢ > 0.5) method,
the star counting method, and the 2 fitting method. For each method, I constructed
the models for the blending stars and field stars. A single star model was introduced
to the star counting method, while additional binary model was applied to the y?
fitting method. I also discussed the method to perform radial analysis of binary frac-
tions. Finally, I discussed the other errors that can affect the accuracy of the binary

fraction measurement.

4.1.2 Summary of the Results

In Section 3.1 to 3.5, we showed and discussed the results for this sample, which

includes analysis within full field of view, within the core and the half-mass radius
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region, within radial annular bins, and with the high mass-ratio binary candidates.

We analyzed each cluster with three different methods (the high mass-ratio method,
the star counting method, and the x? fitting method) and for different types of re-
gions. We found that binary fractions obtained by the star counting method and the
x? fitting method are consistent with each, but are systematically higher than the
high mass-ratio method, which shows that the former two methods can statistically
recover part of the binary signals even within the main sequence. The mean binary
fractions within the whole field of view from the three methods are: 5.2% (high q),
6.3% (star counting), and 7.3% (x? fitting), respectively. We also constrain the binary
mass-ratio distribution function with the x? fitting method (assuming a power-law
function f ~ ¢*), with an average power index x of —1.94 1.1 and a minimum binary
mass-ratio of 0.30 £ 0.06.

For binary fractions within the core and the half-mass radii, we obtained the
mean binary fractions with the high mass-ratio method: 7.0% and 5.6%, respectively.
We also examined the correlations between the binary fractions and different cluster
properties among the clusters in our sample. We found that the half-mass binary
fractions correlate with the cluster ages and their absolute V magnitudes, but not
with their dynamical ages or their [Fe/H]. The core binary fractions also correlate to
the cluster ages, but not with their dynamical ages, [Fe/H], or absolute V magnitudes.
We also found a significant distribution of the binary fractions along the cluster radii,
with binary fractions increasing towards the cluster centers. This is the evidence that
the mass segregation effect has an impact in distributing stellar masses inside the
globular clusters.

Finally, we compiled a catalog consisting of 6,004 binary candidates with mass-
ratio greater than 0.5 from 23 Galactic globular clusters in our sample. Those bi-
naries are well separated from the main-sequence stars, and are selected from low

density regions and high Galactic latitudes. The contaminations from photometric
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errors, blending stars, and field stars are very small. With this binary candidate cat-
alog, people can search for the main-sequence-main-sequence binaries very efficiently
in globular clusters through future radial velocity studies. We also found a binary
candidates radial distribution pattern through their surface brightness profile, with
increasing binary number towards the cluster center, which is a separate evidence for

the mass segregation effect in globular clusters.

4.2 Future Work

4.2.1 Improvement for the PSF Fitting Program

The aperture and PSF photometry both work very well in low stellar density clus-
ters. But when the stellar density becomes larger, the aperture photometry becomes
hard to recover faint stars. At some high density region, even the PSF photometry
would not work, due to too high background and large uncertainty. The better PSF
algorithm to recover stars in very dense region is still not mature, making determi-

nations of binary fractions in core region for some clusters difficult.

4.2.2 Proper Motion to Screen Field Stars

For low galactic clusters, field stars are the main contamination source when de-
termining the binary fractions. The uncertainties are mainly from the contribution of
field stars. The best way to clearly remove non-member stars is to use proper motion
method, which requires more observations separated by at least 1 year. NGC6397
and M4 are currently the best examples with this method (see Davis et al. (2008)
and Richer et al. (2004)). There are 9 globular clusters in our sample with galactic
latitude within £15°. We need more HST observations to screen out those field stars,

and constrain the binary fractions of them.
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4.2.3 Studies with the Ground-based Telescopes

Binary study based on CMDs is only a statistical way to study the overall prop-
erties of binary fractions. The direct way to study the binaries in globular clusters is
to use radial velocity observations, which can provide much valuable information on
the properties of the binary systems in globular clusters, such as period distribution.
Combining with the binary mass-ratio distribution, we can obtain the binary hard-
ness distribution, which is a key input parameter in the simulations of the dynamical
evolution of globular clusters. This thesis provides such binary candidate catalog for
future studies with ground based telescopes. This requires huge amount of observ-
ing time for the survey, and some are very challenging to observe even by today’s
technology. But as long as we can obtain such a large sample of binaries in globular
clusters someday, we will be able to see how dense stellar environment would affect

the evolution of binaries.

4.2.4 Studies on the White Dwarf Populations

The binary fractions measured here are main-sequence-main-sequence binaries.
They consist only 23% of total true binaries (Fregeau et al., 2009), which will give
us an estimate of the total core and half-mass radius binary fractions of at least
30.4% and 24.3%, respectively. The majority of binaries are in forms of white-dwarf-
main-sequence (44%) and white-dwarf-white-dwarf (32%) binaries. If this simulation
is true, white dwarf population will be the majority components in globular cluster
binaries. By studying the basic properties of white dwarfs through CVs or isolated
white dwarfs in globular clusters by HST and X-ray telescopes, we can gain more

insight in globular cluster binaries.
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4.2.5 Correlation of Binary Fractions with X-ray Point Source Frequen-

cies in Globular Clusters

Since binaries can dramatically affect the globular cluster evolutional path, there
should be certain correlation between the binary fractions and the X-ray point source
frequencies. We can study this by classifying those X-ray point sources first, into
LMXBs, CVs, ABs, and MSPs. Since the ABs and part of CVs are thought to be
primordially formed, they should be correlated with the main-sequence-main-sequence
binary fractions obtained here. The LMXBs and MSPs are dynamically formed. They
can be scaled with the close encounter rate, which should be anti-correlated with the
binary fractions, as higher close encounter rate indicating higher destroying/escaping
rate for binaries. By systematically analyzing archival X-ray source catalog in globular

clusters or published results, we should be able to answer those questions.
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APPENDIX A

Discussions on Hard Binaries and Planets in

Globular Clusters

Binary fraction is a critical parameter in globular cluster evolution, since their
binding energy can be a heating source to other stars to prevent core collapsing. But
only hard binaries will heat up other stars during interactions and become harder,
while most soft binaries will be disrupted during their first interactions with other
stars. This gives us a question how many binaries we detect by CMD method are
actually hard binaries. Also, how many binaries we detect by radial velocity method

are hard binaries.

1) Binary Binding Energy: The energy needed to give the system in order to
disrupt it, i.e. become physically unbound (the total energy of the system to

be greater than 0).

e.g. Two stars with the same mass of M are in a circular orbit with a separation

of r. Thus the total energy of this system is Fj:
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Et == V+K

M?
= & + Mv?
r
GM?
= — 5 (A.1)
Here we use the circular orbit motion:
2 2
P GM _ Mv (A2)
72 r/2
So
GM
v? = 5 (A.3)

Since the total energy of this system FEj is less than 0, which is bound, in order
to disrupt this system, we need to provide an energy of at least —F; to make

the total energy no less than 0. Thus the binding energy for this system is:

GM?
By = —Fi = 2r

(A.4)

Notes:

1. Binaries with larger binding energy are harder to disrupt.

2. From Equation A.4, we see that the binary binding energy depends on
masses of the two stars as well as their separation. If they have larger
masses, and smaller separation, the binary system will have larger binding

energy.

3. From Equation A.3, we see that binaries with larger separations will have

smaller orbital velocity.
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4. In order to have the same binding energy as the large mass binaries, low
mass binaries should have smaller separations. For example, a binary
system containing two stars with masses 1 M, and 0.08 M, (brown dwarf)
should have a separation of 1.6 AU in order to have the same binding energy
as the binary system which contains two stars with the same mass of 1 M

and a separation of 20 AU.

5. For binaries with different masses, the binding energy still has similar form

as Equation A.4,

~ GM M,

E
b 2r

(A.5)

This can be derived from the following equations:

 GM M,

F D) = Ml(,UQT’l == M2w2T2 (A6)
T
where
r=7r1+" (A.7)
MlT'l = MQ’I"Q (A8)
From Equation A.6, we have:
G M,
G M,
To = 202 (A10>

So the binding energy Fj is:
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—(V+K) (A.11)

6. By adding Equation A.9 and A.10, we have:

So

M M. 1 1
_ GMMy 7} Z §M1w2r%— §M2w27"§ (A.12)
G M7 M- 1 1
= U o 1WA r? — = Myw?riry (A.13)
r 2 2
G M M- 1
= # — §M1w2r1(7"1 + 7“2) (A14>
r
G]V[lMQ 1 2GM2
= T - §M1W r2w2 r (A15)
_ G MM, B G M M, (A.16)
r 2r
G MM,
= = A17
5 (A.17)
G(M; + Ms)
—7«2w2 =11 +ro=r (A18>
T3 7G(M1+M2) (A 19)

P2

42

Here, P is orbital period, and we have replaced w with P by w = 27/ P.

If we use units of M., AU, and year for mass, separation, and period,

respectively, then we can get the simple relation between separation and

period (this is valid even for elliptical orbits):

7,,3

P2

— My + M,

(A.20)

2) Hard Binaries: By definition, a hard binary system is defined when the system’s

binding energy is > kT. Here the mean stellar kinetic energy of a globular

cluster is %kT. We can derive some meaningful results as followed.
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Since the mean stellar kinetic energy of a globular cluster is ng, also is <

%]\/IUQ >. So we have

3 1 1 1
ékT =< §MU2 >=3 < M ><v® >= 3 < M > o* (A.21)

Here,< M > is the mean stellar mass, and o is the velocity dispersion of globular

cluster. So, we have

1
T =5 < M> o’ (A.22)

Since a hard binary system has the binding energy much greater than k7', so

with Equation A.3, we have

M2
Ey, = G
2r

1
= Mv? > kT = 3 < M > o* (A.23)

< M >
\/ . A.24
v > 3N (o ( )

So for a equal-mass binary system, if its orbital velocity v exceeds the velocity

or

dispersion o of the globular cluster, it is definitely a hard binary. From Equa-
tion A.24, we also know that less massive binaries need to have higher orbital

velocity to become hard binaries.

With Equation A.5, we also have

~ GM M,

1 2
E, = o >>kT_§<M>o (A.25)

So hard binaries should have separation
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3G M My
————— (A2
T 2< M > o2 (A.26)

3) Example: Galactic globular cluster M4 has a velocity dispersion o ~ 9.8km/s.
Assuming < M >= 1M, a binary system with two stars having the same
mass of 1 M, should have a separation at most of 13.3 AU in order to be hard
binary system. This binary system would have a maximum period of 34.4 years.
If one of the binary star is a brown dwarf with a mass of 0.08 Mg, then this
system should have a maximum separation of 1.06 AU in order to be hard one.
This would give a maximum period of 1.06 years. If one of the binary star is a
Jupiter-like planet with mass of 1073M.,, it should not exceed 0.013 AU, which
is far less than the Mercury orbit of 0.387 AU. The maximum period would
be 13.0 hours. If one of the binary star is an Earth-like planet with mass of
3% 107°M,, it should not exceed 4 * 10> AU, which is far less than the radius
of the Sun of 4.64 * 1073 AU. This is impossible for non-degenerate primaries,

but possible for degenerate ones, such as white dwarfs and neutron stars.

Those calculations give us a clear picture that those primaries (non-degenerate
stars) with planets would not provide heating energy during interactions with
other stars, but would be disrupted because of their small binding energy. From
Figure A.1, we show that for the 228 extra-solar planets published by Wright
et al. (2011), only 4 (1.75%) could be qualified as hard binaries. So we make
a further conclusion that most planet systems would be disrupted when their
first interactions with other pass-by stars in globular clusters, which make the
globular clusters an unlikely place to search for extra-solar planets. Weldrake
et al. (2007) searched for hot Jupiter planets in 47 Tuc and w Cen with HST

observations, but none are detected in either clusters. M4, however, was de-
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Figure A.1: Semi-major axis VS. planet minimum mass for 228 extra-solar planets pub-

lished by Wright et al. (2011). The solid line is the one above which the binary system is a
hard one assuming a dispersion velocity of 9.8 km/s for globular clusters.

tected a pulsar with several planets (Sigurdsson, 1993; Richer et al., 2003; Beer
et al., 2004).
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APPENDIX B

Estimate and Simulations of Superposition of Stars

The Superposition of stars is a contamination that has the exact same effect as real
binaries on CMD. It is very difficult to screen them, but statistically, we can estimate
the number of blended stars. In this appendix, we will discuss the probability for
different types of blending stars (i.e. unresolved doubles, triples, etc.) in globular
clusters, which can provide a good estimate on the blending frequency for globular
clusters at different stellar density.

1) Poisson Distribution

The probability that one star is blended with others depends on the projected 2D
star number density as well as the angular resolution. It is like Poisson process and

the probability can be described by the Poisson probability distribution function:

T
Pz) =25

z!

where z is the companion number for the blends, i.e. x = 1 is for unresolved double
stars (star with one companion), and z = 2 is for unresolved triple stars (star with
two companions), etc. u is the area ratio of the minimum resolved area to the mean

occupied area per star in the reference frame.
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2) Monte Carlo Blending Test

To test the hypothesis that blending probability can be described by Poisson
distribution function, we performed the following Monte Carlo simulations. Firstly,
We randomly distributed Nypq stars in a fixed square area with each size of 100
pixels to form the reference frame. Secondly, we randomly added one test star to this
reference frame. Then we counted how many reference stars are within the minimum
resolution radius 7,,;, of the added test star, where r,,;, = 1 to simulate the ACS
image. If the count is more than 0, then the added test star will be considered as a
blend. After counting, the test star was removed, and a new test star was randomly
added to follow the above process. We added 5000 test stars in all for each simulation,
and the final blending fraction is the total number of the blending stars divided by the
total number (5000) of added test stars. Note that, blends with different companion
number were counted separately. We repeat this simulation 30 times (i.e. 30 different
random distributions of the reference stars) for each star number density (i.e. each
Niotar) to get the mean blending fraction and the standard deviation. The simulation
setup is shown in Figure B.1.

Results were then compared to the Poisson probability distribution function (see

Figure B.2), where p is defined as

2 2
Amin T T in _ T *Tin

H= Amean - LQ/Ntotal B L2

* Ntotal .

So for the fixed area with size I. and the minimum resolution radius 7,,;,, p only
depends on the input star number N;yzq;.

Here we calculated the blending probability for three different blending stars,
x = 1 (unresolved double stars), x = 2 (unresolved triple stars), and x = 3 (unresolved
quadruple stars), and compared to the Monte Carlo simulations (Figure B.2). In

Figure B.2, we can see that the Poisson distribution curves match those MC data
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points fairly well. This indicates that as long as we know the projected star number
density and the minimum resolution, we can estimate the blending fraction using the
Poisson distribution function.

For example, in our globular cluster sample, the maximum star number density is
from NGC 7078, where we obtain 156,080 stars down to the 26th magnitude in the
HST ACS CCD with the size of 4096 by 4096 pixels, which is equivalent to around
90 stars in the 100 by 100 pixel area of our Monte Carlo simulation setup (see the
blue vertical dot-dash line in Figure B.2). Even for this densest cluster, the blending
fraction with one companion is less than 3%, and the blending fraction with two
companions is even smaller, less than 0.04%. The typical star number recovered in
our cluster sample is around 30,000 stars, which is equivalent to around 17 stars in
the 100 by 100 pixel area. The blending fraction is less than 0.7% for blends with
one companion, which is only a small fraction in the total binary fraction budget.
Blending fraction with higher number of companions is two orders of magnitude
smaller.

Note that here we used the average star number density to calculate the blending
fraction for the whole field, which is not appropriate, as in globular clusters the star
number density varies quickly along the radius. But as long as we only consider small
range of radius, the density gradient will be small, and one can use this method to
estimate the blending fraction in that area. The blending model in the fitting process,
however, takes into account for the star number density gradient, as it follows the
observed stellar radial distribution, i.e. it generates more stars in the center than in

the outside.
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Figure B.1: Monte Carlo simulation rules for determining the frequency of blending of
stars. Left: the black dots are randomly input reference stars (Nyotq; = 200), while the color
dots are randomly added test stars with a minimum resolved area within the circles. Right:
zoom-in plot for the test stars. Red: added test star without a companion (not a blend);
Green: added test star with one companion; Blue: added test star with two companions.
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Figure B.2: Monte Carlo simulation results for the blending effect. Each data point is the
mean of 30 MC simulations with the standard deviation as the error bars. The underlying
lines are the predicted Poisson distribution. Black solid line: blending fraction for blends
with one companion; Red dotted line: blending fraction for blends with two companions;
Green dashed line: blending fraction for blends with three companions. The blue vertical
dot-dash line is where the maximum star number density cluster is in our cluster sample.
The error bars for the data points with large Nitq; are much smaller than the symbol size.
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APPENDIX C

Error Estimate for Binary Fractions

In this appendix, we give the derivation of the error estimation for binary fractions
discussed in Section 2.4 and 2.5.

First, we have the error propagation formulas:

_ oo [om, oy
o) = * w 2+ (%)

x
Y

In high mass-ratio binary method,

_ B B B R
T = nbinary — Mplend — nfield — Nyesidual - (Cl)
So
_ B 2 B 2 B 2 R 2
or = \/(Unbinary) + (anlend) + (Jnfield) + (Unresidual)
— B B B R
- \/nbinary + Nylend + nfield + Ny esidual (02)
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Here we have assumed the Poisson distribution for star counting at different re-

gions, so on = /n. Similarly, for y, we also have

Y = Total — Nfield (C.3)

and

oY = \/Tuotal T Nfield- (C4)

So

o(2) =

B B B R
x nbinary + Nylend + nfield + Nyesidual Ntotal + N field
— — X + ’ (05)
Y

22 Y2
where z and y are defined by Equation C.1 and C.3.

In C.5, we can see that, when the number of blending stars or field stars increases,
the error of binary fraction a(g) will increase. When the photometric error increases,
the number of residual stars nft . . will increase, which also increase the error of

binary fraction. So the error estimating formulas C.5 reflects the contaminations from

the field stars, blending stars, and photometric errors.
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APPENDIX D

The Effect of the Stellar Initial Mass Function of
Globular Clusters on the Binary Mass-ratio

Distribution

The mass-ratio function of binaries in globular cluster is a critical factor in deter-
mining the binary fraction f;, but it is still uncertain for its form based on the current
observations of globular cluster binaries. Since binary formation has two main ways,
one through capture, and the other through primordial formation together. The first
way to form binaries is not very common in low stellar density region, like field stars
or even the early stage of globular clusters, but becomes more frequent at the core
region during the core collapse phase. Current observations show that degenerate
stars (such as neutron stars and white dwarfs) tend to capture other stars through
dynamical interactions when the stellar density is high. The second way, on the other
hand, is more likely for most of field binaries and the primordial binaries in globular
clusters. Thus the initial mass function of globular cluster is essential to determine

the mass-raio function of binaries.

Method:
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1. We adopt the power law form of IMF:

E(M)=CxM™ (D.1)

where C is a normalization constant.

2. We consider the mass range of 0.078 ~ 1.0 M. This is because the lower end,
0.078 My, is the brown dwarf mass upper limit, while the upper end, 1.0 M,
is the most massive stars that are about to leave the main sequence. Since
the average age of Galactic globular clusters is 11.5 £ 1.3 Gyrs, while the main
sequence life time of a 1 M, star is around 10 Gyrs, so for almost all the Galactic
globular clusters, we are seeing stars with mass below 1.0 M which are still in
the main sequence region. This range gives a minimum mass-ratio of 0.078 in

binary systems.
3. By considering different IMFs, we adopt the following index a:

i) « in the range of [-2,3] with 0.5 increment, which will give a grid show of the

change in the resulted binary mass-ratio distribution.

ii) a = 1.35. This is the Salpeter IMF (Salpeter, 1955), which is steep at low

mass end (generates much more low mass stars than high mass ones).

iii) a = 0.3. This is the mean power index for low concentrated clusters ob-
tained from De Marchi et al. (2007), who studied 20 Galactic globular
clusters that have index a measured in the mass range of 0.3 ~ 0.8 M.
The mean power index for high concentrated clusters from their work is

1.4, close to the Salpeter IMF.

4. A binary system is created by random association of any two stars extracting

from the assumed IMF. By doing this, we actually make an assumption that
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any stars formed in globular clusters all follow the same IMF, including stars

in binaries.

5. We generate 200,000 stars from the given IMF, and randomly associate them
to form 100,000 binaries, in which we make the masses of the primaries greater
than the secondaries to ensure the mass ratio q in the range of (0,1]. Then we
plot the initial mass function distribution with the assumed power index « as
well as the resulted binary mass-ratio distribution from such IMF in Figure D.1

and D.2.

Conclusions: In this simulation test, we can see that:

1. The IMF's have impact on the binary mass-ratio distribution if assuming that
the primordial binaries are formed through random association. By adopting

different IMF's, we can generate different binary mass-ratio distributions.

2. When the index power a equals 0 and 2.0, the resulted binary mass-ratio distri-
bution tends to be flat. When « is less than 0 or is greater than 2.0, the binary
mass-ratio distribution tends to peak at 1.0. When « is between 0 and 2.0, the

binary mass-ratio distribution tends to peak at low q, around 0.2.

3. From Section 3.1, we constrained the binary mass-ratio distribution to be like
what peaks at low ¢. This indicates that the power index « for the IMF of the
Galactic globular clusters is probably between 0 and 2.0, which favors more on

the Salpeter IMF (a = 1.35).
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Figure D.1: Initial mass function and the resulted binary mass-ratio
Left column: IMF at different power index «, with increment of 0.5;
Right column: the resulted binary mass-ratio distribution.

the range of [-2,3].
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Figure D.2: Initial mass function and the resulted binary mass-ratio distribution for three
common IMFs. Note: a = 1.35 from Salpeter (1955); a = 0.3, the median power index for
low concentrated globular clusters from De Marchi et al. (2007).
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