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ABSTRACT

Linking the Solar Magnetism from the Interior to the Outer Atmosphere

by

Fang Fang

Co-Chairs: Ward B. Manchester, IV & Tamas I. Gombosi

Solar magnetic fields, produced in the interor and extending all the way into

the interplanetary space, connect the Sun with the terrestrial environment. They

manifest themselves on the solar surface over a wide range of scales, from ubiqui-

tous ephemeral regions as small as 1016 Maxwells, to active regions as large as 1023

Maxwells. The appearance of kilo-Gauss magnetic flux bundles on the photosphere is

observationally well studied. However the physical processes that produce observed

magnetic structures are yet to be well-understood, due to the lack of information

below the solar surface. To illustrate the physics of sub-surface magnetic fields, we

carry out numerical simulations of the emergence of magnetic flux ropes from the

convection zone through the photosphere and into the corona. The spatial scale of

our simulations varies from ephemeral regions to active regions. This study of the

formation of magnetic structures shows the importance of the interaction of rising

magnetic fields and turbulent convective motions:

The first simulation addresses the emergence of a flux rope with a total axial

flux of 3 × 1019 Mx. From a shallow convection zone, it self-consistently forms an
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ephemeral region at the photosphere and disrupts the near-surface convection pattern,

with magnetic flux quickly becoming concentrated in the downflow regions.

In another simulation, a flux rope with a total axial flux of 1×1021 Mx, buoyantly

rises from 10 Mm below the photosphere, interacts with convective cells of varying

scales and forms a small active region with a pair of sunspots by the coalescence of

small-scale flux and the subsequent intensification from convective collapse.

At the beginning of the emergence, vertical motion dominates the energy transport

into the corona when the flux first passes through the photosphere. After that,

horizontal motions, i.e., shearing, separating motion of magnetic dipoles, and rotation

of magnetic polarities take over the energy transport, while vertical motion transports

energy back into the convection zone due to the concentration of magnetic flux in

downflow regions.

In our simulations, we find strong shearing motions draw the magnetic field par-

allel to the polarity inversion line. Tether-cutting reconnection then transfers the

magnetic shear into the corona. Together, with the rotation of sunspots, these pro-

cesses produce and transport free magnetic energy into the corona during times of the

flux emergence and cancellation. The free energy in the corona increases to 8 × 1030

erg within 3 hours, which may provide the energy necessary for solar eruptive events,

such as coronal mass ejections, flares, and filament eruptions.

A comparison of our simulation with observations of active region 11158 finds

the same physical processes at work over longer time scales and larger spatial scales.

Strong shear flows, enhanced horizontal field strength, and converging flows at the

polarity inversion line are found to precede a fast coronal mass ejection accompanied

by an X-class flare. The close match between the simulation and observations support

the conclusion that shearing motion builds up the necessary magnetic energy to drive

eruptive events.

viii



CHAPTER I

Introduction

Among all the stars in the Universe, the Sun is the most well observed and under-

stood. The most basic facts about the Sun can be summarized as follows: the Sun

is a 5×109-year old, G2V main-sequence star in the Hertzsprung-Russell diagram.

The Sun has a mass of 2×1030 kg, a radius of 7×108 m, and lies at the center of

our solar system, 1.5×1011 m from our Earth. It provides the energy source for all

life on earth in the form of electromagnetic radiation, at a luminosity of 3.8×1026

W. This energy is produced in the Sun’s core by thermonuclear reactions, and then

transported through the solar interior by radiative and convective processes until it

escapes at the visible surface, and radiates into interplanetary space.

These simple facts belie the enormous complexity of the Sun, which is not well

understood. While it is the closest star to our planet, our knowledge about the

Sun’s complex magnetic structure and dynamic activity is incomplete. For example,

a well-known discrepancy in the measured and predicted solar neutrinos, produced in

the solar interior, was not solved until recently when observations distinguished the

flavors of neutrinos. In the solar atmosphere, it is still controversial what mechanism

heats the coronal plasma up to temperatures of 106 K. The magnetic field of the

corona extends far from the Sun into interplanetary space and connects the Sun

with Earth through a continous stream of charged particles constrained to the field
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known as the solar wind. Yet how the solar wind is energized is still a matter of

debate. The 11-year sunspot cycle gave rise to the development of dynamo models,

but these models have yet to reproduce the observed features of previous cycyles,

or reliably predict the characteristics of future cycle of acitivity. The destabilization

of the magnetic structures on the Sun results in a variety of eruptive behaviors,

such as coronal mass ejections (CMEs), flares and filament eruptions. Each releases

enormous amounts of plasma and energy into the interplanetary space. But the

question of how solar eruptions are energized and initiated remains. The eruptions at

the Sun drive disturbances in the terrestrial environment, called geomagnetic storms.

These storms affect both space and ground-based assets. They damage spacecraft by

radiation and charging, disrupt radio signals necessary for GPS and communication,

and induce currents on power grids. These storms occur during times of enhanced

magnetic activity on the Sun when it is more likely that geo-effective eruptions can

occur. Thus, it is crucial to understand the magnetic behavior of the Sun in order to

better predict the response of the Sun-Earth environment.

The importance of the Sun not only lies in its impact on the terrestrial environ-

ment, but also in its unique ability to provide a laboratory for the study of physical

processes that cannot be reproduced in a terrestrial environment. The Sun has a

uniformly rotating inner core and radiative zone, covered by a convective envelope,

that rotates differentially. The extremely high temperature (∼10 MK) at the core

of the Sun ionizes atoms forming free electrons, whose motion produces currents and

magnetic fields in the solar convection zone. These magnetic fields are frozen-in to the

turbulent plasma due to the high electrical conductivity. The magnetic fields are am-

plified by dynamo processes, pervade the solar interior and atmosphere, and extend

out into interplanetary space. It is the magnetic field that connects the hot, dense

solar interior with the solar atmosphere and terrestial environment. The interaction

between the convective turbulence and the magnetic field gives rise to the extreme
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complexity of magnetic structures observed at the photosphere. These structures are

observed to vary drastically over a wide range of spatial and temporal scales. At the

high end of the spectrum are sunspots and active regions. Large concentrations of

magnetic flux in and around active regions and sunspots are often the source regions

of geo-effective magnetic eruptions, suh as CMEs and flares. Our work here, is de-

voted to understanding the link between active-region magnetism in the solar interior

and atmosphere, and the associated energy transfer through these layers. The re-

mainder of this thesis is organized as follows: Chapter I describes the basic structure

of the Sun, and the previous work that our study builds on. Chapter II describes the

formation of an ephemeral region by magnetic flux emergence from the near-surface

convection zone to the solar corona. Chapter III examines the emergence of a small

solar active region by the interaction of emerging magnetic fields and the plasma mo-

tion in the upper 20 Mm of convection zone. Chapter IV discusses the buildup of the

free magnetic energy necessary for solar eruptive events during the flux emergence

and Chapter V compares the simulation results with observations. Finally, Chapter

VI summarizes our conclusions.

1.1 The Structure of the Sun

The Sun’s plasma does not have a sharp boundary such as a white dwarf or

neutron star does. However, the Sun’s gravity causes the density and temperature of

its plasma to vary dramatically from the core to the outer layer, which determines

what physical processes dominate at different radii. Based on observational evidence

and theoretical analysis, our current understanding of the Sun suggests a structure

as shown in Figure 1.1. The interior consists of three zones, with increasing radius:

the core, the radiative zone and the convection zone. The temperature and density

drop monotonically from the core to the surface, shown in Figure 1.2. The dense, hot

plasma produces a solar interior completely opaque to radiant energy, while in the
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Figure 1.1: A cut-view structure of the Sun showing the interior and the atmosphere.
Figure from http://www.astronomynotes.com.

relatively cool solar atmosphere, the density drops by many orders of magnitude, and

the plasma becomes nearly transparent to radiation. The transition from opaqueness

to transparency of the plasma defines the visible surface of the Sun. Above the surface,

the atmosphere becomes complex. The chromosphere is a region that is transparent to

continuum radiation but optically thick (opaque) to energetically important spectral

lines. Coronal plasma is optically thin, but non-thermal processes can be important,

particularly as the magnetic field releases energy in eruptive events. The stratification

of the temperature and density in the atmosphere of the Sun is shown in Figure 1.3.

In the following sections, we discuss the detailed properties and physics of the layers

of our particular interest.
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Figure 1.2: The stratification of the density and temperature in the solar interior.
Data from Bahcall & Ulrich (1988).

Figure 1.3: The stratification of the density and temperature in the solar atmosphere.
Figure from Gary et al. (2007).

1.1.1 The Solar Core and Radiative Zone

The production of 99% of solar energy takes place in the core, which extends from

the center of the Sun to 25% Rs. Composed of hot, dense plasma (see Figure 1.2),

the core provides the physical conditions necessary for nuclear fusion of protons into

helium. The 1.5×107 K temperature completely ionizes the plasma, allowing isolated
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proton nuclei with an average energy of 2 keV to overcome electromagnetic repulsion

and undergo thermonuclear fusion. The nuclear fusion inside the solar core can be

described as follows (Gombosi, 1998):

p + p → 2H + e+ + νe (1.1)

2H + p → 3He + γ (1.2)

3He + 3He → 4He + 2p (1.3)

The net result of these reactions is that

4p → 4He + 2e+ + 2νe + 2γ. (1.4)

In this process the conversion of four protons to a helium nucleus consumes 0.029

amu, and releases 26.73 MeV, carried by gamma rays and neutrionos shown in the

equation above. In the core, the reaction takes place ∼ 9×1037 times every second

and produces 2.38×1045 eV of energy to power the Sun.

The high-energy photons generated by the nuclear fusion at the core then enter

the radiative zone, the layer between the core and ∼ 0.7 Rs. In the radiative zone, the

mean free path of a photon is very short, of the order of a millimeter due to the high

density of the plasma. This means that photons are scattered by electrons almost

immediately after they are emitted. The scattering of photons randomizes their paths

and slows down the outward transfer of energy produced in the core, requiring about

1.7×105 years to reach the outer edge of the radiative zone (Mitalas & Sills, 1992).

The energy transfer process by the random walk of photons can be described by a

diffusive process, with a heating/cooling rate of the form:

Qdiff = ∇ · (κ∇T ). (1.5)
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Here κ is the radiative conductivity, which in the opaque interior can be written as

κ =
16σST 3

3κ̃ρ
. (1.6)

Here σS is the Stefan-Boltzmann constant, and κ̃ is the Rosseland mean opacity. The

energy balance of the solar interior requires that the radiative diffusion equals energy

production at the core, which gives the following relation:

−∇ · (κ∇T ) = ∇ · (
ε

4πr2
~r). (1.7)

Here ε is the energy production rate at the core. Therefore the temperature gradient

inside the radiative zone can be written as

dT

dr
= −

3κ̃ρε

64πσSr2T 3
. (1.8)

Given the high temperature and low opacity in the radiative zone, Equation 1.8 yields

a small temperature gradient, which effectively prohibits convective energy transport

in this region. And energy transport in the radiative zone is dominated by radiative

diffusion.

1.1.2 The Convection Zone

The outer 30% of the solar interior is composed of turbulent plasma with convec-

tive motions, and is referred to as the convection zone. Near-surface convection forms

cells with hot, upflowing plasma with velocities of 1 km/s surrounded by cool, sinking

plasma. At the photosphere the convective cells appear as granules, shown in Figure

1.4, observable over the whole solar disk. The size of the convective cells scales with

the local pressure scale height and ranges from a granular scale of the order of 1 Mm

to larger than 100 Mm, which are manifest as different flows ranging from several
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Figure 1.4: Granulation in the G-continuum at the photosphere. From Nordlund
et al. (2009).

m/s to km/s (Hathaway et al., 2000). The lifetime of the convective cells, depending

on their size, varies from several min (granules) to several weeks (giant cells).

The temperature in the convection zone decreases monotonically from about

2×106 to ∼ 6000 K, resulting in the recombination of ions with electrons near the top.

For example, Figure 1.5 shows the normalized ionization fraction of H, He I and He

II, in the uppermost 20 Mm of the convection zone. The ionization fraction of H and

He changes from almost unity to zero within this region, resulting in the deviation

of Γ, the adiabatic index, from 5/3. The frequent recombination and ionization of

particles in the convection zone alters the properties of the plasma away from an ideal

gas.

Photons are absorbed more easily with the increasing ionization and recombina-

tion rate resulting in a sharp increase in the opacity from bound-free absorption. The
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Figure 1.5: The stratification of the normalized ionization fraction of H I, He I, He
II and the adiabatic index Γ in the uppermost 20 Mm of the convection
zone. From Nordlund et al. (2009).

absolute temperature gradient in the convection zone increases rapidly with increas-

ing opacity. The steep temperature gradient in the convection zone, once exceeding

a critical value, drives the convective instability in the plasma, first discovered by

Schwarzschild (Schwarzschild, 1958). Convective instability sets in when the temper-

ature gradient is larger than the adiabatic lapse rate, written as:

|
dT

dr
| > |

dT

dr
|ad, (1.9)

which gives

dlnT

dlnP
>

(

dlnT

dlnP

)

ad

=
γ2 − 1

γ2

. (1.10)

Here γ2 is Chandrasekhar’s second adiabatic exponent, defined as

γ2 =

[

1 −

(

∂lnT

∂lnp

)

S

]−1

. (1.11)

Once the instability ensues, hot plumes from the radiative zone rise, expand, and
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reduce the mass density inside the plume. However, the surrounding plasma falls in

density and temperature even more rapidly, resulting in the continous rising of the

plumes. At the outer edge of the convection zone, the upflowing ions recombine with

electrons, due to the decreasing temperature, and release energy by emitting photons

during recombination. With low electron density at the surface, the produced photons

can escape the surface freely, resulting in the cool down and sinking motion of the

plasma. The sinking plasma gets heated up in the convection zone and rises again.

The repeated rising and sinking motion of the plasma takes energy from the radiative

zone and releases it at the top of the convection zone, resulting in the energy transfer

to the surface of the Sun.

While the solar interior cannot be directly observed (with the exception of neutri-

nos), its structure can be infered from the propagation of pressure waves. Observed

at the photosphere as Doppler shifts of of specturm lines, these waves inform us of

the conditions of the interior by the variation in propagation time and the frequency

of global modes. Such inversion techniques are generally refered to as helioseismol-

ogy (Gough & Toomre, 1991). Helioseismology discovered that differential rotation

in the convection zone depends on latitude and depth, as shown in Figure 1.6. The

angular velocity of the rotation is almost latitude-independent for layers less than 0.7

Rs from the center, suggesting a uniform rotation of the solar core and the radiative

zone. However, in the upper 30% radius of the Sun, there is a tendency of increasing

rotation speed with decreasing latitude. Hence, the convection zone at the equator

rotates at an angular speed roughly 25% faster than at 60◦. The difference in angular

speeds in the radiative zone and the convection zone produces a thin shear layer, with

thickness of less than 7% in radius (Miesch & Toomre, 2009). The solar magnetic

fields are believed to be stored in the tachocline, a thin layer between the convection

and radiative zone, and transferred from poloidal to toroidal fields by the differential

rotaion (Section 1.2.1). The fine structure of the tachocline results from the coupling
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of rotation, shearing, convective downflows, and strong magnetic fields (Miesch &

Toomre, 2009), and therefore requires detailed study by both helioseismology and

numerical model.

Figure 1.6: (a) The structure of angular velocity on a solar cut plane from helioseis-
mology (b) vertical stratification of angular velocity at different latitudes.
From Miesch & Toomre (2009).

1.1.3 The Solar Atmosphere

The photosphere is the layer that emits most solar radiation, and has an effective

temperature of 5770 K and a depth of 500 km. Due to the relatively low temperature

at this layer, particles are less ionized, and electron densities are lower. Therefore,

most photons can escape outward without interruption. The radiant losses at the

surface cause the rapid temperature drop from the photosphere to the temperature

minimum of about 4100 K.

To describe the radiative cooling/heating, one needs to take into account the

transport of photons in the cold surface layers. The radiative cooling/heating rate

11



can be written as:

Qrad = −∇ · Frad

=

∫

ν

∫

Ω

ρκν (Iν − Sν) dΩdν, (1.12)

where Frad, ν, Ω, κν , Iν , Sν are the radiative flux, frequency, solid angle, absorption

coefficient, intensity and source function, respectively. In the thick interior, the mean

free path of photons is so short that transport of the photons can be described with

simple diffusion. Therefore Equation 1.12 can be written as 1.5. At the photosphere,

however, radiation transfer changes rapidly from nearly isotropic diffusion to free

streaming, which requires a detailed angular description of the radiation.

Above the photosphere, the plasma gets heated up to about 106 K above the

chromosphere at the top of the transition region and expands as a supersonic wind

from the corona into interplanetary space. Observational evidence (De Pontieu et al.,

2009) and numerical simulations (Gudiksen & Nordlund, 2005) suggest that the solar

atmosphere is heated up to million degrees within ∼ 2 Mm in the corona. Wave and

electric-current heating have been proposed as two major methods of transferring the

photospheric kinetic energy to coronal internal energy (Kuperus et al., 1981; Walsh

& Ireland, 2003; Klimchuk, 2006). Although there is still no concensus on the the

physical mechanisms that heat up the plasma within such a short path, observations

have demonstrated an empirical power-law relation between the X-ray luminosity and

the unsigned magnetic flux at the photosphere (Pevtsov et al., 2003):

L = cφα (1.13)

where c is a constant, φ is the unsigned magnetic flux, and α = 1.15. This suggests

that the heating mechanism is related to the solar magnetic field.
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The density drop and temperature increase in the solar corona results in a fully-

ionized, optically-thin plasma. Therefore, radiative losses in the corona can be calcu-

lated in the optically- thin limit:

Qrad = −nenpΛ(T ) (1.14)

where ne and nH are the electron and hydrogen number density, respectively. Λ(T )

is the total radiative cooling curve, calculated from the atomic database consisting of

many ions of astrophysical interest under optically thin assumption, e.g. CHIANTI

database (Dere et al., 1997, 2009).

1.2 Solar Magnetism

As discussed in Section 1.1.2, large-scale solar magnetic fields are believed to be

amplified at the tachocline and buoyantly rise through the convection zone to make

their way into the photosphere and solar atmosphere. Observations have shown that

the photosphere is penetrated by magnetic fields that are concentrated at kilo-Gauss

strengths in structures, such as ephemeral regions and sunspots. Moreover, magnetic

features at the surface vary over many timescales, from minutes for small-scale flux

emergence, to 11 years of solar cycle-scale magnetic activity. Coronal observations

over wide wavelength ranges also show the structure of the magnetic field. Loops

and open field regions can be inferred from observations in the EUV spectrum. More

importantly, solar magnetic fields display a wide hierarchy of eruptive and explosive

activity, releasing significant amounts of energy and mass into interplanetray space

(Schrijver, 2010). Intuitive questions arise from the observations: What is the origin

of the 11-year cycle? How do the fields become structured? What drives the magnetic

activity? Our current understanding of the questions above has advanced greatly by

the development of both observational, theoretical and numerical models as discussed
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below.

1.2.1 The Solar Cycle and Solar Dynamo

Figure 1.7: Sunspot area in equal area latitude strips as a function of time and latitude
From Hathaway (2010).

Discovered by Samuel Schwabe, solar activity displays an 11-year cycle of periodic

variation in the number of sunspots. As we shall discuss in Section 1.2.2, sunspots are

photospheric concentrations of magnetic fields, which originate below the convection

zone. It is thus of great interest and importance to study the interior processes that

magnetic fields undergo before they approach the surface and display the observed

periodic behavior. Since Schwabe’s discovery, more sophisticated observations have

added more features to the solar cycle, and demonstrated that besides the sunspot

number, the following solar properties also vary periodically (Hathaway, 2010):

• sunspot pairs appear at mid-latitude, about 20-25◦, and migrates toward the

equator as the cycle processes, as shown in Figure 1.7,

• the corresponding leading and trailing sunpots are of opposite polarities in oppo-

site hemispheres, and the current polarity is opposite to the one of the previous

cycle, as stated by Hale’s Law,

• the polarity of the polar fields reverses at the time of sunspot maximum and

with a period of 22 years,
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• the number of M-, X- class flares (flares with peak flux of 100-800 picometer X-

rays near the Earth ranges in 10−5 ∼ 10−4, and above 10−4 W/m2, respectively)

and CME’s is also correlated with the sunspot number,

• the 10.7 cm radio flux of the solar emission correlates well with the sunspot

number with a 1-month lag in phase, and the total irradiance, i.e., the solar

radiation incident on the Earth’s upper atmosphere, also varies with the 11-

year cycle,

The cycle-to-cycle reversal of the polarities of sunspots and polar fields illustrates

the periodic behavior of the toroidal and poloidal fields: the strengthening of one of

them is accompanied by the weakening of the other, and they reverse directions from

cycle to cycle. The cyclic regeneration of the magnetic fields therefore requires a solar

interior dynamo that can replenish toroidal field by poloidal, and vice versa.

The study of the interior magnetism depends mostly on numerical simulations and

theoretical developments. We can describe the evident magnetic fields in the solar

interior using the induction equation and express it in the following form:

∂B

∂t
= ∇× (u× B − η∇× B)

= B · ∇u− (∇ · u)B − (u · ∇)B −∇× (η∇×B). (1.15)

Here η is the magnetic diffusivity. The first term on the right describes the inductive

source of the magnetic fields, while the last term is the magnetic sink (Charbonneau,

2010) due to the dissipation of the current. Equation 1.15 reproduces the toroidal

fields from the poloidal field given the differential rotation in the convection zone (see

Section 1.1.2). We can express differential rotation as:

u(r, θ) = r sinθΩ(r, θ)φ̂. (1.16)
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Here Ω(r, θ) is the angular rotation speed dependent on the radius r and latitude θ.

φ̂ is the unit vector in azimuthal direction. This gives the first term in Equation 1.15,

i.e. the source of the magnetic field as follows:

B · ∇u =

(

Br
∂u

∂r
+

Bθ

r

∂u

∂θ

)

φ̂, (1.17)

which successfully generates Bφ, i.e. toroidal field from Br and Bθ, i.e. poloidal field,

as a result of the dependency of the rotation speed on r and θ.

What requires more study is how to produce the poloidal or polar fields from

the toroidal fields. Cowling’s theorem (Cowling, 1933) states that a rotationally

symmetric magnetic field cannot be maintained by axially symmetric current, so in

order to overcome resistive dissipation, additional motions must be considered. Most

solar dynamo models incorporate a mean electromotive force ε correlated to the mean

magnetic field due to anisotropic turbulent motions in the convection zone, and write

the induction equation as (Charbonneau, 2010):

∂〈B〉

∂t
= ∇× (ε + 〈u〉 × 〈B〉 − η∇× 〈B〉) . (1.18)

With the implementation of the differential rotation and the electromotive force,

mean-field dynamo models are then able to produce cyclic behavior of large-scale

mean magnetic fields in the solar interior, given a stratification consistent with helio-

seismic observations. Other models based on shear, buoyant, or flux tube instabilities

have also successfully reproduced the poloidal field from the toroidal component as

well as the cyclic behavior of the global magnetic fields (Charbonneau, 2010). More-

over, the development of parellel supercomputers has given rise to magnetohydrody-

namic (MHD) simulations devoted to capturing the evolution of both solar rotation

and global-scale magnetic structures (Miesch & Toomre, 2009; Brown et al., 2010;

Ghizaru et al., 2010). The fact that flow speeds 20 Mm below the surface are very
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subsonic allows the application of the anelastic approximation, which is a scaled-

variable expansion of the MHD system that essentially filters out sound waves (Fan,

2009a). This approximation allows for much larger time steps, making numerical

simulations of the solar cycle possible. Figure 1.8 shows the results from the anelastic

MHD simulations of Ghizaru et al. (2010), which produce a solar cycle of 30 years

and a cycle-to-cycle reversal of the toroidal field in each hemisphere.

Figure 1.8: (A) butterfly diagram of the toroidal magnetic field at r/Rs = 0.718. (B)
Temporal evolution of the toroidal field for each hemisphere. (C) Zonally-
averaged toroidal field at mid-latitude. From Ghizaru et al. (2010).

The features above vary in more ways than just repeating themselves during each
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cycle. They also produce specific characteristics that vary from cycle to cycle (Hath-

away, 2010). These variations, e.g. the peak sunspot number during solar maximum,

and occasionally-extended times of low activity, have imposed additional constraints

to models of the solar cycle and magnetic activity.

1.2.2 The Solar Surface Magnetism

Figure 1.9: Histogram of the magnetic fluxes. From Parnell et al. (2009).

Magnetic fields occur at the surface over a wide range of scales, from ubiqui-

tous ephemeral regions with a unsigned flux of as small as 1016 Maxwells, to active

regions as large as 1023 Maxwells. Due to the limited resolution of current magne-

tograms, there might also be smaller-scale flux concentration beyond our ability to

detect. Statistical study of the probability distribution of the hierarchy of the current

observable magnetic features (Hagenaar et al., 2003; Parnell et al., 2009) suggest a

uniform power-law distribution for magnetic fluxes ranging from 2× 1017 to 1023 Mx,

shown in Figure 1.9:

N(φ) = Nfφ
−1.85Mx−1cm−2, (1.19)
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where N(φ) is the number of features and Nf = 3×10−4. The observed uniform power-

law distribution suggests that either the magnetic structures are produced through

the same physical process or they undergo the same subsurface process before they

become visible at the surface (Parnell et al., 2009).

Figure 1.10: Continuum map of the sunspots in AR 10930 observed by Hinode/SOT
on Dec 13, 2006.

Among all magnetic features, sunspots are the most outstanding concentrations of

magnetic flux (Hale, 1908), with an average field strength of several kG and a lifetime

of a few weeks. A typical sunspot contains a compact dark umbra, surrounded by

a penumbra, shown in Figure 1.10. Strong magnetic fields suppress convection in

sunspots and reduce energy transport, thereby giving an appearance darker than the

surrounding surface. In the umbra, the effective black-body temperature is about 4000

K, and the magnetic fields are mostly vertical, while the inclination of the magnetic

fields increases with increasing radius, reaching a maximum at the penumbra. In the

outer penumbra, the flow pattern demonstates a persistent outflow, called Evershed

Flow, associated with the horizontal fields.

It is believed that sunspots are magnetic flux tubes rooted deep in the solar con-

vection zone and extending into the atmosphere. However it is still not clear whether
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it is a monolithic structure (Cowling, 1957) or a cluster of magnetic flux tubes (Parker,

1979b; Spruit, 1981). Due to the spatial and temporal scales of these structures, most

numerical models separate processes in the upper 20 Mm of the convection zone from

those in the deep convection zone. Until recently, there was not a numerical model

capable of describing both the global stable structure of the sunspot magnetic fields

and the detailed fine structures, e.g. umbra dots, dark and bright penumbra fila-

ments. Deep in the solar convection zone, the cross-sectional scale of magnetic flux

tubes is much smaller than the local pressure scale height. Thus the thin flux tube

approximation can be used to describe its dynamics, by neglecting the variation in

the cross section of a magnetic flux tube and assuming instantaneous pressure equi-

librium across the tube given the fast sound speed in the interior (Spruit, 1981; Fan

et al., 1994; Longcope & Klapper, 1997). This approximation allows one to simulate

the dynamic evolution of a magnetic flux tube in a non-magnetized, gravitationally

stratified environment. This simple approximation has made remarkable success in

reproducing observed properties of active regions such as Joy’s Law (the variation

of the tilt of active regions with latitude). More realistic simulations are now able

to reproduce the observed features of sunspots within a thin layer near the visible

surface (Rempel & Schlichenmaier, 2011). This advance has been made possible, in

part, by increases in computational capability. These types of simulations will be

discussed further in Chapter III.

Besides sunspots, there are many smaller-scale magnetic concentrations, such as

ephemeral regions and solar pores. These features often appear as smaller dark spots

around sunspots as seen in Figure 1.10. They are formed in the supergranular or gran-

ular lanes where downflows occur and their evolution is on a much shorter timescale

than that of sunspots, normally from hours to days. Sunspots, pores and ephemeral

regions, despite their range of sizes, are all local concentrations of strong magnetic

fields, with magnetic strength greater than the equipartition strength at the sur-
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Figure 1.11: Configuration of the emergence of magnetic flux ropes and formation of
solar active regions from Schrijver (2009).

face between thermal pressure and magnetic energy Beq ≈ 500 G. The formation of

such strong magnetic fields is facilitated by the convective nature of the near-surface

layers: the magnetic field modifies the convective granules producing downward flow-

ing, colder plasma bulbs; the pressure imbalance with the surrounding material thus

causes the flux tube to collapse and increases the strength of the magnetic field; and

the flux tube approaches equilibrium again with higher magnetic pressure balancing

the surrounding material (see Chapter III). This process, called convective collapse,

was suggested by Parker (1978) and Spruit (1979), as a means of explaining the

strength of magnetic fields in the upper convection zone. Both sunspots and pores

appear in solar active regions, whose magnetic structure often represent the geometry

of a bipolar field, as shown in Figure 1.11 (Schrijver, 2009). The magnetic flux in

expanding active regions is maintained by the persistent emergence of bipolar fields

from below the convection zone, whose polarities separate after emergence and coa-
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lesces into magnetic poles of the same polarity via self-orgnization. The behavior of

the magnetic flux emergence will be examined in Chapter II and III.

Unlike the strong local magnetic features, there is a weak field component covering

the whole surface of the sun, i.e. the internetwork field (Zwaan, 1987). This is com-

posed of mostly horizontal fields, with strength of several hundred Gauss, comparable

to Beq. The internetwork field exists at the scale of convective granules, and evolves

quite differently from larger-scale magnetic features. The internetwork emerges in

clusters of magnetic flux and the poles travel in the same direction, while the polar-

ities of strong field depart from each other (Schrijver & Zwaan, 2000). It is still yet

to be determined how the internetwork field is produced, but numerical simulations

suggest it is generated through the surface turbulent dynamo (Vögler & Schüssler,

2007).

1.2.3 The Coronal Magnetic Field

Magnetic fields in the photosphere (discussed in Section 1.2.2), fan out in the upper

solar atmosphere, forming a magnetic canopy in the chromosphere and overlying

coronal magnetic loops. The geometric expansion of magnetic flux leads to a descrease

of field strength in the corona. However, thermal pressure of the surrounding plasma

falls even faster, which results in a significant decrease of the plasma beta with height.

Therefore, in the corona, dynamics is driven by the magnetic field, instead of plasma.

At the photosphere, surface flows impose more complexity to the evolution of the

magnetic field. Coronal fields react to the changes in the photospheric fields at the

Alfvèn speed, and tend to relax to a force-free field, where the current aligns parallel

to the magnetic field, as decribed by

∇×B = µj = αB. (1.20)

22



When α = 0, it reduces to a current-free, minimum-ernergy, potential state. However,

as the new flux emerges and enters the corona, it may carry with it magnetic non-

pontentiality, demonstrated as twist, helicity or shear. How the non-potentiality is

produced is still under debate: it might be intrisincally built in the emerging flux and

approach the solar atmosphere with the rising motion; or it might be generated by

the surface flows, e.g., shearing and rotation motion of the photospheric footpoints of

the magnetic flux. The detailed physical processes that build up the magnetic non-

potentiality will be examined in Chapter IV. These processes that generate magnetic

free energy in the corona, are essential for our understanding of the energetic source

of the solar eruptions.

CMEs and flares are the most prominent manifestations of coronal magnetic ac-

tivity. CMEs release energy up to 1032 ergs, and can expel about 1015 gm of plasma

and ∼ 1020 Mx of magnetic flux into interplanetary space (Bieber & Rust, 1995) at

speeds that can reach 3000 km/s (e.g. Gosling et al., 1990; St. Cyr et al., 2000; Zhang

et al., 2004). Solar flares can locally heat up coronal and chromospheric plasma and

accelerate energetic electrons and protons to energies greater than 1 MeV. Both CMEs

and flares result from the destabilization of the coronal magnetic field. Whether the

occurrence of the two phenomena are associated with each other is still unclear. The

correlation factor increases with increasing flare strength (Schrijver, 2009), approach-

ing 100% for X3 flares (Yashiro et al., 2005).

In active regions, CMEs and flare eruptions are associated with the release of sig-

nificant amount of free magnetic energy stored in the coronal fields. The storage of

the free energy distingushes the coronal field geometry from the potential field: the

non-potential force-free fields are stretched, expanded and intertwined. Such force-

free fields in the solar corona have historically been taken to be of two forms: (a)

arcades, in which the foot points have been sheared to produce a strong field com-

ponent parallel to the Polarity Inversion Line (PIL); and (b) flux ropes, in which the
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magnetic field is twisted about a central axis. Plentiful observations provide evidence

for both arcades and flux ropes as the coronal field structures for CMEs. Sheared

magnetic fields are measured directly at the photosphere with vector magnetographs

(e.g. Hagyard et al., 1984; Zirin & Wang, 1993; Falconer, 2001; Yang et al., 2004;

Liu et al., 2005), where the field is found to run nearly parallel to the PIL. More

recent analysis by Schrijver et al. (2005) found that shear flows associated with flux

emergence drove enhanced flaring. Similarly, active region CME productivity is also

strongly correlated with magnetic shear, as shown by Falconer et al. (2002, 2006).

There is also evidence suggesting that flux ropes may completely emerge through the

photosphere to reside in the corona. Leka & Steiner (2001) examined a time series

of vector magnetograms of emerging magnetic flux and found that magnetic fields

passing through the photosphere are already twisted. Similarly, Lites et al. (1995)

examined a time series of photospheric vector magnetograms, which they found could

be fitted by the emergence of a spherically shaped magnetic flux rope. Lites (2005)

shows an example of the photospheric vector magnetic field and chromospheric struc-

ture seen in the Hα line that suggests the presence of a coronal flux rope associated

with a prominence.

The dichotomy of field configurations naturally leads to two broad groups of theo-

retical and numerical models of the coronal magnetic activity (Forbes et al., 2006). In

the case of magnetic arcades, initial configurations are typically taken to be line-tied

to the lower boundary and subsequently energized with prescribed shear flows, which

cause the arcade to expand and then erupt, forming flux ropes (e.g. Steinolfson, 1991;

Mikic & Linker, 1994; Amari et al., 1996; Guo & Wu, 1998). Another variant, the

so-called breakout model, involves a system of quadrupolar fields with a system of

three arcades. The field reverses direction over the central arcade allowing magnetic

reconnection to annihilate it (e.g. Antiochos et al., 1999; Lynch et al., 2004, 2008;

van der Holst et al., 2009). In all of these cases, magnetic flux ropes form during
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the eruption process and are expelled from the corona. For those models, which as-

sume that flux ropes exist prior to the eruption, the flux ropes are assumed to reside

within an arcade where the outward-directed Lorentz force of the rope (hoop force)

is balanced by magnetic tension of the surrounding arcade (e.g. Forbes & Isenberg,

1991; Low, 1994; Titov & Démoulin, 1999). The central question with flux rope

models is how the force imbalance occurs and results in eruption. Flux ropes have

been energized by the application of rotational motions at the rope footpoints (e.g.

Tokman & Bellan, 2002; Rachmeler et al., 2009) that twist up the field. Flux ropes

have also been forced to emerge into the corona by advecting them through the lower

boundary of the computational domain (e.g. Török & Kliem, 2005; Fan, 2005). In

the case of Amari et al. (2003), flux cancellation at the PIL forms a flux rope within

a sheared magnetic arcade. Following these formation processes, the flux rope may

lose equilibrium and erupt from several instabilities including: unbalance of magnetic

forces, which is followed by magnetic reconnection (Forbes & Isenberg, 1991; Amari

et al., 2003; Roussev et al., 2004), torus instability (Török & Kliem, 2005), or kink

instability (Sturrock et al., 2001; Fan, 2005).

1.3 MHD Simulations

The behavior of magnetized plasma can be described by the system of equations

of MHD, which combines a set of fluid equations and Maxwell’s equations. The

MHD equations describe the bulk transport of the plasma and the magnetic flux as

a coupled system. This treatment assumes near Maxiwellian particle distribution

and excludes charge separation and high frequency phenomena. However, since we

consider the slow movement in a relatively dense atmosphere, this approximation

is valid. The MHD equations therefore can describe the interaction of the plasma

with the magnetic fields, which is essential if we are to understand the physics of

the physics of the solar convection zone. As discussed in Section 1.2.1, the MHD
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equations can be simplified to the anelastic approximation in the high-β region of

the deep convection zone, where the plasma is almost adiabatic and the flow speed

is much smaller than the accoustic speed (Fan, 2009a). Anelastic MHD simulations

prove to be very useful to study the rise of the magnetic flux tube from the base

of convection zone (Fan, 2008; Jouve & Brun, 2009). These global scale simulations

address how magnetic fields generated at the tachocline pass through the convection

zone and have explained and reproduced many large-scale aspects of sunspots (e.g.

Spruit & van Ballegooijen, 1982; Abbett et al., 2001; Fan, 2008). However, because of

the anelastic approximation, these models are only applicable to a height of 20 Mm

below the photosphere. As we move up to the near-surface layers, i.e. the upper 20

Mm of the convection zone, the properties of the plasma deviate significantly from the

interior (see Section 1.1.2), therefore the anelastic approximation becomes insufficient

to describe the compression or expansion of the plasma and magnetic flux tubes and

flow speeds comparable with the sound speed. In this case, fully compressible MHD

equations are required in order to properly capture the interaction of the magnetic

flux and the plasma at the surface layers.

1.3.1 Ideal MHD

We derive the ideal MHD equations under the following simplifying assumptions

(Gombosi, 1998):

• the plasma is in local thermodynamic equilibrium (LTE),

• electron heat conduction is negligible,

• the plasma is charge-neutral,

• the fluid has infinite conductivity,

• the displacement current is negligible in the Ampère’s law.
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In this approximation, we can write the MHD equations as:

∂ρ

∂t
+ ∇ · (ρu) = 0, (1.21)

∂(ρu)

∂t
+ ∇ ·

[

ρuu +

(

p +
BB

8π

)

I −
BB

4π

]

= ρg, (1.22)

∂Etot

∂t
+ ∇ ·

[(

Etot + p +
B · B

8π

)

u−
(u · B)B

4π

]

= 0, (1.23)

∂B

∂t
+ ∇ · (uB − Bu) = 0, (1.24)

where ρ, u, Etot, p, B are the mass density, velocity, total energy density, plasma

pressure and magnetic field respectively. And the total energy density includes the

internal energy e, the kinetic energy and the magnetic energy:

Etot = e + ρ
u · u

2
+

B · B

8π
. (1.25)

For an ideal gas with γ = 5/3, the internal energy can be written as:

e =
3

2
p (1.26)

In order to desribe the temporal and spatial variation of the magnetic fields and

the plasma, one needs to solve the MHD equations with discretization in the spatial

and temporal dimensions. The spatial resolution has to be determined by the scale

of the gradient of the physical properties to avoid numerical diffusion, which leads

to a necessity of very fine grid structure in the photosphere to capture the small-

scale magnetic concentrations and the sharp gradient in density and temperature, as

shown in Figure 1.3. It is advantageous to have a coarse grid both in the corona

and convection zone where structures are larger and sound speeds are higher. High

spatial resolution in the deep convection zone will over-resolve large structures and

reqire a small timestep, given the fast accoustic speed in the hot plasma. In the
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corona, the structures are generally large, and the timestep is typically controlled by

the fast magneto- accoustic wavespeed. Thus decreased resolution in this region can

also mitigate overly restrictive timesteps. In this way, numerical simulations with

uniform grids are waste of computational resources when studying magnetism from

the convection zone to the atmosphere. In light of this problem, the application

of non-uniform grids can save computational resources while retaining the necessary

refinement to resolve local turbulent structures at the photosphere.

Over the past decades, fully compressible MHD models have been employed to

simulate the emergence of magnetic fields from the near surface convection zone into

the lower corona. Shibata et al. (1989) describes a two-dimensional (2-D) simulation

on the emergence of a horizontal magnetic flux rope from the photosphere into the

chromosphere using a two-layered atmosphere. Moreno-Insertis & Emonet (1996),

Emonet & Moreno-Insertis (1998) and Dorch & Nordlund (1998) use 2-D and three-

dimensional (3-D) MHD models respectively to study the buoyant rise of magnetic

flux tubes through a stratified model convection zone and find that a random or

twisting component of the magnetic field along the tube was necessary for the struc-

ture to remain coherent during its ascent. During the emergence of magnetic flux in

the layers, shearing motion driven by the Lorentz force (Manchester & Low, 2000)

draws the magnetic field parallel to the PIL, as demonstrated in simulations (Fan,

2001; Magara & Longcope, 2003; Abbett & Fisher, 2003; Manchester et al., 2004; Ar-

chontis & Török, 2008; MacTaggart & Hood, 2009). Furthermore, the energy trans-

port of shear flows naturally provides an energy source for CMEs (Manchester, 2007,

2008). Simulations have also revealed that shear flows driven by the Lorentz force

can produce eruptions in both magnetic arcades (Manchester, 2003) and emerging

flux ropes (Manchester et al., 2004; Archontis & Török, 2008; MacTaggart & Hood,

2009), providing further evidence of a mechanism for CMEs, flares and filament erup-

tions. Galsgaard et al. (2007), Archontis & Török (2008), and MacTaggart & Hood
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(2009) produce fast CME-like eruptions by also invoking magnetic reconnection with

emerging flux ropes. Our understanding of the dynamics and energetics of the solar

magnetic activity has been greatly improved by MHD models.

1.3.2 Radiative MHD

The physical conditions in the near-surface layers and the atmosphere of the Sun,

discussed in Section 1.1.2 and 1.1.3, requires a more realistic treatment of thermody-

namic processes (Stein & Nordlund, 2000; Nordlund et al., 2009). While much can be

learned from ideal MHD models, they are limited by simplifications in describing the

complex energetics of the solar atmosphere. For example, with an artificially-imposed

thermodynamic stratification or an adiabatic energy equation, the plasma contained

in an emerging flux rope will cool dramatically as the flux tube expands, and will

unphysically inhibit the tube’s emergence. In light of this, and other limitations

inherent to idealized models, it is desirable to include in the models the additional

thermodynamic processes necessary to improve the realism of the simulations. Ra-

diative loss at the surface and in the corona , and the heating at the corona must be

included in Equation 1.23 to describe the energy transfer. We can rewrite the energy

equation as:

∂Etot

∂t
+ ∇ ·

[(

Etot + p +
B · B

8π

)

u −
(u · B)B

4π

]

= Qe, (1.27)

where Qe on the right hand side denotes a radiative source term. An accurate treat-

ment of the Qe term requires solving Equation 1.12 (see Stein & Nordlund, 2000;

Vögler et al., 2005; Cheung et al., 2007; Mart́ınez-Sykora et al., 2008a; Rempel et al.,

2009).

In addition to radiative transfer, the ionization and excitation of particles in the

upper convection zone contribute 2/3 of the enthalpy flux at the solar surface (Stein
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& Nordlund, 2000). This enthalpy flux can be taken into account by implementing

a non-ideal equation of state (EOS) (see Section 1.1.2), instead of Equation 1.26.

Tabular equations of state have been developed over large temperature and density

ranges using multiple atomic species. For example, the OPAL EOS (Rogers, 2000)

provides pressure, internal energy, entropy, adiabatic indexes and specific heat values

as functions of temperature and density. The application of the tabular EOS offers a

precise description of the thermodynamic state of the plasma in the convection zone,

which allows us to update the pressure from the internal energy e and density ρ by

p = p(e, ρ).

Numerical models that take into account thermodynamic processes have produced

a more realistic convection zone overlaid by a self-consistent upper atmosphere (Vögler

et al., 2005; Stein & Nordlund, 2006; Hansteen et al., 2006; Abbett, 2007; Gudiksen

et al., 2011). Such realistic simulations reveal a wealth of complex dynamic interac-

tions between the magnetic field and the convective flows. Cheung et al. (2007) and

Tortosa-Andreu & Moreno-Insertis (2009a) studied the rise of buoyant magnetic flux

tubes from the near-surface convection zone into the photosphere and chromosphere

and found convective flows played a fundamental role in the emergence of magnetic

flux at the photosphere. Cheung et al. (2007) and Mart́ınez-Sykora et al. (2008b,

2009) simulated an emerging flux tube, and found that it increases the size of photo-

spheric granules and alters chromospheric structure. Radiative MHD simulations on

a larger scale (Rempel et al., 2009; Cheung et al., 2010) are able to simulate sunspots

and active regions. More discussion on the interaction between the magnetic field

and the convective flows can be found in reviews by Fan (2004) and Nordlund et al.

(2009).

However, solving the radiative transfer equation becomes computationally expen-

sive when we are considering simulations covering the near-surface layers and the

corona, therefore approximations have been made to simplify the radiative transfer
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while still adequately describing radiative cooling. Abbett (2007) writes the energy

source term as:

Qe = Qrad + Qcr + Qdamp. (1.28)

Here, Qdamp is the energy loss due to an optional velocity damping term in the momen-

tum equation to suppress the fast moving vertical shocks, to speed up the relaxation

of the background atmosphere. The optional damping term changes Equation 1.22

to:

∂(ρu)

∂t
+ ∇ ·

[

ρuu +

(

p +
BB

8π

)

I −
BB

4π

]

= ρg −
ρuz

τ
, (1.29)

where τ represents a time scale over which the optional artificial vertical damping is

applied. This velocity damping term results in the following damping in energy:

Qdamp = −
ρu2

z

τ
. (1.30)

Qrad is the optically thin radiative loss term. In the solar corona, high-temperature

low-density plasma dominates. Radiative losses in the optically-thin limit can be

expressed as Equation 1.14. We approximate optically-thick surface cooling by arti-

ficially extending the optically-thin cooling curve to lower temperatures. This treat-

ment leads to physical results if calibrated against more realistic simulations, where

the LTE radiative transfer equation is solved in detail (Bercik, 2002; Stein & Nord-

lund, 2000). Qcr is the coronal heating term, from the empirical law in Equation 1.13.

Assuming that the heat deposited in the corona is proportional to the local magnetic

field strength, an empirically-based coronal heating function can be written as:

Qcr =
cφα|B|
∫

BdV
. (1.31)

Here, φ is the unsigned magnetic flux at the photosphere; B is the magnetic field

strength;
∫

BdV represents the magnetic field strength |B| integrated over the region
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above the model photosphere; and c and α are constants with values of 89.40 and

1.15, respectively, in CGS units (see Abbett 2007). We note that the model corona

could be heated via Joule dissipation in a manner similar to Mart́ınez-Sykora et al.

(2008a). With these additional source terms, Equations 1.21, 1.29,1.27 and 1.24

together provide an approximate radiative MHD description of the magnetic fields and

the plasma in the near-surface layer and atmosphere. While we realize that heating

due to electron thermal conduction along the magnetic field is a crucial contributor

to the energy balance of the corona, our focus here is on the dynamic emergence of

magnetic flux lower in the atmosphere. We do not attempt to realistically model

the thermodynamics of the corona, thus we choose to neglect the effects of thermal

conduction in order to allow for a more thorough exploration of parameter space.
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CHAPTER II

Near-surface Magnetic Flux Emergence

Magnetic fields play an important role in driving solar and heliospheric activity

(see Section 1.2). In spite of the wide range of magnetic flux in the solar magnetic

features, the probability distribution of the flux present a uniform power law for fluxes

between 2 × 1017 and 1023 Mx (Parnell et al., 2009). The uniform probablity distri-

bution suggests a uniform generation or post-processing at the near-surface layers for

the magnetic features. In light of this observation, great effort has been devoted to

study the formation of the magnetic features at the solar surface by the magnetic flux

emergence from the convection zone.

One way to make progress is to use MHD models to study different aspects of the

emergence process. As discussed in Section 1.3.1, ideal MHD simulations have been

carried out on the emergence of the magnetic flux from the convection zone (Shibata

et al., 1989; Emonet & Moreno-Insertis, 1998; Dorch & Nordlund, 1998; Abbett &

Fisher, 2003). They find a random or twisting component of the magnetic flux is

necessary for coherent emergence. Recent 3-D MHD simulations of flux emergence

in a computational domain containing both the upper convection zone and corona

(Fan, 2001; Magara & Longcope, 2003; Archontis et al., 2004; Manchester et al., 2004)

illustrate the importance of surface forces during the emergence process. In particular,

Manchester et al. (2004) found that magnetic tension forces drove shear flows and
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facilitated the flux tube’s emergence and partial eruption. This shearing process was

discovered in Manchester & Low (2000) and first illustrated with time-dependent

numerical simulations in Manchester (2001). However, in ideal MHD simulations, as

discussed in Section 1.3.1, the magnetic fields undergo unphysical processes due to

the absence of physical thermodynamic processes, such as over-expansion with the

adiabatic cooling of the plasma.

Recent increase in computing power allows MHD models to include a more real-

istic treatment of energy transfer through the solar convection zone into the corona.

Details of radiative MHD models are discussed in Section 1.3.2. It is clear in these

models that surface convection driven by radiative cooling dramatically impacts mag-

netic structures both above and below the visible surface (Stein & Nordlund, 2000;

Vögler et al., 2005; Cheung et al., 2007; Mart́ınez-Sykora et al., 2008a; Rempel et al.,

2009). We therefore set out to improve the treatment of the energy equation in the

3-D MHD model (Fang et al., 2010) with the Block Adaptive-Tree Solar-wind Roe

Upwind Scheme (BATSRUS) developed at the University of Michigan (Powell et al.,

1999; Tóth et al., 2012). We use the energy treatment described in Section 1.3.2 to

study the physics of flux emergence in a combined convection zone-to-corona system.

The study here focus on the effect of near-surface turbulent convection has on the

emerging structure, and whether the shear flows described in Manchester et al. (2004)

continue to be the principle drivers of magnetic flux emergence and energy transfer

in a radiatively dominated regime.

2.1 Simulation Steps

With source terms for radiative cooling (Equation 1.12), coronal heating (Equation

1.31), and optional damping (Equation 1.30) of vertical flows, the MHD equations

consist of Equation 1.21, Equation 1.29, Equation 1.27 and Equation 1.24. Within

BATSRUS, we solve the MHD equations in conservative form using a second order-
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accurate Total Variation Diminishing (TVD) scheme on a block-adaptive Cartesian

grid using the seven characteristic waves scheme of Sokolov et al. (2008). To model

solar-like convective turbulence, we must also use a non-ideal, tabular equation of

state to close the MHD system. For these simulations, we use the OPAL repository

(Rogers, 2000) and set the abundance ratios to solar values. Specifically, we set

X = 0.75, Y = 0.23, and Z = 0.02, where X, Y, and Z refer to the mass fractions of

hydrogen, helium, and other metals respectively.

2.1.1 Background Solar Atmosphere

Figure 2.1: Left: The average vertical density (solid) and temperature (dashed) strat-
ification. The dash-dotted line indicate the height where the density and
temperature values (1×10−7 g/cm3, 5730 K) are comparable with photo-
spheric values. Right: The vertical velocity structure at the photosphere
(z = -2.5 Mm). Red lines show regions with |Bz| greater than 3G.

Magnetic fields presumably must travel through the convection zone after their

formation near the sheared tachocline. It is important to understand the interaction

of these fields with convective eddies during their ascent before they reach the photo-

sphere where they are observed (see e.g., the review by Fisher et al. 2000). However,

local processes near the surface also contribute to the observed evolution of the mag-

netic field. For example, the MHD quiet sun simulations by Nordlund et al. (1992)
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found that most of the generated magnetic field appeared as coherent flux tubes in

the vicinity of strong downdrafts. The small-scale convective dynamo in granules can

maintain a disordered, locally intense magnetic field, which may contribute to the

formation of ephemeral regions (Cattaneo et al., 2003).

To study the effects of convective motion on flux emergence, we need to gener-

ate a realistic solar atmosphere with a superadiabatic stratification below the model

photosphere, following the approach of Abbett (2007). We start our simulation by

building up a long rectangular domain with dimensions of 0.75 × 0.75 × 15 Mm3,

initialized with uniform temperature and density. The domain is periodic in the hori-

zontal directions. At the lower vertical boundary, we modify the standard symmetric

boundary conditions to allow for energy inflow. The top boundary is closed to pre-

vent mass inflows. With these boundary conditions, we allow the initially isothermal

model atmosphere to evolve self-consistently in response to gravitational forces and

radiative cooling, and relax to a convectively unstable stratification below the surface,

coupled to a cold, evacuated upper-atmosphere. The solar-like subsurface stratifica-

tion is achieved by adjusting the density and temperature cutoffs of the extended

cooling curve and the energy input at the base of the model convection zone until

the resulting atmosphere matches that of Bercik (2002) and Abbett (2007) as well as

possible.

We then use this solution as the initial state of a 3-D simulation with a domain

of dimensions of 10 × 10 × 15 Mm3, which is comparable to the size of an ephemeral

region on the sun. Within this superadiabatic background atmosphere, convective

motion then can be initiated by breaking the symmetry with a small random energy

perturbation applied to the subsurface portion of the computational domain. In our

simulations, we obtain solar-like convective structures with convective granules of up-

ward velocity, up to 6 km/s, surrounded by narrow intergranular lanes of downward

velocity up to 6 km/s, shown by the gray-scale image in the right panel of Figure 2.1.
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To build a magneto-convective state, we introduce a horizontal magnetic field, Bx = 1

G, into the region below the surface, while other regions are initially field-free. The

magnetic energy is less than 0.001% of the kinetic energy of the turbulent motion,

which dominates the dynamics in this case. Over time, the field is stretched and am-

plified by convective motions, and flux becomes concentrated in intergranular lanes,

shown by red lines in the right panel of Figure 2.1, without noticeable deformation

of the granular convection. Since the focus of our study here is not the study of

the convective dynamo, we also experiment with stronger initial mean fields to more

quickly build up semi-realistic models of magneto-convection.

We then put a 1 G vertical magnetic field into the domain to heat the corona

by activating the empirical magnetic-flux-related coronal heating term Qcr (Equation

1.31), and open the upper boundary to allow waves to travel outward. The vertical

variation of the relaxed atmosphere is described in the left panel of Figure 2.1, which

shows average density and temperature plotted as functions of height. At z = −2.5

Mm, the density and temperature values (1 × 10−7 g/cm3, 5730 K) are comparable

with the observed values of the photosphere, and thus, this layer is defined in our

simulations as the solar surface.

2.1.2 Magnetic Flux Rope

After the generation of a realistic convective state and overlying atmosphere, we

insert a thin, horizontal twisted flux rope into the model’s convection zone. Following

Fan (2001) and Manchester et al. (2004), we describe the initial flux rope by

B0 = B0e
−r2/a2

x̂ + qrB0e
−r2/a2

θ̂, (2.1)

where we set the radius of Gaussian decay a = 0.3 Mm. q is the twisting factor

defined as the angular rate of field line rotation per unit length in the axial direction.
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The density is depleted in the central section of the flux rope, which produces an

Ω-loop structure by buoyancy using:

ρ = ρ0(1 − ηe−x2/λ2

), (2.2)

where the length of the buoyant section λ = 1.5 Mm, and the ratio η is defined as

η =

1
2

[

B0e
−r2/a2

]2 [

−1 + 1
2
q2(1 − 2r2

a2 )
]

p0

, (2.3)

which maintains force balance.

To make the total energy unchanged, we correct the pressure by:

p = p0(1 − η). (2.4)

2.2 Simulation Results

Results from our simulations are presented as follows. In Section 2.2.1, we describe

the overall structure developed during the course of the emergence of three different

flux ropes. In Section 2.2.2 we discuss the shearing motion during the emergence

process, and finally in Section 2.2.3 analyzes a particular case of “U-loop” formation.

2.2.1 Emergence of the Flux Rope

Table 2.1: Parameters for runs
runs q B0 (kG)

1 -1.0 7.0
2 -1.5 7.0
3 -1.5 14.0

In the sections below, we experiment with different twisting and magnetic strength
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Figure 2.2: The 3-D structure of magnetic field of Run 1 (a), Run 2 (b) and Run
3 (c) at t = 20, 20, 16 min, respectively. The planes show the Bz on
photosphere. Black lines outline regions with downflow speed greater
than 1km/s. Flux ropes with more twist or strength have less horizontal
expansion and more coherence during emergence.
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values shown in Table 2.1 and evaluate their role in affecting the emergence. At the

photosphere, the flux rope first emerges as two closely-aligned flux concentrations

with opposite polarities. Then these two polarities start to separate from each other

since the buoyant section continues to rise and expand at the photosphere. Figure

2.2 shows the 3-D structure of magnetic fields for each run, with the color showing

the photospheric Bz field, and black lines marking downdrafts with speed greater

than 1 km/s. For Run 1, with a weak field B0 = 7.0 kG and low twist q = 1.0, we

observe little coherency in the emerging flux rope, which expands preferentially in the

horizontal direction. The horizontal expansion occurs 0.5 Mm above the photosphere,

at the temperature minimum, under force imbalance due to the sharp decrease in the

thermal pressure of the surrounding atmosphere. And on the photosphere, convective

motion dominates over the rising motion of magnetic flux, as seen in Panel (a) of

Figure 2.2. The twisting factor was increased in Run 2, and a coherent flux rope was

observed in the lower corona after emergence, shown in Panel (b). In Run 3, both

twisting factor and flux rope strength are increased compared with Run 1. We find

that the increase of a non-axial component of the initial magnetic field (Panel (c) of

Figure 2.2) enhances coherency, and prevents the emerged rope from over-expansion

in the horizontal direction, as shown in Panel (a). Turbulent plasma flows distort

the flux rope during its rise, while a flux rope with strong magnetic field deforms the

convective granules after emergence, consistent with Cheung et al. (2007). However,

regardless of the deformation, the strong vertical magnetic fields concentrate in the

downdrafts after fully emerging above the surface. In the following sections, we will

analyze Run 3 in detail.

2.2.2 Shearing Motion

Photospheric shearing motions have long been observed to be in strong association

with solar flares and CMEs (e.g., Meunier & Kosovichev 2003; Yang et al. 2004;
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Figure 2.3: The evolution of sheared (solid) and emerged (dashed) energy flux at the
photosphere for Run 2 (left) and Run 3 (right). In the bottom panel,
dotted and dash-dotted lines show the evolution of shear and emerged
fluxes, respectively, at z = -0.45 Mm.

Schrijver et al. 2005). Besides the photospheric motion, Athay et al. (1985) found

a shearing area in the transition region and upper chromosphere. Helioseismic flow
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maps (Kosovichev & Duvall, 2006) also indicate that the magnetic energy buildup

prior to CMEs is driven by the strong shearing flows with speed 1-2 km/s at the

depth of 4-6 Mm below the surface.

In our simulations, coherent shearing flows develop below the photosphere and

extend into the lower corona in the later phase of emergence. We calculate the

components of the Poynting flux associated with horizontal and vertical motions on

the photosphere by:

Eshear = −

∫

1

4π
(Bxux + Byuy)BzdS, (2.5)

Eemerge =

∫

1

4π

(

B2
x + B2

y

)

uzdS. (2.6)

The temporal evolution of the energy fluxes is shown in Figure 2.3. In Runs 2 and

3, the top of the flux rope reaches the photosphere at times t = 9.5 and 5.5 min,

respectively, shown in Figure 2.3. When the magnetic field first emerges at the

surface, a simultaneous increase in sheared and emerged energy flux occurs, with a

greater increase in emerged flux. The emerging motion dominates the energy flux for

the first 10 minutes, during which the buoyant part of the flux rope evolves to a fully

emerged state. Afterwards, near the surface, the magnetic pressure gradient force is

balanced by gravity and gas pressure, which slows down the emergence and decreases

the emerged energy flux after the saturation of emergence. The emerged energy flux

drops to negative values in the later phase due to the concentration and subduction

of the magnetic field in downdrafts. Dotted and dash-dotted lines in bottom panel of

Figure 2.3 show the shear and emerged energy fluxes, respectively, in lower corona,

2.05 Mm above the photosphere, which has a temporal delay of 6 min but represents

a similar trend as the fluxes at the photosphere.

When the rising motion succumbs to photospheric downflows, the main energy

release into the overlying atmosphere is contributed by the shear flow, which continues
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Figure 2.4: The vertical magnetic field structure on the photosphere at times t = 10
(a) and 15 (b) min for Run 3. Blue lines show regions with |(∇ × u)z|
greater than 1.5 times of the average value. The horizontal magnetic field
is shown by the red arrows. The locations of strong PILs show a good
coincidence with regions with higher |(∇× u)z| values.

long after the flux has emerged through the photosphere. The sheared energy flux

increases by a factor of 4 from the initial emerging phase. The energy evolution

resembles that shown in Manchester et al. (2004), with the fundamental difference

that active convection ultimately subducts magnetic field and reverses the emerging

energy flux.

Figure 2.4 shows the evolution of vertical and horizontal magnetic field structures

at the photosphere for Run 3. The horizontal gradients in velocity are illustrated

with contour lines of (∇× u)z, i.e. the vertical vorticity. At t = 10 min, Panel (a) of

Figure 2.4 shows a highly sheared magnetic field structure at this initial phase. Panel

(a) of Figure 2.5 shows a horizontal velocity field flowing outward from the center of

the granule at t = 10 min, when the top of the flux rope reaches the photosphere and

the size of the convective granule lying above it increases. After that, the emerging

motion is saturated, and the fragmentations and distortions of the magnetic field
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mainly result from shearing and convective motions. In Panel (b) of Figure 2.5, the

two polarities start to move along the PIL in opposite directions, and form a strong

magnetic gradient shown in Panel (c) and (d). At time t = 15 min, Panel (b) of

Figure 2.4 shows a good coincidence of the PIL and regions with |(∇× u)z| greater

than 1.5 times of the average value. This implies a high velocity shearing along the

PIL at the photosphere in the later phase of emergence, which is clearly seen in the

region outlined by the green box in Panel (d) of Figure 2.5.

Figure 2.6 shows the evolution of the horizontal velocity, ux, and the magnetic field

lines on the X = 0 plane for Run 3. A coherent shearing pattern with velocity ux up

to 20 km/s develops in the lower corona and extends down to the chromosphere and

photosphere during the rising of the rope. The shear pattern is similar to Manchester

et al. (2004) with notable exceptions of being more highly structured with reduced

velocity. We also find that shear flows in the corona persist even when the convective

motion washes out any coherent shearing at the photosphere.

2.2.3 U-loop Structure

Here, we examine a U-loop - a magnetic feature formed when magnetic flux is

pulled down into an intergranular lane, as reported by Tortosa-Andreu & Moreno-

Insertis (2009b). We evaluate the role of Lorentz force F in a subregion outlined in

Panel (c) of Figure 2.5 where the U-loop forms, by examining Fy and the y component

of velocity perpendicular to the magnetic field (u⊥)y. This velocity component, (u⊥)y,

excludes siphon flows parallel to the magnetic field and thus illustrates the motion of

magnetic field lines. In Figure 2.7, we show that the field lines on the X − Z plane

evolve to a U-loop structure with a shearing velocity (u⊥)y up to ± 1.5 km/s on

each side of the PIL (outlined by the green boxes). The upper two panels illustrate

the magnitude of the Lorentz force while the bottom panels show the magnitude of

(u⊥)y. The fact that Fy and (u⊥)y are in the same direction-reversing across the
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Figure 2.5: The vertical magnetic field structure on photosphere at times t = 10
(a), 12 (b), 15 (c) and 20 (d) min for Run 3. The red arrows show the
horizontal velocity field. In panel (d), the green line outlines the region
with velocity shearing illustrated by |(∇× u)z| greater than the average
value. In panel (c), the green box marks the subregion shown in Figure
2.7 and Figure 2.9. High velocity shearing occurs along the PILs during
the emergence.

neutral line (outlined by the green boxes) suggests the velocity shearing is due to

the Lorentz force. Panels (c) and (d) of Figure 2.5 show a highly sheared magnetic

field and velocity field in this region on the photosphere. However, when viewed from
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Figure 2.6: Variation of ux on X = 0 plane at times t = 5 (a), 10 (b), 15 (c) and
20 (d) min for Run 3. Black lines show the magnetic field lines on the
Y-Z plane by ignoring Bx, with arrows indicating the direction. Dashed
lines indicate the height of the photosphere. Coherent shearing pattern
develops in the lower corona and extends down to the chromosphere when
the rope rises.

the bottom, as shown in Figure 2.9 (with 3-D magnetic lines over a gray-scale image

of the photospheric Bz field in this region), the magnetic field lines are unsheared

below the surface, running perpendicularly to the PIL, and minimizing the energy.

Figure 2.8 shows the ratio of the thermal pressure and kinetic energy to the magnetic
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Figure 2.7: (a) Fy structure at time t = 16 min (b) Fy structure at time t = 18 min (c)
y component of velocity perpendicular to magnetic fields at time t = 16
min (d) y component of velocity perpendicular to magnetic fields at time
t = 18 min in the region marked by the green box in Panel (c) of Figure
2.5 for Run 3. Black lines show the magnetic field lines on the plane,
with arrows indicating the direction. Dashed lines show the height of
the photosphere. The field lines form a U-loop structure with a shearing
velocity up to ± 1.5 km/s on each side of the PIL (outlined by the green
boxes).
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Figure 2.8: (a) Ratio of thermal pressure to magnetic energy log10(p/Emag) at time
t = 16 min (b) ratio of kinetic energy to magnetic energy log10(Ek/Emag)
at time t = 16 min. Black lines show the magnetic field lines on the plane,
with arrows indicating the direction. Dashed lines show the height of the
photosphere. Kinetic and thermal energy dominate in the domain below
the photosphere, while above it magnetic energy dominates.

energy in the region in Figure 2.7. Below the photosphere, kinetic and thermal energy

dominate, while above the photosphere, convective motion stops and gives way to the

magnetic energy.

It has been commonly observed that the central regions of Ω-loops become highly

sheared as they emerge and unshear as they submerge (Manchester, 2007). We find,

for the first time, that magnetic U-loops will unshear by flows driven by the Lorentz

force, as illustrated by the gradient in By. These flows transport energy and axial

flux from the convection zone to the corona, where the U-loop is expanding. This

simulation further illustrates the dynamic coupling of the convection zone and corona,

due to shearing flows driven by Lorentz force, suggested by Manchester (2007). This
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Figure 2.9: Bottom view of the magnetic field lines in region marked in green box
in Panel (c) of Figure 2.5 for Run 3. Plane shows the Bz structure on
photosphere. The magnetic field lines run perpendicularly to the PIL,
minimizing the energy.

coupling occurs for two reasons: the transport of axial flux, and the requirement that

axial field strength be equilibrated along field lines to achieve a state of force balance.

2.3 Discussion and Conclusions

Observations have shown that CMEs originate from polarity inversion lines on the

photosphere, where strong magnetic and velocity shearing occurs. Study of vector

magnetograms of active regions (Falconer, 2001; Falconer et al., 2006) found the

nonpotentiality of the magnetic fields, i.e. the total free magnetic energy, to control

the CME generation. Other observations also indicate that solar eruptive events, e.g.

flares, filaments, and prominences, preferentially occur in magnetic structures where

the magnetic field runs parallel to the magnetic inversion line, i.e. highly sheared
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magnetic structures (Foukal, 1971; Leroy, 1989; Canfield et al., 1999; Liu et al., 2005;

Su et al., 2007). Deng et al. (2006) observed persistent and long-lived (> 5 hrs) shear

flows in Active Region NOAA 10486 along the neutral line prior to the occurrence of

the X10 flare on 2003 October 29, which may be explained by the successive emergence

of a much larger and stronger flux rope/system than that in our simulations.

Surface plasma flows have long been recognized to have an important influence on

the evolution of coronal magnetic fields. Many simulations, e.g. Mikic et al. (1988)

and van der Holst et al. (2007), have been performed with flux ropes and arcades

whose footpoints are subjected to surface motions imposed as boundary conditions.

For example, Amari et al. (2003) has shown that converging motions toward the

magnetic inversion line can drive a catastrophic nonequilibrium transition into erup-

tions when accompanied by shearing motions along an inversion line. In Antiochos

et al. (1999), sheared arcades reconnect with a surrounding flux system, resulting in

an eruption, in which the magnetic free energy stored in the closed shear arcade is

released. In these coronal models, shear flows are only prescribed as boundary condi-

tions to trigger instabilities and eruptions. Other numerical simulations (Manchester,

2003; Manchester et al., 2004) have shown shear flows develop self-consistently during

the emergence of the flux system (arcade and rope respectively) through a stratified

atmosphere. The shearing motions result from the Lorentz force that occurs as the

magnetic field expands into the stratified ambient atmosphere. This shearing mecha-

nism explains the following: (1) coincidence of magnetic and velocity inversion lines;

(2) the time evolution and magnitude of the shear flows in different layers of the atmo-

sphere; (3) the large scale shear pattern, which is most concentrated at the PIL; (4)

transport of flux and energy from the convection zone to the corona; (5) loss of equi-

librium when the shear flows are unable to equilibrate the axial flux along magnetic

field lines - a process that can explain many observed occurances of CMEs, erup-

tive filaments, and flares (Manchester, 2003, 2007, 2008; Archontis & Török, 2008;
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MacTaggart & Hood, 2009). However, in these idealized models without convective

motion, shear flows grow rapidly in the absence of a competing mechanism. In ad-

dition, the use of a purely adiabatic energy equation leads to expanding flux ropes

whose plasma cools far too rapidly, thus inhibiting the emergence process.

In light of these problems, we incorporated additional physics into our MHD mod-

els, and simulated the buoyant rise of a twisted flux rope as it emerged through a

turbulent near-surface part of the convection zone into a model corona. Flux ropes

with more twist or greater magnetic strength can rise through the convection zone

coherently, while less twisted or weaker flux ropes tend to expand in the horizontal

direction, while being distorted by the turbulent motions, as shown by Figure 2.2.

During its emergence, shearing motions at the photosphere develop and extend into

the lower corona, with a speed up to 20 km/s, which is comparable with the shearing

velocity of 20 km/s reported by Chae et al. (2000) in active region loops. In our

simulations, shearing motion couples the emerged flux with the subsurface magnetic

fields, and transfers the energy from below the surface into the solar atmosphere.

In Run 3, where the twisting factor q = −1.5 and magnetic strength B0 = 14.0 G,

the total sheared energy can go up to 1.08 × 1030 ergs in 21 min, about 1% of the

average amount released in CMEs. The consistency between our results and previous

simulations (Manchester et al., 2004) shows that the physical mechanism of Lorentz

force-driven shear flows is very robust during the flux emergence in a domain com-

parable to ephemeral regions, regardless of the presence of thermodynamic processes

such as turbulent convection. Given that active regions are 10 times (with 100 times

the area) larger than this simulated flux concentration, our results suggest that shear

flows driven by the Lorentz force can readily provide the free magnetic energy for

CMEs.
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CHAPTER III

Formation of a Solar Active Region

Active regions and sunspots are the most spectacular and strongest magnetic

features observed on the solar surface. Hale’s polarity law and Joy’s law of tilts

suggests that active region magnetic fields take the form of Ω-shaped loops of magnetic

flux anchored to a strong, toroidal layer of flux at the tachocline. Over the past

decade, theoretical investigations and numerical modeling seem to have validated

this simple picture (see e.g., the review by Fan 2009b and references therein). While

the physics of flux emergence through the deep interior is well-studied (see e.g. Fan

et al. 1993; Caligari et al. 1995; Abbett et al. 2000; Fan 2008), the physics of how

these magnetic structures emerge through the upper convection zone, forming active

regions and sunspots at the visible surface, and expand into the Sun’s atmosphere is

not yet well understood. It is therefore of great interest to study the interaction of

the emerging magnetic features and convective motions of different scales. In Chapter

II, we discussed flux emergence within the upper 3 Mm of the convection zone, the

very near-surface layer, and the formation of an ephemeral region. We find that the

transport of energy into the corona becomes even more critical as downdrafts return

much of the magnetic energy back below the photosphere. This simulation results

in the emergence of a weak axial flux of 3.3 × 1019 Mx, which is quickly shredded

and dispersed to the intergranular lanes by the convection motions. However, active
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regions and sunspots exhibit a much larger spatial scale and longer lifetime, which

imposes more difficulty in simulating the evolution of the active regions. Moreover,

the thermodynamic processes vary drastically from the convection zone to the corona,

adding more complexity to large-scale simulations.

Recently, computing power has reached a level that has allowed the development

of realistic solar models, including radiative and thermodynamic processes necessary

to simulate convection in conjunction with the upper atmosphere. Stein & Nord-

lund (2006),Abbett (2007),Rempel et al. (2009), Cheung et al. (2010), Kitiashvili

et al. (2010), and Rempel (2011) emphasize the importance of the interaction be-

tween magnetic fields and convective motions. Stein & Nordlund (2006) and Abbett

(2007), have each addressed quiet-Sun magneto-convection, while Kitiashvili et al.

(2010) report the critical role of strong vortical downdrafts around small magnetic

structures in the formation of large-scale structures. Radiative MHD simulations (see

Section 1.3.2) on a larger scale (Rempel et al., 2009; Cheung et al., 2010) have been

carried out to study the gradual formation and the fine structures of the sunspots and

active regions from the upper convection zone to the surface. Rempel et al. (2009);

Rempel (2011) find outflows in the penumbral structure driven by the Lorentz forces

at the surface and by the convective flows in the deeper layers. Cheung et al. (2010)

simulates the formation of a pair of sunspots in an active region with a magnetic

semi-torus advected through the bottom of the domain and finds the mass removal

in the magnetic flux driven by the reconnection, and the migration of the flux due to

horizontal flows.

These radiative MHD simulations illustrate the importance of turbulent convective

flows in the emergence of the sunspots and active regions at the photosphere. The

question, then, is how the transport of the energetic and magnetic flux interacts

with the plasma motions, through the upper convection zone into the corona. In

light of these previous results, we expand upon the work of Chapter II by simulating
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the emergence of a larger twisted magnetic flux rope emerging from deeper in the

convection zone, and study the energetics during its rise through the turbulent plasma

to reside in the hot corona (Fang et al., 2012b). The study here, by covering the upper

20 Mm of the convection zone and the corona, links the solar interior magnetism and

the coronal activity by the emergence of the magnetic fields. With this work, we

strive to more deeply understand the energetic coupling between the convection zone

and the corona provided by the magnetic field.

3.1 Simulation Setups

For our simulation, the MHD equations are solved with BATS-R-US with ad-

ditional energy sources, as described in Section 2.1. Thermodynamic processes in

the solar atmosphere, i.e. surface cooling at the photosphere, radiative cooling of

the corona and magnetic flux-related heating in the corona are implemented in the

model. The application of a tabular, non-ideal equation of state takes account of the

ionization and the excitation of particles in the dense and hot solar interior (Rogers,

2000). Horizontal boundary conditions are periodic, and the lower boundary condi-

tion sets the density and temperature of the same values found in the initial state of

the atmosphere, while keeping the vertical momentum reflective across the boundary.

The upper boundary is closed.

3.1.1 Background Atmosphere

To develop the coronal model, we first extract the averaged state of the solar at-

mosphere from the model of Chapter II, at a depth of 2.5 Mm below the photosphere.

In the convection zone, the plasma is adiabatic as the heating source is absent and

radiative cooling is negligible in the optically thick medium. The entropy is therefore

nearly invariant throughout the deep convection zone. Here the deep convection zone

is defined as deep in the simulation domain, which covers the upper 10% (20 Mm)
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depth of the solar convection zone. Under the assumption that the plasma is both

isentropic and in hydrodynamic equilibrium, we solve the following equations for the

structure of the atmosphere in the deep convection zone with the extracted values

providing the upper boundary condition:

∇p = ρg, (3.1)

log(
p

ργ
) = S. (3.2)

Here p, ρ and g are the plasma pressure, mass density and gravitational acceler-

ation. S is the average entropy value in the convection zone at z = −2.5 Mm. γ is

the adiabatic index, which can be obtained from the tabular equation of state using

the pressure and density values, p and ρ. For the purpose of our simulation here, the

atmosphere is extended to 21 Mm below the photosphere by solving Equations 3.1

and 3.2. The stratification of the density and pressure of the extended atmosphere in

the convection zone are found to be in agreement with that of Stein et al. (2011).

This solution is then used as an initial condition for a one-dimensional calculation

in which we apply the surface cooling. The plasma in the simulation domain then

goes through an hour of thermal relaxation to form a superadiabatic background

atmosphere, which is unstable to convective motion. The next step is to perform the

full 3-D simulation with the size of the domain set to 30 × 30 × 42 Mm3, extending

21 Mm below the surface and 21 Mm above in the vertical directions, while the

horizontal area of the domain is comparable to the size of a small active region. In

the supraadiabatically stratified atmosphere, convective motion starts immediately

after a small energy perturbation, and relaxes over a period of roughly one turnover

time of the convection extending to a depth of 21 Mm. After the convective motion

has relaxed, we impose an initial vertical magnetic field Bz of 1 G to the domain,

and turn on the heating and radiative cooling term in the coronal region. With
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the magnetic-flux-related coronal heating term (Pevtsov et al., 2003), the coronal

temperature is heated up to 1 × 106 K within 2 hours.

Figure 3.1: Left: The vertical stratification of the density (solid) and the temperature
(dashed) of the solar atmosphere. The dash-dotted line indicates the
initial location of the inserted flux rope. Right: The vertical velocity
structure at z = −3 Mm. Red lines show regions with |Bz| greater than
10 G.

Figure 3.2: The initial structure of magnetic flux rope with color showing the vertical
velocity in the convection zone. Left: magnetic flux rope embedded in the
convective flows with blue isosurfaces indicating upflows at 1 km s−1 and
red downflows at -1 km s−1. Right: x − z plane of the convection zone
with the inserted flux rope.

The left panel in Figure 3.1 shows the averaged vertical stratification of the den-
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sity and temperature in the simulation domain. The density drops by about 5 orders

of magnitude from the bottom of the domain to the photosphere, and the tempera-

ture drops by 2 orders of magnitude. Above the photosphere, the density drops by

another 7 orders of magnitude, and the temperature increases to 1 MK within 2 Mm.

The application of the Adaptive Mesh Refinement in BATSRUS greatly facilitates

the simulation in saving computational resources while keeping the necessary refine-

ments to resolve the sharp gradient in density and temperature. The grid size in our

simulations has three levels of refinement with cubic cells of size 37.5 km, 75 km,

and 150 km. The grid is refined in horizontal layers with higher resolution near the

surface where temperature and density gradients are largest.

The right panel in Figure 3.1 shows the variation of the vertical velocity uz at

z = −3 Mm. Red lines outline the regions with concentrations of Bz field, which

coincides well with the down-flowing area. The right panel in Figure 3.2 illustrates

the structure of uz on a vertical cut of the convection zone. Small-scale down-flowing

plasma merges and forms the large-scale persistent downdrafts in the deep convection

zone. The large-scale downdrafts are very important in the formation of the bipolar

structure during the building up of the active region, discussed in Section 3.2.1.

3.1.2 Initial Flux Rope and Convective Motion

The stratification of the atmosphere in the simulation domain is maintained self-

consistently with the implementation of the thermodynamic processes in the model.

The superadiabatic stratification provides an unstable background atmosphere for

turbulent convective motion. As shown by Cheung et al. (2010), convective motion

plays an important role in the formation of the sunspots and active region. However,

the role of the turbulent convection in the emergence of the magnetic flux has not

been clearly understood yet, particularly at larger scales. The aim of our simulation

here is thus to study the transfer of the energy and magnetic flux of the rope during its
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rise from the deep convection zone, and its interaction with the surrounding turbulent

medium. So after the generation of the convection zone with a hot corona, we linearly

superimpose a flux rope upon the ambient magnetic field in the deep convection zone,

at z = −10 Mm, indicated by the dot-dashed line in the left panel of Figure 3.1. The

initial flux rope is centrally buoyant and twisted along the x− axis, as described by

Equation 2.1 in Section 2.1.2. For the simulation here, we impose a flux rope with

a radius of Gaussian decay of a = 1 Mm, a twisting factor q = −1.5 and the length

of the buoyant section of λ = 6 Mm. The strength of the magnetic field at the axis

of the rope is given by B0 = 50 kG, which gives a minimum plasma beta value of

50. The total axial flux on the cross section of the initial flux rope is 1.5 × 1021 Mx.

Figure 3.2 shows the initial flux rope embedded within the convective plasma. The

left panel illustrates 3-D isosurfaces of the large scale convective flows around the flux

rope in the deep convection zone, while the right panel shows the structure of uz in

the convection zone on the x − z plane with the flux rope. The complexity of the

convective flows around the flux rope has a strong influence on the emerging process

from the deep convection zone with large-scale downflows.

Figure 3.3: The structure of Bz (a), uz (b) and T (c) at z = −1 Mm plane at t =
5:09:00.
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3.2 Results

The flux rope is initially embedded in the deep convection zone, where it is buffeted

by convective down- and up- flows. On the way from z = −10 Mm to the photo-

sphere, the turbulent flows of various scales significantly reshape and redistribute the

magnetic flux. On the photosphere, the magnetic flux first emerges as many small-

area bipoles, which then sort themselves to form two large concentrations of opposite

polarities via coalescence. Figure 3.3 shows the structure of the small active region at

z = −1 Mm. It contains two pores of opposite magnetic polarities, with smaller-size

granules and cooler temperature. The formation of pores by the process of coalescence

at the photosphere is revealed by both remote observations and previous numerical

simulations (Vrabec, 1974; Zwaan, 1985; Cheung et al., 2010). However, the mecha-

nism that transfers the magnetic flux from the tachocline, which is believed to be the

origin of the active region magnetic field, to the solar surface is still to be determined.

To date, global scale simulations of the solar interior can not yet resolve individual

flux tubes. Here, we examine the evolution of the magnetic flux rope in the deep

convection zone and the photospheric and coronal response to its emergence.

3.2.1 Formation of Pores

The horizontal flux rope at z = −10 Mm, shown by Figure 3.2, rises in the central

section due to the depletion of the density and upwelling convective flows. However,

the two ends of the central section are embedded in large-scale downflows present in

the convection zone when the flux rope is initiated at t = 0 : 00 : 00. The downflows

are illustrated by the blue isosurfaces and color contours in Figure 3.2. Panel (a) of

Figure 3.4 shows the structure of uz on the x − z plane at t = 4 : 50 : 00, when

the downflows are still present in the convection zone at the two ends of the emerged

flux rope. The region of the convective downflows in Panel (a) of Figure 3.4 appears

in great accordance with the black and green contour lines indicating the polarity
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Figure 3.4: The structure of uz (a), Bz (b) and Bz (c) in the y = 0 plane at t =
4:50:00 (a and b) and t = 5:22:00 (c). The black and green lines in Panel
(a) outline Bz = -1, 1 kG, respectively. The dash-dotted line in Panel (b)
and (c) indicate the initial location of the axis of the inserted flux rope.
And the black lines in Panel (b) and (c) indicate the magnetic field lines
by ignoring the By component to show the direction of the field confined
to the x − z plane.

of the pores. This consistency between the downflowing and magnetic concentrated

regions suggests a causal relationship between the formation of the magnetic pores

and the large-scale downflows. Figure 3.5 illustrates the temporal evolution of the

3-D magnetic field, colored by the uz value of the local plasma during the rise of the

central section of the flux rope. The long-lasting, large-scale downflow, indicated by

the blue color, drags down the two endpoints of the rising part and fixes them in the

deep convection zone, forming an Ω-shape emerged flux rope within 2.5 hours. The

downflow maintains the pores and prevents the two pores of opposite polarities from

separation or drifting apart, while the central section of the flux rope emerges and

expands in the upper domain. Thus with the two foot points deeply embedded and

fixed in the convection zone, the emerged magnetic flux remains highly concentrated
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Figure 3.5: The temporal evolution of 3-D magnetic field lines colored by local uz

values with red indicating downflows and blue upflows from -2 km s−1 to
1 km s−1, at t = 1:05:00, 1:29:00, 1:49:00 and 2:29:00.

in a relatively small area at the photosphere.

In Panel (b) of Figure 3.3 and Panel (a) of Figure 3.4, small-scale convective gran-

ules in the near surface layers appear inside each of the pores. Emonet & Cattaneo

(2001) also simulate the diminishing horizontal scale of the granules with increasing

vertical magnetic field. While the magnetic field modifies the convective granules, the

downward flows produce a bulb of colder plasma. The pressure imbalance with the

surrounding material thus causes the flux tube to collapse and increases the strength

of the magnetic field (see Section 1.2.2). The flux tube approaches equilibrium again

with higher magnetic pressure balancing the surrounding material. With the convec-

tive collapse process (Parker, 1978; Spruit, 1979; Nagata et al., 2008), the magnetic
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field strength at the surface can be increased up to 4 kG, much higher than the

equipartition field strength with the kinetic energy of the surrounding plasma. These

near-surface processes, due to the convective motion, play a very important role in

reorganizing the magnetic flux after its emergence at the photosphere. The mag-

netic field of the bipolar structures at the photosphere is intensified by the convective

collapse in the near surface layers, which is shown by Panel (c) of Figure 3.4.

3.2.2 Rotation of the Pores

The magnetic flux rope travels through the 10 Mm distance and approaches the

photosphere after 2.5 hours. Figure 3.6 shows the evolution of the structure of the Bz

field at the photosphere, with arrows representing the horizontal velocity field. The

magnetic field concentrates as narrow bands of bipolar fluxes, as shown in Panel (a)

and (b), in the regions between the major pores. The horizontal velocity, represented

by the white arrows, reveals that the bipoles are moving in opposite directions, toward

the major pores of the same polarity. For example, in Panel (a), the rectangle outlines

a region with flux emergence, where the negative flux is moving in the upper right

direction into the negative pores and the positive flux bands are moving in the lower

left direction into the positive pores. The coalescence of the small-scale fluxes into

the major pores facilitates the accumulation of the magnetic flux on the surface and,

therefore, the formation of the large pores shown in Panel (c) and (d). Cheung et al.

(2010) simulated the formation of an active region and finds that the counterstreaming

motion of opposite polarities is driven by the Lorentz force.

The large pores of negative polarity show a coherent pattern of rotation at the

photosphere after their formation in Panel (a) of Figure 3.6. The rotation of the pores

persists during the emergence and the increase of magnetic flux at the photosphere.

However, the positive polarity on the left does not present a complete rotation pattern

during the emerging phase, but the rotation is interrupted by the horizontal motions
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Figure 3.6: The structure of Bz field at z = 0 Mm at t = 3:45:00 (a), 4:15:00 (b),
5:10:00 (c), 5:35:00 (d), 6:23:00 (e) and 7:41:00 (f). The arrows show the
horizontal velocity field.

of the convective flow. The coherent rotation starts to develop on the positive pore

after 5.5 hrs, shown by Panel (e) and (f) in Figure 3.6. Figure 3.7 illustrates the

evolution of Bz and the horizontal velocity fields at z = −3 Mm, in the convection

zone. Here, we observe a coherent rotation at this depth on the negative polarity as
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Figure 3.7: The structure of Bz field at z = −3 Mm at t = 4:40:00 (a), 5:00:00 (b),
5:10:00 (c), and 5:30:00 (d). The arrows show the horizontal velocity field.

well. The question then, is to what depth does the rotation extend? We therefore

examine the structure of uy on the y = 0 plane during the rising of the flux rope in

the upper panels in Figure 3.8. The reversal of the direction of uy in the right side of

the domain corresponds to the projection of the rotation of the negative polarity on

the y = 0 plane. The coherent rotation starts to extend downward at t = 4 : 00 : 00

and approaches the depth of -10 Mm in 21 mins. (see Panel (a)). Panel (c) shows a

very coherent pattern of rotation on the negative polarity at t = 5 : 13 : 00, while on

the positive pore on the left, the rotation is not obvious.

Sunspot rotation has long been observed and studied in detail and has been found
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Figure 3.8: The structure of uy (upper panels) and By (lower panels) at time t =
4:21:00 (a and d), 4:37:00 (b end e) and 5:13:00 (c and f) in the y = 0
plane. The black and white contour lines in the upper panels represent
regions with Lorentz force density fy = -20 and 20 dyne cm3 respectively.
And the black lines with arrows in the lower panels indicate streamlines
of (Bx, Bz) while white lines outline Alfvènic Mach number u/uA = 1.

in association with CMEs (Brown et al., 2003; Kazachenko et al., 2009). The rota-

tion mechanism for sunspots found in our simulation was first described by Parker

(1979a). Longcope & Welsch (2000) simulated the increase of the helicity of coronal

field due to the rotation of the photospheric footpoints in a dynamic model. Ideal

MHD simulations by Fan (2009b) illstrate the rotation driven by torsional Alfvèn
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waves and the development of sigmoid-shaped field lines during the flux emergence

from the top layer of the convection zone. Brown et al. (2003) and Min & Chae (2009)

study the behavior of the rotating sunspots in solar active regions and found that the

rotation speed varies with time, radius and angular spacing, with an increase in ro-

tation speed in the penumbra. Kosovichev (1996); Zhao & Kosovichev (2003) find

twists of the magnetic field and vortical flows around the sunspots in the convection

zone underneath a rapidly rotating sunspot area. The flows underneath the negative

pore in our simulation also exhibit a rotating pattern extending 10 Mm down into the

convection zone. The question then, is what dynamic mechanism during flux emer-

gence causes the observed variation in the rotation speed? Our simulation enables a

detailed investigation of how sunspot rotation develops in the complex circumstances

of the convection zone.

The development of the coherent rotation is accompanied by the presence of a

strong Lorentz force in the azimuthal direction (see the upper panels in Figure 3.8),

which is defined as fy = jzBx − jxBz. The black and white contour lines in the upper

panels of Figure 3.8 represent areas with strong negative and positive fy respectively.

We find that the Lorentz force is driving the coherent rotation as a torsional Alfvèn

wave. At time t = 4 : 21 : 00, shown by Panel (a), the Lorentz force is in the same

direction as uy, thus acting to accelerate the rotation. However, the Lorentz force

reverses direction at time t = 4 : 37 : 00 (see Panel (b)) and decelerates the rotation.

Panel (c) reveals the structure of the Lorentz force at time t = 05 : 13 : 00, which

runs in the opposite direction of the rotation. The flux rope has rotated past its

equilibrium point, and the Lorentz force reverses with the gradient of the azimuthal

(By) component of the field as the flux rope further emerges. The rotation of the

pores untwists the field in the convection zone and produces a twisted magnetic field

in the corona, as shown by the lower panels of Figure 3.8, which illustrates the By

field on the y = 0 plane. As such, the rotation also provides a mechanism to build up
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the helicity and magnetic energy in the coronal magnetic field. The white lines in the

lower panels outlines where the Alfvénic Mach number u/uA = 1. The consistency

between the structures of the Alfvénic Mach number and the Lorentz force fy suggests

that in the pore region the magnetic field dominates over the plasma motion, and is

responsible for the rotating flows.

In Figures 3.6 and 3.7, the positive polarity does not present as coherent a ro-

tation as the negative polarity. However, in Panel (c) and (d) of Figure 3.6, we

observe a strong flux cancellation in the region outlined by the rectangles from time

t = 5 : 00 : 00 to t = 5 : 35 : 00. Cheung et al. (2010) reports that magnetic reconnec-

tion takes place within the U-loops formed by the convective downflows, which can

remove the unsigned magnetic flux on the photosphere. In our simulation, the total

amount of the magnetic flux that is cancelled is 10% of the total unsigned flux on the

photosphere. The flux cancellation strongly interrupts the coherency of the rotation

on the positive polarity. The horizontal velocity fields exhibit a converging flow at

the two opposite polarities of the cancelled flux, both at the photosphere and in the

convection zone, yielding a high gradient in the magnetic field. A close examination

of this flux cancellation event will be the discussed in Chapter IV. Another interest-

ing feature we observe in our simulation is that the horizontal velocity field in Figure

3.7 shows a converging horizontal flow field around the magnetic flux region. This

convective converging flow constrains the total area of the magnetic concentration,

and thus prevents the magnetic pores from expanding and separating.

3.2.3 Energy Fluxes

The magnetic flux rope approaches the photosphere within 2.5 hours after its

initialization, and the photospheric magnetic flux, i.e. the emerged flux, reaches its

maximum value at time t = 5 : 11 : 00. Afterward, the magnetic pores start to decay

slowly for the rest of the simulation. However, even at its maximum emergence, the
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magnetic flux rope is far from being fully above the photosphere. This is clearly

shown by Panel (b) and (c) of Figure 3.4, where the negative polarity is split into

two parts, with one part emerging and forming pores while the other is sinking to the

deep convection zone. The lower right panel of Figure 3.5 shows the 3-D magnetic

field lines of the flux rope when it first approaches the photosphere. The red contour

color over the field lines represents upflows while blue represents downflows. Only

about half of the original flux rope is rising with upflows, while the other half remains

almost stationary or sinks in the convection zone.

It is of great interest to study the mechanism for transporting the initial magnetic

flux from the deep convection zone into the photosphere, where the magnetic pores

appear, and further out into the corona. Here we calculate the temporal evolution of

the total unsigned magnetic flux at the photosphere (z = 0), z = −3 Mm and z = 3

Mm, shown by the upper panel of Figure 3.9. At time t = 4 : 49 : 00, the magnetic

flux at z = −3 Mm reaches its maximum value of 2.63 × 1021 Mx, which is most of

the total unsigned flux (3.04 × 1021 Mx) when the flux rope is initially bent.

At the photosphere, at t = 5 : 11 : 00, the unsigned magnetic flux reaches its

maximum of 1.37× 1021 Mx, 45% of the total initial flux. The unsigned flux at z = 3

Mm in the lower corona maximizes at t = 05 : 29 : 00 with a value of 8.00× 1020 Mx.

The ratio of the emerged unsigned flux with respect to the total initial flux decreases

with increasing altitudes, from 86% at z = −3 Mm to 26% at z = 3 Mm. The sharp

decrease from the convection zone to the photosphere is caused by the downflows in

the near-surface layers that tend to return flux to the deep convection zone.

The question then, is how the horizontal and vertical flows (driven both by con-

vective motions and the Lorentz force) affect the emergence of magnetic flux and the

transport of the magnetic energy. To address this question we next calculate the mag-

netic energy flux (Poynting flux) passing through three layers of the atmosphere: z =

-3, 0, and 3 Mm using Equation 2.5 and 2.6. The lower panel of Figure 3.9 illustrates

68



Figure 3.9: The temporal evolution of magnetic flux (upper) and energy flux (lower)
associated with the horizontal flows (solid) and vertical flow (dashed) at
z = −3 (purple), 0 (green) and 3 (red) Mm from time t = 2 : 00 : 00 to
t = 8 : 00 : 00.

the temporal evolution of the Poynting energy flux associated with the horizontal and

vertical motions. We find that the energy flux associated with the vertical flows at

z = -3 and 0 Mm, remains negative during the rising and decaying phase of the flux

emergence. There are several transient positive pulses of energy fluxes by the vertical
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motions at z = −3 Mm, at times t = 2 : 09 : 00 and t = 2 : 57 : 00. These transient

positive pulses represent the energy transport when the magnetic flux first emerges

to the surface with upflows, as shown by the lower right panel of Figure 3.5. Each

of these pulses is followed by a sharp increase in the energy flux associated with the

horizontal flows and a reversal of the energy flux by vertical flows. This time evolu-

tion of energy shows a process of magnetic flux emergence at the near surface layers

with convective flows: magnetic flux emerges at the surface as bipoles with upflowing

motion, then they are quickly pulled apart by the horizontal flows, and concentrate

in the downdrafts. This process then leads to a positive energy flux by the upflows,

followed by a increasing energy flux by the horizontal motions, and a negative energy

flux associated with the downdrafts.

Panel (a) and (b) in Figure 3.10 show the Bz field at z = -3 and 0 Mm, overlaid

by white lines showing downdrafts. The concentration of the magnetic flux in the

downdrafts explains the negative energy flux associated with the vertical flows in the

lower panel from 3.0 hrs to 5.0 hrs while the total magnetic flux is still increasing in

the upper panel. During this time period, more than 60% of the total unsigned flux is

in the downflowing region for both z = - 3 and 0 Mm layers. At time t = 5 : 11 : 00,

when the photospheric unsigned flux maximizes, 70% of emerged flux is concentrated

in the downdrafts. Panel (c) and (d) show the Poynting fluxes at the photosphere

associated with the vertical and horizontal flows, defined as:

Fshear = −
1

4π
(Bxux + Byuy) Bz, (3.3)

Femerg =
1

4π

(

B2
x + B2

y

)

uz. (3.4)

Femerg is negative in the magnetic polarities while postive in the areas between the

polarities , where the magnetic flux is emerging. In the pores, the energy flow is

instead dominated by the Fshear, shown by Panel (d). At z = 3 Mm, in the corona, the
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Figure 3.10: The structure of Bz field at z = −3 Mm at t = 3:40:00 (a), Bz field
at z = 0 Mm at t = 4:03:00 (b) and Poynting fluxes associated with
vertical (c) and horizontal flows (d) at z = 0 Mm at t = 4:03:00. The
white lines in Panel (a) and (b) indicate downflowing regions with uz =
-0.1 km s−1, and the black lines in Panel (c) and (d) show regions with
|Bz| = 500 G.

energy flux by the vertical flows shows short periods of postive values. The increased

energy flux is driven upward by convectively-driven magnetoacoustic shocks, and

could be interpreted in terms of the dynamics of Type I spicules (see e.g., Hansteen

et al. (2006); Mart́ınez-Sykora et al. (2009)).

The Poynting flux associated with the horizontal flows dominates the energy trans-
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port during the flux emergence. At the photosphere, the total energy transport by

this flux is 1.35×1032 ergs, while vertical flows transport 5.77×1031 ergs, 42% of the

energy back to the convection zone by the end of the simulation. The horizontal flows

here include the rotation of the magnetic pores, the separating motion of the small

bipoles and the shearing motion along PILs. The rotation of the pores is discussed in

Section 3.2.2, which transports both the magnetic energy and helicity into the corona

region. The extension of the rotation motion into the deep convection zone shown

by Figure 3.8 greatly impacts the spatial distribution of the Poynting flux by the

rotation. Figure 3.6 shows the separating process of the small bipoles, which tend

to move apart from each other after their emergence at the photosphere and merge

into large pores with the same polarity via this self-sorting process. The horizontal

separating flow on the small bipoles builds up energy in the near surface region. In

Panel (c) and (d) of Figures 3.6 and 3.7, the black rectangles outline the area with

a large-scale magnetic flux cancellation. The converging flows across the PIL build

up the magnetic gradient in this area, and the shearing flow along the PIL, shown

in Panel (c) and (d) of Figure 3.6, drives the magnetic field lines along the PIL and

builds up a highly sheared magnetic field configuration, which plays an important

role in eruptive events such as flares, filament eruptions and CMEs (Mikic & Linker,

1994; Wu & Guo, 1997; Antiochos et al., 1999).

3.3 Discussion and Conclusions

In Section 3.2.1 and 3.2.2, we examined the structures of the vertical and horizontal

velocity fields separately and their influence on the emerging magnetic flux rope. The

persistent large-scale downflows help form and maintain the bipolar pores of uniform

polarity in the deep convection zone, while the small-scale downflows in the near-

surface layers intensify the strength of the emerged flux tube by convective collapse,

as suggested by Parker (1978) and found in previous simulations by Stein & Nordlund
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(2006). At the photosphere, the horizontal flows act on the small newly-emerged

bipoles, to not only separate opposite polarities, but also sort them into large pores

of uniform polarity. This coalescence of small-scale fluxes enables the formation of

the magnetic pores with a unsigned flux of up to 1.37 × 1021 Mx, which is limited

by the scale of our simulation. The horizontal flows of the magnetic pores exhibit

a coherent rotation extending down to the deep convection zone, which is clearly

driven by the Lorentz force as was found in earlier simulations (Longcope & Welsch,

2000; Fan, 2009b). Our simulation illustrates that this rotation mechanism operates

in a realistic convection zone but requires the coalescence of a well formed pore. In

addition, complex interactions may break the symmetry of the pore, (such as flux

cancellation) and disrupt the rotation.

We calculate the energy transport due to the horizontal and vertical flows in

the domain from the convection zone to the corona. Abbett & Fisher (2011) found

that, in the quiet Sun, the Poynting flux flows downward into the interior below the

visible surface and flows upward into the corona above it. They suggest that surface

convection is the energy source of the separatrix in the energy flux. Our study shows

a negative total energy flux at z = −3 Mm, and positive at z = 0 and 3 Mm, which

agrees with this result. The energy flux is initially dominated by the emerging flow

on the magnetic flux. Shortly thereafter, opposite polarities separate. This gives rise

to an increase in the energy flux associated with the horizontal flows. This general

trend has been found in early work e.g. Magara & Longcope (2003); Manchester

et al. (2004) and Chapter II, but these works did not illustrate the extent to which

downflows control energy transport in the convection zone. In the convection zone and

at the photosphere, the flux concentrates in the downflow drafts, yielding a negative

energy flux associated with the vertical motion. Horizontal flows thus dominate the

magnetic energy transport into the corona. We identify three types of horizontal flows

in Section 3.2.2: the rotation, the separating motion of the bipoles, and the shearing
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motion along PILs. The rotation and shearing both transfer magnetic energy and

helicity into the corona. And it is the separating and shearing motions that build up

the magnetic energy in the near-surface region, which is necessary if eruptive events

are to occur.

In our simulation, we also find an area with cancellation of magnetic flux up to

1020 Mx within 0.5 hour, shown by Panels (c) and (d) of Figure 3.6. The coronal

response to this large-scale flux cancellation is of great interest. Green et al. (2011)

finds the evolution of coronal fields into a highly sheared arcade and then a sigmoid

in an active region where 1/3 of the flux is cancelled. Whether the cancelled flux

in our simulation produces a flux rope in the coronal region will be examined in

Chapter IV. Another interesting feature is the decay of the magnetic pores from

time t = 6 : 00 : 00 to t = 8 : 00 : 00, shown by Figure 3.9. van Ballegooijen &

Mackay (2007) suggests that the submerged magnetic field repairs the toroidal flux

ropes from which the initial flux emerged. The decayed magnetic flux thus may play

a fundamental role in replacing the magnetic field in the solar interior.
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CHAPTER IV

Energy Buildup for Eruptive Events

Regions of intense solar magnetic fields such as sunspots and active regions are

known to exhibit energetic outbursts that are manifest in many forms, such as CMEs,

filament eruptions, and flares (e.g. Forbes, 2000; Low, 2001; Forbes et al., 2006; Gopal-

swamy, 2006; Schrijver, 2009). Although less energetic, large-scale regions of relatively

weak magnetic fields can also erupt giving rise to streamer blowouts and the expulsion

of quiescent filaments into the solar wind (e.g. Hundhausen, 1993; Lynch et al., 2010).

As discussed in Section 1.2.3, strong solar eruptions release a significant amount of

the free energy, up to 1032 ergs. Therefore, in order to produce such eruptions, the

magnetic field must possess free magnetic energy, which requires that the field is in

a nonpotential configuration with electric currents passing through the photosphere

and into the corona. The non-potential coronal fields, before the eruption, are be-

lieved to take the form of either sheared arcades or twisted flux ropes, both of which

store a significant amount of magnetic free energy (see Section 1.2.3). However, the

buildup of the non-potentiality and the destabilization of the coronal field is yet to

be determined. The excellent coverage of the eruptive events by observations have

provided us a better understanding of the preferred magnetic and dynamic config-

uration of the system for eruption: the existence of strong PILs is essential for the

ocurrence of M- and X- class flares (Schrijver, 2007; Falconer et al., 2008); active
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region CME and flare productivity is also strongly correlated with magnetic shear

(Hagyard et al., 1984; Falconer et al., 2002, 2006); shearing flows associated with flux

emergence also drive enhanced flaring (Schrijver et al., 2005); flux cancellation has

been observed to be associated with flares (Martin et al., 1985) and CMEs (Subrama-

nian & Dere, 2001) in active regions; Green et al. (2011) shows a clear example in AR

10977, where reconnection at the PIL during flux cancellation forms a highly sheared

arcade and sigmoidal structure during eruption; and Li et al. (2004) found converging

flows consistent with flux cancellation in decaying and young active regions producing

CMEs.

Inspired by the observations, shear flows, converging motion and flux cancellation

have been implemented artificially in MHD simulations to drive solar eruptions. A

widely used approach is to apply the shear flows, converging motion or flux cancel-

lation as boundary conditions at the photosphere Steinolfson (1991); Mikic & Linker

(1994); Amari et al. (1996); Guo & Wu (1998); Amari et al. (2003). Recent sim-

ulations have identified the shear flows naturally arising from the expansion of the

magnetic flux into the stratified atmosphere and the energy transport of shear flows

naturally provides an energy source for CMEs (Manchester et al., 2004; Manchester,

2007, 2008). The study in Chapter II and III addresses the emergence of magnetic

flux ropes from a turbulent convection zone into the corona and found both shear

flows and rotational flows driven by the Lorentz force. These horizontal flows were

found to dominate the energy transport from the convection zone into the corona. Of

particular significance, the simulation in Chapter III exhibits a case of large-scale flux

cancellation, a phenomena strongly associated with CME initiation (Subramanian &

Dere, 2001). More importantly, the flux cancellation is accompanied by shearing and

converging motion around a sharp PIL. Here we examine the flux cancellation in con-

junction with energy transport from the convection zone to the corona and enhance

our understanding of how these processes are critical for solar eruptions (Fang et al.,
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2012a).

4.1 A case of Flux Cancellation

Figure 4.1: The photospheric structure of Bz in the area of flux cancellation at time t
= 5:00:00 (a), 5:10:00 (b), 5:22:00 (c). Blue and red arrows show the hor-
izontal velocity in positive and negative magnetic polarities, respectively.
Shear flows are most apparent at time t = 5:10:00.

The simulation of Chapter III studies the emergence of a buoyant, initially sta-

tionary, horizontal flux rope inserted at Z = −10 Mm. Interaction of the rising flux

rope with large-scale convective motion produces the bipolar structure of the flux

rope, with the convective downflows fixing the two ends of the emerged section of

the flux rope in the convection zone. Near-surface small-scale convection produces

the pores by coalescence and intensifies the strength of the magnetic flux inside the

pores. Here, we examine a region of magnetic flux cancellation at the photosphere

in our simulation, which is characterized by high magnetic shear. Flux cancellation

of this form is particularly significant as it has been observed to be associated with

flares (Martin et al., 1985) and CMEs (Subramanian & Dere, 2001) in active regions.

A clear example is observed in AR 10977, where reconnection at the PIL during

flux cancellation forms a highly sheared arcade and sigmoidal structure that subse-
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quently reforms after eruption (Green et al., 2011). Li et al. (2004) found converging

flows consistent with flux cancellation in decaying and young active regions produc-

ing CMEs. Inspired by similar observations, converging motion and flux cancellation

have been imposed as boundary conditions in MHD simulations to produce eruptions

(Linker et al., 2003; Amari et al., 2003).

As it is observed on the Sun, flux cancellation is very ambiguous as it may be

caused by submergence of Ω-loops, emergence of U-loops, or magnetic cancellation

by some dissipative process. Our simulation provides a unique opportunity to fully

understand an example of flux cancellation in a way that is not possible through

observations alone. We find flux cancellation occurs spontaneously between opposite

polarities that are driven together by the convective flows near the photosphere. The

temporal evolution of cancellation is shown in Figure 4.1, which shows a zoom-in

view of the relevant area, with background color showing photospheric Bz field. The

horizontal motions in positive and negative polarities are shown by blue and red

arrows, respectively. The flux cancellation event starts at time t = 05:00:00, lasts

for 0.5 hr, and the total amount of cancelled flux approaches 1 × 1020 Mx, which is

10% of the total unsigned flux on the photosphere. It is remarkable that during the

process of flux cancellation, the coronal free energy (shown in the left panel of Figure

4.6) is still increasing even though the photospheric magnetic flux is decreasing.

To understand this process, we take close examination of the velocity fields in the

area of flux cancellation prior to, during and in the later phase of the event, as shown

by Panel (a), (b) and (c) in Figure 4.1, respectively. In Panel (a), the two polarities

are pushed together by the horizontal converging motion at the two sides of the PIL.

The flow pattern at the PIL is mostly converging and forms a very narrow PIL at a

later time illustrated in Panel (b). Panel (b) shows a clear shearing motion at the

PIL, with two polarities running in opposite directions. The strong shear flow at

the PIL is driven by the Lorentz force, and takes place during the flux cancellation
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Figure 4.2: The structure of the magnetic fields in the area of flux cancellation at
time t = 5:05:00 from top (a) and side (b) view. The background planes
show the photospheric Bz field. Color on the rods indicates the vertical
velocity at which the field lines are moving, with blue showing rising lines
and red submerging. The red arrows in Panel (c) represent the horizontal
magnetic field, with yellow line showing PIL.

as the magnetic field expands in the corona as shown by the blue colored field lines

in Figure 4.2. Panel (a) of Figure 4.4 shows the horizontal Lorentz force at time t

= 05:01:00 with arrows, from which we find a clear pattern of the force running in

the opposite directions across the PIL in the area of flux cancellation. At time t =

5:22:00, toward the end of the flux cancellation, the flow pattern becomes converging

again, dominated by the convective motion. The weak-strong-weak shearing motion

in the flux cancellation event is also shown by observations (Su et al., 2007) during

flares where footprints of the magnetic fields present the same pattern of motion.

Figure 4.2 shows the configuration of the magnetic fields in the area of flux can-

cellation at time t = 05:05:00. Panel (a) provides the top view of the fields, and we

find that instead of short loops perpendicular to the PIL, as is the case for potential

fields, the field lines are instead elongated parallel to the PIL. Furthermore, the fields

are more parallel to the PIL as they become closer to it, as shown by the red arrows in

Panel (c) of Figure 4.2. The elongation of the field lines is clearly the result of shearing

motion, which is further enhanced by the converging motion at the PIL (Martens &

Zwaan, 2001). These converging motions also give rise to tether-cutting reconnection
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in the highly sheared fields as proposed by Moore et al. (2001) as an explanation

for solar eruptive events. Moore et al. (2001) envisioned reconnection inside a highly

sheared core field, which would produce longer, nearly horizontal field lines higher in

the corona, while at the base of the arcade, a system of short unsheared loops would

form. This flux transfer process accumulates the free energy of the sheared field higher

in the corona while at the same time reducing the magnetic tension by binding the

system to the photosphere. The rise of the arcade naturally leads to necking off of

the fields, which in turn, promotes more reconnection. Unabated, the runaway recon-

nection provides a mechanism for the initialization and growth of explosive events.

With our simulation, we can fully examine the way in which submergence and recon-

nection alter the field line geometry in the tether-cutting process. A 3-D view of the

magnetic fields combined with the flow pattern provides a complete picture of the

effects of the internal reconnection. Panel (b) of Figure 4.2 illustrates the structure of

the magnetic field lines colored by the vertical velocity at which the lines are moving.

Blue indicates upflows and red downflows. We find two groups of magnetic field lines

formed during tether-cutting reconnection, with one rising up into the corona and

the other, shorter loops, submerging into the convection zone. Both groups of the

magnetic fields are escaping from the photosphere, leading to the decreased unsigned

flux observed at the surface. Magnetic shear accumulates along the long, rising loops,

forming a highly sheared arcade.

To study the energy transport into the corona during flux cancellation, we examine

the Poynting flux at Z = 3 Mm associated with the vertical motions. At the surface,

the vertical motion transports the energy back into the convection zone due to the

concentration of the magnetic flux in downflows. In the corona, the acceleration of

magnetic fields after reconnection plays a very important role in the energy flux,

shown by Panel (e) in Figure 4.8. At the PIL in the corona, we observe a strong

energy input associated with the rising motion of the fields. The rising motion here
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Figure 4.3: 3-D structure of the magnetic fields in corona at time t = 5:05:00. The
background planes show the Bz field at Z = 3 Mm. Green rods represent
low-lying field lines below 5 Mm with purple showing high field lines. The
blue and red arrows show the horizontal velocity in positive and negative
magnetic polarities, respectively. There is a clear shear flow along the
polarity inversion line. The negative polarity also shows some signs of
rotation, while the positive polarity shows only a coherent shear flow.
The magnetic field lines clearly reflect the flow pattern.

in the corona, however, is different from the emerging motion at the photosphere.

At the photosphere, the emergence is caused by the expansion and buoyancy of the

flux rope as well as convective upflows. However, in the corona, the magnetic fields

are accelerated upward by the energy released from the tether-cutting reconnection

in the highly sheared core field.

Besides reconnection and shear flows, rotation of the magnetic polarities also con-

tributes to the accumulation of magnetic shear by moving the footpoints in opposite

directions at the PIL. Figure 4.3 shows the geometry of two groups of coronal mag-

netic field lines: purple overlying lines with apex higher than 5 Mm, and green lines

lower than 5 Mm. Horizontal velocity fields at Z = 3 Mm, represented by the arrows,
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Figure 4.4: The structure of horizontal Lorentz force on Z = 0 (a) and Z = 3 Mm
(b) planes at times t = 05:01:00 (a) and 05:05:00 (b), respectively. The
blue and red arrows represent Lorentz forces in positive and negative
polarities, respectively. The magnitude of Bz field component is shown
in gray scale. Note that the Lorentz force reverses direction across the
polarity inversion line driving the shear flow, and forms a spiral pattern
in the negative polarity driving a rotating flow.

show a rotation pattern on the negative polarity, which is also seen in Figure 4.8. The

rotation complements the shearing motion at the PIL, in the sense that both shear

and rotation are parallel at the PIL. However the flow patterns are also quite distinct

occurring at different scales and at different times. The shear flows are localized to

the PIL and persist even when there is not a coherent rotation pattern in one pore

or both pores as seen in Figure 4.1. When rotation is present in the pores, the shear

flow tends to be greater in magnitude and will be shown graphically to dominate the

energy transport into the corona.

The combination of the two motions creates a highly sheared arcade at the PIL,

shown by the green rods in Figure 4.3, and rotation produces the twisted field struc-

ture at the far ends of the emerged fields, shown by purple rods. Both motions are

driven by Lorentz force, as shown by the arrows in Panel (b) of Figure 4.4. At the

PIL, the horizontal Lorentz force runs in the opposite direction, consistent with the
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directions of the shearing motion. In the negative polarity, the Lorentz force rotates

in the same way of the rotation of the polarity. The sigmoidal structure at the PIL is

maintained by the consistent shearing and rotating motions in our simulation. The

relative contribution of shear flows compared to rotation can be seen in the geometry

of the coronal fields at the PIL. Here, the field is dominated by an arcade structure

instead of a twisted flux rope. Most of the twist is located at the outer periphery

of the two polarities. Even in the most twisted field lines, there is less than a full

turn of the field around the axis of either pore. The absence of the twisted flux rope

may be explained by two facts: the axis of the initial magnetic flux rope remains

in the convection zone; and there is not enough writhing or braiding motion on the

surface to reproduce such a twisted structure after emergence. The emerged fields

are sheared and elongated, forming the arcade structure over the PIL.

4.2 Non-potentiality of the Magnetic Field

During our simulation, horizontal motions at the photosphere transfer a significant

amount of energy, up to 7×1031 ergs, into the corona. The question is then, how much

of the magnetic energy is the free energy, which is necessary for solar eruptive events.

Magnetic free energy, is present in a sheared configuration where the field lines run

almost parallel to the PIL instead of perpendicular or in a twisted field. To investigate

the evolution of magnetic free energy, we compare the coronal magnetic fields in

our simulation with potential fields extrapolated from the photospheric boundary

conditions. Figure 4.5 shows the temporal evolution of the model fields (blue) and

the extrapolated potential fields (red). Comparison between the two fields clearly

shows the buildup of magnetic shear along the field lines during the process of flux

emergence. At time t = 04:05:00, shown by the upper-left panel in Figure 4.5,the

magnetic flux concentrates in two polarities, with most of the field lines running

perpendicular to the PIL. The energy transfer into the corona occurs as the magnetic
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Figure 4.5: Comparison of the model field (blue) with the extrapolated potential field
(red) at time t = 04:05:00, 04:25:00, 04:45:00 and 05:05:00. The color on
the plane shows the Bz field at the photosphere. The clearest departure
in field line direction occurs at with the sheared field lines above the PIL.

field lines become elongated and sheared along the PIL. The lower-right panel in

Figure 4.5 shows the field structure at time t =05:05:00, in which the field lines are

sheared along the PIL and compressed into the lower atmosphere while the overlying

fields remain almost potential. The simulated configuration of the magnetic fields

in our domain is consistent with observations and simulations of the magnetic fields
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Figure 4.6: Left: temporal evolution of the total (blue), potential (red) and free
(black) magnetic energy. Right: vertical distribution of free energy den-
sity at time t = 05:05:00. The dashed line indicates the altitude up to
where 50% of the coronal free energy is stored.

Figure 4.7: (a): the angle between the current and magnetic fields (b): the α structure
on the Y = 0 plane. Black lines are the magnetic field lines and white
regions in Panel (b) are areas where the angle between the current and
magnetic fields are greater than 10◦.

before solar eruptions (Schrijver et al., 2008; Leake et al., 2010). The overlying

fields confine and compress the sheared core in the lower atmosphere, which may be

destabilized and give rise to sudden release of magnetic free energy.

Here, we calculate the free energy for the simulation by integrating the magnetic

energy for the model and subtracting the energy of the potential field. The results are

shown in the left panel of Figure 4.6 where the temporal evolution of model, potential
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and free energy is plotted with blue, red and black lines, respectively. Beginning at

time t = 04:05:00, the amount of free energy doubles within one hour (the period

shown by Figure 4.5), such that the coronal free energy approaches 7 × 1030 ergs

while the total energy is 1.7 × 1031 ergs. At this time, the free energy contributes to

40% of the total energy. Meanwhile, the vertical stratification of the free magnetic

energy, is shown in the right panel of Figure 4.6. The line plot shows a strong tendency

of concentrating free energy in the lower atmosphere, with 50% located below Z = 4

Mm, shown by the dashed line. Figure 4.7 shows the angle between the current and

the magnetic field in Panel (a) and the structure of α ( |j|
|B|

when the angle between

them is less than 10◦) in Panel (b) in the Y = 0 plane. The non-force-free magnetic

fields mainly reside in the convection zone, and in the core sheared field close to the

surface (see Panel (a)). Note that α tends to be maximized low down the center of

the arcade structure and then falls off with distance from the PIL.

4.3 Poynting Fluxes

To separate the energy transfer associated with vertical and horizontal flows, we

decompose the Poynting flux into two components, described by Equation 3.3 and

3.4: Fshear associated the horizontal motions and Femerg with the vertical motion.

The horizontal motions, at the photosphere, include the separation of small dipoles,

rotation, and the shearing flow along the PIL. Panels (b) and (c) of Figure 4.8 show

the structures of Femerg and Fshear, respectively, with the arrows representing the

horizontal velocity fields. It is clear that in regions with rotation or shearing there

is a strong energy input into the corona. Comparison of the structures of Femerg

and Fshear suggests that horizontal motion dominates in the energy transfer during

the current phase of emergence, while vertical motion transfers energy back into the

convection zone, due to the concentration of magnetic flux in downflow regions (see

Chapter II and III). Vertical emerging motion dominates at the very beginning of the
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Figure 4.8: The structure of Bz (a and d), Femerg (b and e) and Fshear (c and f) fields
at the photosphere (a, b and c) and at Z = 3 Mm in the corona (d, e,
and f) at time t = 05:05:00. PIL is shown by the white line. Red arrows
in Panel (a) and (d) represent the horizontal magnetic fields. Blue and
purple arrows in (b, c, e and f) show the horizontal velocity in positive
and negative magnetic pores, respectively.

flux emergence, and later gives way to horizontal motions, a pattern found earlier by

Magara & Longcope (2003) and Manchester et al. (2004).

At the photosphere, the magnetic field is very highly structured by convection. In

particular, the flow patterns and Poynting fluxes can be difficult to interpret with a

large component of their structure being caused by random convective motions. To

get a better understanding of the dynamics, we plot the vertical field strength, flow

field and Poynting fluxes in the low corona at a height of Z = 3 Mm in Panels (d), (e)

and (f) in Figure 4.8. Here, in the corona, the magnetic field expands and smooths

out as the plasma beta drops. This transition allows us to make a much clearer
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picture of the relevant structures. The flux expands to form two nearby polarities

and an elongated PIL between them, shown by Panel (d). Here, the presence of a

highly sheared field is obvious in the red arrows showing the horizontal field direction.

The negative polarity pore shows little discernible twist while the negative polarity is

clearly twisted. Flows are completely dominated by shearing motion at the PIL and

rotation in the polarities. Both flows make a significant contribution to the energy

transfer, but the energy transported by shear flow tends to be more consistent in

time than that of rotational flows. In particular, the shearing motion at the PIL not

only builds up the energy in a confined region along the PIL, but also leads to the

occurrence of magnetic reconnection taking place in the dashed square in Panel (a)

of Figure 4.8, discussed in Section 4.1.

4.4 Summary and Conclusions

Our simulation provides us with a unique opportunity to study an example of

magnetic flux emergence in a realistic simulation of the convection zone, coronal sys-

tem. The system shows a wealth of complexity and interaction of mutiple physical

processes, which conspire to transport magnetic flux and free enegy from the con-

vection zone into the corona. The emerging magnetic flux interacts with convective

cells of varying scalesas it approaches the photosphere, and then accumulates in con-

vective downdrafts to form a bipolar magnetic structure resembling solar pores. The

magnetic field continually expands into the upper atmosphere, which results in shear

flows and rotating motions that combine to draw the field nearly parallel to the PIL,

and transport energy into the corona. At a later time, converging motions at the

PIL cause flux cancellation at the photosphere along with tether-cutting reconnec-

tion, which produces highly sheared, sigmoidal shaped field lines high in the corona.

The resulting field configuration contains significant amounts of free magnetic energy

essential to solar euptions.
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In the process of building up the magnetic free energy, shearing flows play a

significant role at the photosphere and in the corona. At the near surface layers, the

angle between the current and magnetic fields ranges from 35◦ to 90◦. The geometry

of current and magnetic fields then produces the Lorentz force at the surface, which

drives the rotating and shearing motions and increases the non-potentiality of the

magnetic fields over a period of hours after the emergence. In particular, the shearing

flows align the magnetic fields nearly parallel to the PIL and transport significant

amount of magnetic energy from convection zone into the corona during the flux

emergence, consistent with observations by Schrijver et al. (2005). The shearing

flows at the PIL are accompanied by periods of rotating motion of the pores. Both of

the two motions contribute to the build up of magnetic shear and free energy in the

corona. However, the shearing motions distinguish themselves from the rotation by

their persistent presence and concentration at the PIL where the field has an arcade

structure, while rotation on the other hand is only present in one of the pores and

lasts only for 1 hour. It is the long-lasting, Lorentz-force driven shearing motion that

dominates the energy transfer and builds up the free energy powering eruptive events.

Convection-driven converging motion drives flux bundles of opposite polarities

together, producing a strong magnetic gradient and a pronounced PIL, a situation

favorable for large flares (Schrijver, 2007; Falconer et al., 2008). The horizontal con-

verging motion at the PIL also contributes to the development of the magnetic shear

of the field lines by increasing the shear angle (Martens & Zwaan, 2001). The com-

bination of converging and shearing flows at the PIL forms a group of highly sheared

arcades overlying a sharp magnetic PIL. Within this arcade, converging motions lead

to the occurrence of tether-cutting reconnection, producing two types of field lines:

one long sheared expanding loops and the other unsheared submerging loops. The

short loops sink into the convection zone at the speed of convective flows, up to 2

km/s, consistent with Harvey et al. (1999), which continuously reduces the photo-
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spheric unsigned flux. The longer loops rise into the corona with more magnetic

shear. The shearing motion along the PIL plays a very important role in that it both

produces a sheared arcade structure ready for reconnection and accumulates magnetic

shear in the field lines formed after the reconnection. The magnetic configuration of

this area thus yields a high free energy up to 40% of the total, which is approaching

the threshold value for eruptions (Moore et al., 2012).

Shear flows, converging motions, and tether-cutting reconnection combine to con-

tinuous building up of the magnetic shear and free energy in the corona necessary

for eruptive and explosive events. The magnetic reconnection and shearing motion at

the photosphere produce the sigmoid-shaped field geometry, which is preferential for

CMEs (Canfield et al., 1999), and the persistent sheared arcade structure is consistent

with many CME models (e.g. Steinolfson, 1991; Mikic & Linker, 1994; Amari et al.,

1996; Guo & Wu, 1998; Antiochos et al., 1999). Futhermore, we find that the coronal

free energy grows at a rate of 3 × 1030 ergs/hr, which build up 1032 ∼ 1033 ergs,

sufficient for CMEs, over a period of several days. Such a build up rate is observed by

Schrijver (2007) prior to large flares. Moreover, the majority of the free energy resides

low in the corona where it can be confined and later released by reconnection. Finally,

we note that the consistent shearing motion and reconnection at the flux cancellation

site keep reforming the sigmoid structure, which is essential for homologous eruptive

events.
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CHAPTER V

Comparison between Simulations and Observations

Eruptive events are associated with the rapid, irreversible changes in the photo-

spheric and coronal magnetic fields, during which a tremendous amount of plasma and

energy are released powering the eruption (Forbes et al., 2006; Low, 2001; Schrijver,

2009). Observations of solar activity over the past decades have advanced our un-

derstanding of the nature of solar magnetic eruptions. Strong PIL (Schrijver, 2007),

magnetic shear (Hagyard et al., 1984; Falconer et al., 2006), shearing flows (Schrijver

et al., 2005; Deng et al., 2006), converging motion (Li et al., 2004) and flux can-

cellations (Martin et al., 1985; Subramanian & Dere, 2001; Green et al., 2011) are

found to be strongly correlated with the occurence of solar eruptions, such as CMEs,

flares and filament eruptions. In addition to observations, numerical simulations also

identify the important role of these mechanisms in the formation of the magnetic

geometry prone to eruptions (see Section 1.2.3). Shear flows, converging motion, and

flux cancellation are applied as boundary conditions in many models of CMEs and

flares and are found to drive instabilities and eruptions (Steinolfson, 1991; Mikic &

Linker, 1994; Amari et al., 1996; Guo & Wu, 1998; Amari et al., 2003).

In particular, the simulation discussed in Chapter III produces a flux cancellation

event examined in Chapter IV that illustrates the process of building up free mag-

netic energy during flux emergence and cancellation in a more realistic simulation.
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The combination of shearing flows and the converging motion at the PIL produces

a highly sheared magnetic geometry along the PIL and promotes the occurence of

the tether-cutting reconnection (Moore et al., 2001). Reconnection and submergence

result in the magnetic flux cancellation at the surface, and more importantly, in the

transfer of magnetic shear to longer magnetic loops. It is notable that the persistent

shearing flows dominates the energy transfer into the corona and build up magnetic

free energy that can power eruptions. To elucidate these processes, we compare our

simulation results presented in Chapter III and IV with the observational character-

istics of AR11158 in Feb 2011, focusing on the following features: the photospheric

magnetic and velocity fields; the coronal magnetic geometry and the free magnetic

energy.

5.1 Observations on AR11158

The Solar Dynamic Observatory (SDO), launched on Feb 11, 2010, observes the

activity of the photospheric and coronal magnetic fields in great detail (Pesnell et al.,

2012). The Helioseismic and Magnetic Imager (HMI) on SDO observes the full Sun,

creating Dopplergrams and Line of Sight (LOS) magnetograms every 45 sec with 0.5
′′

spatial resolution, and vector magnetograms with a 12-min cadence. With the high-

cadence, high-resolution measurements of photospheric magnetic fields, HMI provides

the first full-disk continuous observation of the evolution of vector magnetic fields in

active regions (Scherrer et al., 2012). Meanwhile, the Atmospheric Imaging Assembly

(AIA) on SDO obtains images of the Sun in the extreme ultraviolet (EUV) wavelength

every 12 sec with 1.5
′′

spatial resultion, at ten wavelength bands covering temperature

ranges from 6×104 to 2×107 K. With simultaneous multi-wavelength observations,

it monitors the coronal and chromospheric regions up to 0.5 Rs above the surface

(Lemen et al., 2012).

Observed continuously by HMI and AIA, AR11158 presents a complex structure
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Figure 5.1: The Bz field on the photosphere in AR 11158 observed by HMI at time
2011 Feb 14 23:35:30 UT. The red box indicates the area where the flux
cancellation takes place and the field of view of HMI images in Figure
5.4, 5.3 and 5.2.

with two pairs of magnetic bipoles emerging at the same time, as shown in Figure

5.1. The active region starts to form on Feb 12, 2011, and during its 5 days of

observed evolution, it produces 2 M- and 1 X- class flares accompanied by a halo

CME (Schrijver et al., 2011). The X2.2-class flare starts at 1:44 UT on Feb 15, 2011

and is the first X-class flare in Solar Cycle 24, also called the Valentine’s Day flare. On

the photosphere, the formation of AR11158 is associated with quick flux emergence

centered at three sites. It is unclear whether or how the sites of flux emergence are

magnetically connected in the solar interor. However, the coronal structures and the

photospheric topology of the magnetic fields suggest that the magnetic structure in

this active region is of great complexity. Sun et al. (2012) study the evolution of

93



the magnetic field and the free energy in this active region using a time series of

HMI and AIA observations combined with Non-Linear Force-Free Field (NLFFF)

extrapolations, and find that the magnetic structures exhibit strong shearing and

store significant amouts of free energy during the early flux emergence. During the

flare, horizontal fields are strongly intensified at the PIL (Sun et al., 2012; Wang et al.,

2012; Gosain, 2012). NLFFF extrapolations suggest the existence of strong currents

in the low atmosphere, which collapse downward after the eruption (Sun et al., 2012;

Liu et al., 2012). The variations in the observed and extrapolated magnetic structures

are suggestive of tether-cutting reconnection at the PIL leading to the flare eruption

(Liu et al., 2012).

5.2 Photospheric Velocity and Magnetic Fields

Evolution of the photospheric magnetic fields in AR11158 can be described as

the following three stages characterized by these features (Sun et al., 2012): fast flux

emergence with a rate of 1020 Mx/h; slower emergence but strong shearing motions

between the opposite polarities together with simultaneous flux cancellation at the

PIL; and episodic flux emergence and cancellation with persistent shearing flows. The

second stage, with the presence of shearing flows and flux cancellation, produces the

X2.2-class flare, and therefore is of great interest to compare with the flux cancellation

event in our simulation.

In AR11158, a strong PIL forms between the two polarities during the flux emer-

gence, outlined by the red box in Figure 5.1. In the vicinity of the PIL, strong shear

flows are observed prior to the flare, shown in Panel (a) of Figure 5.2. Red and blue

arrows distinguish the horizontal velocity fields in negative and postive polarities,

which shows that along the major PIL, the nagative polarity is moving downward

while the positive is upward. The opposite motions of the two polarities are highly

concentrated in the vicinity of the PIL, and persist even after the flare, shown in
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Figure 5.2: Comparison of Bz field in AR11158 (a and c) and in the model (b and d)
with red and blue arrows showing the horizontal velocity fields in negative
and positive magnetic polarities, respetively. Panel (a) and (c) are taken
by HMI at 2011 Feb 15 01:35:20 UT and 02:11:20 UT, respetively. Panel
(b) and (d) are simulation results at time t = 05:11:00 and 05:16:00.

Panel (c). The simulation results, discussed in Chapter IV, also demonstrate a clear

shearing pattern along the PIL in the horizontal flow fields during the flux cancel-

lation event, as shown in Panel (b) and (d). The consistency of the shearing flows

in the model and AR11158 validates the importance of the shearing flows in driving

solar magnetic instabilities and eruptions (Steinolfson, 1991; Mikic & Linker, 1994;

Guo & Wu, 1998; Amari et al., 2003; Manchester et al., 2004; Deng et al., 2006; Su

et al., 2007). These shearing flows are driven by the reversal of the Lorentz force

across the PIL, as shown by Panel (a) of Figure 4.4 (Manchester & Low, 2000).
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Figure 5.3: Comparison of Bz field in AR11158 (a and c) and in the model (b and d)
with red and blue arrows showing the horizontal magnetic fields in neg-
ative and positive magnetic polarities, respetively. Panel (a) and (c) are
taken by HMI at 2011 Feb 15 01:35:20 UT and 02:11:20 UT, respetively.
Panel (b) and (d) are simulation results at time t = 05:11:00 and 05:16:00.

The strong, persistent shearing flows along the PIL pull the magnetic fields par-

allel to the PIL, leading to a highly sheared field structure observed by HMI vector

magnetogram. The magnetic fields change quickly to a highly sheared geometry when

approaching the PIL, while away from the PIL, they are in a more relaxed state, as

shown by the left panels of Figure 5.3. The transition of relaxed-sheared-relaxed

state of the magnetic fields across the PIL is also found in our simulation results

(see Panel (b) and (d)), whose 3-D structure is shown in Figure 4.2. It is clear both

in observation and simulation that, on the photosphere the magnetic shear is highly
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concentrated in the very vicinity of the PIL, corresponding to the increasing strength

of shearing flows. The sharp transition into a highly sheared structure in the confined

area along the PIL therefore suggests a 3-D magnetic structure with a significant

amount of free energy stored right above the PIL, while the confining fields are in

a relaxed, less-energetic state, as shown in Figure 4.5. This magnetic configuration,

with a high magnetic shear at PIL, is strongly correlated with the CME and flare

productivity (Hagyard et al., 1984; Falconer et al., 2002, 2006).

During the flare event in AR11158, the presence of the velocity shear is accompa-

nied by a strong variation in the horizontal magnetic fields. Panel (a) and (c) show

the strength of the horizontal magnetic fields before and after the X2.2-class flare,

respectively, with the red lines representing the PIL. It is clear that the the horizontal

magnetic fields are strongly intensified along the PIL during the flare. The variation

of the horizontal fields is illustrated by Panel (e), which shows that at the PIL the

field strength increases by over 300 G. The average horizontal magnetic field strength

along the PIL increases from 1200 G to over 1500 G (Sun et al., 2012; Wang et al.,

2012; Gosain, 2012). Interestingly, during the flux cancellation event in our model,

the horizontal fields also undergo an striking intensification along the PIL, shown in

Panel (b) and (d). Panel (f) shows the difference image between Panel (b) and (d).

5.3 Free Magnetic Energy

Both shearing flows and the reconnection at the PIL contribute to the formation of

highly sheared, non-potential coronal magnetic fields and the buildup of the coronal

free magnetic energy, the energy source for solar eruptions. It is thus of great interest

to study how the coronal fields respond to the injection of free energy. Sun et al. (2012)

apply the NLFFF extrapolation to the photospheric magnetic fields in AR111158

and calculate the vertical stratification of the free magnetic energy in the corona by

comparing NLFFF fields with potential fields. As shown in Panel (a) of Figure 5.5,
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Figure 5.4: The strength of horizontal magnetic fields in AR11158 at time 2011 Feb
15 01:35:20 UT before the flare (a) and at time 2011 Feb 15 02:11:20 UT
after the flare (c); horizontal fields in the model at time t = 05:11:00
(b) and 05:16:00 (d). Panel (e) shows the difference between Panel (a)
and (c) while Panel (f) shows difference between Panel (b) and (d). The
red contour lines in Panel (a)-(d) and the blue lines in Panel (e) and (f)
represents the PIL.
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Figure 5.5: The vertical distribution of the free magnetic energy in AR 11158 (a) and
model (b). The green and pink lines show the stratification before and
after the X-class flare, respectively.

the free energy is concentrated in the lower atmosphere, with 50% stored below 6

Mm Sun et al. (2012). After the flare, we observed a collaspe of the free energy with

height, with a larger percentage stored in the lower atmosphere, corresponding to the

enhanced horizontal magnetic field. Panel (b) shows the distribution of coronal free

energy in our simulation by comparing the model fields with potential fields. The

free energy is concentrated even lower than the observation, with 50% stored below
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5 Mm. Interestingly, the free energy in our simulation peaks at about 0.5 Mm above

the photosphere, while Sun et al. (2012) report a peak at 3 Mm. This difference

in the altitude of the peak free energy results from the absence of surface forces in

the NLFFF extrapolated field in Sun et al. (2012), while in the simulation results

the Lorentz force at the photosphere produces high free energy even closer to the

photosphere. However, it is notable that both observation and simulation suggest a

distribution of free magnetic energy, highly concentrated in the near-surface region

and dropping rapidly with increasing altitude.

5.4 Discussion and Conclusions

Analysis of the flux cancellation event in our model (see Chapter IV) suggests

the formation of highly sheared magnetic arcades in the presence of converging and

shearing flows at the PIL. To compare the simulation with observations, we consider

the evolution of a solar active region, AR111158, which produces a X2.2-class flare

and a halo CME (Sun et al., 2012; Schrijver et al., 2011). The photospheric vector flow

fields and magnetograms observed by HMI highlight the important role of velocity and

magnetic shear in the development of eruptive events. During the X2.2-class flare,

strong shear flows, highly sheared magnetic fields, intensified horizontal magnetic

fields are observed.

Both model and observations show a significant shear in the velocity and magnetic

fields during the flux cancallation, as well as the intensification of horizontal magnetic

fields. The question is then, how these mechanisms combine right above the PIL to

produce the observed magnetic structures and eruptions? A close examination of

the 3-D structure in the simulation suggest that tether-cutting reconnection takes

place in the sheared magnetic arcades, and the reconnection explains the buildup of

free energy in the corona during flux cancellation at the photosphere. This physical

process combines the effects of the turbulent surface flows and the geometry of the
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magnetic fields at the PIL, and reveals the energy transfer in a coupled system from

the convection zone to the corona. The reconnection creates two groups of magnetic

loops: the shorter loops submerge to the convection zone, producing the observed

decrease in the unsigned flux; the longer loops rise to the corona, transferring magnetic

shear to the upper atmosphere. The submerging loops also explain the observed

intensification of the horizontal fields on the photosphere and observed collapsing

loops in AIA images (Sun et al., 2012). Besides the observed variations of the magnetic

fields, the combination of shearing and reconnection also builds up a free energy of

7×1030 ergs in the model field at a rate of 3×1030 ergs/hr, comparable to the observed

rate in CMEs.

101



CHAPTER VI

Conclusions and Future Work

The Sun presents an amazing varitety of magnetic structures, i.e. sunspots, active

regions, and eruptive behavior such as CMEs and flares, which are driven by solar

magnetic fields. Generated in the tachocline and expanding all the way into the outer

corona, magnetic fields therefore act as a link between the solar interior with the outer

atmosphere by making their way through the solar layers. The interaction between

magnetic fields and the plasma produces a hierarchy of magnetic features throughout

the Sun (See Chapter 1.2): in the interior, the operation of the solar dynamo results

in the regeneration and cyclic behavior of the global magnetic fields; on the photo-

sphere, magneto-convection generates small-scale flux concentrations while sunspots

and active regions emerge as large-scales concentrations of kG magnetic strength.

The dynamics of the tenuous solar corona is dominated by these magnetic fields, and

can produce an enormous collection of eruptive and explosive events.

Understanding solar activity requires a systematic study of solar magnetism through

different layers of the Sun. Newly launched satellites, such as Hinode and SDO, ob-

serve magnetic structures at the photosphere and in the corona with high spatial and

temporal resolution. These observations provide us a wealth of information about the

formation and destabilization of solar magnetic features. For example, the formation

and eruption of AR11158 is well studied with plentiful observations of photospheric

102



vector magnetic and velocity fields and coronal EUV emission (see Chapter V). Pro-

ducing an X2.2-class flare, this active region exhibits strong magnetic activity in the

presence of a strong persistent shear, in the velocity and magnetic fields along the

PIL. During the flare event, the horizontal field intensifies dramatically along the

PIL as the coronal loops collapse downward rapidly. All of these observations have

advanced our understanding of the physical processes at the photosphere and in the

corona. In addition, helioseismology helps us probe the solar interior by analysing

oscillations at the photosphere.

Numerical simulations have also greatly advanced our understanding of the solar

dynamics. Dynamo models provide key tools to study the amplification of magnetic

fields in the interior and the cyclic reversal of the global magnetic field; coronal models

with realistic thermodynamic processes allow us to study the coronal magnetism and

emission (van der Holst et al., 2010). However, in between the solar interior and

corona, the physical properties of the plasma, e.g. density and pressure, demonstrate

variations over many orders of magnitude. This imposes a challenge to numerical

models. Realistic simulations have been carried out either underneath the surface,

or above it to avoid the sharp transition above the photosphere. These simulations

illustate a detailed picture of the formation of magnetic structures on the surface.

Rempel et al. (2009) and Cheung et al. (2010) simulated the formation of sunspots

and active regions by the emergence of magnetic flux from the convection zone. Their

work found the important role of the interaction of convective plasma and magnetic

fields, which gives rise to the observed features of sunspots and active regions, such

as the umbra dots, and coalescence of small-scale fluxes. However, their simulations

are restricted to layers at and below the photosphere, and thus unable to capture

the coronal response to the flux emergence from the convection zone. Abbett (2007)

studied the quiet-Sun magnetoconvection in a extended domain spanning from the

convection zone to the corona. Here, we set out to study the emergence of magnetic
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fields and formation of ephemeral and active regions in a domain containing the upper

convection zone, the photosphere and the outer atmosphere. Our aim is to understand

the transfer of the magnetic flux and energy and the interaction of the plasma and

magnetic fields through the different layers of the Sun, by numerical simulations and

comparison with observations.

6.1 Conclusions

We carry out numerical simulations on the rising of magnetic fields and implement

the radiative loss terms, non-ideal equations of state, and empirical corona heating.

We summarize our work as follows:

• In Chapter II, we simulate the rise of the magnetic flux from a near-surface gran-

ular convection zone into the low corona and illustrate the complex interaction

of magnetic fields with the turbulent near-surface plasma and the formation of

an ephemeral region. During this process, near-surface convection distorts and

deforms the magnetic flux, maintaining intense, disordered magnetic fields in

the downdrafts.

• In Chapter III, a magnetic flux rope rises from the upper convection zone (with

a depth of 20 Mm) into the corona and interacts with convective cells of varing

sizes and forms a solar active region. In the formation of the sunspots, large-

scale convective downflows form the bipolar structure of the emerged solar active

region, while near-surface convective collapse intensifies the strength of magnetic

fields.

• Chapter IV analyses the buildup of coronal free magnetic energy in a flux can-

cellation event found in the simlation described in Chapter III. At the PIL,

shearing flows drive magnetic fields parallel to the PIL and the converging mo-

tion around the PIL leads to tether-cutting reconnection, which transfers the
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free magnetic energy into the corona.

• Chapter V compares our simulation with observations during a X-class flare.

Strong magnetic and velocity shear, intensification of horizontal field strength,

and concentration of free magnetic energy in the low corona are found to occur

both in the simulation and during the flare event observed by SDO. This consis-

tency suggests the occurrence of tether-cutting reconnection, which can explain

the observed features during the flare event, such as the flux cancellation at the

photosphere and distribution of coronal free energy.

By studying the flux emergence from the convection zone to the corona and com-

paring numerical simulations with observations, our work has demonstrated the es-

sential role of the convective motions in the formation of magnetic structures, as

shown below:

• Horizontal motions, i.e. separation of the bipoles, shearing motion, and rota-

tion, dominates the energy transfer into the corona. Magnetic flux approaches

the photosphere as bipoles with emerging flows first, and quickly becomes pulled

apart and concentrated in the downflowing region.

• Rotation of the sunpots driven by Lorentz force extends from the photo-

sphere to 10 Mm below the convection zone.

• Coherent shearing flows driven by Lorentz force occur both at the pho-

tosphere and in the corona, with speeds approaching 20 km/s in the corona.

Shearing flows along the PIL form strongly sheared magnetic fields at the

PIL;

• Tether-cutting reconnection at the PIL occurs in the highly sheared mag-

netic fields under shearing and converging flows. The reconnection transfers

the magnetic shear into the corona by forming longer, rising loops, while the
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shorter, submerging loops from the reconnection causes the flux cancellation at

the photosphere as well as the collapse of the coronal loops;

• Coronal free magnetic energy increases dramatically in the presence of

turbulent surface flows, reaching 7×1030 ergs, with a growth rate of 3 × 1030

ergs/hr, comparable to that released during CMEs. Moreover, the free magnetic

energy is concentrated in the low atmosphere, with 50% stored within 5 Mm

above the photosphere. The resulting magnetic structure is composed of highly

sheared, compact core overlied by relaxed coronal fields, favorable for eruptive

events.

Shearing and converging flows, flux cancellation, magnetic shear and reconnection

and rotation of the sunspots have been individually found in earlier work to drive in-

stabilities in the magnetic system and give rise to eruptions. However, the connection

between these processes is yet to be determined. Here, in a coupled system of the

convection zone, the photosphere and the corona, our simulations perform the first

study where multiple processes described above combine to work simultaneously, and

transfer the magnetic flux and energy from the solar interior to the outer atmosphere.

6.2 Future Work

Following the study demontrated here, future work can be carried out in three

ways:

• Take the input magnetic fields from dynamo models and link the global-scale,

deep-convection- zone dynamics to the near-surface and coronal magnetism.

• Expand the size of the simulation domain to that of a solar active region and

study the transfer of magnetic and energetic flux in the system.
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• Include more realistic physical processes, such as heat conduction, electrical

resistivity, and non-gray non-LTE radiative transfer, and simulate the solar

magnetism in a more accurate background atmosphere.

• Compare the subsurface structure in the simulations with that from helioseis-

mology, and improve techniques in predicting the flux emergence on the photo-

sphere.
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