Cosmological Small-scale Structure: The Formation
of The First Stars, Galaxies, and Globular Clusters

by
Alexander L. Muratov

A dissertation submitted in partial fulfillment
of the requirements for the degree of
Doctor of Philosophy
(Astronomy and Astrophysics)
in The University of Michigan
2013

Doctoral Committee:

Associate Professor Oleg Gnedin, Chair
Professor August Evrard

Professor Mario Mateo

Associate Professor Eric Bell

Associate Professor Mateusz Ruszkowski



Alexander L. Muratov

Copyright© All Rights Reserved 2013




To all of my family, friends, and teachers. Let the good tiro#s



ACKNOWLEDGMENTS

First and foremost, | must thank my advisor Oleg Gnedin ferdix years of guidance
that made all of this work possible. With his scientific acunand resourcefulness, he
helped shaped every idea expressed in this thesis. Withtkistian and time, he ensured
that | was mostly productive, and that my analysis met a higihdard of quality previously
unknown to me. With his keen eye for visual design and knackffacient communication,
he helped me find the most effective ways to present my reseand also did much in the
way of promoting my work directly. He also left me plenty obra to grow independently
as a scientist and as a person. | can only hope the lessorisdireed from him stay with
me for the rest of my life.

I thank my collaborator Marcel Zemp for his patience andrdite while | was learning
the ropes of analyzing cosmological simulations. Desgdltefany training in program-
ming and cosmology, | was completely clueless the first tirhad to look at simulation
input and output files. Thanks to Marcel, | quickly becamdisigitly fluent in an abstract,
jargon-laden language. He has also generously providedithéhig analysis tools, which
I made extensive use of for the production of my results.

| am deeply grateful to Nick Gnedin, who basically acted as@sd advisor for the
development and analysis of my simulations. | frequentigdeon his expertise in compu-
tational astrophysics and theoretical cosmology to makeesef my work. He went above
and beyond the call of duty of a collaborator by always resjpanto emails in a timely and
thorough manner, even when they were the most tedious andanerrequests. | should
also mention that he generated all of the initial conditiforsmy simulations, provided
the original configuration files, and generously hosted memlhvisited Fermilab, where
we developed my branch of the ART code. I'll add here that | g0 thankful to Andrey

Kravtsov and Doug Rudd for providing support with the code.



The Astronomy Department at The University of Michigan hagvjged a friendly
and intellectually stimulating atmosphere for my researthhank the members of my
dissertation committee: Eric Bell, Gus Evrard, Mario Matead Mateusz Ruszkowski
for productive suggestions in both the content of this theand the general advice for
being a good scientist. | thank Mary Putman for allowing mevtok on a small project
which resulted in my first co-authorship on a refereed pdpaso particularly thank Nuria
Calvet, who has been a personal guardian for me during myeetmire here, and who
brought me here in the first place.

| want to mention that without the support of the IT staff oé tdniversity of Michi-
gan, my projects could have been dead in the water severatiRoy Bonser and Jeremy
Hallum both worked very hard to fix all of my computing issulsugh they were respon-
sible for so many other things, and were always underapgiesti | have also found all
of the support staff for the Flux cluster to be incredibly quetent, and their intervention
led to several performance improvements of my code. | wilhtion Brock Palen, Marlin
Whitaker, Mark Montague, and Tony Markel, by name. | apoledar using up so much
disk space on the cluster.

| have made many great friends over the years here, and thidyopefully remain my
friends for the rest of my life. My girlfriend, Sonu Mishraak provided constant compan-
ionship, encouragement, and warmth during the writing of thesis. My office mates,
Shannon Schmoll, Nathan Crockett, Joel Lamb, and Ashley Kawg had to tolerate my
shenanigans on an every-day basis, and somehow they Ktitiotane. Joel Lamb and
Tina Hsu were particularly supportive in that they liteyatielped to feed and shelter me.
Mike Anderson and Nathan Crockett have become my brotheasAars, and without them
I would have probably given up many times over. Mike Anderaod Laura Ingleby were
instrumental in helping me find a job, and | would probably bég hungry next year if
not for them. | will also name-check some other friends in Arbor who are associated
with the university: Colin Slater, Kiwi Davis, llse Cleevesar&8h Mange, Mark Haynes,
Robin Stottlemeyer, Tom Eyster, and Lou Chang. I’'m sorry #ft lnyone else out, but if
I did, I will gladly buy you a beer as acknowledgment. My fritsnfrom college also made

a big difference in my life during this thesis work, and thaugpne of them ended up in



Ann Arbor, | have received on the order of 3,000 emails fromnthsince we graduated
from college. Many have come to visit me and have kept me sagrdang nights of gmail
chat. Sorry guys, it'd take too long to write all your namesl did forget someone, but
I'll particularly mention Taejin Min for a decade’s worth cbmmiserating with me over
academia.

My family has been nothing but loving and supportive over yiears. Without my
parents’ immigration to the United States twenty-one yeas, | would most likely not
have had the opportunity to pursue something as interesntipeoretical astrophysics.
My mom, Victoria Muratov, still finds time and energy to listeo all of my problems, and
carry them as her own. My dad, Leonid Muratov, has mentorednnadl matters of life,
and has taught me the foundation of mathematics that allomestb pursue this work. My
grandmother, Vanda Muratov, has generously shared theomisd her long and fruitful
life with me. My grandfather, Semyon Vekstein, fought for d&eeedom in World War 2.
My sister, Katie Muratov, has had to grow up without me, bilitapppears to look up to me
for some reason.

| thank David Bowie, Nick Cave, Bjork, Beth Gibbons, Bert Jams_eonard Cohen,
Vladimir Vysotsky, Viktor Tsoi, Elliott Smith, Radioheadnd Dinosaur Jr. for providing
the soundtrack for much of this work.

Chapter 2 of this thesis is a reproduction of a paper titled i§vg The First Galax-
ies: The effects of Population Il stars on their host gadaki It has been accepted for
publication in the Astrophysical Journal as of May 2013 ag&flov et al. (2013a). Simi-
larly, Chapter 3 is taken from a paper titled "Revisiting ThesEGalaxies: The epoch of
Population Il stars”, which has also been accepted to thepisysical Journal as of June
2013 as Muratov et al. (2013b). Both of these works were sdp@an part by NSF grant
AST-0708087, NSF grant AST-0708154, NASA grant NNX12AG44t& DOE at Fermi-
lab, and a 985 grant from Peking University. Chapter 4 is ag@ypection of "Modeling the
Metallicity Distribution of Globular Clusters”, published the Astrophysical Journal as
Muratov & Gnedin (2010). | would like to thank the Rackham @rate School for sup-
porting me in the final year of my thesis via the Rackham Pr&tatal Fellowship, and for

providing me with many travel grants which allowed me todteational and international



conferences at which this work was presented.

Vi



CONTENTS

DEDICATION . . . e il
ACKNOWLEDGMENTS . . . . . e e e e i
LISTOF FIGURES . . . . . . e e e i e X
LISTOF TABLES. . . . . . e e Xil
ABSTRACT . . o Xiii
CHAPTER
1 IntroduCtion . . ... ... 1
1.1 IntroduCtion. . .. ... 1
1.2 TheFirstStars . .. ... ... . 5
1.3 TheFirstGalaxies ......... ... .. .. it wnn 12
1.4 Globular Cluster Formation . .. .............. .. ... .cuu. 15
1.5 Numerical Simulations .. ........... ... .. . .. .. ... 20
2 The effects of Population Ill stars on their host galaxies. . . .. ........ 23
2.1 Introduction. ... .. ... ... 23
2.2 SIMUlations . . . ... .. 25
2.2.1 Population Il star formation . .. .................. 27
2.2.2 Population lll star formation . ................... 29
2.2.3 Convergence Study & Setting Fiducial Parameters. ..... 33
2.3 Results . ... .. 46
2.3.1 Effect of Pop lll stars on their host galaxies .. ... ... 48
2.3.2 Effects of the uncertainty in Pop Ill feedback and IME . 54
2.4 DiscussionandConclusions . . .. ..................uu.. 57
3 The epoch of Population llistars . . ............ ... .. ... ..... 59

Vii



3.1 Introduction. . . ... ... .. .. e 59

3.3 Results
3.3.1
3.3.2
3.3.3
3.34
3.35

3.2 Simulations . . ... ... 61
........................................... 65
CosmicVariance .. .......... . . ... 65
The Ejection and Gobbling of Pop lll Metals ... ... .. 68
Transition to Normal Star Formation . . . ........... 70
Epochof Equivalence . .. ......... .. .. .. .. .. .... 73
Extreme Pop lll Feedback . ... ................... 78
LowMassPop Il IMF .. ...... ... ... ... .. ...... 79

3.3.6

3.4 DiscussionandConclusions . . . ... ........ ... uiiuua. 19

4 Modeling the Metallicity Distribution of Globular Cluster s. .. ........ 83
4.1 IntroducCtion. . ... ... . 83

4.2 Prescription for Globular Cluster Formation . . ............. 86

421 ColdGasFraction ........... .. .. ..., 86
4.2.2 Rateof Cluster Formation . ...................... 92
423 Metallicity ....... ... . . . . 94
4.3 Dynamical Disruption . . .. ... ... .. . e 96
4.4 Results . ... ... 102
4.4.1 Exploration of the Parameter Space . . .. ........ .. 102
4.4.2 Age and Metallicity Distributions . . . ............. 104
4.4.3 Sensitivity to Model Parameters . . .............. 110
4.4.4 Origin of the Metallicity Bimodality . ........... ... 115
4.4.5 Alternative Formation Prescriptions . ............ 121
4.4.6 Alternative Dynamical Disruption . . . .. ........... 124
4.5 Spatial Distribution. . . . ... .. ... e 126
4.6 GlobularClusterColors. .. ....... .. .. .. . . 129
4.7 Summary and Implications for Galaxy Formation Models. . . . .. 130
5 CoNCIUSIONS . . . ..o 134
51 Chapter2Summary ............ .. 134
51.1 FutureWork . ........ .. .. .. 135



5.2 Chapter3summary. . . ........u . 136

521 Futurework. . ... ... .. 137
53 ChapterdSummary . ........ ... 138

5.3.1 Futurework. . . ... ... . 138
BIBLIOGRAPHY . . . . . 141



Figure

2.1
2.2
2.3

2.4
2.5

2.6
2.7
2.8
2.9

3.1
3.2
3.3
3.4
3.5
3.6
3.7

4.1
4.2
4.3
4.4

LIST OF FIGURES

Probability distribution function of primordial hydgen number density .. 39
Probability distribution function after Pop Il stanfoation . . ......... 40
Molecular fraction of hydrogen vs. number density imprdial and en-
richedgas . ........ . . 42
The least massive galaxy to host a star as a function elaiion parameters 45

The mass of halos that hosted Pop Ill stars vs. the cogmécat which

thestarsformed . . . ... ... ... . . . ... e 47
Propagation of metals and baryons after a pair-instyiipernova . . . .. 49
Evolution of baryon fraction in the host halos of Popolatll stars . . . .. 50
The motion of pair-instability supernova metalejecta. . . .. ........ 52
Metal ejecta propagation vs. stellar half-massradius... . . ... ...... 54
Cumulative numberof halosvs.mass . ......................... 66
The star formation rate density vs. scalefactor . . . ................. 67
The timescale for re-accretion of ejected metals v hess . .. ... ... 69
The spatial and temporal distribution of stellarpdesc. . . .. ......... 71
The fractional contribution of Population Il stars seflback . . ... ... .. 74
The duration of Population Ill dominance vs. halomass. ..... . ...... 76
The epoch when Population 11l ceased to be dominant s.nhass . . . . . 77
Gas and stellar fractionvs. halomass .......................... 90
Alternative gas and stellar fractionvs. halomass . ................. 91
Mass distribution of model clusters . . . ... ... .. .. ... .. 98
Evolution of the mass function with cosmictime ...............100



45 Final mass of clustersvs. Initialmass . ...................... 101

4.6 Metallicity distribution of clusters . ... ...... ... ... .. .. ..... 102
4.7 Metallicity distribution split by formation criterion . . . .. ........... 103
4.8 Age-metallicity relationofclusters . . . ........ . ... . . . ... 106

4.9 Number of clusters vs. redshift of formation, age, hadbhmass, host

stellarmass . . ... ... e 107
4.10 Ratio of total cluster mass to total stellarmass .. .................. 108
4.11 Metallicity distribution withoutase- 2 formation. . .. ............. 110
4.12 KS probability contour plot in the plane of paramet@grsps. . ........ 111
4.13 Likelihood statistic contour plot in the plane of pastersp,—ps. . . . . .. 112

4.14 Likelihood statistic contour plot in the plane of paedersp, — ps without

CaAS - 2 . 113
4.15 Single-parameter likelihood distributions . . . .. ... ... ... ... 114
4.16 Metallicity distribution with varying individual pameters. . .. .. ... ... 115
4.17 Metallicity distribution with varying parameters gsiftaneously ... ... .. 116

4.18 Median values of the Dip probability binned accordiogparametric vari-

AtIONS . . . e, 117
4.19 Cumulative metallicity distribution split by merger ssaratios .. ... .. .. 119
4.20 Number of models resulting in particular values of the probability . . . . 120

4.21 Likelihood statistic contour plot in the plane of pagers p2 - p3 with an
alternative prescription for stellar fraction .. ................... 121
4.22 Metallicity distribution with alternative model fotedlar fraction ... .. .. 122

4.23 Metallicity distribution with alternative prescriph for dynamical disruption126

Xi



o

2.1

3.1

4.1
4.2

LIST OF TABLES

SMULATION RUNS OFCHAPTERZ . . . . e e e e e i 34
SMULATION RUNS OFCHAPTER3 . . . . e e e e e e e e e 63
HDUCIAL MODEL PARAMETERS. .+« v i o o et e e e e e e e e 94
SUMMARY OF MODEL EQUATIONS . . . . ... ... ... . . . . 96

Xii



ABSTRACT

Though the majority of stars now live in large, massive gasxunderstanding the
origins of all galaxies ab initio requires fully comprehemsmodeling of cosmological
small-scale structure. In this thesis, | present a thezakstudy of galaxy formation that
focuses on low-mass halos. These halos are the sites favrtiation of the first stars and
galaxies at high redshift, and they also they play a role imfog massive globular clusters
in the outskirts of the Milky Way.

| develop a physical model for Population Il star formatemd feedback, and imple-
mented it into the Eulerian hydrodynamic Adaptive Refinetriegee (ART) code. With
this code, | designed, performed, and analyzed a suite ohalogjical simulations that
resolve the formation of the first stars and galaxies. | gbatite extent of the dynamical
signatures Population Il stars can impart on their hostéxjak, and derive a character-
istic mass threshold 8 10°M,, above which Population Il stellar feedback is no longer
dynamically significant over significant cosmic timescales

| measure the duration of time for which Population Il stars the dominant drivers
of feedback in the universe. Due to the inhomogeneous amthypanrichment of the in-
tergalactic medium, | find Population Il stars can contifiei@ning in some environments
well after the end of the cosmic dark ages. However, in imhligl galaxies that are suffi-
ciently massive, Population Il star formation takes oversafter the efficient enrichment
by a single pair-instability supernova. Globally, Popigdatl is dominant at cosmic epochs
later than redshift{~ 15).

Finally, | construct a semi-analytical model for globulduster formation in hierar-
chical cosmology, and use it to demonstrate a plausibleasiefor the formation of the
Milky Way'’s globular cluster system. My model is successfumatching both the metal-

licity and mass distributions of galactic globular clustein particular, the bimodal nature

Xiii



of the metallicity distribution is for the first time explad by the single mechanism of the

merging of protogalaxies.
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CHAPTER 1

Introduction

1.1 Introduction

Though firmly rooted in the physical sciences, one might descosmology as a branch
of history that deals with the universe as a whole. We areeadly living in what some
refer to as the golden age of cosmology. For the first timeesthe dawn of mankind,
astronomical observations and theoretical physics hameedogether to form a coherent
understanding of what things were like in the past, everrpoithe dawn of planets, stars,
and galaxies. The key to this understanding lies in the #taad prediction (Gamow,
1948), and subsequent discovery of the cosmic microwavkgbacnd radiation (Penzias
& Wilson, 1965) as an afterglow of the "Big Bang". When this olvaéion was combined
with Edwin Hubble’s study (Hubble, 1926) on the universatassion of galaxies, and
expressed in the framework of Einstein’s General Relgtififinstein, 1916), functional
equations that connected matter, space, and time werdedJ&aiedmann 1922, reprinted
as Friedmann 1999). The extragalactic Astronomers of tkefpa decades have focused
on filling in the missing pieces of the puzzle of cosmic eviolubetween the dawn of light
and the cosmos of the present day. Although the concluslmatshave been drawn are
not necessarily definitive, and are by no means fully comgmslive, we can now certainly
present a convincing, scientifically-motivated narrafwethe beginning moments of time
and space and what happened thereafter, leading up to thenpicay.

We begin our story with the first stage of cosmic history, wtike process known as
“inflation"”, which is indeed the bang in the Big Bang. Duringsthime, an initial tiny
volume was rapidly stretched into an immense horizon, wiiéequantum perturbations

of the initial density field were blown up to larger scales {G& Pi, 1982). Immediately



following inflation, the universe is well described as a heaomogeneous soup of matter
and radiation, with only slight ripples in the density distition of matter corresponding to
those initial perturbations. These small ripples, howeses enough for gravity to begin
molding structure into the universe by preferentially jmglin matter where the ripples are
already the most pronounced.

The properties of these overdense ripples and the envinontiney inhabit informs the
initial conditions for the modern theory of the genesis @ fiist stars and galaxies. The
initial cosmic fluctuations continue to grow, eventuallaching a critical threshold where
they undergo rapid collapse, as gravity’s pull triumphsalbcover universal expansion.
The density in the central region of this local spherical thdlecomes so great that gas is
eventually compressed sufficiently to form stars (Press BeShter, 1974; White & Rees,
1978). Halos can continue to accrete matter from the amibigldt and merge with one
another, building up into larger and larger structures.

How and when this process took place depends on the natureseén "dark matter”,
which is estimated to make up ~80 % of all mass in the univefée first hints that the
universe had such a component came from the presence ofxqiicadle apparent excess
of gravitatioanl force observed in galaxy clusters (Zwick933) and later, the rotation of
spiral galaxies (Rubin et al., 1980). Specifically, Rubimtsrk and all subsequent analysis
of spiral galaxies revealed that the rotational velocitéstars in the outer parts of galax-
ies were much faster than the expected gravitational foama &ll galactic visible matter
would seem to suggest. Analysis of smaller galaxies shoveaditar trend (Mateo, 1998).
Dark matter is now understood to be non-baryonic - in otherdspit is not composed of
protons, electrons, and neutrons (Bond & Efstathiou, 1984 the dark matter particle has
yet to be discovered at the time of writing, we may only attetoplerive its propertiea
posteriori that is by inferring the kinds of particles necessary todremsmic structure into
its present form. Currently, evidence points to a "cold" dadtter particle which travels at
sub-relativistic velocities, and can clump up into very 8ralos at early times, thus insti-
gating "bottom-up” structure formation. This scenario isfaoned by the high abundance
of galaxies in the Hubble deep field (Madau et al., 1996) dyemsmic times, the high

density of absorption systems in the intergalactic medmamd,the fact that larger structures



like galaxy clusters formed only recently. "Hot" dark mattarch as neutrinos, would con-
versely suggest a "top-down" history (Eggen et al., 1962gr@enormous galaxy clusters
would form first, with smaller galaxies collapsing at latenés. The top-down scenario
is not consistent with observations (Blumenthal et al.,4)98t has been shown that all

dynamically stable cold dark matter halos are structursitlyilar, and the density profile is

well fit by a single equation with two parameters (Navarrolgtl®97).

Let us continue to recount the history of the universe, agsgrihat dark matter is
indeed cold, which is known as the so-called Cold Dark Mai@di) paradigm. Dark
matter halos that are immune to the effects of cosmic stregpégin runaway collapse
only 20 Million years (Myr) after the big bang (or, at cosmedshift z~100). When the
gravitational potential becomes sufficient, gas can begifiolv into these halos. This
begins to occur about 100 Myr into cosmic history (z~40-2@ewthe halos reach a mass
of 10/ —10°M.. Once they reach the total mass off M), gas is finally able to cool
and condense into the core of the galaxies and reach suffobéersity and temperature to
initiate star formation (Tegmark et al., 1997; Haiman et E96), thus bringing about the
end of the cosmic "dark ages", so termed because there is gahiall in the universe
that our eyes could detect prior to these stars (for a revéee, Miralda-Escudé 2003).
Finally, once halos grow to approximately®\., which happens 400 Myr after the big
bang (z~12) hydrogen line cooling is able to rapidly transpgas into the inner parts of
the halo and efficient, sustained star formation can begirdigk instability, allowing the
halos to for the first time resemble the galaxies of modernity

Though the dark ages formally end with the creation of theé $tars, the universe does
not immediately become accessible to our telescopes. lggdron the then-neutral inter-
galactic medium absorbs much of the light emitted by thesms sind galaxies, hiding them
from our view (Gunn & Peterson, 1965). The situation is madese by the implications
of bottom-up structure formation, as it dictates that thgedaxies are far too small and faint
to be detectable at their current distance. Things get stvaemore observable when the
next historical milestone is reached at a cosmic time of aiboa billion years (z~6): the
epoch of reionization. During this phase, the output ofzorg radiation from the young

galaxies, and from the first massive black holes becomesigunifito heat and ionize the



majority of the intergalactic medium. Though black holegavimitially suspected to be

the primary agents of reionization, it is now believed thatiyg stars in normal galaxies
did most of the work (Barkana & Loeb, 2001; Loeb & Barkana, PO(Bupernovae from

these stars are also the sources of the first elements hé&zamehelium in the universe and
begin the process of polluting the intergalactic mediurareéby influencing the enrichment
history of all future galaxies (Carr et al., 1984).

This broad narrative is now almost unanimously acceptet,nfany aspects of the
end of the dark ages remain poorly understood. Indeed, tvereery limited empirical
constraints on the details of the processes mentioned alditienately, we still have no
idea what most galaxies looked like prior to the epoch ofniziation. We do not know
what kind of stars they contained, or how those stars were tableionize and enrich the
universe. At the time of writing, this field is extremely dattarved, and observational
facilities are simply unable to probe deep enough into tleekpo resolve what is actually
happening, forcing modelers to fend for themselves.

After the epoch of reionization, the history of the universdraditionally told from
the perspective of "large-scale structure”. Star format®mcreasingly dominated by
large, massive galaxies, which are built from the mergingnainy smaller progenitors
and continued accretion from filaments. Subsequentlyxgadaagglomerate into clusters
and walls, connected by filaments, eventually tracing oué@mrmous cosmic web (for
an excellent review of galaxy formation in general, see Bar2010). Most stars in the
universe form after the epoch of reionization, in thesedagglaxies and clusters over the
next 12 billion years. Large scale structure is much easiebterve, and massive galaxies
like our own are naturally studied extensively. Many of tbevdmass halos that hosted
stars prior to reionization were at some point dynamicaibyupted, and the stars and dark
matter were incorporated into larger galaxies.

However, the small, low-mass halos that were so importanihguhat first billion
years do not completely fade from history. Today, any smalb tihat also hosts stars is
known as a "dwarf galaxy", or simply a "dwarf". Many of these dwaafe now referred
to as the "substructure” of large galaxies, which influenesntiyravitationally. Over the

past few decades, our knowledge of this substructure hamebegl rapidly, as we are able



to find dwarfs that are increasingly faint surrounding oumawtilky Way (Mateo, 1998;
Belokurov et al., 2007). Some of these dwarfs are thoughtetéhk fossil remnants of
the first galaxies (Ricotti & Gnedin, 2005), as star formataifter the epoch of reioniza-
tion can be suppressed by a variety of mechanisms (Gnedina&t&ov, 2006; Slater &
Bell, 2013). The gas-rich environments required for thefation of massive globular star
clusters known to surround all large galaxies may occurndyutine merger of some of the
dense, clumpy substructure (Kravtsov & Gnedin, 2005; BrdiStrader, 2006). We can
even watch the process of dwarfs being destroyed by tideéigieaving their stars behind
in streams that are incorporated into the Milky Way’s outiskiBelokurov et al., 2006). In
the CDM paradigm, one cannot tell the complete story of a galdihout understanding
the story of each of the smaller protogalaxies that wentithtnd the dwarfs that surround
it. The present-day universe stands on the shoulders offslwar

In this thesis, | will shed further light onto the "small-seatructure” of the universe.
In the remainder of this introduction, | outline the relevaonncepts and review the ex-
isting literature on the formation of Population Il (Pop)lstars, high-redshift galaxies,
and globular clusters. 1 also briefly review the numericahtgques crucial to attacking
these problems theoretically. In Chapter 2, | present asefiaydrodynamic cosmologi-
cal simulations that study the conditions of Pop Ill stanfation, as well as the immediate
feedback effects they have on their surroundings. In Chahteexplore the subsequent
evolution of the halos that hosted the first stars, and glyathi&é cosmic transition to "nor-
mal" (Pop Il) star formation. In Chapter 4, | present a senabgical model that follows
the assembly of a Milky Way-like galaxy from the epoch of remation to the present
epoch, that explains the formation of the Milky Way’'s massifobular star clusters. Fi-
nally, I conclude with several afterthoughts that bridge thork, and explore potentially

relevant astrophysical modeling that will enhance our ustd@ding of this field.

1.2 The First Stars

By gazing deeper and deeper into the sky, Astronomers firnd tlgat has been traveling
for longer and longer intervals - such is the consequencefiita speed of light in the

paradigm of Einstein’s relativity. This principle impliésat we are granted the remarkable



ability to look directly into the past. Unfortunately, fornvariety of reasons discussed in
this thesis, it is likely that we will still never be able tosdrve the first individual stars that
formed in the universe, which is a shame because we have reasgns to believe that the
unique environment of the early universe imparted som#g trsidarre properties onto these
stars. This section largely draws content from several lexaeexisting reviews (Bromm
& Larson, 2004; Wise, 2012; Bromm, 2013).

Let us consider the nature of primordial gas prior to the bo$atar formation. The
process during the early stages of the Big Bang that prodileefirst elementary particles,
which then combined into atoms of the elements composing#jerity of baryonic matter
today is known is Big Bang Nucleosynthsis (Alpher et al., 894Despite this theory’s
relative age, the methods employed have proven fairly robt#owever, the landmark
study of Burbidge et al. (1957) demonstrated that only Hgdrg Helium, and a very
small amount of Lithium is formed through this process. Témaining elements found in
the universe today must have been produced in the interistaos.

The dearth of heavier elements, or "metals”, leads to potgnsanificant conse-
guences on the way that the first primordial gas clouds cedldpto stars. To see this,
we recall that metals play a critical role in present-day $t@aming gas to aid the gas
in cooling and fragmentation during collapse, giving fororthe statistical distribution of
stellar masses at the time of their birth, or Initial Mass ¢tion (IMF) (for a review of
present-day star formation, see McKee & Ostriker (2007))th@dt this cooling mecha-
nism, the temperature of star-forming gas remains exoelgsinigh, which in turn affects
the scale at which the gas can continue its rapid collapseptotastar, or the Jeans mass
of the gas (Jeans, 1902), which is approximately equal t@trener-Ebert mass (Clarke

& Bromm, 2003), and can be expressed as:

T 3/2 n -1/2
M~ 700Mo (200 K) (104 crrr3) ' (L

WhereT is the temperature anais number density of the gas cloud. Since a higher
temperature implies a higher Jeans Mass, the clumps thaetbthe first stars were in-

herently excessively massive, which in term correlatesypad accretion rate onto the pro-



tostellar core. This does not implicitly guarantee thatfilst stars themselves were very
massive, but that is just what the first three-dimensiormalfations capable of resolving
these clouds and modeling the proper chemistry at the tutheimillennium revealed
(Bromm et al., 1999; Abel et al., 2000). The ubiquity of thesgssive stars appearing sug-
gested metal-free gas a very different IMF from all starg tha know of today. Because
of this difference, it is necessary to distinguish thesmprdial star (Population IIl, or Pop
[l for short) from subsequent generations.

Though the chemistry of gas in the primordial universe isssaifitially simpler than
present due to the small number of atomic species in existgmoperly modeling the
properties of hydrogen gas alone has proven to be far mofieuifand uncertain than
naive expectation may suggest. Indeed, given that Hydragyéme primary constituent
of the universe even today, much effort has been investets iastrochemical modeling.
Between the emission of the CMB and the epoch of reionizatio@,primary form of
hydrogen in the atomic neutral phase. However, the key terstanding the formation of
the first stars lies in the small fraction of molecular hyd¥ngorH, in the densest regions
of the pre-galactic halos. Mos$t, in the present day is produced on dust grains, small
amounts can be formed in the primordial universe via a readativolvingH™. Through
ro-vibrational transitionsH, can cool gas to low temperatures, allowing this dense gas to
undergo gravitational collapse necessary for protostand&tion. The details of this process
must be illuminated in great detail if we are to constrainrthture of Pop Il stars ab initio.
See Bromm & Larson (2004) for a detailed review.

Here, | will briefly mention that developments in understagdhe protostellar chem-
istry and physics of primordial gas and how they have advaribe field, particularly
focusing on phenomenological modeling simulations, wladh at present the only ways
to study these primordial objects. It was first realized bgl8a & Zipoy (1967) thaH,
was the most important coolant in primordial gas. Once the Giak&digm of galaxy for-
mation became accepted, it became clear that low-masgwseaaelied on this cooling
mechanism to form the first stars (Couchman & Rees, 1986; Haehal., 1996). The
landmark study of (Tegmark et al., 1997) constrained thetfanal form for the minimum

halo mass that can undergy cooling. The 3D simulations of (Abel et al., 1998; Bromm



et al., 1999; Abel et al., 2000) were the first to offer fullyfsmonsistent ab-initio physical
representations of the massive regions that formed thestss. The next generation of
simulations by the same groups probed deeper into the code¢c@ncluded that primor-
dial stars were inevitably massive (Abel et al., 2002; Brosinal., 2002; Yoshida et al.,
2003). These conclusions rested on the absence of fragtioenpaior to the formation of
the core, and the very high mass accretion rate onto the @argydo the large Jeans mass
of the cloud.

For the next several years, studies of Pop Il star form&tiensed on simulating envi-
ronments that slightly deviated from the fully primordiabime.H,-dissociating radiation
in the Lyman-Werner band was identified as an important nr@shathat could suppress
early star formation (Machacek et al., 2001; Johnson et2@D;7; Wise & Abel, 2007;
O’Shea & Norman, 2008). Others (Yoshida et al., 2007; Joh&sBromm, 2006) explored
how Pop Il star formation may evolve once hydrogen beconwggsfgantly ionized, find-
ing that the characteristic mass of this "second" generaticstars to be smaller. Other
works moved explicitly beyond the primordial regime, andidséd gas that was somewhat
chemically enriched, but still in the domain of having loweetallicity than any observed
star-forming regions in the local universe (Bromm et alQ28; Omukai et al., 2005; Smith
etal., 2009). Their work focused on searching for a "criticaétallicity at which fragmen-
tation of star-forming clouds begins to resemble presanytidolecular clouds, where the
IMF does not appear to explicitly depend on metallicity.Ha meantime, studies that were
both more sophisticated and systematic continued supgaetiidence for a top-heavy ini-
tial mass function among the first stars (Yoshida et al., 2@@6hea & Norman, 2007),
though they also suggested that the IMF may depend on emv@otnand accretion history
of the protogalaxy.

Most recently, a new generation of simulations employirg sk particle technique
to follow the evolution of high-density primordial gas forlenger period of time than
previously possible, and discovered that fragmentatiaficcoccur in this gas despite its
primordial chemical composition (Stacy et al., 2010; Getiél., 2011; Clark et al., 2011).
Instead of collapsing onto a single, massive protostaptimeordial clump instead formed

a Keplerian disk, distributing the central gas mass ovengelaarea and eventually allowing



for the formation of multiple distinct cores. Some other siations suggest that previously
unaccounted radiative processes during primordial accretould blow away some gas,
shutting down the growth of protostars prior to their acimgvmassive status (Yoshida et
al., 2008; Stacy et al., 2012; Hosokawa et al., 2011). Sitiana that still do not employ
sink patrticles find a degree of fragmentation in primordias ghat was absent from the
earlier works, but do not currently suggest that fragmeoadiuring protostellar collapse
is ubiquitous, or that it completely suppresses the creatiomassive stars (Turk et al.,
2009; Greif et al., 2012, 2013). Sink particles are a usefuherical tool, but ultimately
may oversimplify the relevant physics. Once the particlereated, the mass of gas sunk
into the particle can no longer interact with its environmelm simulations without sink
particles, this gas may later merge into larger clumps, ecing growth.

For now, let us assume that Pop Il stars are on average vesgimeacompared to
present day stars, as the first generation of simulationgestgd. This ansatz leads to two
very significant implications regarding the strength ofitlaility to impact their environ-
ment via stellar feedback. First, let us recall that Plasitév suggests that massive stars
are very hot at their surface, when combined with Wien’s ldugs makes them factories
for enormous quantities of ionizing photons. Second,atekplosions, or supernovae are
common for massive stars. In particular, stars that ared&atvi40 M, and 260 M, (Heger
& Woosley, 2002) are subject to enormously powerful stedigplosions, called pair in-
stability supernovae, each of which is capable of unbindiamge quantities of gas. It is
also useful here to assume that each protogalactic "minitmaists only a single massive
star. This assumption is justified by early simulations.(ébel et al. 2002) and is easily
understood once it is seen just how suppressive this steédback really is to further star

formation.
lonizing photons and the first HIl regions

Regardless of whether or not the IMF of primordial stars wiffer@nt, metal-free popu-
lations are generally expected to produce 50% more ionizgation than modern-day,
metal-enriched stars (Tumlinson & Shull, 2000). Howeviethe IMF in primordial gas is

indeed discrepantly top-heavy, this emphasizes the diffg all the more. The ionizing



photon production rate grows highly non-linearly with respto stellar mass, and the pro-
duction of photons per unit mass of a stellar population geeked to be as high as 10-20
times larger than a Pop Il population with a normal IMF (Broratral., 2001b; Schaerer,

2002). The rapid ionization of gas does more than simply ghdhe electrical state of the
atom. Absorption of ionizing photons will immediately clygnthe temperature of hydro-
gen to ~10K, and as the ionizing photons travel at the speed of lightgtsetemperature

globally changes at a rate much faster than the thermal sspeeld. This means that the
ionizing wake creates a hydrodynamic shock, rapidly longihe density in the central

regions of the galaxy.

The relics of these vast ionizing wakes are analogs to theamaents, known as Hll
regions, that surround massive stars today. However, firaselll regions extend over the
entire virial radius of the galaxy and beyond, with a singé gonizing several kiloparsecs
worth of hydrogen (Alvarez et al., 2006; Whalen et al., 200#aama et al., 2004; Abel
et al., 2007). The conditions for star formation are not fatte within HIl regions, as the
density of the gas is too low and the temperature too high.nEwveen the gas becomes
able to recombine again, The IMF of stars in the slightly zexi gas is expected to follow
the "Pop 111.2" model proposed in Yoshida et al. (2007) rathan the top-heavy IMF of
the first Pop 11l stars. Typically, these HII regions recorméwithin 50 Myr (Wise & Abel,
2008).

Pair-instability supernovae

It is believed that the pair-production instability can ogie in the interior of particu-
larly hot stars at the end of their lives, and cause catasicogxplosions known as pair-
instability supernovae (PISN) (Barkat et al., 1967; Bondlgt1984; Woosley & Weaver,
1986; Heger & Woosley, 2002). When the temperature of théastebre climbs above
a certain level (~x 10°K), electron-positron pairs may form when energetic gammga ra
interact with each other and with atomic nuclei. The creatd electron-positron pairs
modifies the equation of state in the core, causing the stagritract and heat up, leading
to an explosive ignition of oxygen burning. What follows isexplosion unlike anything

we’ve ever had the chance to observe. Unlike the typical migyae known to occur for
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massive stars (Type Il SNe), this explosion leaves no remaad the entire mass of the
core is expelled into the intergalactic medium. The totargy of the explosion depends
on the initial mass, but is typically an order of magnitudgéa than the energy of Type I
SNe (Fryer et al., 2001; Heger et al., 2003).

Following a supernova, there is no longer any starlight teedthe ionizing front that
carved out the HIl region, and the shock is terminated. Hawndhe supernova explosion
results in a blastwave that can easily plow through and oelshthe newly diffuse and
warm inter-stellar medium. The energy that is given off idaad typically comparable
to the binding energy of the entire galaxy, making it unsigipg that the supernova is
sometimes single-handedly capable of expelling all gas filoe protogalaxy (Bromm et
al., 2003). The flip side of this powerful feedback mechanisthat the entire core of the
exploding star is ejected, and it is loaded with atomic sggehieavier than helium. Just one
of these explosions is enough to change the fate of an emtiseygbefore it ever forms. If
the cosmic landscape and the end of the dark ages was peppératlem, their impacts
reverberate all throughout cosmic history. While there Haeen significant efforts to study
galaxies that form in the aftermath of a fully resolved PISMde & Abel, 2008; Greif et
al., 2010), a more systematic study is needed to quantifgxtent of their damage.

It is worth noting that stars that are too massive (with massxicess of 260 M) or
not massive enough (below 140 Mavoid the fate of pair instability supernova. In these
cases, the fate of the star is less certain, but likely i®lthe formation of a black hole
remnant, and potentially an explosion with an energy coaigarto a type 1l SNe (Heger
et al., 2003). Such explosions don’'t have quite the same atfainmpact of the PISNe
described above, but are still significant sources of feekllvéhen considering the low
mass of protogalaxies. As for the black hole remnants, theygpothesized to potentially
be the seeds of modern-day supermassive black holes, wigicibaerved to be extremely
massive as far back as z~6. This thesis does not deal witk btde growth and feedback,

but see Volonteri & Bellovary (2012) for a review.
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1.3 The First Galaxies

Following the first stars, the next stage of cosmic evolutiaw the rise of "conventional”
galaxies that could sustain entire stellar populationsiki+phase interstellar medium, and
structure in the distribution of stars and gas that begiresemble modern day galaxies.
These galaxies are also at least in part responsible forgeently changing the ioniza-
tion state, temperature, and chemical composition of thergalactic medium. Current
observational facilities are edging closer and closer thegyang data that will sufficiently
constrain this epoch, allowing for comprehensive theoag¢troundwork that bridges the
gap between the emission of the cosmic microwave backgrandadnodern galactic struc-
ture.

For now, cosmological simulations remain the most sensilalg to study this epoch.
It would of course be ideal if we were able to continue our datians of the universe by
resolving the core of every individual star to form in eachagy, like the studies men-
tioned in the previous section were able to. However, it igopel the capacity of today’s
supercomputers to progress substantially far when simedtasly resolving protostellar
and galactic processes. We must therefore employ subgyisigghimbued with the con-
straints on Pop Il stars provided in the previous section,\&@ork towards simulations that
eventually produce realistic galaxies. Progress in thégbin of research has been fruitful
over the past decade. For other excellent reviews of thisecbnsee Bromm & Yoshida
(2011); Wise (2012).

The two groups who so successfully laid the groundwork of Rbptar formation
(Bromm et al. 2002; Abel et al. 2002) would also go on to stumirtprolonged effects
on galaxy formation (Wise & Abel, 2008; Greif et al., 2010)hély were once again in
agreement in showing just how powerful the feedback of siRgENe could shape the fate
of an entire galaxy. But while these Pop Il stars are trulgdanspiring, we must now ask
the following question: were Pop Il stars really the donmnhenode of star formation for
a significant segment of cosmic history? It was quickly msdi that the strong chemical
feedback of these stars makes them "suicidal" (Yoshida eR@D4). Gas that has been

mixed with the plethora of metals released from a single Ri&Nhardly be called pristine
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anymore, and indeed, it may already closely resemble gasdrby star-forming regions.
Will this gas still fragment inefficiently, thereby leading a top-heavy IMF (Pop Il1), or
will it already be able to fragment in the standard way obsdiin the present-day universe
(Pop 1)?

To answer these questions, the collapse of low-metallgay has been studied sys-
tematically by various groups. At first, the answer appeaietple, as (Bromm et al.,
2001a) found that a single critical value of the metallidibg(Z/Z.) = -3.5 separated the
two regimes, where Z is the total fraction of metals in the, gamlZ is the solar value,
which is taken at @2. This value was later reconfirmed by subsequent studiegh{$t
al., 2009). However, the process is significantly compédatvhen dust chemistry is in-
cluded in the calculation. Omukai et al. (2005) stress thatghase and dust-phase metals
have different efficacy in aiding fragmentation, and tha thitical metallicity can be as
low aslog(Z/Z.) = -5 if enough dust forms in the interstellar medium, or is egedrom
supernovae. Dust formation in the local universe is not wetlerstood, and the prospects
of constraining its properties in these galaxies will bellegmaing in the foreseeable future.

In any case, it is clear that only a small amount of metals egeired for Pop Il stars
to begin appearing in the universe. Unlike Pop Il stars, Papthought to be fairly well
constrained and can be modeled with the same formatiomiarifeedback properties, and
IMF that describe modern-day star formation. Though thekadinat focus exclusively on
Pop Il star formation are interesting, simulations thaaldgith both Pop IlIl and Pop I
star formation are essential to paint a realistic picturthefepoch.

Ostriker & Gnedin (1996) and Gnedin & Ostriker (1997) wereasg the first of such
modern efforts, where the roles of Pop Il and Pop Il wereinigtished in heating, enrich-
ing, and reionizing the universe in full hydrodynamic siatidns with radiative transfer.
Already, these simulations identified that galaxies alamda be the drivers of the epoch
of reionization, and provided the metals to enrich the gaéactic medium. Independent
of the chemical feedback, the era of protogalactic Pop llinialos" that were driven by
H, cooling is also brought to an end once the "virial temperdtofe¢he host dark mat-
ter halo reaches 18, allowing atomic hydrogen to be collisionally ionized arnsbtvia

recombination. The virial temperature is given as follofverft Bromm & Yoshida 2011):
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Where . is the mean molecular weight, amd is the total mass of the halo. Oh &
Haiman (2002) showed that these galaxies cooled much nieefly, with substantially
more cool gas being transported to the dense regions of fagygahere star formation
can proceed on a sustained level. More sophisticated siimga(Ricotti et al., 2002a,b;
Tornatore et al., 2007) that featured new methods for ragi&ansfer and separate spectral
energy distributions for Pop Il and Pop Il stars furtherilighted the failure of the mini-
halos that relied exclusively o, to efficiently form stars, and showed that the ionizing
feedback of Pop Il stars could suppress star formation arlmegalaxies. Semi-analytical
modeling by other groups (Scannapieco et al., 2003; Yosttidd, 2004; Schneider et al.,
2006; Trenti & Stiavelli, 2009) serve as an alternative aseful approach to complement
simulations, and have focused on the global transition firap I1l to Pop Il star formation
using physically-motivated parameters.

Despite the success of these studies, we are still uncetavhether Pop 11l star for-
mation was shut off by internal or external sources, and drePop Il star formation
can continue once Pop Il star formation is in full swing. Arpastability supernova of
a 170M, stars releases 80Mof metals (Heger & Woosley, 2002), which is enough to
enrich all of the gas above the critical metallicity even igadaxy of total mass as high
asMp = 10°M, assuming that the ejecta stay in the galaxy. If the ejeetzel¢he galaxy,
whether they be from a PISN or from the metal feedback of aly &ap Il cluster, then
they can enrich external galaxies and cause them to skiprimolial phase altogether.
The works referenced above, as well as a few concurrentteffave begun to constrain
this process (Pawlik et al., 2011; Maio et al., 2011; Wiselgt2®12a; Johnson et al.,
2013; Pawlik et al., 2013), but more systematic effort mwestdken to fully understand
and quantify the results.

In a similar vein, if ionizing radiation escapes from theagaés efficiently, star for-
mation can be delayed, either by the destructioMpby Lyman Werner radiation, or in

some cases, by the expulsion of all gas via intergalactiziiog shocks. Such a process
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ultimately sets a lower limit to the mass galaxies can havendwand after the epoch of
reionization (Gnedin, 2000). However, it has thus far beetomously difficult to accu-
rately observationally measure the fraction of ionizindiatéion in a given galaxy that ac-
tually escapes into the intergalactic medium. In the meaewheoretical research seems
to diverge on the answer. Escape fraction of early galadds(ez et al., 2006) estimate
that it should be 70-90% for the HIl regions enveloping thessnze first stars using semi-
analytical models. Radiative hydrodynamic simulation¥\ise & Abel (2008) estimated
that while 25% of the IGM surrounding a Pop Il star relic Hélgion can be fully ionized,
the gas typically recombines within 50 Myr. This compliGatee matter by showing that
even though the escape of the Pop lll star’s ionizing raatiatvas very efficient, it ulti-
mately doesn’t make much of a difference. Wise & Cen (2009)aerp how the escape
fraction can be quite high in a galaxy after a Pop Il star lpesits life carving out a hole
in the interstellar medium. If there are other stars in thiexgaat this time, their feedback
can most certainly escape at high rates. Other researdBaesd(n et al., 2008) maintain
that the escape fraction is quite low in low-mass galaxiegqularly early in the history
of Pop Il SF, when the efficiency of star formation is still gguliow.

The latest estimates from the groups leading the most asabitbbserving campaign
with the Hubble Space Telescope show that a significantifractf escaping ionization
must come from sources too faint to have yet been seen (Rolbeet al., 2013). This
highlights the need for more extensive theoretical workriderstand these faint galaxies,
as teasing out any physical information from future detetgiwill take considerable effort.
Some semi-analytical modeling that assumes very high esftaptions from low-mass
galaxies claim to match all observational constraints ifimeation (Robertson et al., 2013;
Ahn et al., 2012; Alvarez et al., 2012; Trenti et al., 2002, ibis still unclear whether this
is the proper way to treat these galaxies. Instead of relgm&op Il stars, we may need

to search for other physical mechanisms that steer therhistaeionization.

1.4 Globular Cluster Formation

We turn now to modern day massive galaxies, which were adsengibadually from the

coalescence of many low-mass halos described in the presexrtion, as well as additional

15



growth from cosmic filaments. Some of the oldest stars in thlkyMVay which may hold
the clues to the early stage of its formation rest in massiwmpact star clusters known as
globular clusters (GCs). Unlike the majority of the Milky Waygtars, which reside in the
disk and the central bulge, globular clusters are disteduh a sphere that extends from
the galactic center all the way to the outer part of the halaffiey, 1918). This suggests
that their formation mechanism is considerably differeoif the stars that are forming
in the disk. About 150 exist in the Milky Way, and they appeaatso exist abundantly
around massive nearby spiral galaxies, as well as giaptielis. Smaller dwarf galaxies
like the Large Magellanic Cloud also have a few, but for nowukfocus on the globular
cluster populations of massive galaxies. For an excelleriew of what is known about
extragalactic globular clusters and how they are relateghtaxy formation, see (Brodie &
Strader, 2006).

Globular clusters have long been of interest to astronofoeeswide variety of reasons.
Because they appear to be a dense ball of stars that is edlyentolving in isolation, they
are as close as one can get to an idealized N-body problemrevgnavity governs the
interactions ofN ~ 100,000 stars. In addition, the stars in a globular cluster afiesp
to have the same age, and metallicity, implying that thetelu®rmed in a single burst.
This is not so unusual for stellar clusters, but is partidulatriking when considering the
large number of stars within each one. The stellar mass ofgdesglobular cluster exceeds
the stellar mass of many individual dwarf galaxies. But ppdithe most interesting thing
about them is their potentially very old age - in fact, theg ao old that they were once
estimated to be older than the age of the universe as derveddosmological parameters.

While theories that attempt to explain GC formation have beeunnd as long as the-
ories of galaxy formation (Peebles & Dicke, 1968), less difaprogress has been made
in understanding them. The trouble is, the high stellar igasd large mass of globular
clusters suggests they formed in very large, dense molecladiads that are simply absent
from the Milky Way, or at least the part that we can observee idsolution needed to study
such molecular complexes in other nearby galaxies is haadh@eve. Furthermore, it may
just be that galaxies like the Milky Way are no longer capaib®rming such massive star

clusters - after all, the age of GC’s suggest that the Milky \Wag a very different place
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when they were forming.

A major milestone occurred with the Hubble Space Telesaoiscovery that massive
young star clusters were forming during the merger of theeAnae galaxies (Whitmore
etal., 1999). This mode of star formation were the first okestgons for a plausible progen-
itor to the globular clusters observed around massive gadaxhe clusters were massive,
dense, and likely destined to be ejected from the disks of tiwst galaxies due to the
dynamical merging event. Star formation can then be trigdday strong shocks or high
pressure in the interstellar medium (van den Bergh, 200bhn#es) & Zepf, 2001). But
galaxy mergers are fairly rare events in today’s univerdee Milky Way probably hasn’t
had one for at least 5 billion years, and it will be anotherIbdn years before it merges
with Andromeda. Fortunately, the CDM paradigm offers a degyereconciliation. The
Milky Way is built up of many smaller progenitors that all ged with one another at very
high redshifts. Those progenitors carried plenty of lowtatleity gas, and each merger
could result in the fireworks of the Antennae: young, masslease star clusters that were
destined to become GCs after billions of years of dynamicalution. For a review of
young, massive star clusters see Portegies Zwart et al0j201

One way to explore this formation mechanism is via cosmaklgimulations. Kravtsov
& Gnedin (2005) was a landmark study that for the first timeualty resolved molecu-
lar complexes in the buildup of the Milky Way that could pldalg generate clusters as
dense and massive as the ones in the Antennae. In their siomslathese mergers largely
happened after the epoch of reionization, when the milky mwagenitor galaxies were
massive enough to host disks of their own. However, thesalations were not run to the
present day, as maintaining this resolution quickly becommmputationally expensive.
Other simulations focused on a potential for them to formom-imass halos prior to the
epoch of reionization (Bromm & Clarke, 2002; Boley et al., 2D0OHowever, once again,
due to computational limitations, these simulations hénes far been only carried out at
high redshifts and do not progress to the present.

The properties of the globular clusters today can be used@slent constraints on
whether the theories are really doing a good job in desailtiireir formation. Ideally, a

theory should be able to explain the origin of the observsttibutions of mass, metallicity,
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age, and positions. In the Milky Way, we have good knowledfyallofour properties,
though all but position are typically derived indirectlydlugh observations of brightness
(mass), color (metallicity, age), and the absence or poesehstars above a certain main
sequence mass threshold (age).

We can start with the mass function, which has been sucdgsgproduced in a num-
ber of studies. The current mass distribution of globulastdrs is significantly different
from the initial mass function of clusters as measured imbsiating mergers like The
Antennae (Fall & Zhang, 2001). This, however, can be expliny the gradual destruc-
tion of globular clusters over cosmic time (Gnedin & Ostrik€997). Prieto & Gnedin
(2008) showed that the globular clusters simulated in K@vi& Gnedin (2005) would
undergo dynamical mass loss and eventually have a log-honass distribution centered
around 16M ., matching observations. However, there is still ongoingade within the
community about whether external or internal processetharenost relevant for the mass
evolution of star clusters (Gieles, 2010).

Though we know that globular clusters are old, it is diffidoljudge exactly how old.
Previous estimates suggested ~20 Gyr, which is older thaagle of the universe as de-
rived from cosmology. Thanks to improved distance measargsnand understanding of
stellar evolution, the estimates have since come down, pad the range of 6 - 15 Gyr
with a typical error of 1 Gyr (Marin-Franch et al., 2009). $tstill means that there is an
uncomfortable tension between the oldest GCs and the ages afrtiverse as estimated
by cosmology (Gnedin et al., 2001). The uncertainty for agi@r@tion limits our ability
to constrain whether the oldest GCs form prior to or after theok of reionization. This
distinction makes a significant difference when attemptindetermine the mass of proto-
galaxies that hosted globular cluster formation, as onlgsive halos can host sufficiently
dense gas after reionization. Some authors have exploeadeh of globular clusters even
being the sources of reionization (Ricotti, 2002; Griffémk, 2010, 2013; Katz & Ricotti,
2013).

Globular clusters are distributed spatially in a sphermalfile centered on the inner
regions of the galaxy. This property was once used to estirtint distance between the

sun and the galactic center. Typically, galaxy clusterstlaoeight to be associated either
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with the bulge or the stellar halo. Their relative positionay offer clues to their formation
mechanisms, though the old age of GCs implies that the orbite had much time to
evolve. Fully self-consistent calculations of orbital kxtaon are difficult in the context of
CDM, but they were attempted by Prieto & Gnedin (2008). In gah®bserved globular
clusters seem to have a more compact spatial distributian What is suggested by the
models of Prieto & Gnedin (2008). However, their calculatialid not take into account
some hydrodynamic effects that may have later brought theulgr clusters closer in to
the galactic center (Naab et al., 2009).

The final well-studied, but not well-understood constrasnthe apparent bimodality
of the metallicity distribution of globular clusters. Thismodality appears not only in
the Milky Way’s system, but also in the globular cluster plgpion of giant ellipticals
(Zepf & Ashman, 1993) and nearby spirals (Zinn, 1985). Chsstge generally divided
into two groups: metal-rich and metal-poor, or alterndtiveed" and "blue”, respectively.
The discrepancy in color comes about because of the distrgpa metallicity. Often,
the two populations are considered separately, though ititernal properties are fairly
similar. One hint stems from the fact that the red clusteestgpically associated with
the "bulge" population that are typically closer to the gatacenter, while blue globular
clusters are associated with the halo (Brodie & Strader60Btudies that attempt to semi-
analytically model the formation of the two population gexlly use different mechanisms
for their formation (Beasley et al., 2002; Griffen et al. 12). The general tendency is for
blue globular clusters to be associated with the old pomrahat may have formed prior
to reionization, with some forming in dwarf galaxies thatevaccreted to the galactic halo.
Red clusters are assumed to be more closely associatedhaifledrly] disk of the main
galaxy. This may imply that globular clusters have an inheage-metallicity relation, but
it is not clear whether this is observed (Forbes & Bridge4®0

Some additional challenges to the modeling community hagently been exposed.
For one thing, if globular clusters were ever associatet detrk matter halos, their appears
not to be much of evidence of this in their internal velocitgpersions, and the dark-to-
stellar mass ratio for several globular clusters has be@astaained to beMpy /M, < 1

(Conroy et al., 2011). Another recent issue has been theatewelthat some individual
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globular clusters in fact have two distinct stellar popigias within them, implying that
their formation could have taken place over several differaursts (Conroy & Spergel,
2011). As the secrets of globular clusters continue to leleanselves to us, it becomes
increasingly clear that understanding them may be the ngdank towards a complete

model of galaxy formation.

1.5 Numerical Simulations

The disadvantage of working in the regime of the early histdithe universe are plentiful

and obvious. Thoughitis possible to observe the universarfit times, and new observing
campaigns yield a rapidly growing sample of galaxies thaeamcreasingly high redshifts,
we are still always limited by the inverse square law of light the relative faintness of
the first galaxies due to the small number of stars that Ihittarm within them.

On the other hand, there is one very significant advantagetkimg in this regime: as
alluded to in the opening paragraphs of this thesis, th&lrabnditions of the universe at
the start of galaxy formation are well understood, and tleeeedefine a fairly well-posed
problem that can be solved ab initio. Data from the Wilkindditrowave Anisotropy
Probe (WMAP) provides us with the best constraints on themsipa rate of the universe,
Ho, as well as the density of matter and dark energy (Komatsl,&t(11). These are the
the numerical parameters necessary to constrain the Faiedmquation, which in a flat

universe simplifies to: 12
'L(;) . (f;;n +0, +§4) (1.3)
WhereQ), 24, 2, are the ratios of the density of matter, dark energy, ancatemh, respec-
tively, to the critical density of the universeél(t) is the Hubble Constant which measures
the expansion rate of the universe as a function of time,Hni$ the value of the Hub-
ble Constant at the present epoch. The latest measurementQ.ar 0.28, 2, = 0.72,
Ho = 70km/s/Mpc, andQ, ~ 0. a is the universal expansion factor, which is defined in
terms of the cosmological redshift,as:a= 1%2 Equation 1.3 then describes the expansion
rate of the universe. We can combine it with the equationydfddynamics, which simply

guarantee continuity of mass, momentum, and energy, asasehle polytropic equation
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of state for the gas:

gpru =0, (1.4)
@+(U-V)UZ—V@—E, (1.5)
ot p
OE
oV UE+PI = —pu- VE+(I-L), (1.6)
€= iE (1.7)
v=1p

Wherep is density, P is pressure,is velocity, ¢ is internal energy, E is total energy,
' is the heating ratel, is the cooling rate® is the gravitational potential, and is the
polytropic index.

Cold dark matter can be represented by numerical Lagrangigicies that only in-
teract via gravity. The only additional equations neededdeern dark matter particles

are:

=uU,— =V, (1.8)

V2® = 4rGp-A. (1.9)

Where the latter is Poisson’s equation in a cosmologicalecantvherep is the to-
tal matter density( is the gravitational constant, andis the cosmological constant for
dark energy. Both gas and dark matter are affected by thetgtiawn induced by Poisson’s
equation. These equations can be embedded into simulatit@scSince the early work of
Evrard (1988), cosmological hydrodynamical simulatioagdbeen a fundamental method
in theoretical astrophysics. For all studies presentediisithesis, | use the Adaptive Re-
finement Tree (ART) code, (Kravtsov, 1999). It employs thamite mesh refinement

technique to discretize gas into a grid of "cells". Each cetliisded into more "child"
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cells if the density becomes sufficiently high, making thiel gispecially fine where high
resolution is needed to capture the relevant physics. Eaoterical dark matter particle
represents an equal mass of material, and together theglprivace the dark matter dis-
tribution. The motions of these particles are computedgisisbody dynamics techniques.
Periodic boundary conditions are employed in each "box" wuenthe conservation of
mass. We simulate a fixed comoving volume, which means tleapiibper physical vol-

ume is different at each time.

The code has undergone decades of development and has phrgteated treatment
of a variety of gas processes. The most recent incarnation far my modifications is
described in Gnedin & Kravtsov (2011). Some of the procetsgde=n into account include:
primordial chemistry, cooling by metals, various heatimggesses, star formation, stellar
feedback by SNe, and coupled radiative transfer. The naditansfer technique employed
is called OTVET, and is described in Gnedin & Abel (2001).

Each simulation begins at- 150, with initial conditions generated randomly from the
known form of the primordial power spectrum for matter asegivoy WMAP. From there,
the simulation marches forward in time incrementally in '#steps”, advancing the equa-
tions for each cell and particle. At some epochs, which caspleeified at the beginning of
each run, the simulation writes a "snapshot" file which carst#tie positions and velocities
of all stellar and dark matter particles, as well the hydroamyical properties of each gas
cell. These snapshots are run through a "halo finder" to genareatalog of the locations
and masses of every region of the universe which meets a mmirequirement for mass
and overdensity.

In the case of the simulations described in Chapters 2 andl8ctgaprofiles were
constructed using the analysis routines of Zemp et al. (ROM2ese profiles were used in
conjunction with all of the raw data about the particles aellsado perform the subsequent
analysis necessary to obtain our results. In the case ofrthdations used in Chapter 4, |
used merger trees from Kravtsov et al. (2004) to trace tleedaevery halo from the time

of formation untilz= 0.
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CHAPTER 2

The effects of Population Il stars on their host galaxies

2.1 Introduction

A natural consequence of Big Bang Nucleonsynthesis is Heafitst stars in the universe
formed from gas that was completely devoid of elements leeakian lithium. Since such
conditions do not exist in any known star-forming regionday star formation in the
primordial regime has thus far only been explored by theowy simulations. From first
principles, it can be deduced that gas which is free of metalgld not be able to cool
efficiently, and would therefore inherently have a higheantemass than stars forming
in metal-enriched gas. Bromm et al. (1999) showed that nietalgas settles into disks,
then fragments into clumps withl; ~ 1M, which undergo runaway collapse to den-
sities ofny > 108cm™3. In a follow-up study, it was shown that this process was sbbu
to initial conditions in Smoothed Particle Hydrodynami&PH) simulations (Bromm et
al., 2002). Using independent Adaptive Mesh Refinement (AR techniques, Abel
et al. (2000) confirmed that such dense clumps and cold pocket indeed form in pri-
mordial gas. Abel et al. (2002) presented even more reakstiulations, and concluded
that single massive stars would form \Hga cooling at the center of these clumps, and the
radiative feedback would halt accretion onto the star amygnmt further star formation
in the parent halo. Subsequent work with higher resoluteaffirmed these conclusions
(Yoshida et al., 2006; O’Shea & Norman, 2007). However, mestudies with both SPH
(Stacy et al., 2010, 2012; Clark et al., 2011) and grid tealnesq(Turk et al., 2009; Greif
et al., 2011) have suggested that angular momentum impantéde gas during collapse
could still lead to fragmentation, causing the cores andrdéiselting stars to be substan-

tially smaller. Ultimately, the next generation of supeemed simulations will need to
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follow the proto-stellar systems for longer periods of tinagth more detailed treatments
of radiative transfer and magnetohydrodynamics, to catechiecisively on the true nature
of Pop Ill stars (Greif et al., 2012).

Though we do not yet have any direct observational evidemd@dp Il stars, we know
that they must have existed in some form, as gas in the ueieesitably transitioned from
having primordial composition to being enriched with enlougetals to allow present-
day star formation to commence. The nature of this tramsiisoof key importance for
understanding the dawn of galaxy formation: if Pop Il stdic indeed form with a top-
heavy initial mass function (IMF), a significant fractionthem may have been prone to
end their lives as pair-instability supernovae (PISNextBSsupernovae generate up to ten
times as much thermal energy as Type Il SNe (Heger & Woos@§2 P, quickly heating the
gas in their host halos. In addition, metal-free stars aletaiproduce enormous quantities
of ionizing photons: a metal-free star will always have aileigsurface temperature than an
enriched counterpart of equal mass (Schaerer, 2002; Taami& Shull, 2000). If the IMF
is indeed top-heavy, the effect is even more drastic as manywould have their emission
spectra peak in the UV regime. Both the supernovae and ti@ngmphotons serve to heat
and disperse neutral gas in the vicinity the star, creatilagge HIl region (Whalen et al.,
2004; Alvarez et al., 2006; Johnson et al., 2007; Abel e8I07), and delaying the onset
of steady, continuous star formation. On the other handNBI®lease a large amount of
metals, rapidly enriching previously primordial gas (W&@&bel, 2008; Greif et al., 2010;
Maio et al., 2011; Wise et al., 2012a), and potentially lagdd quick termination of the
Pop Il epoch (Yoshida et al., 2004). The balance of thestffworks to determine star
formation rates in galaxies and their subsequent evolution

While Pop Il stars are no longer thought to be a major drivahefglobal reionization
of the intergalactic medium (Ciardi et al., 2000; Ricotti &t 2002b; Ricotti & Ostriker,
2004; Mesinger et al., 2009), constraints on the cosmadbglectron scattering optical
depth from WMAP suggest that halos less massive th&M10may have contributed to
the photon budget at the beginning of reionization. In ofdethis scenario to work, low
mass halos must permit the escape of ionizing photons eiéciAlvarez et al., 2012;

Ahn et al., 2012). Pop llI stellar feedback has been explasd mechanism to create
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windows of time during which such high escape fractions aagl@possible (Wise & Cen
2009, but see Gnedin et al. 2008; Ricotti et al. 2008).

We revisit these important conclusions with novel higheteBon cosmological simu-
lations that feature separate star formation criteria adllback prescriptions for Pop I
and Pop Il stars. While we cannot resolve all stages of themdtion, we do resolve the
clumps of gas on a ~1 pc scale which inevitably collapse imj I stars. In addition to
the commonly accepted parameters for Pop Il formation @editback, we also explore
models in which the radiative and SNe feedback are takentegrag values, as well as
models in which the IMF of Pop Il stars is taken to be idertiogPop Il counterparts.

Our analysis in this paper focuses on the dynamical effbetsRop 11 stars can impart
onto their host galaxies. We quantify the ability of Pop tHrs to suppress star formation,
expel gas, and enrich the medium both within and outside efgédaxies in which they
form. Using a wide suite of simulations, we show that maseluti®n and mesh refine-
ment criteria affect the derived importance of Pop Il stdéinsa forthcoming second paper
(Muratov et al. 2013b, see Chapter 3), we will explore the mreatdi the transition between
Pop Ill and Pop Il star formation, and assess the relativeortapce of feedback effects

from the two stellar populations.

2.2 Simulations

We perform cosmological simulations with the Eulerian, dyasmmics+N-body adaptive
refinement tree (ART) code (Kravtsov et al., 1997; Kravtsbt®99, 2003; Rudd et al.,

2008). The latest version of the code incorporates a newghenological prescription

for molecular hydrogen formation on dust grains and seiélging, as well as shielding by
dustintroduced in Gnedin et al. (2009) and developed fuith@nedin & Kravtsov (2011).

Having such a detailed account of molecular gas, as well esllext spatial resolution at
high redshift makes it practical to consider a star formmatiecipe that is also based on
molecular gas. This formulation has previously been shawmuch better reproduce the
Kennicutt-Schmidt relation for high-redshift, low-massd low metallicity galaxies, and
it now enables more realistic simulations of the early ursegTassis et al. 2008; Gnedin

& Kravtsov 2010, 2011). Radiative transfer, including Hygen and Helium ionization, as
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well as Lyman-WerneH, dissociating feedback, is computed using the OTVET approxi
mation (Gnedin & Abel, 2001), employing the same Eddingemsbr considered in that
work. Stellar particles are treated as point sources oatati. Diffuse radiation from the
CMB, Compton heating, recombination, and bremsstrahluntpes@mputed.

For our baseline runs, we use &1 Mpc comoving box and the WMAP-7 cosmology
(Q2m=0.28,0,=072,h=0.7, 0g = 0.817, Q) = 0.046, oy = 0.234). Additional runs
were performed with 0.5 and 0.25h™ Mpc comoving boxes to explore the effects of
mass resolution (hereby referred to as H Mpc and Q Mpc ruspeaively). The details
for each run performed in our simulation suite are presemte8Slection 2.2.3. Numbers
quoted in this paragraph, as well as Sections 2.2.1 and 2f22to our baseline bi™* Mpc
runs. These runs start with a Z5@ot grid, which sets the DM particle massioy =
5.53x 10°M, and the base comoving resolution of 5.56 kpc. We employ lraygjam
refinement criteria, refining cells when the DM mass appratety doubles compared
to the initial mass in the cell, specifically, when it exce@ds mpy x g%";ﬁ x 0.8, or the
gas density surpasses an approximately equivalent valdelated by the cosmic baryon
fraction Q3 x Mpy X %‘;ﬂ x 0.8. In both refinement conditions, the extra factor &8 &
the split tolerance. We use a maximum of 8 additional levélefnement, giving us a
final resolution of 16h™/256/28 ~ 22 comoving pc. Since we are studying high-redshift
galaxies, it is important to note that this translates touat®ophysical pc at the endpoint
of our simulationsz=9, and 1 physical pc &= 20 when the first stars begin to form.
This spatial resolution is sufficient to capture the dethiheulti-phased structure of the
interstellar medium (ISM) (e.g. Ceverino & Klypin 2009).

In order to simulate several representative regions of tirgeuse, we employ the "DC
mode" formulation presented in Sirko (2005) and Gnedin ef24111). Running simula-
tions with different DC modes allows us to sample cosmolalifycover- and under-dense
regions without actually changing the total mass withinhgaax. A single parametekpc,
which is constant at all times for a given simulation box resents the fundamental scale
of density fluctuations present in the box. At sufficientlylgdéimes, when perturbations
on the fundamental scale of the box are in the regime of ligeawth, Apc is related to the

overdensityppc(a) = D.(a) Apc, whereD. is the linear growth factor. The expansion rate
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of the individual box relates to the expansion rate of theensie by the following relation,

which is Equation 3 of Gnedin et al. (2011):

Auni

" [1+ AoeDs ()] &)

Apox

where ayox IS the local scale factor of the simulation box, whég, is the global ex-
pansion factor of the universe. For this study, we have usegktdifferent setups with
Apc =-2.57,-3.35, and 404, labeled 'Box UnderDensg 'Box UnderDense+’ and 'Box
OverDense’, respectively. At the endpoint of our simulasicz = 9, these values trans-
late to overdensities @b = —-0.257,-0.335, and 04, respectively. Boxes UnderDense
and UnderDense+ have negative DC modes, implying they aterdanse regions of the
universe. However, while Box UnderDensis representative of a void, and hosts only
low-mass galaxies which collapse relatively late, Box Uisense+ hosts the first star-
forming galaxy among all three simulation boxes. This gglexalso more massive than
any of those in Box OverDense urttiks 13.

Box OverDense hosts several massive star-forming galamesh statistically domi-
nate the sample of simulated galaxies. The H Mpc and Q MpcsagedApc = 5.04
and 6.11, respectively. These runs are primarily desigonezkplore the earliest possible
epoch of Pop Il star formation, tracing only the most overskeregions with even higher
mass resolution. None of our simulations continue pas9, as the boxes are too small to
capture the nonlinear growth of large-scale modes at lqtecles.

We construct catalogs of halo properties from simulatiotpots using the profiling
routine described in Zemp et al. (2012). We take the viridlug,R;;, as the distance from
the center of a halo which encloses a region that has an av&tdef 180 with respect to

the critical density of the universe.

2.2.1 Population Il star formation

Following Gnedin et al. (2009) and Gnedin & Kravtsov (201 set the threshold for
Pop Il star formation in a gas cell when the fraction of molacinydrogen exceeds the

thresholdfy, = 2n,,/ny = 0.1. Tests described in the above studies showed that the ex-
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act value of this threshold was not important for overall $temation rates, but mainly
regulated the number and mass of stellar particles produthd simulations performed
in that study employed a non-zero floor (minimum value) ofdist-to-gas ratio in cells,
which was meant to account for unresolved pre-enrichmenteSur current simulations
spatially resolve regions where the first stars are expectédrm, it is unnecessary and
inappropriate to use such a floor. This means that in our s, to the metal feedback
from the first generation of stars, only primordial chenyiss used inH, formation reac-
tions. We find that such primordial reactions with our resiolu do not yield molecular
fractions fy, > 0.01 on relevant timescales. Therefore, in order to form trs {fPop Il1)
generation of stars, a separate prescription is requirddsaoutlined in the next section.
In cells where the molecular fraction exceeds thethreshold, Pop Il stellar particles
are formed with a statistical star formation deldyse = 10’ yr, implemented by drawing
a random numbe®, between 0 and 1, and forming stars onlypit- exp(—%), where
dt is the length of the timestep at the cell’s refinement levedctEparticle represents a
stellar population with a Miller & Scalo (1979) IMF from 0.1Mo 100 M,. The mass of

a stellar particle is determined by the following the redati

. €
P = = ph,. (2.2)

TSF

The star formation efficiency per free-fall time is settp=0.01, based on recent results of
Krumholz et al. (2012). We use a constant star formationgtakerse = 8.4 x 10° yr cor-
responding to the free-fall time at hydrogen number density 50 cnT®. This approach
differs from Gnedin & Kravtsov (2011), where the timescalasvwcomputed by using the
physical density of molecular clouds. However, we find thadur simulations the density-
dependent timescale instills a strong resolution depesalen the star formation rate. Pop
Il stellar particles are treated as statistical ensemblestaws for which the appropriate
metal yield and fraction of stars to go supernovae is contphieintegration of the IMF.
The number of SN Il explosions is 75 per*M, formed, while the amount of SN Il metals
generated by a stellar particle isl% of its initial mass. Each supernova releasesi?b?

erg thermal energy which is deposited over the course 6f/f.Following the notation of

28



Hummels & Bryan (2012), this implies fraction of the rest masergy of stars which is
available for thermal SNe feedbackEsy/Mc? = 8.4 x 1076, This value is relatively high,

but consistent with values chosen by other researchers h&lsn& Bryan, 2012).

2.2.2 Population Il star formation
Formation criteria

We model the formation of Pop Il stars based on criteriawa&tifrom simulations of Abel
et al. (2002). These authors showed that once the core derisat proto-cloud reached
1000 cm?, further collapse to a massive stellar object was imminefalyzing their
results, we found that for gas at any given densifypast this threshold, the time of collapse
to a stellar core is approximately six times the free-fatlaifor that density, ¢ (ny). This

collapse time is 9 Myr fony = 1000 cm® and scales as.”?

. For our fiducial runs, we
USeny min = 10000 cn® as the threshold ardise = 2.8 Myr as the statistical star formation
delay, simulating the collapse time. This value is lowenttfae one used for Pop Il stars.
This density threshold value was chosen to ensure Pop tH wtauld form primarily when
cells have been maximally refined, but is low enough suchttietollapsing gas clouds
are still fully resolved in our simulations. Further dissis is presented in Section 2.2.3.

We also set a threshold for the minimum fraction of molecligdrogen at 1G to
reflect that primordial gas clouds must cool primarily viavibrational transitions oH,
to form the first stars (Couchman & Rees, 1986; Tegmark et @87l The precise value
of this threshold is rather arbitrary, as we do not attemphtmlel the actual chemistry of
stellar core formation. We have chosen this value becausdatver than, but close to
the typical value for the molecular hydrogen fraction indsalense primordial gas around
z=20, which we have found empirically to bex2073 (see Section 2.2.3 and Figure 2.3). A
minimum threshold for molecular fraction ensures thatthedissociating Lyman Werner
radiation from recently-formed Pop Il stars will realisaily suppress further Pop Il star
formation in the region.

Pop Il stars form in gas that has metallicity lgg/Z. < —3.5. This threshold is
chosen to match the critical metallicity discovered by Brort al. (2001a), and has held

up in later studies (Smith et al., 2009). Though the exaateval this critical metallicity
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is still uncertain and can be affected by the presence of(@sukai et al., 2005), we find
that it is not very important as the majority of Pop Il stacsrh in truly primordial, or
nearly primordial gas. Compiling all of our simulations, weihd that only ~10% of Pop
[l stars form with log,Z/Z. > -5.

We summarize the formation criteria for Pop Il stars witle fiollowing set of equa-

tions,

Ny > Ny min = 10F cm™
fr, > frpmin= 10°3

l0g,0Z/Z- < -3.5. (2.3)

Values given for each variable represent the fiducial clsice
IMF and supernova feedback

The IMF of Pop Il stars is currently a hotly debated and actiwea of research. It is
still unclear whether the high Jeans mass of primordial gaslts in a top-heavy IMF as
predicted by early studies (Abel et al., 2002; Bromm et #@9% Yoshida et al., 2003),
or if the angular momentum and radiative effects duringlirdan fragment the cloud and
generate relatively low-mass cores (Greif et al., 2011¢\s# al., 2012; Hosokawa et al.,
2011; Clark et al., 2011). Itis even likely that the Pop Il IM&n be considerably variable
depending on environment (O’Shea & Norman, 2007) and idilozatate of the collapsing
gas (Yoshida et al., 2007). We choose not to explore variaatyic forms for the IMF,
as constraining it is beyond the scope of this paper. Insteadconsider that the main
way by which the Pop lll IMF can influence galaxy formation,contrast to the known
Pop Il IMF, is by enhancing the output of ionizing radiatiardghe number and intensity
of supernovae. In particular, PISNe, which are hypoth#yigaausible from stars in the
mass range 149260M,, (or for lower masses if rotation is considered, see e.g. yStac
et al. 2013), would potentially be dramatic singular eventthe evolution of any galaxy
(Bromm et al., 2003; Whalen et al., 2008). To account for theuaence of PISNe we

use two different particle masses for Pop Il stars. Everylpdormed Pop Il stellar
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particle is randomly assigned to be either a 170 #ar, which is to explode in a PISN,
or 100 M, star, which only generates a mild explosion before collaganto a black hole
(Heger & Woosley, 2002, 2010). The proportion of these twmetyof particle mass and
fate is governed by a single paramet@y,sy, Which is the fraction of PISNe progenitors
(170M,, stars) that form when the Pop Il star formation criteria aret. In our fiducial
runs, we sebp sy = 0.5. This value was chosen to test the maximum possible imgact o
PISNe on galaxy evolution, and probably represents the topdteavy the primordial IMF
can possibly be. Since the atmospheres of Pop 11l stars eeeofrmetals, they are unable
to drive stellar winds and therefore do not enrich the ISMny aay other than through
supernovae. Pop Il stars which have masses too low to peo8dte are ignored in our
model.

For our fiducial value ohy min (as well as all other parameters considered in Section
2.2.3), we found that the gas mass in a maximally refined telka20 is sometimes not
sufficient to form a 170M star. Therefore, we prevent further refinement in metad-fre
cells that have; > 0.5n4 min and whose splitting would leave insufficient mass to form the
star. Through tests, we have checked that this refinemenictas) never artificially slows
down Pop Il star formation. It becomes especially relevarihe super-Lagrangian runs
discussed in Section 2.2.3 and in the H and Q Mpc boxes whiwdrémtly have very high
resolution.

The PISN from a 170M star releases 2¥ 10°* erg of thermal energy, as well as
80M,, of metals into the ISM (Heger & Woosley, 2002). As suggestgdMise & Abel
(2008), we use a delay of 2.3 Myr from the formation of a 170 phrticle to its PISN
event, representing the main sequence lifetime of this ofstar (Schaerer, 2002). After
the supernova goes off, the cell which hosts it often windsvitp super-solar metallicity.
The cooling functions employed in our code are not accuratehfese high-temperature
high-metallicity conditions associated with the early pés of supernova remnants. We
found that while the blastwave expanded regardless of venethnot cooling was turned
on, the inner regions of the supernova remnant overcooled.th&refore turned off all
metal cooling for gas at temperatures higher thatkl@ccording to the models of Heger

& Woosley (2002), a 170M star is completely disrupted by its PISN event, and all gas
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mass from the stellar interior would be ejected into the 18&l/ing no remnant. The ejecta
then consists of 80 M of metals from the core, as well as the primordial envelop&iwh
is 22 M., of He and 68 M, of H.

A 100M,, star does not explode as a PISN, but its actual fate is stidexain and
depends on the details of the stellar rotation and magntetictare (Heger & Woosley,
2010). Before undergoing core collapse, such a star woyldreance thermonuclear pair-
instability pulses that would eject the outer layers of H &lej with possible traces of the
elements C, N, and O. The energy released in such pulses is ofdler or smaller than
the energy of a normal SN type Il. If the remaining core hasughorotation to trigger
a gamma-ray burst in the collapsar model (Woosley & Heget220it may then lead to
a powerful explosion with over Perg of energy and the ejection of significant mass of
metals. Without rotation, the core may drive a weak collapsgalosion or no explosion at
all, when all the remaining mass recollapses. Given thesertainties, and to contrast with
the case of a full PISN explosion for the 17QMtars, for the 100 M stars we assume that
no substantial metals are deposited into the ISM and thaketkased energy corresponds
to a standard SN type II. About 50JVof gas is released into the ISM, while also leaving
behind a remnant black hole of ~5Q.M

To prevent artificial radiative losses, PISN energy and regega are distributed within
a sphere of constant density, with a radius 1.5 cell lengtéstered at the middle of the
PISN host cell. Each of the 27 cells within such a sphere,isting of the star’s host cell
and its immediate neighbors, receive a dose of energy analmeh gas proportional to
the actual volume of the cell contained within the sphereis Phescription is physically
motivated as we found that our typical timestep (about 4%&\oo coarse compared to the
typical timescale of the early free expansion phase of thegaihant. For example, it takes
the ejecta ~500 yr to traverse half of the typical Pop Il stast cell length (4.5 pc) at-20
if it travels at the free-expansion velocity. This veloagycomputed here by assuming that
all of the PISN energy of 2% 10°! erg goes into kinetic energy of the ejecta. In practice,
we found that this model did not significantly affect the gedm of the blastwave relative

to simulations where we injected the metals and energy istogle cell.
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Radiative feedback

In addition to the supernova feedback, all Pop Il stars reveanced radiative feedback
relative to Pop Il counterparts, due to the lack of metalshigirtatmospheres (Schaerer,
2002). We use the same spectral shape for the ionizing fekdifaall stellar particles
(the Pop Il SED from Figure 4 of Ricotti et al. 2002a), whiclstecharacteristic energy
of 21.5 eV for ionizing photons, however we enhance the tagiautput of Pop Il stars
by a factor of 10 relative to Pop I, following Wise & Cen (200%fter a Pop Il stellar
particle undergoes supernova, radiative feedback fronstidneis completely shut off. On
the other hand, Pop Il stellar particles shine according lighda curve fit from Starburst
99 model results (Leitherer et al., 1999). This light cureasists of a flat component for
the first 3x 10° yr, followed by a steep power-law falloff. Radiative feedkdrom Pop

Il stellar particles becomes insignificant aftex 30’ yr. Since Pop |l stars shine longer
than both types of Pop lll stars, the factor of 10 radiativeaertement does not translate
into a proportionally higher number of ionizing photons piétime. Pop Il stars emit
6,600 ionizing photons per stellar baryon per lifetime. ur éducial runs, Pop Il stars
emit 38,800 and 34,500 photons per baryon per lifetime ferltt0 M, and 170 M, stars,

respectively.

2.2.3 Convergence Study & Setting Fiducial Parameters

In this section, we describe the test runs that justify thenenical setup and the choice
of parameters for our main runs. Since the Pop Il star foromatecipe described above
is one of the critical components of our study, we focus otirtgsghe key elements of
this model. In Table 1 we list the details of the simulatioesf@rmed in our suite. Box
OverDense has many more potential sites for Pop IlI star dtion than the other h™
Mpc boxes, and therefore serves as the best testing grousdmportant to keep in mind
that while every parameter we test has an effect on Pop Hfstaation, the most drastic
differences between the simulations are caused by theebbiaitial conditions. The role

of cosmic variance will be explored more comprehensivelZimapter 3.
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Table 2.1: SMULATION RUNS OFCHAPTER?2

Run

Description

Base grid /max dx (pc) mpm(Mo) Ny min(cm3)

Convergence study

UnderDense _noSF_7
No star formation
UnderDense _noSF_8
No star formation
UnderDense_noSF_9
No star formation
UnderDense+_noSF_7
No star formation
UnderDense+ noSF_8
No star formation
UnderDense+ noSF_9
No star formation
OverDense_noSF_7

No star formation

256° 7
256° 8
256° 9
256° 7
256° 8
256° 9
256° 7

44

22

11

44

22

11

44

5500

5500

5500

5500

5500

5500

5500



Ge

OverDense_noSF_8 256° 22 5500 -

No star formation

OverDense_noSF_9 256° 11 5500 -

No star formation

OverDense_noSF_HMpc 256° 11 690 -

No star formation, 0.5 Mpc box

Fiducial runs

UnderDense_nH1l1e4 fid 256° 22 5500 10000
Underdense box with no massive galaxies, fiducial paraseter

UnderDense+_nH1le4 fid 256° 22 5500 10000
Underdense box with one massive galaxy, fiducial parameters

OverDense_nH1e4 _fid 256° 22 5500 10000
Overdense box, fiducial parameters

Density threshold study

OverDense_nH1e3 256° 22 5500 1000
Lowest density threshold for Pop Il star formation

OverDense_nH5e3 256° 22 5500 5000

Low density threshold for Pop Il star formation



9¢

OverDense_nH2e4 256° 22 5500 20000
High density threshold for Pop IlI star formation

Mass resolution & refinement criteria

OverDense_SL7 256° 22 5500 10000
Super-Lagrangian refinemento

OverDense_SL5 256° 22 5500 10000
Aggressive super-Lagrangian refinemer&0

OverDense_HiRes 512 22 690 10000
Higher mass resolution

OverDense_HMpc 256° 22 690 10000
0.5h™ Mpc box

OverDense_HMpc_HiRes 256° 11 690 10000
0.5h™ Mpc box, higher spatial resolution

OverDense_HMpc_SL5 256° 22 690 10000
0.5h™ Mpc box, super-Lagrangian refinemens0

OverDense_QMpc 256° 5.5 86 10000
0.25h™* Mpc box

Alternative physics

OverDense_ExtremeSN 256° 22 5500 10000

Extreme PISNe (Section 2.2.3)
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OverDense_ExtremeRad 256° 8 22
Extreme Pop lll radiation field (Section 2.2.3)

OverDense_LowMass 256° 8 22
Pop Il IMF and feedback mirror Pop Il (Section 2.2.3)

5500

5500

10000

10000

Column 1.) Name of the run;

2.) Base grid, number of DM particles, number of root cells;

3.) Maximum number of additional levels of refinement;

4.) Minimum cell size at the highest level of refinement in cwng pc;
5.) DM particle mass in M;

6.) Minimum H number density for Pop Il star formation in €

7.) Further description of the run. sideways



Density threshold for Pop Il star formation

First, we choose an appropriate value for the density tlolestor creating Pop Il stars.
In Figure 2.1, we examine the high-density end of the voluim@trobability distribution
function (PDF) of the hydrogen number densityaat 0.085 (= 10.8). In order to test
the properties of the primordial gas from which the first steorm, we ran a special set
of simulations with no star formation or chemical enrichigans OverDense_noSF_8,
UnderDense+_noSF_8, UnderDenseoSF_8, as well as additional versions of each with
one more and one fewer maximum level of spatial refinementjough the total mass
of gas in each box is the same, only gas in the most massive hakcollapsed to this
density regime, meaning that the PDFs are very sensitiveeto@imber and nature of such
halos. The PDFs of Box OverDense and UnderDense+ are offseffdictor of ~5 at all
densities, while the UnderDenséox is offset from Box UnderDense+ by another factor
of ~5. This difference is also seen in the maximum densityeseld in each box. For our
fiducial resolution of 8+8 levels, all three boxes are ableetch a density of at least 10000
cm™ by a=0.085, giving us enough time to study star formation in every before our
stopping point o =0.1.

Based on these results, we chogg,i, = 10000 cm® as our fiducial value for the den-
sity threshold. In addition to the constraints obtainedrfrine PDF, other considerations
went into this selection. A lower value would suffice to meat proto-cloud collapse
criteria, but would result in all Pop Il stellar particlesrining before cells are maximally
refined. Such an outcome is poor practice in hydrodynamialgitions, as subgrid physics
is being invoked on scales where the resolution is still gendugh to self-consistently
capture relevant physical processes. On the other haml ashigher threshold would
allow the maximally refined cells to reach densities beydwdrésolving power of the sim-
ulation. When such conditions are reached, either furthi@mement or subgrid physics
should already be in use. In addition, using a higher detisigshold in our test runs often
led to Pop Il stars forming in bursts (in the same timestameaighboring cells). We do
not speculate here whether such bursts are physicallyiplaws not, but the scales neces-

sary to model this process properly are certainly unresbir@ur simulations. We suspect
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Figure 2.1. The distribution function of hydrogen number density fanswithout star formation at=0.085
(z=10.8). Blue lines are for Box UnderDensgaed for Box UnderDense+, black for Box OverDense. Dotted
lines are for 8+7 levels of refinement, solid lines for 8+&ttdashed lines for 8+9. The long-dashed green
line represents our chosen density thresimplghi, = 10000 cm?®. All runs with at least 8 levels of refinement
have sufficiently dense gas to form stars by this epoch.

that higher temporal or spatial resolution would reveat feadback from the first star in
a cell would suppress, or at least delay further clusteradfetmation, as thél, photo-
dissociation timescales due to internal Lyman-Wernerliaell from a single 100 M star
within a given star-forming clump are typically shorter ththe clump’s free-fall timescale
(Safranek-Shrader et al., 2012).

To determine the ultimate effect of the density thresholdPap 11l star formation,
additional runs were performed withy min = 1000, 5000, and 20000 ¢iusing the Box
OverDense initial conditions. Varying this threshold byaatbr of 20 changes the scale
factor at which the first star forms only from= 0.0463 toa = 0.0483, or from redshift
z=206 toz=197. In theny min = 1000 cm® run, the density threshold is reached at a
lower level of refinement from the other cases considerddyalg the first star to form
sooner. The variation in the other three runs is only fram0.0480 toa = 0.0483. Such
marginal differences demonstrate that for a given set @firgonditions, our actual density

threshold criterion for the formation of Pop Il stars hdidi effect on when and where they
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Figure 2.2. PDF for most massive galaxy in Box OverDens@&at0.05 (z= 19) with star formation (solid,
run OverDense_nH1e4 fid) and without star formation (dipttan OverDense_noSF_8). The Pop Il star
that recently formed at the center of this galaxy has tenmppdepleted it of the dense gas needed to continue
star formation.

form. In each of these runs, only a single Pop Il star fornredach box befora = 0.05,
and the total number of Pop Ill stars varied between 4 anda5=d2.055. Based on these
tests, we have determined that the total number of Pop I &éamed had little correlation
with the density threshold within the considered range.

After the first star forms in a given halo, the gas density carsignificantly reduced
near the center, quenching further star formation. FiguBed2monstrates this effect in
run OverDense_nH1e4 fid. The PDF of this galaxy is depletddgh density 10 Myr
after a PISN explosion. The corresponding galaxy from thewithout star formation,
OverDense_noSF _8, is also shown for reference. While ttexgah OverDense_noSF_8
contains some dense gas abayve= 10 cn1?, it is depleted in our fiducial run. Since this
density is nowhere near amy, mi, that we have considered in our tests, we can conclude

that Pop Ill stars will not form in quick succession in thidda
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Molecular Fraction

Another component of the Pop Il star formation criteriorthie requirement of a minimal
fraction ofH, in the host cell. To determine what value of tHe threshold makes sense
in the context of these simulations, we examine the moledtdation of hydrogen as a
function of density in the runs without star formation at #y@och ¢ ~ 20) when gas is
beginning to reach densities closerigmin. Figure 2.3 shows that the molecular fraction
in primordial gas generally increases with density, butisgties abovey ~ 10 cn1®. The
saturation value ofy, grows slowly with time in the absence of star formation, andsi
not appear to depend significantly on spatial or mass raeoludur fiducial choice of 16

for the minimalH, fraction does not exclude dense gas from forming stars irrany, as

long as little Lyman-Werner radiation is present.
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Figure 2.3. Molecular fraction of hydrogen vs. number density for thBex OverDense runs using different
resolution without star formation a = 0.05 (z= 19, runs OverDense_noSF_9, OverDense noSF_8, and
OverDense_noSF_7 are black triangles, red circles, amilgsquares, respectively). The medigrfraction

in each density bin is indicated by a triangle, while the etrars show 25th and 75th percentile levels.
At this epoch, when the first stars would normally be formingr fiducial resolution of 8 levels has the
same molecular fraction as if we were using one more or onerfdevel of refinement, and the points
actually lie directly on top of each other fap; < 10 cni®. Run OverDense_noSF_HMpcat 0.05 (green
filled triangles) has lower values and wider spreadigffraction forny < 10° cm™ but converges with the
other runs at higher densities, demonstrating a lack of miég®ce on mass resolution. Also shown is run
OverDense_nH1e4_fid where star formation has already tpleee bya = 0.05 (blue filled circles). Since
the gas has been enriched by a PISN, molecular gas can forochtlower densities. Light red and light blue
points trace out thél, fraction in every single cell for run OverDense_noSF_8 andrDense_nH1le4 fid,
respectively.
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Super-Lagrangian Refinement

Since we have demonstrated resolution dependence for tkiewna density of gas within
a given galaxy, it is expected that refinement criteria cqéy a role in controlling when
gas in the simulation first reaches thgmi, threshold. To test this, in some of our runs
we employ super-Lagrangian (SL) refinement criteria. Tipgraach dictates that the re-
finement threshold between subsequent levels is lowered dpnstant factor, granting
a more effective zoom-in on the densest regions at earheedi The refinement crite-
ria in a cell can be written as 2 mpy x s%& x X x 0.8 for the dark matter mass, and
0.3 X Mpy X s%fﬂ x X* x 0.8 for the gas mass, whefas the level of the cell which is to be
refined. In this formalisnX = 1 implies Lagrangian refinement as described at the begin-
ning of Section 2.2. We have tried runs with very aggressiveedinement K = 0.5, run
OverDense_SL5) and less aggressive refineméent@.7, run OverDense_SL7). Running
these simulations in Box OverDense Wit min = 10000 cn®, we found that the epoch at
which Pop 1l stars first appear is pushed back fram0.0478 toa = 0.0456 withX = 0.7,
and toa=0.0435 withX =0.5. This demonstrates that the use of SL refinementis an impor-
tant numerical tool for exploring the earliest epoch of $temation in a given simulation
box. However, using SL refinement produces an enormous nuafkb@gh-level cells:
ata = 0.05, run OverDense_SL5 has a factor of 4000 more maximallpedfcells than
run OverDense_nH1e4_fid. This drastic difference makeSthemulations prohibitively
expensive soon after the first stars form.

Therefore, we use these SL runs to study Pop Il star formattdhe earliest possible
epochs, when the mass of the halos that hosted them was lavglerior PISNe to have

their maximal effect.
Increased Mass Resolution

We test the effects of mass resolution by setting up one rtim5diZ8 initial grid, giving a
DM particle mass of 690 M. We use 7 additional levels of refinement, therefore grantin
us the same maximum spatial resolution as in the fiducial 256 Having consistency in
spatial resolution allows us to test the effects of masduésa alone. All other numerical

parameters are kept consistent with run OverDense _nHk4 fi
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The increased mass resolution has several immediate mtipls. Since we now re-
solve halos of mass £M ., with over 1000 particles, we can better probe the regime &her
the very first Pop Il stars are expected to collapse in pgatiactic 'minihalos’. Indeed, the
epoch of formation of the first star in the box becoraes0.0427 in a halo of 5x 1P M,
(compared t@=0.0481 andVl, = 7.5 x 10° M, in run OverDense_nH1e4_fid). The higher
mass resolution effectively means that there is more powedhe small scales responsible
for the growth of halos in this mass regime. Due to the highpaiational cost of this run,
we have only advanced it = 0.055.

The effect of increasing mass resolution is further exmldreough runs using the H
and Q boxes of 0.6 Mpc and 0.257! Mpc in size. Applying the 256base grid to these
boxes gives us a DM particle mass of 690 leind 86 M,, respectively. We find that the H
box (run OverDense_HMpc_HiRes) produces a Pop Il stax9.0456 in a halo of mass
1.5x 10° M, while the Q Mpc box (run OverDense_QMpc) does not produce wontil
a=0.0473. Using SL refinement in the HMpc box (run OverDense_HMgi9 allows us
to see a Pop Il star forming in a810° M, halo.

The earlier formation epochs and lower mass of halos hoshedfirst stars in the
H and Q Mpc boxes, compared to the fiduciah® Mpc runs, show that it is crucial
to have high enough mass resolution to capture Pop Il standtion in halos close to
10°PM,. It has been previously shown that halos less massive tharthteshold will
not achieve significant enoudth, abundances to trigger Pop Ill star formation at earlier
epochs (Yoshida et al., 2003). The further significance isfrttass range will be explained
in our Results section. Figure 2.4 shows explicitly how vagyrefinement criteria, spatial

resolution, and mass resolution affected the lowest plessibss for a star-forming galaxy.
Low Mass Pop Il IMF

We present one simulation, run OverDense_LowMass, whiels dot rely on a top-heavy
IMF for Pop Il stars. The conditions for Pop Il star formatiin this run are similar to our
fiducial top-heavy recipe in that we use the same threshglg, to determine which cells
are allowed to form stars. However, the stellar particle seasare drawn from the same

IMF as for Pop Il stars. This run explores the possibilityttRap 11l stars were ordinary
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Figure 2.4. The least massive galaxy to host a star in various runs vsmihanum comoving cell size
employed in the run. The colors indicate the simulation biag:s1h™ Mpc (black), 0.5h™* Mpc (red), or
0.25h™* Mpc (blue). The shape of points indicates the refinemergrioit employed in the box, with open
squares for Lagrangian refinement, filled triangles fat’ GBL refinement, and open five-pointed stars for
0.5¢ SL refinement.

low-mass objects. Whenever the density in a given cell excéeel threshold, the star

formation rate is determined according to the followingatin:

. €ff
Px = — Pgas (2.4)
TsF

wherepgyasis the mass density of all gas in the cell. This relation isilsinto equation 2.2,
but does not explicitly use molecular hydrogen. This modifan is necessary because
primordial gas can reach densities above our star formaticshold, but cannot become

fully molecular without the presence of dust.
Extreme Pop lll Feedback

To isolate the relative impacts of the feedback effects, avetoy simulations using exag-
gerated values for the PISN energy and ionizing photon yiétdone run, called Over-
Dense_ExtremeSN, PISNe released 27! erg of thermal energy, a factor of 10 larger

than in all other runs. The extreme ionizing simulation M&mse_ExtremeRad had in-
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stead an additional factor of 10 boost in the ionizing phdtexiof Pop 11l stars, giving the
100M, and 170M, stars 388,000 and 345,000 photons per lifetime, respégtiVeéhile
these models are too strong to be consistent with any pw@dlistsults, using them allows

us to explore the most extreme effects of Pop Il feedback.

2.3 Results

Pop IlI stars in our simulations begin to form in halos of md&s> 1P M, starting at
a~ 0.045 @~ 212) in accordance with expectations from prior work (Yoshataal.,
2003). Figure 2.5 shows the mass of host halo in which eachlliPstar formed. Pop
Il stars begin forming in most of these halos shortly thaexabut are not shown in this
plot. In the 1h™* Mpc runs, the halo mass for first star formation is close toMJQ.
This mass is an order of magnitude larger than that of theshltsting the first stars
in the simulations of Wise et al. (2012a) and Greif et al. @QH&nd those preferred by
theoretical considerations (Tegmark et al., 1997). Conseily those authors also find
an earlier epoch for the formation of the first stars. Gives tine extra mass resolution
granted by the H Mpc box allows us to see star formation iW\.0 halos, we infer that
our fiducial 1h™* Mpc runs are not properly resolving the very first star-fanmiminihalos.
Rather, they are more generally simulating Pop Il star faron in an early population
of galaxies. The fraction of star-forming halos in run OverBe_nH1le4 fid &= 0.07
(z=13.3) was only 1% in the mass range®M,, < M, < 10’M,,, but it reached 65% for
M, > 10'Mg. In run OverDense_HMpc_HiRes, these numbers increaséisamtly to
15% for 16M, < My, < 10'M, and 100% foMy, > 10’ M,,. In addition to the resolution
effects, the suppression of star formation in thé tb01L0’ M, range is also plausible in the
regime of a moderate Lyman-Werner background (e.g. Mad¢hatal. 2001; O’Shea &
Norman 2008; Safranek-Shrader et al. 2012).

It is worth noting that the ratio of star-forming galaxiestire range 10M,, < M;, <
10°M,, falls off gradually with time in run OverDense_nH1e4_fid.changes from 65%
ata = 0.065 to 20% ata = 0.1, suggesting that halo mass alone is not a good proxy for
determining whether a galaxy can achieve the high denstgyired for our Pop Il star

formation criteria. One potential cause of the change isdtbereased physical spatial
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Figure 2.5. Each Pop Il star's host halo mass at the time of formation tfse scale factor at which
the star formed for run UnderDensenH1e4 fid (blue), run UnderDense+ nH1le4 fid (red), runrOve
Dense_nH1e4 fid (black), and run OverDense_HMpc_HiRe&hadid not go pasa = 0.075 (green). Ad-
ditional points for the halos hosting the first stars fromtreatthe runs used for Figure 2.4 are also included,
with the same color and shape scheme. In obfIMpc runs, Pop Ill star formation happens almost exclu-
sively in halos between 104, and 1§ M. The additional mass resolution in run OverDense_HMpc g4iR
makes it possible to see that the first Pop IlI stars form insidketween 1M, and 10 M. The average
mass of Pop Il star-forming halos increases slightly withet. When multiple Pop Il stars form within a
galaxy in a very short time interval, points on the plot areugred into a clustered shape.

resolution at later epochs, but according to our study ofgae in the first star-forming
galaxy shown in Figure 2.3, the factor-of-two differencespatial resolution achieved by
using one fewer level of refinement does not preclude gasfeaiching the fiduciaty mi, =
10 cm@ threshold. The difference is more likely to be rooted in theleation of physical
density in halos of a given mass. For halos betweehah@ 16 M., the average matter
density within the virial radius changes from52 102M_, pc® at a = 0.065 to 68 x
103M, pc® ata= 0.1, due to the expansion of the universe. Even the densityirwiitie
central 100 pc of these halos changes froi8M., pc3to 0.34 M., pc 3 between the same
two epochs.

Very few Pop Il stars formed in halos withl,, > 10°M,, because such halos have
already been enriched to metallicities above, }@jZ., = -3.5, allowing for normal star

formation to commence. In many cases, halos With> 3 x 10’ M, had earlier formed
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one or more 100M Pop Il stars, which shut off star formation temporarily lolid not
enrich the galactic gas, allowing it to remain pristine aondtmue forming Pop Il stars.
Another major exception occurs in run OverDense_nHle4nfalgalaxy that has already
formed a significant number of Pop Il stars that have in tumiceed the ISM terminating
further Pop Il star formation. However at= 0.095, this galaxy undergoes a major merger
with another massive halo, causing low-metallicity gashia duter part of the galaxy to
collapse, thereby triggering a burst of Pop Il star forraatihich appears as a cluster of
points withMy, = 5x 10° on Figure 2.5. All of these stars form with metallicities anadl
the critical log,Z/Z. = —3.5 value, suggesting that their existence is sensitive todhes

of this threshold and therefore should not be treated as ergkresult.

2.3.1 Effect of Pop Il stars on their host galaxies

The strong ionizing flux of Pop 11l stars and enormous enenggations from PISNe have
been shown in previous work to significantly alter the ISMIu#it host galaxies. Here we
explore such effects during time when Pop 11l stars are theidant drivers of feedback.

In Figure 2.6 we show that there is a significant variationha potential effect of
Pop Il stars on their host galaxies depending on the galaagsm In halos witiMy, <
3x 10°M, Pop Il stars can temporarily evacuate the gas from thexgadéad the metals
from PISNe are ejected past the virial radius into the irgkgtic medium (IGM). On the
other hand in halos witM;, > 3 x 10° M, the metals are confined within the virial radius,

and there is little movement of baryons beyond the virialuad
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Figure 2.6. Though metals from PISNe are ejected past the virial radhesy do not stay there for long.
Plotted here are the radii enclosing 80% of the metals prediirc the galaxy, as well as the radii where the
enclosed mass of baryons divided by the virial mass equéis &Qthe universal baryon fraction. Each line
represents a galaxy as it evolves in time, beginning at tbeleprhen the first star forms. Within 50 Myr of
the PISN event (denoted by five-pointed stars), most of tiseaga metals have begun to recollapse, or are
at least enclosed within the virial radius once again. Thgimam extent of metal propagation is strongly
regulated by galaxy mass. The distance between two poirgadmline corresponds to 10 Myr.
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Figure 2.7. The evolution of the baryon fraction vs. the evolving halossiaEach line traces a galaxy
from the time of formation of the first star. The baryon fractis computed within the virial radius, and is
normalized by the universal valug y,. While supernovae initially cause a depletion of baryonsalagies
of My, < 3x 10°M,,, this depletion is only temporary. In galaxiesMf, > 3 x 10° M, there is no strong
evidence that PISNe are able to deplete baryon fractiongatia is the same as in Figure 2.6, with the
addition of triangles to represent SN Il produced by 1090 Rop 111 stars.

This divide can also be seen in Figure 2.7, which shows thgolpafraction computed
within the virial radius for thirteen halos taken from a &ty of runs. Again, a noticeable
threshold aMy, = 3x 10°P M, distinguishes galaxies that have their gas evacuated byeP1S
from those that do not. Galaxies less massive than thishbl@sypically have their gas
content plummet by at least a factor of two within 10-30 Myteafthe PISN, with the
least massive ones falling below 10% of the universal bafyaction. In contrast, more
massive galaxies lose a much smaller percentage of thearghend up with baryon frac-
tions in excess of their pre-explosion values within ~100rMihis dividing line between
"low-mass" and "high-mass" galaxies is therefore a logicalahfor parameter that dis-
tinguishes different regimes of Pop Ill feedback. We exantiese two regimes separately

below.
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Dependence on halo mass

To further understand how halo mass can determine the m#eess of Pop Il stellar
feedback, we examine the structural evolution of sevelabggs in different mass regimes.

First, we examine a relatively low-mass galaxy from run @emse_HMpc_HiRes,
which is shown by the black line that extendsMio~ 10’ M, in Figures 2.6 and 2.7. The
first star (of 170M,) forms when the mass of the halo ik 10° M. Within 20 Myr of
its formation, the PISN has blasted metals out beyond 1 kg the galactic center (or
4R at this epoch), and the baryon fraction has dippethdy, i ~ 0.15. However, soon
after this point the baryon fraction begins to grow againg #me virial radius increases
enough to enclose a larger fraction of the expelled gas andisne

At t = 139 Myr after the first PISN (the halo mass is now 80° M), the galaxy has re-
gained ~37% of the PISNe metals. The baryon fraction is oatrdf the universal value.
It will still take more time for this galaxy to completely reeer from the explosion, but
there is considerable evidence from Figure 2.6 that metaddaryons in general are flow-
ing in rather than out of the galaxy. Another sign of recoverthat Pop Il star formation
has commenced within the galaxy, as it now contains 4 Pogllbstparticles (which still
contribute little to the metal budget).

Figure 2.8 follows the radial distribution of metals in tigalaxy from the time of the
first PISN until 139 Myr after it has exploded. The Pop Il staase contributed less than 1
M to the metal budget, so essentially all of the metals showm e products of the first
PISN, and of a second PISN which happens 15 Myr after the firatmeighboring halo
at a distance of approximately 2 kpc. The mass of this galasyihcreased by a factor
of ~5 betweera = 0.0508 when the star first formed a@ad= 0.0726 at the final snapshot
considered.

While the PISNe do clearly cause baryon depletion and supm&s formation in
galaxies such as the one presented here, the rate of growibss galaxies is high enough
that a mixture of ejecta and fresh primordial gas fall in tetoee the baryon fraction to
at least 50% of the universal fraction within ~150 Myr. Theplenishment results from a

combination of actual re-accretion of ejected materiatyeion of new primordial baryons
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Figure 2.8. The ejecta of PISNe is traced via examining the enclosed miassetals as a function of
galactocentric distance. Lines of different color corasghto 1, 27, 59, 91, and 139 Myr after the first PISN.
A second PISN happens 15 Myr after the first in a nearby galagproximately 60 Myr after the first PISN,
more metals are flowing into the galaxy than outwards, as thlaich ejecta have mixed with primordial
gas accreting onto the galaxy. Arrows show the direction efahmovement at each epoch. The length of
each arrow corresponds to the distance traversed by thdsme&20 Myr interval. The y-axis positions of
the arrows show the mass of metals at each epoch used to aothputate of propagation. This galaxy is
depicted by the black line in Figures 2.6 and 2.7.

from filaments, and rapid growth of galaxy virial radius ("dpiing up" of ejecta).

The eventual fate of this low-mass galaxy, and of many suatihalos which were
significantly affected by the first PISNe, is to merge with aenmassive companion prior
to the completion of the metal re-accretion process. Theltas galaxy will ultimately
have a baryon fraction close to the universal value, andaaititain enough of the PISN
ejecta from the progenitors to form Pop Il stars. In some €aae observed that halos
in this mass range sustained more long-term damage from,RiGNtheir baryon fraction
stayed below 50% by the end of our simulation, as late as 2QGasr the explosion. This
scenario played out in relatively isolated environmentthvglow filamentary accretion.
Galaxies that underwent such long-term disruption by PIB&tetheir virial mass increase
at an average rate of@ M., yr~! for 100 Myr after the explosion, while all other galaxies

that hosted Pop Il stars grew at rates ranging fro@%0/, yr*to 0.8 M, yr.

52



In run OverDense_HMpc_HiRes, which effectively resolvedbgies in the minihalo
regime, 21% of PISNe occurred in underdense environmenéenhe metals were per-
manently ejected from the host galaxy. Another 25% of PISif#kned in galaxies where
the host merged with a separate galaxy prior to the complabblong of metals. The re-
maining 54% of PISNe happened in galaxies where metals vileeieely gobbled up by
the end of the simulation. These findings suggest that 20-@f5%te metals from Pop 11|
supernova ejecta can be observed in the IG~atlO.

Next, we study a galaxy from run OverDense _nH1le4 fid that thadfirst to form
a Pop Il star, which also happens to be a PISN progenitors §hlaxy is represented
by the brown lines in Figures 2.6 and 2.7. The first star fornenvthe mass of the
halo is 75 x 1(° M. About 30 Myr later, 80% of the metals generated in the PISieha
propagated as far as 420 parsecs from the core. The injeatioretals by the PISN is
enough to bring the gas metallicity in some cells hundregmodecs away from the galactic
center to be as high as Ipg/Z. = —1. After another 50 Myr, the effects of the outflow
have subdued. Not only are 80% of generated metals now graoefined to the innermost
120 parsecs, but the metals have diffused, and the maximualliciey has decreased by
1 dex. This suggests that the inflow of new primordial gas &yiplg a greater role in the
evolution of the galaxy than the outflow generated by the PEN majority of metals
produced by PISN do not escape into intergalactic space.

We emphasize that some galaxies in this mass range showddbated Pop Il stars at
earlier times than those resolved by our simulations. Thaegnt ineffectiveness of Pop
IIl feedback demonstrated here shows that simulations lwd not resolve halos with
M, < 3 x 10°M, are missing a portion of galactic evolution. This omissiauld mean
that Pop Il stars should self-terminate at earlier times)de decreasing their contribution
to the cosmic ionizing background. On the other hand, thaulsign of baryons from
low-mass halos leads to suppression of Pop Il star formatubich implies we may also
overestimate the Pop Il rates. The balance of these effattdevexplored further in
Chapter 3.

Figure 2.9 shows how far metals propagate in galaxies vel&ti the stellar cores. The

"gas metal half-mass radius" is calculated as the more fansiellar half-mass radius, but
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Figure 2.9. The ratio of gas metal half-mass radius to stellar half-nmadgus vs. halo mass for galaxies
which have had at least one PISNaat 0.075 = 123) in runs OverDense_nH1le4 fid (black) and Over-
Dense_HMpc_HiRes (green). Metals propagate furtheriveltt the stellar cores in galaxies of lower mass.

tracing the total mass of metals in the gas phase insteagMkdrstnass. In general, the
metals are always able to propagate out beyond the steltascbut the extent depends
strongly on galaxy mass. For a homogeneous comparison,@edtfal future probes by
observation, we plot all star-forming galaxies from a sengpoch,a=0.075 = 123).

In galaxies withMy, > 1M, the metals remain within a factor of 2 of the stellar radius.
In less massive galaxies, metals are able to propagatefugbmetimes by as much as a
factor of 10, owing to the lower potential wells of these g#&ta. Nonetheless, considering
that the stellar half-mass radii of all our galaxies randg#5c, the location of the bulk of

metals is still limited to only the innermost regions of gaées.

2.3.2 Effects of the uncertainty in Pop IIl feedback and IMF

With our additional runs, we can check if the relatively in@ént feedback is due to the
specific fiducial parameters that we adopted. However, eviértlae extreme Pop 11l feed-
back prescriptions described in Section 2.2.3, we find thatiaryon fraction within the
virial radius is never significantly depleted. At= 0.05 (z=19), 10 Myr after the PISN
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explosion in the first star-forming galaxy, we finfg = 10.3% and 58% in runs Over-
Dense_ExtremeSN and OverDense ExtremeRad, comparedS¥ 14 the fiducial run.

In the case of the extremely energetic PISN, this is a redtismall resulting difference
for a 10-fold increase in the thermal energy and ionizingatkoih output. The mass of the
galaxy at this epoch is 9 10° M, which we have shown to be large enough to withstand
standard Pop Il feedback. On the other hand, the differenhoeore pronounced in the
case of extreme ionizing feedback, indicating that theugisve efficacy of supernovae is
significantly increased when it explodes in a region wherdnaéhydrogen has been more
effectively ionized and dispersed by radiative feedback.

The effect of both types of extreme feedback on the propagati metals is stronger.
Metals tend to be blown out of galaxies anisotropicallyenfextending outwards in di-
rections orthogonal to filaments, into lower density regiofihe galactocentric radius that
encloses 80% of the metals formed in the PISN stretches aLu7Ry;; 20 Myr after the
explosion in both run OverDense_ExtremeSN and run Over®dastremeRad, compared
to just Q91R;; in the fiducial run. These metals do not fully escape the taonal pull
of the galaxy, however, and 90 Myr after the explosion, thiaxgas from both extreme
feedback runs contain 80% of the metals from the first PISKiwithe virial radius (in the
fiducial run, they are contained within justi®R;).

Though we increased the feedback effects by a factor of 19 noodest and temporary
differences were observed between the runs. Such ineffigiehfeedback demonstrates
the weak coupling of thermal energy from PISNe to the ISM at diensities and tem-
peratures resolved by our simulations, as almost any amafuebergy can be quickly
radiated away. This can be seen when considering typicdlngpimes in the ISM,
Teool = Ko T /AN =~ 30000 /10 K)(Lcmi3/n)yr, for A = 1023 erg s* cm™ (Hopkins et al.,
2011). The cooling time of the dense, filamentary gas sudmgithe supernova remnant
(n=10cn3, T = 10°K) is just ~300 yr, which is comparable to a typical timesteir
simulations (~500 yr). This dense gas mixes with the shatdd supernova remnant,
allowing the entire region to return to the ambient tempembf the ISM within a few
Myr.

The impact of extreme feedback is more pronounced in the I@ftjcularly in run
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OverDense_ExtremeRad. The mass fraction of ionized gasekeet 1-3 kpc from the
galactic center is enhanced by a factor of ~200, comparetadiducial run, even 40
Myr after the PISN. Within the same distance range, the IGMperature is a factor of
~10 higher at this epoch. The relatively hot and ionized I@MLirn could affect accretion
rates onto galaxies at later times.

The effect of making PISNe ten times more powerful in the H Myox was more
drastic, as this box sampled lower mass galaxies. The bdrgotion in the first galaxy
dropped below 10 after the first PISN, compared to 1.7% in the standard run -Over
Dense_nH1e4 fid. The radii enclosing 80% of the baryons astdlmare twice as large as
in the standard run, demonstrating that the added enerdysrextreme run coupled with
the ISM more efficiently. Even with the standard feedbaclsgription we would expect a
strong blowout in a halo of this mass 2 10° M, at this epoch). However, in the fiducial
run this galaxy ultimately gobbled up most of the ejectedaisetOn the other hand, the
extreme PISN energy (27010°! erg) is able to completely destroy the high-density gas
clouds needed for star formation, prevent re-accumulatfatense gas from filaments, and
cause the metal ejecta to travel far enough into the IGM wheg may never fall back
onto the galaxy.

These tests indicate that given enough energy input, thiehladss of Pop Il stars can
become completely devoid of gas for cosmologically-sigatffit intervals of time, partic-
ularly when they are below the mass thresholdx~B* M. However, for the feedback
parameters currently considered realistic (our fiduciakjuthe feedback of the first stars
is limited as illustrated in Figures 2.6 and 2.7.

In the run with low masses of Pop Il stars (OverDense_Lowdlasithout any PISN,
metal transport is extremely ineffective. At= 0.055, 80% of the metals that have been
generated by stars in the first star-forming galaxy are cedfimithin 75 pc of the galactic
center, compared to 420 pc in the fiducial run. This test destnates that if Pop Il stars
did not have a top-heavy IMF, their contribution to enrighitmhe IGM would be further
marginalized. These results agree qualitatively with tloekwof Ritter et al. (2012), who
argued that filamentary accretion was never significangyutited if Pop |1l stars had low

or moderate characteristic masses and exploded in typ@érsavae.
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2.4 Discussion and Conclusions

We have presented the results of simulations that implesdeptimordial star formation
in the cosmological code ART. We find that the effects of atdikedback on the amount
of baryons and metals within the first galaxies depend styooy galaxy mass. For the
lowest-mass galaxiesk, ~1°M.,) our results are similar to those of Bromm et al. (2003);
Whalen et al. (2008); Wise & Abel (2008); Wise et al. (2012aithvgas and metals of-
ten being driven well beyond the virial radius of the Pop tHrs host galaxy. For more
massive galaxiesM;, > 10’ M), however, a single PISN is not effective in evacuating the
galactic ISM, as suggested by Wise & Cen (2009). Feedback Romlll stars does not
typically inject enough energy into the massive halos tanaerently photo-evaporate the
gas, and drive metal-rich outflows past the virial radius. M/Riop Il stars can temporar-
ily expel gas and quench star formation, the ISM begins téereph soon after the SN
explosion, as accretion from filaments at this epoch is vasy. fAll galaxies considered in
our analysis with at leaddl,, ~ 3 x 10° M, and some which are even less massive, appear
to have more than 50% of the universal baryon fraction restdl00 Myr after the first
Pop Il supernova event. Metals are ejected anisotrogicafld can travel relatively longer
distances through the diffuse IGM in directions perpenidicto the dense filaments which
feed galactic accretion. This means that it typically takese time for the ejected met-
als to be re-accreted into the galaxy, but we have demoeadtthat this re-accretion does
frequently occur, even in low-mass galaxies.

The aforementioned dividing line dfl, ~ 3 x 10°M,, is important for determining
whether the energy injection from the supernova at the enthefstar’s life can expel
gas and metals out to a significant distance. The concept widind) line between early
galaxies that suffer from significant blowout from thosetttha not has been considered in
prior work (e.g. Ciardi et al. 2000; Ricotti et al. 2002b). Hawer, our results point to a
considerably lower threshold than what had been expecsel| but the very first galaxies
are apparently robust to PISN feedback when continued taerigom filaments and the
fallback of ejecta into the growing galaxy is considered.e Btrength of this conclusion

is bolstered by our use of a very strong feedback model for Rogtars (even in our
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fiducial runs). In addition, the first stars may have a lowearakteristic mass (Greif et al.,
2011), which would make PISNe less frequent and the feedétie&ts would be further
marginalized (Ritter et al., 2012).

In order for simulations to capture the full range of relevafiects from Pop Il star
formation, resolving halos around &, with a sufficiently large number of particles is
critical. With insufficient resolution (less than 1000 DMrpees for 1M, halos), all
galaxies seem to readh > 10’ M, without having yet formed a star. Since these galaxies
are already beyond thd;, ~ 3 x 10° M, dividing line, they display few disruptive effects
from Pop Ill feedback. Aggressive super-Lagrangian refieileihmay help resolve star for-
mation in halos of lower mass, but requires a prohibitivalige number of computations.
A more practical approach is to begin simulations with sighty high resolution in the

initial conditions.
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CHAPTER 3

The epoch of Population Ill stars

3.1 Introduction

The first stars in the universe formed in gas devoid of mefidiss exotic environment may
have caused the initial mass function (IMF) for Populatibstars to be different from the
modern day case. Namely, the high Jeans mass of metal-fsemiggests a top-heavy IMF
(Abel et al., 2000; Bromm et al., 1999; Abel et al., 2002; Ydshet al., 2003). In turn,
the feedback processes in the first stars may have been nastecdprompting the release
of extreme amounts of ionizing radiation (Tumlinson & ShaM00; Bromm et al., 2001a)
and the occurrence of pair instability supernovae (PISNepér & Woosley, 2002).

To explore the effects of these stars on their host galawresjeveloped a model for
Pop Il star formation and feedback and implemented it it adaptive refinement tree
(ART) code, as described in a companion paper, (Muratov 2043a, see Chapter 2). Pop
[l stars were modeled to form in gas that was dense, partiadilecular, and of primordial
composition. Pop Il SNe and ionizing radiation feedbackenenhanced relative to their
Pop Il counterparts, and the first PISNe seeded the ISM wittalsieWe ran a suite of
cosmological simulations with this model, and found thatdynamical impact of Pop 11l
feedback depended strongly on the galaxy mass. In agreemiténprevious work in the
field (e.g. Bromm et al. 2003; Whalen et al. 2008; Wise et al22)we found that PISNe
were able to efficiently expel gas and metals fromMhe~1F M, halos expected to host
the very first stars (Tegmark et al., 1997). However, thefeetsf were often temporary, as
cosmological inflows of fresh gas restored the baryon foacto the universal value. The
metals, which had previously escaped past the virial radilgs typically fell back into the

growing potential wells of the accreting galaxies, leaving intergalactic medium (IGM)
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mostly pristine. In galaxies with masé, > 10’ M, most gas remained bound even after
a PISN event, and metals were not ejected past the virialsadi

Since Pop lll stars by definition only form in primordial gése large amount of metals
released in PISNe leads to the ’self-termination’ of Pogstér formation (Yoshida et al.,
2004). According to our findings in Chapter 2, this self-taration can only be local, as
enrichment of the IGM and external halos is rather minimairfrsingle PISNe. Therefore,
determining the epoch when Pop Il termination becomesargal is a somewhat different
question (Tornatore et al., 2007). Pop Il star formationlddoe relevant for a much longer
phase of cosmic history if a Pop llI star formed in every mishalo withM > 1P -1 M,
prior to reionization, as the abundance of such halos isegaonsiderably with cosmic
time.

Population Il star formation can commence in galaxies oheg are either sufficiently
massive to enable the rapid gas cooling by atomic hydroges lior enriched enough to
enable efficient metal cooling (Ostriker & Gnedin, 1996).cBese the feedback of Pop
Il stars is weaker than that of Pop IlI, Pop Il star formatidmosld ramp up rapidly in
the host galaxy, provided that accretion from filaments iomats to bring new supply.
However, the relative weakness of the feedback, taken ijunotion with the plethora of
primordial sites where Pop Il stars may still form, meanattthe host galaxy, as well
as the universe as a whole, are still influenced by Pop llsdt@ar some time after Pop
Il star formation begins. Though this scenario has alreagBnbexplored through semi-
analytical models(e.g. Scannapieco et al. 2003; Yoshida 2004; Schneider et al. 2006)
and numerical simulations (e.g. Tornatore et al. 2007; Mdial. 2010, 2011; Greif et al.
2010; Johnson et al. 2013; Wise et al. 2012a), understandisgransition quantitatively
is relevant for the ability of future observational fadgés such as the James Webb Space
Telescope (JWST) to observe galaxies dominated by Pop tg.s&tudies thus far have
shown that the first galaxies generally sit on the brink oedebility by JWST (Pawlik et
al., 2011, 2013; Zackrisson et al., 2011, 2012).

In this paper, we follow the evolution of the galaxies ddsed in Chapter 2 through
the epoch of dominance of the first stars. This sample of sitadigalaxies spans a range

of masses and accretion histories, therefore represeathmgad variety of cosmic envi-
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ronments. We study the transition from Pop Il to Pop Il stanfation, and quantify the
duration of this epoch. We also explore the effect of cosmaicance, and determine the

prevalence and importance of Pop Il stars at various cospchs.

3.2 Simulations

A full description of our simulation setup, including thetdis of both the Pop Ill and Pop

[l star formation recipes, is presented in Chapter 2. Herepuikne the setup only briefly.
We perform the simulations with the Eulerian gasdynamicdeiy adaptive refinement
tree (ART) code (Kravtsov et al., 1997; Kravtsov, 1999, 20R3dd et al., 2008; Gnedin
& Kravtsov, 2011). We use a 2Bnitial grid with up to 8 additional levels of refinement.
For most of our runs, we apply this grid to &n* Mpc comoving box with the WMAP-7
cosmology (2=0.28,02, =0.72,h=0.7,05 =0.817,02, = 0.046,Q0py =0.234). This gives

us a DM particle massipy = 5.53 x 10°M, and a minimum cell size of 22 comoving pc.
We also employ a 0.6 Mpc comoving box, where using the same grid, the DM particle
mass is set tonpy = 690 M., and the minimal cell size is 11 comoving pc.

Pop Il stars formed in the almost pristine gas with the alaumé of heavy elements
below the critical metallicity log,Z/Z., = -3.5 (Bromm et al., 2001b). Cells were allowed
to form Pop Il stars if the gas density exceeded a threshgld,, and a molecular hy-
drogen fraction thresholdy, mn. Through a series of convergence tests, we found that
NH.min = 10* cm™® and fi,min = 1072 were appropriate values for the two thresholds.

The Pop Il prescription was designed to test the maximursipteseffect of feedback,
relying on an IMF that was top-heavy. Half of the Pop Il stiamsned as 170 M particles
and were set to explode in PISNe. Each PISN injected 20°! erg of thermal energy and
80M,, of metals into the ISM (Heger & Woosley, 2002). The remaint@§o of Pop IlI
stars formed as 100 Mparticles that explode in type Il SNe, generating 20°* erg of
energy. All Pop lll stellar particles emited a factor of 10m@donizing photons per second
than their Pop Il counterparts of the same mass (Schaer@2, Wise & Cen, 2009). A
suite of cosmological simulations performed with this moawealed that Pop Il stars
drastically affected halos withl, < 3 x 10° M, but not halos of higher masses. Extended

convergence tests revealed that without sufficient massutasn, it was easy to miss these
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important dynamical effects.

In gas that is enriched beyond the critical metallicity, Plogtar formation is modeled
according to the molecular-based star formation recipsgted in Gnedin et al. (2009)
and Gnedin & Kravtsov (2011).

In Table 1 we list all of the simulations from the suite whick analyze in this paper.
Some of the simulations that were used in Chapter 2 for coevergtests and for determin-
ing the best parameters for Pop Il star formation are ndushed here. In addition to the
three fiducial 1h™* Mpc boxes (UnderDensenH1e4 fid, UnderDense+ nH1le4 fid, and
OverDense_nH1e4 fid), we study runs with extreme feedbelo&re we increased PISNe
energy (run OverDense_ExtremeSN) and ionizing photonganigrun OverDense_ExtremeRad)
by a factor of 10. We also include a run with a conservative “toass" Pop Il IMF that
assigns the same feedback parameters to Pop Il as for Poglléirparticles (run Over-
Dense_LowMass) to account for the present uncertaintyarPtbp Il IMF (e.g. O’'Shea &
Norman 2007; Greif et al. 2011).

In Chapter 2, we demonstrated that mass resolution was tfacieapturing Pop Il
star formation in halos of masd,~1 M., and that halos withM, < 3 x 10°M., were
most susceptible to Pop Il feedback. Our fiduciai® Mpc runs lacked the resolution
to study these objects effectively, but using the same grid smaller box increased the
resolution sufficiently while keeping the computationakicdown. For this reason, we
also use a 0.5 Mpc box (referred to as H Mpc) for run OverDense_HMpc_HiRes,
test the validity of our results in the low-mass regime. Rure@ense_SL7 employs a
super-Lagrangian refinement, allowing for the simulationrtore effectively zoom in on
overdense regions in primordial galaxies, allowing Popstlrs to form at early times in

low mass halos, hence extending the mass range of our sample.
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Table 3.1;: SMULATION RUNS OFCHAPTER3

€9

Run Base grid /max dx (pc) mpm(Mo) Ny min(cm3)
Description

Fiducial runs

UnderDense _nH1e4 fid 256° 8 22 5500 10000
Underdense box, no high-mass galaxies, fiducial parameters

UnderDense+ nH1le4 fid 256° 8 22 5500 10000
Underdense box, one high-mass galaxy, fiducial parameters

OverDense_nH1le4_fid 256° 8 22 5500 10000
Overdense box, fiducial parameters

Alternative refinement & resolution OverDense_SL7 256° 8 22 5500 10000

Super-Lagrangian refinement
OverDense_HMpc_HiRes 256° 8 11 690 10000

0.5h™* Mpc box, high spatial & mass resolution

Alternative feedback

OverDense_ExtremeSN 256° 8 22 5500 10000
Extreme PISNe (Section 3.3.5)
OverDense_ExtremeRad 256° 8 22 5500 10000

Extreme Pop 1l radiation field (Section 3.3.5)



¥9

OverDense_LowMass 256° 8 22
Pop Il IMF and feedback mirror Pop Il (Section 3.3.6)

5500

10000

Column 1.) Name of the run;

2.) Base grid, number of DM particles, number of root cells;

3.) Maximum number of additional levels of refinement;

4.) Minimum cell size at the highest level of refinement in cmng pc;
5.) DM particle mass in M;

6.) Minimum H number density for Pop Il star formation in ¢h

7.) Further description of the run.



3.3 Results

3.3.1 Cosmic Variance

Using the DC mode formalism for the generation of initial diions (Sirko, 2005; Gnedin
etal., 2011) allows us to test several representative nsgydthe universe without sacrific-
ing resolution, as would be needed were we to simulate arlaaggemological volume. With
a single parameter that stays constant over time in a givealation box,Apc, we encode
the amplitude of density fluctuations on the fundamentdesaithe box. Although many
studies have been done to understand the effects of cosrmaoea on the dark matter halo
mass function (Tinker et al., 2008), studying it in hydrodgmic simulations is significantly
more difficult. Here we present an analysis of the varianab@three different h™ Mpc
boxes in our study. For reference, the DC mode valued\gre= —2.57,-3.35, and 404 in
Box UnderDense, UnderDense+, and OverDense respectively. The H Mpc boxz G
mode of Apc = 5.04. Large positive values dfpc indicate an overdense region.

The first Pop Il stars form around scale facéor 0.047 (= 20.3) in both Box Under-
Dense+ and Box OverDense. On the other hand, Box UnderBestalted significantly,
and no star formation occurs unél~ 0.073 ~ 12.7), translating to a time difference
of 165 Myr. This wide range demonstrates immediately thatepoch when Pop Il star
formation begins is a strong function of local overdendityoids like the one represented
by Box UnderDenseare indeed not enriched by external sources, Pop Il starsl ¢@mve
existed in these voids until the end of cosmic reionizatairgpochs that will be probed by
JWST (Hummel et al., 2012) and the Large Synoptic Survey €efes (LSST) (Trenti et
al. 2009; but see Pan et al. 2012b).

Figure 3.1 shows the number of halos capable of hosting Hogtdis. Box Over-
Dense clearly dominates over the other two across the antigs range, and since halo
mass strongly correlates with the density of central gals,cBbx OverDense is host to
many more star forming galaxies. Despite having fairly 8amDC mode values, Box
UnderDense and Box UnderDense+ have disparate halo abundances atrihepachs
considered in our study. This is particularly visible at thgh-mass end, where the most

massive halo in Box UnderDensias about 10 analogs in Box UnderDense+. The H Mpc
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Figure 3.1. Cumulative number of halos vs. mass at two epochs for thes thie’ Mpc boxes and one
0.5h™ Mpc box. The smallest mass plotted corresponds to the saHio to form a Pop Il star among
all of our runs. Box OverDense (black) has an order of mageitonore halos than Box UnderDense+ (red)
and Box UnderDense(blue) across almost the entire range of masses considéfieite Box UnderDense+
and Box UnderDensehave similar DC mode values, the former clearly has more iveassmlos. One Box
UnderDense+ galaxy in particular is on par with the most wasgalaxies in Box OverDense. The H Mpc
box (green, run OverDense_HMpc_HiRes) represents onlygintheof the volume of the other boxes, and
therefore hosts fewer massive galaxies while still représg an overdense region.

box contains fewer halos than Box UnderDense+, but per whitrwe it contains higher
density of massive halos, consistent with its highge value. At the time of formation of
the first stars (arouna= 0.05), none of the halos are more massive tharl®’ M. Figure
3.2 presents the star formation rate (SFR) density in eaglidsahe runs with fiducial pa-
rameters. We can immediately see that SFRs vary by orderaghitude among the three
boxes. Only two galaxies are able to form Pop Ill stars in ttteeene void represented by
Box UnderDense, and the total mass of Pop Il is only 230QNdy a= 0.1 (z=9) in this
run. Such a narrow margin of error suggests that it is posshmdt with slightly different
parameters for the initial overdensity, galaxies in thig by have never been able to form
Pop Il stars before all halos were stripped of gas by exteomézing radiation.

Box UnderDense+ and Box OverDense have similar global P&-Rs ata < 0.07

(z> 13), as each box is being dominated by only a few galaxiesrbt #t@es. However,
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Figure 3.2. The SFR density vs scale factor for runs UnderDenséile4 fid (blue squares), Under-
Dense+ _nHle4 fid (red triangles), OverDense_nH1le4 fackbtircles), and OverDense_HMpc_HiRes
(green pentagons). Global SFRs are significantly affecggtidoinitial conditions in their respective simula-
tion boxes. Pop Il SFRs are denoted by open circles, PopRIsS# filled circles.

the disparity between the mean density of the boxes becovdene at late times, as Box
OverDense becomes filled with a population of massive habds o host dense cores
in which Pop 1ll, and subsequently, Pop Il star formatiomigiated. Box UnderDense+
continues hosting only one such galaxy for a large fractibthe duration of the simula-
tion until a = 0.085, when an external halo of primordial composition readhe Pop Il
threshold density and later merges with the central galaxy.

In contrast to the large differences between the simuldtoxes, we find the variance in
the SFR between various realizations within the same box fow. Differences between
the setup of our test runs in Chapter 2 primarily affect Pogstdirs, but at = 0.055, the
total number of Poplll stars in Box OverDense was the sameth&umore, Pop Il stars
constitute most of the star formationat> 0.07. Once a given galaxy transitions to Pop
Il as the dominant stellar population, details of Pop IIr $temation do affect the history
of that galaxy. The Pop Il SFR stays relatively constanteen 10° and 10*M,, yr?
throughout the entire simulation. The range of values aladive constancy of this SFR up

to z~6 are similar to the results found in larger-scale (4 MpcHSinulations by Johnson
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et al. (2013).

The H Mpc box, represented here by run OverDense_HMpc_Higaaples a very
overdense region of the universe. The Pop Il SFR densitigigrtin significantly exceeds
the other boxes befoi@= 0.065, but the Pop Il SFR density never reaches the correspond-
ing values for Box OverDense and Box UnderDense+. This digp@sults from the fact
that the 1 Mpc boxes ultimately sample more massive galaxiesh are able to sustain
high Pop Il star formation rates. Instead, a large fractiblow-mass galaxies simulated in
the H Mpc box have considerable gas blowout after PISNeyaejdPop |l star formation

for a cosmologically significant period of time.

3.3.2 The Ejection and Gobbling of Pop Ill Metals

The initial enrichment of the galactic ISM in our simulat®ohappens almost exclusively
through internal Pop Ill SNe rather than external intergiédawinds. This means that

every galaxy will first have a phase during which Pop 11l staosstitute the entirety of the

galactic stellar mass and drive all feedback. As our modesicters only PISNe as a source
of metal feedback during this Pop Ill phase, the enrichmequired to transition to Pop

Il star formation is accomplished by at least one energd&iNRexplosion. The explosion

can be particularly potent, as it occurs in a hot, ionized, diffuse medium carved out by

the Pop Il star's enhanced ionizing radiative feedbacke &kplosion therefore disrupts,
or at least displaces, the dense gas necessary for furtrdognation.

We refer readers to Chapter 2, as well as prior work (e.g. Whateal. 2008) for a
detailed description of this process. Here, we note thagtiieacy of the feedback of these
individual massive stars depends significantly on the gataass at the time of Pop llI
star formation. A ~10M_, "minihalo" can lose a significant fraction of its baryons, iehi
a more massive (~101.) halo can better withstand the explosion. Most galaxiegjgpa
ularly those in overdense environments, benefit from coetihaccretion from filaments,
and can re-accrete the lost metals and baryons even if they imigially ejected beyond
the virial radius. Particularly, many galaxies "gobble upé imetals that they previously
ejected through a combination of rapid growth of their Miredius and true gravitational

fallback of the ejecta. The virial radius of a given galaxgws both because of continual
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Figure 3.3. The timescale for a galaxy to re-accrete ("gobble up") 80%efmetals ejected by its PISN vs.

halo mass at the time of the explosion. Open squares repriestésnces where the primary galaxy merges
with a secondary that has already been enriched by intetaafarmation, preventing accurate tracing of
the metals initially associated with the primary galaxylSR. The more massive the galaxy, the shorter is
the gobble timescale. Plotted galaxies are from runs OwesBenH1le4 fid, OverDense_SL7, and Over-
Dense_HMpc_HiRes.

buildup of matter in the outer parts of galaxies, and bec#useirial radius depends on
the critical density of the universe, which evolves withghidt. In Figure 3.3, we show the
time it takes each galaxy to gobble up 80% of the mass of mgeaderated in the initial
PISN. We confirm that this timescale is relatively rapid (I3 Myr) for galaxies more
massive than the 8 1(° M, threshold we discovered in Chapter 2. In galaxies which are
sufficiently massive (above ~1B1.) at the time of the explosion, the metals rarely travel
further than the virial radius, hence the gobble timescakhort.

Galaxies below the 8 1(° M, threshold have longer gobble timescales, and occasion-
ally will merge with a more massive galaxy prior to the contigle of the re-accretion
process. Such instances prevent accurate tracing of tredswaesisociated with the original
PISN of the minihalo, and are therefore lower limits for th@bgle timescales (denoted
by open squares in Figure 3.3). In particularly underdemsér@nments with slow fila-

mentary accretion, the metals are permanently ejected th@minihalo. In run Over-
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Dense_HMpc_HiRes, which resolves galaxies in the minihegame, only 20% of PISNe
result in such permanent ejections. The metals that arethdtiof the permanent ejections
do not pollute other halos sufficiently to initiate Pop IIrstarmation over the course of
our simulations. Though these metals enrich the IGM, tha feaction of volume that is
enriched beyond the critical metallicity, o /Z., = -3.5, has a peak value of 0.05% at
z~ 10.5 in our most minihalo-dominated simulation, run OverDen$lpc_HiRes.

The scatter of the gobble timescale for galaxies of a giveasnmalargely associated
with their diverging mass accretion histories. We investiigl the accretion history in both
absolute and relative terms. The absolute growth rate ipatea as the change in halo
mass in the 100 Myr following the supernova. The relativengiois computed as the
timescale for the halo to double the virial mass it had at time tof the explosion. We
find that the absolute growth rate serves as a better predatthe gobble timescale: all
galaxies withdM/dt > 0.2M, yr! have a gobble timescale of less than 100 Myr, while
those with 004 < dM/dt < 0.2M,, yr™* show a wide range between 30 to 160 Myr. The
20% of PISNe that result in permanent ejections have grostdsrunder @4 M., yr~* and

mass doubling timescales longer than 90 Myr (most longer 15 Myr).

3.3.3 Transition to Normal Star Formation

For the remainder of the paper, we mainly deal with galaxXie$ &re more massive than
3x 10°M,, and hence have relatively short gobble timescales. Thalseigs typically
dominate the star formation rate in the simulation boxeat&attimes. In particular, in this
section, we focus on run OverDense_nH1e4 fid during theli#@#8tMyr after the first star
forms. This corresponds to the range of scale factod®< a < 0.07, or equivalently
20> z > 13. After that epoch the most massive galaxies in this bofoath exclusively
Pop Il stars. Even more importantly, lay= 0.07, all Pop Il stars in these galaxies have
already exploded as SNe, and no longer provide radiativebiek. We will quantify the
duration of the Pop IIl epoch in Section 3.3.4.
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Figure 3.4. Bottom panel: distance of each star from its host galaxysereata= 0.07 (z= 13) vs the cosmic
time when the star formed, for five of the most massive staniiog galaxies run OverDense_nHle4 fid. Pop
Il stars are red points, the remnants of 10Q, Mop Il stars are blue symbols, and 170,Nop Il remnant
tracer particles are black symbols. Individual galaxiesdifferentiated by different symbols. Every galaxy
has a similar history: a few Pop Il stars form and tempoyagilench further star formation. However,
eventually gas recollapses and self-sustained Pop Il ataration begins within a 10-30 pc core, enriching
the dense gas enough for Pop Il star formation to be no lopgssible within the galaxy. Pop Il remnants
often end up somewhat displaced from the Pop Il core by as msd®0 pc. Top panel: the sum of SFRs
for Pop Il (solid) and Pop Il (dotted) for these five galaxigsblack. For comparison, these rates are also
plotted for run OverDense_LowMass, in red.
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Figure 3.4 shows the distance of each stellar particle ftogrcenter of its host galaxy
ata = 0.07 vs the cosmic time at which the stellar particle was fornfege of the most
massive star-forming galaxies are stacked together inpllois showing the similarity in
the assembly history of these galaxies. We see that eacle éi/ehgalaxies does not host
more than a few Pop Il stars. If a 100Mstar is the first to form in a given galaxy, it
will not release any metals, and further Pop Il star formativill be possible after the gas
recollapses. If on the other hand a 17@8tar is formed, Pop Il star formation is rarely
possible in the same galaxy again. The metals generatedibgla ®ISN from a 170 M
star are enough to switch the galaxy’s primary mode of stené&bion to be Pop Il by
pushing the metallicity of gas above the critical thresHolgl,Z/Z., = 3.5 (as has been
previously demonstrated e.g. Greif et al. 2010; Wise et@l22). A few exceptions to this
pattern happen when the sites of Pop Il star formation withe galaxy are sufficiently
spread apart (i.e. two Pop Il stars form in two differentdsathat subsequently merge)
or alternatively, the Pop Il stars form sufficiently closgeéther in time. The latter case
is possible when many cells within the same giant molecutaudcreach the threshold
density for star formation and several Pop Il stars fornmobetheir feedback disperses the
remaining gas in the cloud. This produces Pop lll star miglgiphat are very close to each
other in location and age.

The spatial distributions of Pop Il stellar remnants ang Pcstars within their host
galaxy are significantly different. Pop Il stellar remnaietin be found out to 70 pc from
the center, while most Pop Il stellar particles at this epadh within 20 pc. Note that
the centers of the galaxies are defined to only ~5-15 pc, Isecatithe limited number
of DM particles and force resolution. High-mass galaxiegehaetter-defined centers than
low-mass galaxies. Both stellar populations generallynfatose to the center of the host
galaxy, but Pop lll stars typically form at earlier times wihbe galaxy is not very massive,
and the spatial concentration of DM particles is not venhhitn this environment, dense
star-forming gas has a clumpy structure, which is off-cefrtem the DM cusp. After
powerful Pop IIl feedback ejects gas from this region, the Rbremnants become less
bound, further increasing the apocenter of their orbit. @mather hand, Pop Il stars are

rapidly produced only once the galaxy becomes relativelgsiva and concentrated, and
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the DM center is more closely associated with the locatiothef densest gas. Pop I
thermal feedback and radiative feedback is not strong emtughut off further Pop 1l star
formation near the galactic center, ultimately leading Repars to have a very high spatial

concentration.

3.3.4 Epoch of Equivalence

The duration of the Pop Ill epoch has been previously stu@ied Trenti & Stiavelli 2009)
by comparing the SFRs of the two populations, and finding ploele where the Pop Il SFR
drops off dramatically compared to Pop Il. Our Figure 3.2vwhthat bya=0.07 (z=13),
Pop Il star formation is more common in all boxes except thiel vepresented in Box
UnderDense. However this approach may not properly account for the ichpap 11l stars
have on the universe at early times, as Pop Il stars are algerterate significantly more
thermal, ionizing, and metal feedback per baryon compavetthie¢ir Pop Il counterparts
(e.g. Tumlinson & Shull 2000). To more precisely quantifg impact of Pop Il stars, we
compute the relative "budget" of thermal energy, metals,ianizing photons contributed
in each galaxy by the two stellar populations, integrateer dkie lifetimes of all stellar
particles. For the purpose of this analysis, we define theclemd equivalence” as the
time when Pop Il stars have generated just as much ionizidgtran as their Pop IlI
counterparts. In turn, we define the "duration of the Pop Ikg# as the length of time
from the formation of the first Pop Ill star to the epoch of eqlence.

A global picture of the feedback budget is shown in Figure 3tere, we calculate
at each epoch the relative contribution of Pop Il stars slihdget of ionizing photons,
thermal energy from SNe, and metals injected into the ISMim®@verDense_nH1le4 fid.
Every budget can be examined individually. Pop Il stars lmeeluced as many ionizing
photons as Pop Il stars lay=0.0633 ¢=14.8). The total thermal energy released by SNe
in Pop |l stars surpasses that produced by Pop Il staas=d1.0642 ¢ = 14.6). The total
mass of metals produced in Pop Il stars surpasses that ofl Patpal= 0.0689 = 135).
Though we have chosen to define the epoch of equivalencens tefrionizing radiation,
any one of these feedback quantities leads us to the coooltigt the duration of the Pop

Il phase is short.
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Figure 3.5. The fractional contribution of Pop Il stars to the integ@tfeedback budget of the universe in
run OverDense_nH1e4_fid vs scale factor. This fraction isutated separately for metals (blue), ionizing
radiation (black), and thermal radiation due to SNe (red).

The exact timing of the epoch of equivalence can be affectgddosimulation’s ability
to resolve low-mass halos that are susceptible to the disleseeffects of Pop Il feedback,
and hence have longer delays for the onset of Pop Il star ttwmaThe resolution nec-
essary to probe such low-mass galaxies is not attained iOwenDense_nH1le4 fid. Run
OverDense_SL7 probes the same volume as run OverDense4 nktl.dout Pop Il stars
form at earlier times, when the host halos are less massivid run, the epochs of equiv-
alence shifts ta = 0.0633,a= 0.0674 anda = 0.0710 for ionizing radiation, SNe thermal
energy, and metals, respectively. For run OverDense_HMjpes, which resolves many
galaxies in the minihalo regime, the epoch of equivalencéffe three types of feedback
is reached a = 0.0721,a=0.0735, anch = 0.0764. These consistently small shifts in the
duration of Pop Il dominance give us no reason to believedigmificant contributions of
feedback from Pop Il stars are missed in simulations thbtdaesolve minihalos.

We did not include Box UnderDense+ and UnderDeriaghis analysis, as they sample
few star-forming galaxies and do not make significant cbntions to the budget of either

Pop Il or Pop Il feedback.
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To understand the transition to normal star formation invitdial galaxies, we also
budget the feedback from stars within a given galaxy. All bens quoted in this section
reflect the integrated total feedback contributions overlitetime of stellar particles up
to the epoch considered. As a case study, we take the thiacyg#d form a Pop Il star
in run OverDense_nH1e4 fid. The first star form&at0.055 = 17.2), when the halo
mass and gas mass of this galaxy ai@91FM, and 12 x 10°M,,, respectively. At
a=0.06 (z=157, 23 Myr later) this galaxy has formed a total of 118 Mf Pop Il stars.
The first and only Pop Il star that formed in the galaxy was @NIZ PISN progenitor.
Although the total mass of each stellar population is comipla; the one Pop Il star still
has had dominant influence on the galaxy by way of its strofegutback. The Pop Il
star contributed 98% of the metals, 88% of the ionizing phst@and 93% of the thermal
energy. This galaxy is clearly in the phase of its evolutidreve the effects of Pop Ill star
formation are most likely to be seen. However, we again rudédespite this, the galaxy
has not been significantly perturbed by the Pop Ill stareatipn of energy. Only 1.7% of
its hydrogen is ionized, and all of the metals are confinedhéngas well within the virial
radius.

By a=0.0675 (80 Myr after the first star formed), one more Pop Il $tas formed,
giving 270 M, of Pop Il mass formed in the galaxy, but now the total Pop Ismhas
increased to 1260M This second Pop Il star has a metallicity of |gg/Z. = -4.7,
suggesting it formed in gas that was significantly enricledipelow the critical metallicity
of log,,Z/Z, = —3.5. Therefore, whether the star should be Pop Ill or Pop Il ikema
sensitive to the particular setup of the model and stoahaffticts. These two Pop Il stars
still contribute 91% of the metals, 61% of the ionizing phwtand 71% of the thermal
energy. We see that the energy contributions from Pop I$ stee catching up with those of
Pop Il stars, but the metal contribution of Pop Ill stars aems dominant. This confirms
the trend of Figure 3.5 that the large yield of metals produlbg PISNe is the longest
lasting contribution of Pop Il star formation.

By a=0.075 =123, 134 Myr after the first star formed), the epoch of Pop llrsta
is clearly over in this galaxy despite the fact it has mergét another galaxy, which also

hosted a recent PISN progenitor Pop Il star. The combingidlimass of Pop Ill stars is
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Figure 3.6. The duration of the epoch of Pop Ill dominance vs halo maswsf balaxies ah = 0.1 (z=
9). Plotted are galaxies in run OverDense_nH1e4 _fid (bJack) UnderDense+ nH1le4 fid (red), and run
UnderDense_nH1e4 fid (blue). More massive galaxies have shorter R@ptchs.

now 440 M., while Pop Il stars contribute 480004 The Pop Il stars still contribute 26%
of the metal budget, but a mere 5% of the ionizing photon budgd 8% of the thermal
energy budget. By = 0.08, the Pop Il metal contribution has finally dwindled away t
only 8%.

The epoch when Pop Il stars have affected the evolutioneftiaxy is thereby con-
fined to between the time when the first star formed (arcaurd).055) and the time when
the budget of energy and metals of Pop Il stars begins to damiaver Pop Il stars
(a=~ 0.07). The window of Pop Ill dominance only correspondsia ~ 0.015, or 100
Myr.

Figure 3.6 shows the duration of Pop Il stars in this galaxyvall as in others, plotted
against halo mass at=0.1 (z=9). We note that the length of the Pop 11l epoch is generally
between 20-200 Myr, confirming that the galaxy discussetiénatbove paragraphs is not
unique. The figure also reveals a trend where more massiggigalexit the Pop Il stage
earlier. These galaxies form in more biased regions, winerefall of fresh gas overcomes

the negative feedback generated by the thermal and ioniastigtion of Pop Il stars, and
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Figure 3.7. The epoch at which the contributions of Pop Il and Pop IIsstarthe cumulative ionizing
photon budget are equal vs. halo mass of host galaxias#&1 (z=9). Plotted are galaxies in run Over-
Dense_nH1e4 _fid (black), run UnderDense+_nH1le4 fid (sgat)yun UnderDense nH1e4 fid (blue). The
epoch of equivalence is earlier in more massive galaxies.

Pop Il star formation erupts in the newly metal-enriched gaalaxies with higher mass at
the time of Pop Il star formation can also radiate the PISBrgy more efficiently.

Figure 3.7 shows that the epoch of equivalence for individasaxies is also strongly
correlated with the mass of the halceat 0.1 (z=9). This trend is perhaps not surprising, as
the sites of formation for the first stars have to be the mastdi regions of the simulation
box, which would also produce the most massive galaxies. ithpressive, however, that
the trend is so definitive that it suggests we can predict goele at which Pop Il stars
became subdued based simply on the halo mass.

We have also calculated the duration of the Pop Il epoch byguke metal and ther-
mal energy budgets instead of the ionizing photon budget.tfrmal energy dominance
of Pop Il stars tends to last on average about ~10 Myr lonlgen the ionizing photon
epoch, with little variance, while Pop 11l metals remain doant for ~20-50 Myr longer.
These differences are significant, and can be understooddiynlg at the relative effi-

ciency of metal production of 170MPop Il stars compared to Pop Il counterparts. While
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our Pop Il stellar particles only generate an amount of rsetglivalent to 1.1% of their
initial mass, 170M Pop Il stars release almost 47% of their mass in metalsviatig a
PISNe, meaning that Pop Ill metal feedback is ~40 times mibeetae. In comparison,
the number of ionizing photons per stellar baryon per lifetiis 6,600 for Pop Il stars vs.
34,500 for 170 M, Pop 1l stars respectively, or only a factor of ~5 differemeefficiency.
The variation between individual galaxies can be causedhé&ynumber of non-enriching
100M,, Pop IlI stars that form there, and by the rate at which Popdisstorm, as their
feedback is released gradually over a longer interval oétibespite this variation associ-
ated with using different feedback budget quantities, aunctusion on the brevity of the

Pop Il epoch within each galaxy remains robust.

3.3.5 Extreme Pop lll Feedback

The duration of the phase of Pop Ill dominance may dependedetails of the implemen-
tation of stellar feedback. Here, we consider two additionas with artificially enhanced
Pop Il feedback. By=0.0625 ¢=15), the fiducial run OverDense_nH1e4 _fid has 34 Pop
[l stars, while run OverDense_ExtremeSN has 28 stars am®trerDense_ExtremeRad
run has 19 stars. At least part of this variation can be empthiby the stochastic effect
that the OverDense_ExtremeRad run happened to form L7BMNe progenitors more
frequently than the other runs, hence quenching further IRogtar formation in their
hosts. However, other evidence suggests that the extretegtiomn does indeed quench
star formation very efficiently. This can be discerned byrexang Pop Il star forma-
tion, as 20000M formed in run OverDense_nH1e4 fid, 7000 Nbrmed in run Over-
Dense_ExtremeSN, and 400QNh run OverDense_ExtremeRadaat 0.0625. While we
showed in Chapter 2 that the effects of baryon expulsion iividdal galaxies are tempo-
rary in both extreme feedback runs as well as the fiducialthengumulative effect of many
more extreme feedback events appears to have suppresdadfofimation at early times.
More specifically, the relatively high IGM temperature imr@®verDense_ ExtremeRad
(discussed in Chapter 2) means that newly accreted gas iruthigill take longer to cool
and condense to the densities required for star formatioroutr models, radiative feed-

back is more effective than SN thermal feedback as a mearegyafating star formation
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and modifying the structure of the ISM and IGM.

In both extreme feedback runs, the epoch of equivalence shquliback relative to
the fiducial run, however it is always reached befare 13. The epoch of equivalence
for ionizing radiation increased bya = 0.0073 in run OverDense_ExtremeRad, while
the epoch of equivalence for SN thermal energy increasedaby 0.0068 in run Over-
Dense_ExtremeSN. Even the drastic modifications to Pogédlback output causes only

marginal shifts in the duration of their epoch of dominance.

3.3.6 Low Mass Pop Il IMF

Using a standard Miller & Scalo (1979) IMF for Pop Il starsusas the duration of the
Pop IIl epoch to be somewhat shorter than in the top-heavygidicase. The epoch of
equivalence for ionizing radiation is reached in run OverBe LowMass & = 0.0622, a
mere 90 Myr after the first star forms.

However, the more important distinction in run OverDensawvMass is the relative
lack of suppression of star formation within individual g&es. Bya = 0.065 = 14.4),
the total stellar mass formed in run OverDense_LowMassas®@®f of ~3 larger than in the
fiducial run OverDense_nH1e4 fid (see top panel of Figure 3#e majority of stellar
mass in both runs is contained in the three most massivd@taing galaxies, each of
which has more stellar mass in the run OverDense_LowMasshisrrun, nearly all of
the stellar particles that formed in these three galaxiesnathin 10 pc of their galaxy’s
center, enriching the dense gas slowly and steadily to pespeefurther star formation. A
similar Pop Il core is seen in the fiducial run, however some Pstars and Pop lll stellar

remnants are found up to 100 pc from their galactic centess lfsttle panel of Figure 3.4).

3.4 Discussion and Conclusions

We find that Pop Il star formation can be expected to extenidlatieastz~ 10. However,
Pop Il stars are not the dominant source of any form of gldbatiback pasa ~ 0.07
(z~ 13) in our models, and only dominate individual galaxiesZ0rto 200 Myr.

The UV radiation of Pop Il stars and their powerful supera@ean temporarily evac-

uate neutral gas from the first galaxies, creating an oppitytéor ionizing flux from the
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subsequent generations of Pop Il stars to escape into the HaMever, it is unlikely that
the escape fraction was high because, as we showed in Chaptarétion from filaments
brings back most of the expelled gas on roughly the same tiaheg~150 Myr) as the
duration of the Pop Ill phase. This means that by the timefetanation resumes at the
center, the entire galaxy will again be surrounded by négtas, making it difficult for the
ionizing photons to escape.

We also showed in Chapter 2 that most of the metals generat®M would eventu-
ally fall back into the host galaxy rather than remaininghe tGM. This fact, combined
with the relative insignificance of the Pop Il metal buddegds us to conclude that Pop
[ stars did not play much of a role in enriching the IGM, ahdtinstead enrichment hap-
pened by normal stellar populations during and after thelkpdreionization. Though Pop
[l star formation is self-limiting in individual galaxigeshe absence of universal enrichment
implies that Pop Il stars could form in underdense regiamglafter the universe has pri-
marily transitioned to normal star formation. It is in the@$ massive galaxies that formed
in underdense regions where we might expect to find the mosntesignatures of Pop
[l stars, suggesting that ultra-faint dwarf spheroiddbgées and their disrupted remnants
within the Milky Way stellar halo may be the best place to lo8k the chemical signature
of PISNe metals is expected to be different from that of TyENe, and the metal budget
of Pop Il stars is the last feedback tracer to be overtakelRdgyll, studying the spectra of
old metal-poor stars with peculiar chemical abundancesimayne of the most promising
ways to observationally constrain the chemical histonheffirst galaxies. The first efforts
in this field of ’stellar archeology’ have already yieldeddresting results (e.g. Frebel et
al. 2007; Frebel & Bromm 2012), but there is more work to beeadtmincrease the sample
of metal-poor stars, and to improve our knowledge of theuratances, many of which
are currently too faint for detailed spectroscopy. The mgxteration of spectroscopic and
photometric surveys, such as Gaia-ESO and SkyMapper, igitifscantly improve the
sample, while the light collecting area of upcoming largeugrd-based optical telescopes
will enable detailed follow-ups of significantly fainterrudidates (Frebel, 2011).

According to mock observational analysis for JWST by Pawtikle(2013), galaxies

with SFR in excess of @M yr'! may be detectable &> 10. Only two galaxies in
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our simulation box meet this criterion in the final snapshtata9, and both are evolved
far beyond the point where Pop lll stars made a significantriturtion to their feedback

budgets. According to a separate analysis by Zackrissoh @2), JWST surveys that
target gravitationally lensed fields are much more likelydiscover primordial galaxies
than ultra-deep unlensed fields. These authors suggesgdhaties in which 0.1% of

baryons are in the form of Pop Il stars are detectable thnadigect starlight if they are in

the lensed field of the galaxy cluster J0717.5+3745. Howenare of our galaxies meet
this criterion at any given time.

A more promising way to detect galaxies that are still dorteday Pop Il stars is by
looking for PISN events directly. The light curve of a PISNti®ught to have a similar
peak luminosity to SN la, but can remain bright for hundrefidays, producing a distinct
signature (e.g. Scannapieco et al. 2005). This idea has dg#ared and shown to be
feasible for both LSST (Trenti et al., 2009) and JWST (Hummeidlg 2012; Pan et al.,
2012a; Whalen et al., 2012). Again, considering our findimgg tnderdense regions of
the universe may remain pristine until late times, we codelthat the best approach for
observing campaigns is to focus on areas where the spaiitecing signal is low, such
as cosmic filaments that connect two bright galaxies, to mepa the number of bright,
low-redshift detections.

If Pop Ill stars instead formed with a normal IMF (e.g. Greifaé 2011), they would
have even less impact on the universe, as demonstrated dpwumass IMF run. On
the other hand, while our extreme feedback runs showed hieaPop Il transition could
be delayed with stronger Pop Il feedback parameters, Hresiion inevitably happened
beforez= 13 and takes less than 250 Myr for even the least massivaigalaln both
cases, our modifications to the feedback output were sitigplisays to test the range of
potential impact of Pop Il stars without detailed modeloigdditional physical processes.
However, it is becoming clear that missing physics in galtotynation simulations can
have a wide variety of effects that are not accounted by autdd approach. For example,
momentum-driven winds from radiation pressure can sigauifily stir the ISM increasing
its susceptibility to other forms of feedback (Wise et all12b; Agertz et al., 2013). The

presence or absence of dust can affect the shielding capsbdf molecular clouds from
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UV radiation, thereby modifying fragmentation and potatyithe IMF of stars (Aykutalp
& Spaans, 2011). Dark matter annihilation (Smith et al.,20tosmic rays (Jasche et
al., 2007; Stacy & Bromm, 2007; Uhlig et al., 2012), magnéedds (Turk et al., 2012),
and X-ray feedback from the first black holes (Haiman, 20EbnJet al., 2012) could
also be potentially important. We plan to explore them fertim the next generation of

simulations.
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CHAPTER 4

Modeling the Metallicity Distribution of Globular Clusters

4.1 Introduction

A self-consistent description of the formation of globutdusters remains a challenge to
theorists. A particularly puzzling observation is the a@pd bimodality, or even multi-
modality, of the color distribution of globular cluster $gms in galaxies ranging from
dwarf disks to giant ellipticals (reviewed by Brodie & Steagd2006). This color bimodal-
ity likely translates into a bimodal distribution of the atalances of heavy elements such
as iron. We know this to be the case in the Galaxy as well as i, M®ere relatively
accurate spectral measurements exist for a large fracfitimeaclusters. In this paper we
will interchangeably refer to metal-poor clusters as blwsters, and to metal-rich clusters
as red clusters.

Bimodality in the globular cluster metallicity distriboth of luminous elliptical galax-
ies was proposed by Zepf & Ashman (1993), following a theoca¢imodel of Ashman &
Zepf (1992). The concept of cluster bimodality became useMy accepted because the
two populations also differ in other observed charactesstThe system of red clusters
has a significant rotation velocity similar to the disk statgereas blue clusters have little
rotational support, in the three disk galaxies observecetaitl Milky Way, M31, and M33
(Zinn, 1985). In elliptical galaxies, blue clusters havaghler velocity dispersion than red
clusters, both due to lack of rotation and more extendedamistribution. Red clusters
are usually more spatially concentrated than blue clugirsdie & Strader, 2006). All
of these differences, however, are in external propert@safion and kinematics), which
reflectwherethe clusters formed, but nbow. The internal properties of the red and blue

clusters are similar: masses, sizes, and ages, with oglytgifferences. Even the metal-
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licities themselves differ typically by a factor of 10 bewvethe two modes, not enough
to affect the dynamics of molecular clouds from which thdsesters formed. Could it be

then that both red and blue clusters form in a similar way oalkstales, such as in giant
molecular clouds, while the differences in their metatiicand spatial distribution reflect

when and where such clouds assemble?

All scenarios proposed in the literature assumed diffefemhation mechanisms for
the red and blue clusters, and most scenarios envisioneteler population of one mode
to be tightly linked to that of the host galaxy (e.g., Forbealg 1997; Cote et al., 1998;
Strader et al., 2005; Griffen et al., 2010). The other modessumed to have formed dif-
ferently, in some unspecified “primordial” way. This assuiop only pushed the problem
back in time but it did not solve it. For example, Beasley et2002) used a semi-analytical
model of galaxy formation to study bimodality in luminou$igtical galaxies and needed
two separate prescriptions for the blue and red clusterthdin model, red clusters formed
in gas-rich mergers with a fixed efficiency of 0.007 relatvdi¢ld stars, while blue clusters
formed in quiescent disks with a different efficiency of @00 he formation of blue clus-
ters also had to be artificially truncatedzat 5. Strader et al. (2005), Rhode et al. (2005),
and Griffen et al. (2010) suggested that the blue clustarkidnstead have formed in very
small halos az > 10, before cosmic reionization removed cold gas from sudébsh& his
scenario requires high efficiency of cluster formation ie 8mall halos and also places
stringent constraints on the age spread of blue clusters teds than 0.5 Gyr. Unfortu-
nately, even the most recent measurements of relativeeclages in the Galaxy (De Angeli
et al., 2005; Marin-Franch et al., 2009; Dotter et al., 20d@)not detect age differences
smaller than 9%, or about 1 Gyr, and therefore cannot sumpdelsify the reionization
scenario. Dotter et al. (2010) also show that the red clastave larger dispersion of ages
(15%, or about 2 Gyr) and those located outside 15 kpc of thedBa center tend to show
measurably lower ages, by as much as 50% (or 6 Gyr). In addi8trader et al. (2009)
find that the red clusters in M31 have lower mass-to-lighioeathan the blue clusters,
possibly indicating an age variation.

In this paper we set out to test whether a common mechanisid eaplain the for-

mation of both modes and produce an entire metallicity istion consistent with the
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observations. We begin with a premise of the hierarchicigaformation in aACDM
universe. Hubble Space Telescope observations have comyiyndemonstrated one of the
likely formation routes for massive star clusters today themmergers of gas-rich galaxies
(e.g., Holtzman et al., 1992; O’Connell et al., 1995; Whitmeteal., 1999; Zepf et al.,
1999). We adopt this single formation mechanism for our rhadd assume that clusters
form only during massive gas-rich mergers. We follow the giveg process of progenitor
galaxies in a Galaxy-sized environment using a set of cosgmdl N-body simulations.
We need to specify what type and how many clusters will forraanh merger event. For
this purpose, we use observed scaling relations to assgnask matter halo a certain
amount of cold gas that will be available for star formatibroughout cosmic time and an
average metallicity of that gas. In order to keep the moa@eldparent, we choose as simple
a parametrization of the cold gas mass as possible. Finalynake the simplest assump-
tion that the mass of all globular clusters formed in the raerg linearly proportional to
the mass of this cold gas.

Although such model appears extremely simplistic, we haraesconfidence that it
may capture main elements of the formation of massive dsist&ravtsov & Gnedin
(2005) used a cosmological hydrodynamic simulation of tiaéaGic environment at high
redshiftsz > 3 and found dense, massive gas clouds within the protogaldisks. If the
high-density regions of these clouds formed star clustkes;esulting distributions of clus-
ter mass, size, and metallicity are consistent with thosheGalactic metal-poor clusters.
In that model the total mass of clusters formed in each diskreaghly proportional to the
available gas mas¥|gc o< Mg, just as we assume here.

We tune the parameters of our semi-analytical model to cepre the metallicity dis-
tribution of the Galactic globular clusters, as compiledHsyris (1996). This distribution
is dominated by the metal-poor clusters but is also sigmiflgebimodal. We attempt to
construct a model without explicitly differentiating thed modes and test if bimodality
could arise naturally in the hierarchical framework.

We adopt a working definition of red clusters as having/He> -1 and blue clusters
as having [FéH] < —1. This definition should also roughly apply to extragakagiiobular

cluster systems. We use the concordance cosmologywith0.3, 2, =0.7,h=0.7.
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4.2 Prescription for Globular Cluster Formation

4.2.1 Cold Gas Fraction

We follow the merging process of protogalactic dark matiok using cosmological-
body simulations of three Milky Way-sized systems desdilieKravtsov et al. (2004).
The simulations were run with the Adaptive Refinement TregeddKravtsov et al., 1997)
in a 25h™ Mpc box. Specifically, we use merger trees for three large haks and their
corresponding subhalo populations. The three host halamico~ 10° dark matter parti-
cles and have virial masses10'?>M, atz= 0. Two halos are neighbors, located at 600 kpc
from each other. The configuration of this pair resemblesdhthe Local Group. The third
halo is isolated and is located 2 Mpc away from the pair. Alkthsystems experience no
major mergers at < 1 and thus could host a disk galaxy like the Milky Way.

In addition to the host halos, the simulation volume corg@narge number of dwarf
halos that begin as isolated systems and then at some poiat@onto the host halo. Some
of these satellites survive as self-gravitating systents the present, while the rest are
completely disrupted by the tidal forces. We allow both tlestrand the satellite systems
to form globular clusters in our model.

We adopt a simple hypothesis, motivated by the hydrodynamalation of Kravtsov
& Gnedin (2005), that the mass in globular clustdis, that forms in a given protogalac-
tic system is directly proportional to the mass of cold gathasystemMy. We define the
corresponding mass fractiofy, of cold gas that will be available for star cluster formatio

in a halo of masi, as
Mg

f,=—2
7 M,

(4.1)

wheref, ~ 0.17 is the universal baryon fraction (Komatsu et al., 2011).
The gas fraction cannot exceed the total fraction of baryamtgeted onto the halo,

which is limited by external photoheating and depends orctieff masdM(2):

1

o= M@ /M “2)

We use an updated version of the cutoff mass as a functiordshi (originally defined
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by Gnedin 2000), based on our fitting of the results of recantkations by Hoeft et al.
(2006), Crain et al. (2007), Tassis et al. (2008), and Okarab#b. (2008):

Mc(2) ~ 3.6 x 10°€ 6@ him . (4.3)

Given the scatter in simulation results and the numeriaatditions of the modeling of gas
physics, a reasonable uncertainty in this mass estimatetle @rder 50%. However, the
resulting cluster mass and metallicity distributions apévery sensitive to the exact form
of this equation. Note that Orban et al. (2008) provided ahezaevision of the equation
for M¢(2); our current form is more accurate. M.(2) falls below the mass of a halo with

the virial temperature of HK, we setM(2) equal to that mass:

2 Ho oo
Mcmin(2) = Mg = 1.5 1010Avi:yzw(;) h™M,, (4.4)

whereA,;; = 180 is the virial overdensity and(z) is the Hubble parameter at redshift
This criterion ensures that we only select halos able to efiimiently via atomic hydrogen
recombination lines.

Some of the baryons accreted onto a halo may be in a warm ohlasegall > 10* K)
unavailable for star formation, thufg < fi, < 1. We assume that only the gas in cold phase
(T < 10*K) is likely to be responsible for star cluster formation.€l¢old gas fractiory is
calculated by combining several observed scaling relatiéinom the results of McGaugh

(2005), the average gas-to-stellar mass ratio in nearlbnalspnd dwarf galaxies can be

M M.\ 07
I\/Ij ~ <|\/|S(Z)) , (4.5)

whereM; is a characteristic scale mass, which we found tdgg=0)~ 4 x 10®M,,. This

fitted as

relation saturates at low stellar masses, whigreannot exceed,,. At higher redshift the
only information on the gas content of galaxies comes froenstiudy by Erb et al. (2006)

of Lyman break galaxies at= 2. These authors estimated the cold gas mass by inverting
the Kennicutt-Schmidt law and using the observed star fatonaates. These estimates are

fairly uncertain and model-dependent. Within the uncaties, their results can be fitted
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by the same formula but with a different scale madg(z= 2) ~ 2 x 10'*°M,. To extend

this relation to all epochs, we employ a relation that intdaipes the two values:
Ms(2) ~ 107610352 v . (4.6)

An additional scaling relation is needed to complement eqgng4.5) with a prescrip-
tion for stellar mass as a function of halo mass. We compileyicombining the ob-
served stellar mass—circular velocity correlation with theoretical circular velocity—halo
mass correlation. Woo et al. (2008) found that the stellassya the dwarf galaxies in
the Local Group correlates with their circular velocitiegyich are taken as the rotation
velocity for the irregular galaxies or the appropriatehaled velocity dispersion for the
spheroidal galaxies. In the range’M, < M, < 10!°M,, appropriate for the systems that
may harbor globular clusters, the correlationvisx M%27+991 " This can be inverted as
M, =~ 1.6 x 10° M, (V;/100 km s$%)37,

CosmologicalN-body simulations show that dark matter halos, both isdldtalos
and satellites of larger halos, exhibit a robust corretati@tween their mass and max-
imum circular velocity (e.g., Fig. 6 of Kravtsov et al., 2004/ ~ 100 My /1.2 x
10*'M)%2 km s, This maximum circular velocity of dark matter is typicallywer than
the rotation velocity of galaxies because of the contrihutdf stars and gas. To connect
the two velocities, we apply the correctivp= v/2Vinay Which reflects the observation that
the mass in dark matter is approximately equal to the mastis sver the portions of
galaxies that contain the majority of stars. Then the equatin the last two paragraphs
lead toM, ~ 5.5 x 10!°(M;,/10'2M ) M.

We also need to extend this local relation to other redshiftsmroy & Wechsler (2009)
matched the observed number densities of galaxies of gtedarsmass with the predicted
number densities of halos of given mass fram 0 to z ~ 2, averaged over the whole
observable universe. They find that the stellar fractippeaks at massed,, ~ 102M,,
and declines both at lower and higher halo masses. The rdngasses of interest to us
is below the peak, where we can approximitdependence on halo mass as a power-law.

The results from Fig. 2 of Conroy & Wechsler (2009) are best Yitabsteeper relation
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than we derived for the Local Group and also show significamiation with redshift at
lower halo masses 10"Mg: M, o« MY3(1+2)72 (there is much less variation with time
around the peak at 1M, implying only a weak evolution in the total stellar density
atz< 1). We adopt the same redshift dependence to our localoslaivhile using the
shallower slope derived from Woo et al. (2008) because itsde#h a population of halos
in the mass range corresponding to the Milky Way progenitdtse stellar mass fraction

of isolated halos is thus

M.
fth

Mn
102M,,

0.1
f, = ~ o.32< ) (1+2)72 (4.7)

This relation steepens at low masses because of two addlitionts on the gas and stellar
fractions, which we impose to constrain the range of equat{d.5—4.7) to be physical.
First, the sum of the gas and stars (“cold baryons”) canncéed the total amount of
accreted baryons in a halo:
f.+fg < fin. (4.8)

At each redshift, there is a transition mads .4, below whichf, + fy = fi, and above
which f, + fy < fi,. For masse# < My cqiq (but not too low, see next paragraph), we set
farevisea= fin — f, with f, still given by equation (4.7). We consider the baryons thaiat
included infy or f, to be in the warm-hot diffuse phase of the interstellar mediu

Second, the ratio of stars to cold baryops = f./(f. + fy), is not allowed to increase
with decreasing halo mass. For massive haldg ¥ M, coiq) /1. MoOnotonically decreases
with decreasing mass because of the condition (4.5). At Soteemediate masséd;, , <
Mh < Mhcoids 14+ CONtinues to decrease but the gas fraction is reduced bytiditon (4.8).
At My < My, ., 11 would reverse this trend and increase with decreasing haksrbecause
the cold gas is almost completely depleted. Such a revessailikely to happen in real
galaxies, which would not be able to convert most of theidagds into stars. Therefore,
for all massed/, < M, , we fix 1., to be equal to the minimum value reached/at,. This
affects bothf, and fg.

We expect our stellar mass prescription to apply in the rarigmalo masses from 2@o

10'2M,,, at least for the Local Group. However, this relation breaken a halo becomes a
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Figure 4.1. Gas mass fractiors6lid lineg and stellar mass fractionl@tted line}vs. halo mass in our model
atredshiftz=0,1,2,3,4,5,6. Stellar fractions monotonically increase with time velgis fractions decrease
with time. The kink in the curves is due to our restriction be tmaximum stellar fraction via eq. (4.8).

satellite of a larger system. Satellite halos often havk daatter in the outer parts stripped
by tidal forces of the host, while the stars remain intactha inner parts. Unless the
satellite is completely disrupted, we keep its stellar nfagsl at the value it had at the
time of accretion, even though the halo mass may subsegudsattease.

The simultaneous effects of the above scaling relationsidiieult to understand as
equations. Figure 4.1 illustrates graphically the valuEshe gas and stellar fractions
used in our model at various cosmic times. zZ&t 0 the gas fraction peaks for halos with
Mj ~ 3 x 10 M. At lower masses it is reduced by the amount of accreted baryo
(eq. 4.8), while at higher masses it is reduced by the gasais- ratio (eq. 4.5). The
stellar fraction follows equation (4.7) at high masses bopd faster at low masses be-
cause of the constraint (4.8). For a Galaxy-mass Hdlpz~ 10?M, our model gives
M. =~ 5.5 x 10'°M, and Mg ~ 9 x 1®M.,. These numbers are consistent with the ob-
served amount of the disk and bulge stars and the atomic atetutar gas in the Galaxy,
from Binney & Tremaine (2008).

At earlier epochs at all masses of interest, the gas fragtidnigher and the stellar
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1012

Figure 4.2. Same as Fig. 4.1, but for an alternative stellar mass ppgar eq. (4.9).

fraction is lower. There is a range of halos Wity > 10'° M, which have an almost 100%
gas fraction at redshiftes> 3. Such halos should be most efficient at forming massive star
clusters.

We realize that our adopted relations for the evolution ef $kellar and gas mass are
not unigue, as we are basing each fit on two data points. Irir todest the sensitivity of
our results to these assumptions, we consider alternativetibnal forms for these fits in
Section 4.4.5. In particular, we give the stellar fractiost@eper dependence on halo mass

and weaker dependence on cosmic time:

Mh 0.5
fiat =032 (WM@> (1+27h (4.9)

Such a slower evolution of the stellar mass is consisterit thi¢ observational studies of
Borch et al. (2006), Bell et al. (2007), and Dahlen et al. @00 he corresponding gas and
stellar fractions are shown in Figure 4.2. Note that the amhad cold gas available for

cluster formation is not strongly affected by this changen{pare Figs. 4.1 and 4.2).
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4.2.2 Rate of Cluster Formation

Having fixed the parametrization of the available cold gasihen relate the gas mass of a
protogalaxy to the combined mass of all globular clusteesiit form within~ 10° yr (the
timescale of the simulation output). We based it on the rateveld in Kravtsov & Gnedin

(2005):
Mg/ fo

Mgc =3x 10°Mg (1+ py) oM
©

(4.10)

An additional factor, ¥ p,, allows us to boost the rate of cluster formation. Such aboos
may be needed because we form new clusters only at arhjtciidisen epochs correspond-
ing to the simulation outputs. Unresolved mergers betweemtitputs may requing, > 0.

In our model we find the best fit to the Galactic metallicitytdizition for p, ~ 3 (see Ta-
ble 4.1).

Note also that equation (4.10) imposes the minimum mass alicedapable of forming
a globular cluster. Based on dynamical disruption argumébéction 4.3) we track only
clusters more massive thay,, = 10°M,. Since we always havdly < f, My, in order to
form even a single cluster with the minimum mass, the halasé®be more massive than
10°M,,. For gas-rich systems at high redshiftgc ~ 107*My/ f, ~ 107*Mp,.

Given the combined mass of all clusters to be formed in anteig, our procedure
for assigning masses to individual clusters is as follows filét draw the most massive
cluster, which we call the nuclear star cluster, even thowghdo not have or use the
information about its actual location within the host gglaxd it is not important for our
current study. The mass assigned to the nuclear clidgy, is derived from the assumed

initial cluster mass functiordN/dM = MM 2

o dN
1= —dM 4.11
Mmade ’ ( )

which givesMpax = Mp. This normalization is constrained by the integral clustass:

Mmax  dN Mmax
Mgc = M—-—dM = Mpadn ——=. 412
e Mmin dM maxif Mmin ( )

The power-law initial mass function agrees both with theesiations of young star clus-
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ters and the hydrodynamic simulations. After the nucleaster is drawn, the masses of
smaller clusters are selected by drawing a random number G 1 and inverting the
cumulative distributionr = N(< M)/N(< Mmnay):

|\/Imin

M = L A M W) (4.13)

We continue generating clusters until the sum of their messa&ched/gc.

The formation of clusters is triggered by a gas-rich majorgee of galaxies, which
includes mergers of satellite halos onto the main halo akagedatellite-satellite mergers.
New clusters form when the halo massi-dlh simulation output exceeds the mass at the
previous output by a certain factor, and at the same time d¢he gas fraction exceeds a

threshold value:

case—1: My > (1+p3s) Mpji-1 and fy> pa (4.14)

Also, we require that the maximum circular velocity does detrease in this time step, to
ensure that the mass increase was real rather than a probterhalo identification. We
have experimented with a more relaxed criterion for the nhailo than for satellite halos,
With Psmain < Pasas but did not find a significantly better fit to the mass or metiyl
distributions. We therefore keep a single valuggfor all halos.

For some model realizations, we consider an optional atemm channel for cluster

formation without a detected merger, if the cold gas fract®very high:

case—2: fg> ps, (4.15)

where the thresholgs is expected to be close to 100%. This channel allows conti®uo
cluster formation at high redshift when the galaxies areezmely gas-rich. High-redshift
galaxies are probably in a continuous state of major and mimerging, but because of
their lower masses it is more difficult to detect such mergethe simulation. Additional
motivation for this channel follows from some nearby stasbgalaxies that are forming

young massive clusters despite appearing isoldfade- 2 formation is allowed only for
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Table 4.1. FiIbuciAL MODEL PARAMETERS
Parameter Value Effect

Omet 0.1 log-normal dispersion of mass-metallicity relation
P2 3.0 boost of the rate of cluster formation

P3 0.2 minimum merger ratio

P4 0.04 minimum cold gas fraction farase- 1 formation

Ps 0.98 minimum cold gas fraction farase- 2 formation

isolated halos before they are accreted into larger systsshbecome satellites. The epoch
of accretion is defined by the last timestep before the ofth@subhalo falls permanently
within the virial radius of its host.

Our model sample combines clusters formed in the main halareits satellites, either
surviving or disrupted. We exclude clusters from the ségallthat have a galactocentric
distance az = 0 greater than 150 kpc, which is the largest distance of achalglobular
cluster. We apply the criteria for cluster formation at gvémestep of the simulation
(every~ 1C® yr) for each of the three main halos and their satellite pafos. The rate
of cluster formation per every merger event is thereforerapimatelyMgc/10° yr.

In order to compare the distribution of clusters obtainehfrour analysis to the dis-
tribution of Galactic globular clusters, we normalize tb&at number of model clusters by

the ratio of the Galaxy mass to the simulated halo masses at

N =N MMW
normalized— 'Nmodel .
Mp1 +Mpz +Mps

(4.16)

We takeMyw = 10?M, and useéMy; = 2.37 x 10°M,, My, = 1.77 x 102M,, andMpz =
1.70x 10*?M, from Kravtsov et al. (2004).

4.2.3 Metallicity

The iron abundance is assigned to each model cluster angaiithe estimated average
metallicity of its host galaxy. The latter we obtain from tmass-metallicity relation for

dwarf galaxies of the Local Group at= 0 as formulated by Woo et al. (2008):

[Fe/H],=-1.8+0.4log ( i C;AM ) . (4.17)
©
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In fact, the same fit is valid for the smallest, ultrafaint digatudied by Kirby et al. (2008).
Thus we apply this relation to all protogalactic systemsunsmulation volume.

We also include the evolution of this relation with cosmiodi, based on the available
observations of Lyman-break galaxiezat 2 (Erb et al., 2006), Gemini Deep Deep Survey
galaxies az ~ 1 (Savaglio et al., 2005), and cosmological hydrodynammuations that

provide the average metallicity of galaxies (Brooks et2007; Davé et al., 2007):

[Fe/H](t) ~ [Fe/H], —o.os( ;gg_;r> : (4.18)

While this temporal evolution is probably real, it can chatige metallicity for the same
stellar mass by at most 0.36 dex in 12 Gyr. This amount is &mtidan the 0.4 dex change
of [Fe/H] due to the stellar mass variation by a factor of 10. In oudelpglobular clusters
form in protogalaxies with a range of stellar masses of sdwanders of magnitude (see
Fig. 4.9 below).

The observed mass-metallicity relation for a large samplgataxies observed by the
SDSS has an intrinsic scatter of at least 0.1 dex (e.g., Tnéraebal., 2004). We account
for it, as well as for possible observational errors, by adda Gaussian scatter to our
calculated [F¢H] abundances with a standard deviatiowgf;= 0.1 dex. The exact value
of this dispersion is not important and can go up to 0.2 dekout affecting the results
significantly.

Using equations (4.17) and (4.18) along with the procedofeSection 4.2.2, we
can generate a population of star clusters with the correfipg masses and metallici-
ties. The model contains two random factors: the scatteresbliicity and the individual
cluster masses assigned via equation (4.13). We sample taedom factors by creat-
ing 11 realizations of the model with different random seeldach realization combines
clusters in all three main halos. Taking into account that lalos are about twice as
massive as the Milky Way, the expected number of clusteraah enodel realization is
~ 150 (the observed number)2.37+1.77+1.7) ~ 870. The total set of all 11 realizations
includes~ 9500 clusters. For the purpose of conducting statistiché ten the distributions

of cluster mass and metallicity, we consider each reabimaseparately and then take the
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Table 4.2. SUMMARY OF MODEL EQUATIONS
Equation Section Description

4.2 42.1 fraction of baryons accreted onto a halo

4.3 42.1 cutoff mass for baryon accretion

4.5 42.1 cold gas mass relative to stellar mass

4.7 42.1 stellar mass relative to halo mass

4.10 4.2.2 mass in globular clusters relative to gas mass
4.17 42.3 stellar mass-metallicity relation for halos

4.24 4.3 evolution of cluster mass

median value of the calculated statistic.
For convenience, we provide a list of the most important &gonawe used in the model
in table 4.2.

4.3 Dynamical Disruption

Star clusters are prone to gradual loss of stars, and in sasesctotal disruption by in-
ternal and external processes. It is expected that the mastidn of globular clusters
has evolved through cosmic time, from an initial (probalalypower law) distribution to
the approximately log-normal distribution that is obselteday. Since the main focus of
this paper is on the observable properties of the Galactpulation, we evolve all of our
model clusters dynamically from their time of formation litite present epoch. We adopt
the evaporation via two-body relaxation and stellar evotuas the mechanisms for mass
loss. Tidal shocks are ignored for simplicity. Cluster madsanges because of the decrease
of the number of stars\,(t), by evaporation and the decrease of the average stella, mas

m(t), by stellar evolution:

1dM _ 1dN, 1dm_

= Vel M) —vsdt) mo) .

m

Mdt N, dt mdt (4.19)

We have assumed, as done in the recent literature, that dp@ration rate depends only
on cluster mass. The timdor each cluster is measured from the moment of its formation
We adopt the calculation of Prieto & Gnedin (2008) for thedidependent mass-loss

rate due to stellar evolution,t) (see their Fig. 7). That calculation uses the relation
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between star’s initial mass and remnant mass from Chernoffeé8n®érg (1990) and the
main-sequence lifetimes from Hurley et al. (2000). Overetiratellar evolution reduces
the cluster mass by up to 40%, for a Kroupa (2001) IMF. Thisliesghat no clusters are
disrupted by stellar evolution alone, and the net effechlyg a shift in the mass distribution
towards the lower end.

We now need to derive the evaporation ratg(M), as a function only of cluster mass.
We begin by writing down the standard approximation (Spjt2887) using the half-mass

relaxation timef:
_ & 7.25¢,mGY2InA

a tfh B M1/2 Rf31/2 !
whereé&, is the fraction of stars that escape per relaxation tiRygs the half-mass radius,

and InA is the Coulomb logarithm. We taka= 0.87 M., for a Kroupa IMF, and Ith = 12,

(4.20)

Vevy

which is a common value used for globular clusters (Spitz@87).

We then assume that at the time of formatlRndepends only on cluster mass, as
R, o M%_ and not on the position in the host galaxy. As a fiducial mogeluse a constant
density model wheré, = 1/3 (Kravtsov & Gnedin, 2005; Prieto & Gnedin, 2008). The
relation for the initial size is normalized with respect teetmedian observed mass of

Galactic clusters, 2 10° M, and their median size of 2.4 pc:

_ M©O) \”"
R,(0)=24 pc<2><105|\/I®> : (4.21)

A similar relation extends to other dynamically hot stegstems: nuclear star clusters
and ultracompact dwarf galaxies (Kissler-Patig et al., @00’ he mass-size relation may
change over the course of the cluster evolution. We consigewer-law relation with a

potentially different slope, so that the half-mass radesponds to changes in the cluster

R() _ (M)’
R(0) (M(O)> ‘ (4.22)

Our preferred value is again=1/3, but we also discuss results for other choice&aind

mass as

9. RecentN-body models of cluster disruption are consistent witly 1/3 (Trenti et al.,

2007; Hurley et al., 2008). Note that cluster sizes are oslduas an intermediate step
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Figure 4.3. Dynamically evolved clusters at= 0 in the fiducial model wittfe = 0.033,6 = dp = 1/3 (solid
histogran), compared to the observed distribution of Galactic glabelusters dashed histograjn Dotted

histogram shows the combined initial masses of model asiftemed at all epochs, including those that did
not survive until the present. In the model we do not followstérs with the initial masses below®MN,.

in the derivation ofve(M) and can be subsequently ignored. The evaporation time thus

L e\ MO\ Mo
Ver 10091 (o.oss) <2><105M@> (M(O)> ' (4.23)

The fractione is not well constrained. The lower limit ofy is achieved in isolated
clusters, for whichte = 0.0074 (Ambartsumian, 1938; Spitzer, 1940). Tidally-truecha

becomes

clusters lose stars at a faster rate, as first calculated hpi@ 961) and Spitzer & Cheva-
lier (1973). Using orbit-averaged Fokker-Planck modelsloéter evolution, Gnedin et al.
(1999) found, varying between 0.02 and 0.08 depending on time and clusteentration
(their Fig. 4 and Table 2). More recently, realistic dirdtbody models became possible
(e.g., Baumgardt, 2001; Baumgardt & Makino, 2003). Thesautations revealed that the
gradual escape of stars through the tidal boundary, whiobtispherical as in the Fokker-
Planck calculations, breaks the linear scaling of the gison time with the relaxation

3/4

time. Baumgardt (2001) suggested that the evaporationgzakes as,> <ty . Gieles

& Baumgardt (2008) verified this relation and found almosidependence on the cluster
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half-mass radius. Instead, they proposed an explicit digrege on the Galactocentric dis-
tanceRs and velocityVg, to reflect the strength of the local tidal field! oc w™ = Rs /Vs.
This givesy;! o« M¥4u™1. Their formula is similar to the empirical estimates of therdp-
tion time by Lamers et al. (2005);2 oc M%5,

Since the calculation of the local tidal field is currentlyybad our simple model, we
ignore the dependence on the Galactocentric distancedug #nat we can incorporate the
result of Gieles & Baumgardt (2008) for the disruption tiroge by using a lower value of
o =0 = 1/9. With this choice of the exponents, our equation (4.233gig o« M%3, We
discuss these alternative models in Section 4.4.6.

For consistency with Prieto & Gnedin (2008), we adgpt 0.033 for the fiducial
model.

With the above ingredients, we can now compute the clustssrattime after forma-
tion by invertingve (M) in equation (4.19) and assuming that most of the stellaluéon
mass loss happens much faster than the evaporation:

(4.24)

Y

‘ 2/(1+35)
M(t) = M(0) [1— / yse(t’)dt’] ll—“;’éyev,ot]
0

wherevey,o = ve(M = M(0)).

The initial mass function of globular clusters is evolveahfrthe time of formation until
the present epoch and is shown in Figure 4.3 for the fiducialehoThe observed mass
function in the Milky Way is well represented by a log-nornta$tribution. We derive
the masses of the Galactic clusters by taking their abséhitand magnitudes from the
Harris (1996) catalog and assuming a constant mass-toragjo M /Ly =3M; /L. The

functional form of a Gaussian built around Ieigfor the observed sample is given by

dN 1 _(logM -logM)?
diogM _\/EUM expl 207 , (4.25)

with the mearlogM = 5.22 and standard deviatian, = 0.61, in solar masses. The pre-
dicted mass function in the fiducial model wigh= 0.033 andj = Jp = 1/3 is consistent

with the observations. The Kolmogorov-Smirnov (KS) tesihability of the two mass
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Figure 4.4. The mass function of clusters in the fiducial model at diffiérepochs corresponding to the
cosmic times of 1 GyrA~ 5.7, dotted, 2 Gyr @z~ 3.2, dotted, 5 Gyr @z~ 1.3, dashedl, 9 Gyr (z~ 0.5,
dot-dashell and 13.5 Gyr£=0, solid).

functions being drawn from the same distributiofig vy = 7.4%. This value is the median
of the KS probabilities for the 11 random realizations oftt@del. The model distribution
is also well fit by a Gaussian, witbgM = 5.14 andoy = 0.65.

The mean of the model distribution is slightly lower than etved, implying that the
disruption process needs to be stronger to fully reconcitk the data. Clusters that start
out with low mass but are not disrupted effectively overthéatime over-populate the low
end of the present-day model mass function. Old and inteatedge clusters that started
with initial mass 5< logM < 5.4 and survived until the present era appear to be the main
cause of this discrepancy.

Figure 4.4 illustrates the evolution of the mass functiorrasosmic time as an inter-
play between the continuous buildup of massive clustdrs-(10° M) and the dynamical
erosion of low-mass clustersi(< 1°M,). Since we do not track the formation of clusters
below Mnin, the low end of the mass function was built by a gradual e\atpmr of more
massive clusters. The strongest bout of cluster formatappkns between a cosmic time
of 1 and 5 Gyr, and a peak of the mass function formd at 3 x 10*M,. The peak moves

to larger masses, 10° M, byt =9 Gyr, while a power-law tail develops at low masses. A
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Figure 4.5. Final mass of model clusters vs. their initial mass, for gk&mealization of the fiducial model.
Clusters are divided into three age groupanglesrepresent old clusters (age > 10 Gyjuaregepresent
intermediate age clusters (5 Gyr < age < 10 Gyr), aindes represent young clusters (age < 5 Gyr). All
disrupted clusters are placed at the bottom of the plotlustiiate the range of their initial mass. The birthline
of clustersM = M(0), is plotted as a dashed line for reference.

significant fraction of low-mass clusters is disrupted w9 Gyr and the present, as few
new clusters are produced.

The relation between the cluster initial and final masse$iasva in Figure 4.5. Old
clusters that have undergone significant amounts of dyrerarmd stellar evolution form
a tight sequence on this plot. The lower boundary with a deeseentration of points
corresponds to the expressibh= 0.63[M(0)-2.6 x 10° M], which reflects 13 Gyr of
stellar and dynamical evolution according to equation 4} \&ith the fiducial values of
the parameters. Thus an old cluster must have an initial wiaasleast 26 x 10°M, to
survive dynamical disruption. Clusters in the younger agrigs fill the space between
their birthline and this boundary. The youngest clustergelthe shallowest slope at low
mass, as few of them have had enough time to undergo sigrificemption. The mean
final mass for all three age groups is about the same, impliag some of the oldest
globular clusters could have been more massive at the tirtteeafformation than clusters
that have formed recently in the local universe.

Fall & Zhang (2001) suggested that a low-mass end of the memsgién should ap-
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Figure 4.6. Metallicities of model clusters formed at all epochs thatehaurvived dynamical disruption
by z= 0 in the fiducial modelgolid histogran), compared to the observed distribution of Galactic glabul
clusters {lashed histograin

proachdN/dM =~ constas a result of dominant disruption by two-body evaporatioor
mass function in the range3< log(M /M) < 5.0 is consistent with a power law lagil /d logM) =
0.891ogM -3.04, ordN/dM «x ML in good agreement with the expectation.

4.4 Results

4.4.1 Exploration of the Parameter Space

Overall, our model has five adjustable parameters (Table Zd.explore possible degen-
eracies among these parameters, and to find the parametieatsetoduces the best-fitting
metallicity distribution, we set up a grid of models in whiehch of the parameters was
varied within a finite range of values. The range was takerettalge enough to explore
all physically relevant values of each parameter.

The boost for cluster formatiom,, varied from 0 to 5. For consistency with the rate
derived in the hydrodynamic simulation of Kravtsov & Gne@®05), we aimed to keep
this parameter at low values.

The minimum mass ratio for mergengs, varied between 0.15 and 0.5. It is consistent
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Figure 4.7. Metallicity distribution in the fiducial model, split by thi@rmation criterion: major mergers
(case- 1) and early mergersc@se- 2). Solid histograms show the clusters formed in the main Gala
halo.

with typical major merger criteria used in the literatureg(eBeasley et al. 2002 ug®g =
0.3).

The cold gas fraction required for cluster formation duragierger,p4, could be rel-
atively low but non-zero, so that we consideree (b, < 0.2. This threshold parameter
accounts for why disk galaxies like the Milky Way are stilliting stars despite a low gas
fraction, while ellipticals are not.

The gas fraction focase- 2, ps, has to be very high — above 90%, as our prescription
predicts that many halos have a very high gas fraction at reglshift and could over-
produce blue globular clusters (as was the case in the Begisé. 2002 model).

We considered several values oy but found that a value of 0.2 or higher smeared
out the peaks in the metallicity distribution, while a vabfé failed to fill the extreme ends
of the distribution. We therefore include only three valiresur searchg,e;=0,0.1,0.2.

We find the best-fit model by searching through the multi-peater space and max-
imizing the KS probabilities of the metallicity distriboti, Pcsz, and the mass function,

Pcswm, being consistent with observations. The likelihood fimcalso contains additional
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factors that force the parameters towards the values thaowsider ideal. We require the
model to produce the observed number of clustérs, 150, scaled by the host galaxy mass
as in equation (4.16). We wish to maximize the fraction ostdus formed in the main disk,
faisk, t0 be consistent with the observed spatial distributiogc{®n 4.5). We penalize the
likelihood function for large values gb, and for any young clusters formed after 10
Gyr, Nagerio We also wish to minimize the fraction of clusters formeathgh thecase- 2
channel,fssea for simplicity of the model. Finally, we want to increase tlikelihood of
the metallicity distribution being bimodal, as characted by the Dip test,, which we

discuss later in Section 4.4.4. The actual likelihood fiorcthat we maximize is given by

logL = logPksz+0.3logPksm —[(N—150)/30F +log fyisk
_0.15p2 - 20Naﬂer10/N - 0.4fca5e2-|- 3 |Og Pd|p. (4.26)

The coefficients for each term were adjusted heuristicailyl we found that their relative
weights matched our expectation to select acceptableldisons. The “best-fit” distribu-
tion that maximize< is therefore a subjective fiducial model that we use to itatsthow

the bimodality may arise. We then look at how many model za#ibns are similar to the

“best-fit” for other possible values of the parameters.

4.4.2 Age and Metallicity Distributions

Figure 4.6 shows the predicted best-fit metallicity disttibn of model clusters and the
observed distribution of Galactic globular clusters, batétal-poor and metal-rich. Note
that we require our model to have the same formation criferiboth cluster populations;
we do not explicitly differentiate between the two modese ©hly variable is the gradually
changing amount of cold gas available for star formationt, ¥ee model predicts two
peaks of the metallicity distribution, centered on [Fé= —-1.54 and [F¢H] = —-0.58, in
remarkable agreement with the observations. The stan@aidttbn of the red peak is 0.24
dex and of the blue peak is 0.32 dex.

The probability of KS test of the model and data samples bémagn from the same

distribution isP«sz = 80%, that is, they are fully consistent with each other. ibmber
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of surviving clusters idN = 147, also matching the observations. Even though our cur-
rent model is extremely simple, this bimodality is reproedaaturally, without explicit
assumptions about truncation of the production of metalptusters at some early epoch
or about the formation of metal-rich clusters in a mergenas spiral galaxies.

We find that the main halo contributes more significantly ®rd peak than it does to
the blue peak (Figure 4.7). In particular, clusters with tighest [F¢H] appear to have
been formed primarily by late merging into the main halo.

The fraction of clusters formed viaase- 2 channel isf.,seo= 22%. These clusters
produce a single-peaked distribution of blue clusters.omti@st, clusters formed in major
mergers contribute to both red and blue modes, in about gropbrtions. We return to
this point in the discussion of globular cluster systemsligitecal galaxies in Section 4.7.

Clusters that formed after= 2 constitute the bulk of the red peak and contribute little
to the blue peak in the metallicity distribution (Figure ¥.8The strength of this result
implies that the gas reservoir and the rate of hierarchieaiging at intermediate redshifts
is conducive to the creation of red clusters. This resuld¢eitself well to the idea that
the simulation of Kravtsov & Gnedin (2005) was only able tprosluce the metal-poor
population of globular clusters because the simulationstagped ar ~ 3.

Our prescription links cluster metallicity to the averagaaxy metallicity in a one-
to-one relation, albeit with random scatter. Since the ayergalaxy metallicity grows
monotonically with time, clusters forming later have on tneerage higher metallicity.
The model thus encodes an age-metallicity relation, in #@reses that metal-rich clusters
are younger by several Gyr than their metal-poor countésparhis relation is required
in the model to reproduce the observed metallicity distrdny because very old galaxies
cannot produce high enough metallicities. However, Figu8shows that clusters of the
same age may differ in metallicity by as much as a factor ofaddthey formed in the
progenitors of different mass.

Available observations of the Galactic globular clusteysidt show a clear age-metallicity
relation, but instead indicate an age spread increasirty métallicity (De Angeli et al.,
2005; Marin-Franch et al., 2009; Dotter et al., 2010; Fo&ddridges, 2010). Red clus-

ters have younger mean age overall and may be as young-=as Gyr. Our model does
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Figure 4.8. Age-metallicity relation in all 11 realizations of the fidat model & 9500 clusters). The
build-up of massive halos drives the steep slope of thidioglaat early epochs. Outer histograms show
marginalized distributions on linear scale. Notice an omfemagnitude spread in metallicities of clusters
forming at a given epoch.

not appear to be in an obvious conflict with this trend. We deéiluster age as = to —t;,
wheret; is the time of formation. We find the mean age of 11.7 Gyr forldhe population
and 6.4 Gyr for the red population, with the standard desratf 1.3 Gyr and 2.7 Gyr,
respectively. More accurate dating of the Galactic andagpetactic clusters is needed to
falsify the predicted age-metallicity trend.

Distributions of the cluster formation time and environrhanthe fiducial model are
shown in Figure 4.9. The age distribution, which peaks gfipbetween 11 and 13 Gyr,
demonstrates that the majority of our clusters is still velg and falls in line with the
observed perception of globular clusters. However, theidigion of formation redshift
appears remarkably flat in the range<lz < 7, emphasizing that the clusters were not
formed in a single event but rather through the continuowsgss of galaxy formation.
Few clusters were formed prior to the era of reionizatiorsw#sciently large quantities of
gas could not be condensed to meet the mass threshold feercfaemation at redshifts
z> 9. The distributions of the total and stellar mass of the lya&ixies extend over three

orders of magnitude. Their extended high-mass tails dautiito the strength of the red
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Figure 4.9. Number of clusters in the fiducial model as a function of theéremment: redshift of formation
(top left pane), present aget@p right pane), host halo mass at the time of formatidroftom left pang| and
host stellar masspttom right panél

peak, as the most massive halos would form most metal-ricstenis.

Globular clusters form much earlier than the majority ofdistars. Figure 4.10 shows
the fraction of galaxy stellar mass locked in massive stasters, normalized for conve-
nience as 1Mgc/M.. To calculate this ratio, we summed over all protogalactistams
that would end up within 150 kpc of the galaxy centeza0, regardless of their location at
earlier times. Thus it represents a global cluster fornmagifficiency in a Milky Way-sized
environment. Specific realizations of the model differ inedlen the three host halos, by as
much as a factor of 2. This scatter is shown by the shadednregiahe plot. The globular
cluster mass includes their continuous formation and thesnh@ss due to the dynamical
evolution. A striking prediction of the model is a very higluster fraction at early times,
neart = 1 Gyr, ofMgc/M, =~ 10—20%. Star cluster production may have been a dominant
component of galactic star formationat- 3. Byt = 3 Gyr (@~ 2), the cluster fraction
drops to only a few percent, as expected for a galaxy undeggaitive star formation. At
the current epoch, massive star clusters make up less thé&o &f.the stellar mass. The

predicted ratio is progressively more uncertain at higleeishift because it relies on our
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Figure 4.10.Ratios of total cluster mass and number to the galaxy steléas, summed over all systems that
are located within 150 kpc of the centerzat 0. Lines represent the average over all three host halothaird
corresponding subhalo populations. Shading represeatsddtter in these ratios, given by the lowest and
highest values among the three hosts. Massive star clasteafion was a much more dominant component
of galactic star formation at early times than it has beerterast 10 Gyr.

extrapolated prescription for the galactic stellar magse bw-redshift prediction should
be robust. We also show a variant of the specific frequenayrpeter related to the number
of clusters,;T =N/(M../10°M,,), introduced by Zepf & Ashman (1993). It shows a similar
decline with time, reachin@ =~ 2 at the present.

These global cluster formation efficiencies agree with n@rgervations across galaxy
types. Rhode et al. (2005) find~ 1 for both red and blue clusters in the field and group
spiral galaxies. This parameter increases with the galaxysmin the Virgo cluster, Peng
et al. (2008) findT ~ 5 for galaxies in the mass range appropriate for the Milky Way
McLaughlin (1999) estimated the cluster mass fraction itnispiral and elliptical galaxies
to beMgc/(M, +Mg) ~ 0.0026+ 0.0005. This is larger than what we find by a factor of
several, but we count iN, all stars out to 150 kpc, which includes some satellite gatax
as well as the host. Therefore, both predicted cluster eff@es atz = 0 are reasonable.
Their rise at high redshift is an interesting predictiontod tnodel.

The model also shows that the globular cluster system dusnalore metal-poor than
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the stars in disrupted satellites, which are expected to fostellar spheroid of the Galaxy.
We calculated the mass-weighted metallicity of stars fatmehe disrupted satellites of all
three main halos (using egs. 4.7, 4.8, 4.17, 4.18). Thisutalon bears all the uncertainty
of our extrapolated time evolution of the stellar fractiomdanass-metallicity relation, but
nevertheless provides a useful estimate. We find the taibtif ktar metallicities as low
as the most metal-poor globular clusters, but the overallastdistribution peaks around
[Fe/H] ~ -0.3. A very similar situation is observed in NGC 5128 and diseuakby Harris
(2010). In our model, majority of globular clusters form bedf the bulk of field stars and
therefore acquire lower metallicities. For comparisore thetallicity of stars in surviv-
ing satellite galaxies peaks around [} ~ —0.8 and forms an intermediate population
between the clusters and the field.

Despite our attempts to incorporate it as a major penaltyhelikelihood statistic,
we were unable to completely eliminate the phenomenon ohgamassive star clus-
ters. Interestingly, these clusters did not originate m iiain galactic disks. All clusters
younger than 5 Gyr formed in satellite halos in the mass rand®'°—-10'*M,,, at dis-
tances 46-100 kpc from the center. Although the proper sample of theaGad globular
clusters does not contain any young clusters, there areadgu@ing massive clusters in
M31 whose ages were confirmed both from the visual and UV sdlBusi Pecci et al.,
2005; Rey et al., 2007) and from the integrated-light spsciopy (Puzia et al., 2005). The
actual analogs of young model clusters may be found in the LM@¢h hosts globular
clusters with a wide range of ages and continues to formelssiow. There may even
exist young star clusters with massesl0® M, in the Galactic disk, hidden behind tens
of visual magnitudes of extinction but revealing themseltreough free-free emission of
their ionization bubbles (Murray & Rahman, 2010). Massitar sluster formation at late
times thus paints a picture consistent with the idea thatytsdsuper star clusters are des-
tined to become observationally equivalent to globulastdts, as envisioned by Ashman
& Zepf (1992) and Harris & Pudritz (1994).

A separate criterion for the formation of clusters in extedyrgas-rich systemgg@se- 2)
is not necessary for achieving a good fit to the observed twtaldistribution. Though

we feel that the inclusion afase- 2 formation channel in the model is both useful and
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Figure 4.11. Metallicity distribution atz= 0 in the model withoutase- 2 formation &olid histogran,
compared to the observed distribution of Galactic globalasters dashed histograin

physically motivated, it takes away from the elegance afgisinly resolved mergers as a
lone formation mechanism. It turns out that the main benéfitlowing clusters to form
viacase- 2 is seen in the mass function of surviving clusters. The mgiss end of the
mass function matches the observations better if massies K@arimarily the main halo)
are allowed to form as many clusters as possible at earlystime

We searched the model grid withotiase- 2, by settingps = 1, and found an almost
equally good metallicity distribution as in the fiducial neddFigure 4.11 shows that this
distribution also appears bimodal and completely consistéth the data. The KS prob-
ability is Pcsz = 92%. In fact, even the mass function is only marginally lesssistent,
Pcsm =2.0% vs. 7.4% in the fiducial model. The parameters used tombtes distribution

were: p, =2.85,p3=0.16,p4=0.04,ps = 1, omet = 0.1.

4.4.3 Sensitivity to Model Parameters

The fiducial distribution discussed above is not unique agnaur results in its ability to
match the observations. Significant degeneracy exists groombinations of the model

parameters that produce metallicity distributions caesiswith the Galactic sample. Many
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Figure 4.12. Contour plot of the KS probability for the metallicity digiations in the plane of parameters
p2- ps. Contour labels are the actual probability valugssz. This plot shows that KS test alone cannot rule
out any region of the parameter space from being statisticahsistent with the data.

models within the grid have sufficiently high KS probabégi In this section we explore
which regions of the parameter space produce models sitoitaur best fit.

First, let us motivate the use of the likelihood functioneagivby equation (4.26) as
opposed to using a standard statistical test to select tbiefibe In the early stages of
development of our model, we relied on KS test alone to helpnaerstand the range of
parameters that produce metallicity distributions thataih@ghe observations. However,
once the model was completed, it became apparent that K&ltest was not powerful
enough for analysis of the results. This is clearly demasttin Figure 4.12, which shows
the value of the KS probabilitlik sz as a function ofp, andps across their respective ranges
in the grid. Each point represents the maximum possibde for the given values gb, and
ps with the other parameters free to vary within the grid. Tkislone to best represent the
full extent of the 5-dimensional parameter space withindir@ensional slice. Statistically,
any distribution withP«sz > 10% cannot be ruled out with confidence, implying that almost
the entire range of our parameters can produce statisticalsistent distributions! In

addition, although some regions of the parameter space liigher values oPxsz than
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Figure 4.13. Contour plot of the likelihood statisti€ in the plane of parameters, — ps. Contour labels
show percentages of the maximum. The highest-value regiaméegeneracy along the lipg=19p3;—0.91.

others, there is no clear pattern in the contours to help denstand the required physics
of star cluster formation within our semi-analytical reeip

In comparison, Figure 4.13 shows contours of the value ofikkéhood function from
equation (4.26), using the same scheme described aboveximipa the value at each
point. The shape of these contours demonstratesghand p; are degenerate in their
ability to produce good distributions. The degeneracy castneasily be understood by
noting that these parameters directly affect the total remab clusters: p, controls the
cluster formation rate per merger, whipg selects eligible mergers. It is therefore expected
that the contours show a correlation at high levels of theliliood function, as the statistic
depends sensitively on the total number of clusters.

Figure 4.14 shows the same type of contours as Fig. 4.13, iytfor distributions
with ps = 1. Disallowing thecase- 2 channel reduces the range of the parameter space
where good distributions are found. In particular, comgarethe previous plot, Fig. 4.14
lacks any viable models witp; > 0.3. Given the tight and steep correlation in this plot,
it is likely that larger values ofps would require very highp, > 5, which may violate

current observational constraints on the cluster fornmagtiiciency. However, Fig. 4.11
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Figure 4.14. Same as Figure 4.13 but for the models withoaise- 2. The highest-value region is a
degeneracy along the ling = 24p; - 1.1.

demonstrates that a good model can still be found with resdgrsmall values op, and
p3, without thecase- 2 channel.

To understand the sensitivity of the likelihood functionindividual parameters, we
also considered one-dimensional slices of the parameteesaround the fiducial model,
this time allowing for only one parameter to vary at a timegufe 4.15 illustrates how
the sharp peaks af allow us to select the best model more accurately than onabis bf
Pxsz alone. Particularly as a function p§ andps, Pc<sz varies slowly over the entire range
of the grid. On the other hangb, and ps must stay within a small range of their fiducial
values in order to achieve acceptable values of eftkey or L.

Figure 4.16 shows variation of the metallicity distributivhen individual parameters
deviate from their fiducial values. Each parameter can chaing shape of the metallicity
function and the number of clusters. The effects of varyagnd ps are almost opposite,
reflecting the degeneracy in the likelihood contours. Irtipalar, smallerps accommo-
dates more minor mergers, which allow massive hosts formemuetal-rich clusters as
well as some metal-poor clusters. Decreagmallows more clusters form through the

case- 2 channel; most of such clusters are metal-poor. The majer oblp, appears
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Figure 4.15.Marginalized single-parameter likelihood distributi@esund the fiducial modeL, / £max (solid
lines). Dashed lines show the metallicity probabilRys> normalized to the fiducial model value. Compared
with Pxsz alone, the likelihood functioi significantly tightens the constraints on the best valuethef
parameters. Filled circles show the fiducial model.

to govern the extent of the most metal-rich clusters — lowezdhold gas fraction allows
clusters to form in the later, more enriched environmentsiagsive hosts.

Figure 4.17 illustrates the response of the metallicityritigtion to simultaneous vari-
ations of model parameters. First, we plot two distribusievhere we changeps to 0.15
and 0.3 while keeping the other parameters fixed. The widthefmetal-poor peak broad-
ens ag; is lowered, indicating that a wider range of halos in theyearliverse were able
to produce clusters. Raisings has the opposite effect. Note that the locations of the
two peaks are remarkably robust to these changes. Stayimg=a.15, we setps = 1 to
eliminate thecase- 2 channel and sqt, = 0 to allow even gas-poor massive halos at low
redshift to form clusters. The result (long-dashed ling) dsstribution with a much broader
metal-rich peak, which extends well past the maximum meigllof the fiducial model.
The dot-dashed line represents a corresponding change=t®.08 andps = 0.96 for the
pz = 0.3 model. In this case, the metal-rich peak is severely degletd remains only as an

extended tail of a single-peaked, metal-poor distributiominated bycase- 2 clusters.
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Figure 4.16.The effects of varying individual model parameters on theaftieity distribution. In each panel
a single parameter is increaseabbtted ling and decreasedl@ashed lingrelative to the fiducial modekplid
line). The parameter values are indicated inside the panels.

These distributions are just some of the realizations oioodel that were rejected due to
their low values ofC. All of them have features that conflict with the observedatieity

distribution in the Galaxy.

4.4.4 Origin of the Metallicity Bimodality

The KS statistic measures the overall consistency of theetrenad observed metallicity
distributions, but not specifically bimodality or multimaldy within the distributions. In
order to address the particular issue of modality, we emplamyadditional statistical tests,
described in the appendix of Muratov & Gnedin (2010).

The Gaussian Mixture Modeling test indicates that the figlutistribution is bimodal
at a high level of significance (better than 0.1%). The peataling@ties of both modes
and their widths are close to the observed values and agtéettvem within the errors.
Both samples easily appear bimodal to the eye because thesmoel well separated, with
the dimensionless peak separation r&dio- 3. However, as discussed in the appendix of
Muratov & Gnedin (2010), the GMM test is sensitive to the asgtion of Gaussian modes.

It may indicate highly statistically significant split intawo modes when the distribution is
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Figure 4.17. The effects of simultaneous variation of several model patars. The fiducial modes¢lid
line) is plotted alongside four distributions that illustratdher outcomes of our modelShort-dashe@nd
dotted linescorrespond to respectively lowering (to 0.15) and raigiggto 0.3) away from its fiducial value
(0.2). Long-dashed lineorresponds to the model wifiy = 0.15, p, = 0, ps = 1. Dot-dashed lineorresponds
to the model withps = 0.3, p, = 0.08, ps = 0.96.

truly unimodal but skewed. For faster and more robust moelelsion we consider another
test of multimodality.

The Dip test compares the cumulative input distributiorhwite best-fitting unimodal
distribution. The maximum distance between the two cowedp to a dip in the differ-
ential distribution. The Dip test for the observed Galacligsters indicates that the dis-
tribution is 90% likely to not be unimodal. When applied to dgiucial model, the Dip
test implies it is 99% likely to not be unimodal. However,rénés a caveat that the prob-
ability of the Dip test depends on the number of objects ingaeple, similarly to KS
test. The higher significance of the model result does nonntieat the model is actually
more bimodal than the data, because we used all 11 randoiratézis of the model as a
combined sample to evaluate the Dip test. While this is noir&@emparison to the data, it
allows us to differentiate efficiently among alternativedats.

We ran the Dip test for all models on the grid in a manner sintitathe likelihood

statistic. The most interesting result of the Dip statisbmes from one-dimensional slices
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Figure 4.18. Median values of the Dip probabilitytrfangles among distributions with 14& N < 160,
binned according to each parameter. Dashed lines exteihe 5% quartiles ofy,. The fiducial model is
shown by a red dot.

of the parameter space. Considering only models with the alired number of clusters
in the range 146< N < 160, we binned the distributions according to the valueshef t
four parameters and found the median and quartild%;pfn each bin. Figure 4.18 shows
several trends. (i) Distributions with low formation rapg are unlikely to be bimodal.
The 75th percentile ofy;, increases systematically wifhy in the range 2< p, < 3, but
plateaus fomp, > 3. (ii) The most bimodal distributions requipg to be small enough to
allow for merger ratios 1:5 to trigger cluster formation. tBeenps = 0.2 andpz = 0.5,
the lower ps the better. However, mass ratios lower than 1:6 may diluteokiality. (iii)
The gas fraction thresholgl, should be under 10% for ideal bimodality, to include mergers
of massive galaxies. (iv) The fractiops has to be close to 1, implying tha@ase- 2
negatively affects bimodality. A conclusion from this plstthat bimodality appears in a
significant number of model realizations, for a wide rangparimeters. At the same time,
a similarly large number of realizations are unimodal.

The metallicity distribution is bimodal if metal-rich cltess constitute a significant sub-

set of all clusters. Thus, the fraction of red clustdys;, is a simple proxy for bimodality.
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Indeed, we find a strong correlation betwekgs andPyj,. The red fraction follows sim-
ilar, but weaker, trends with model parameters to those shiawrig. 4.18. The median
red fraction correlates most strongly wiga, increasing fromf,eq = 16% for ps = 0.96 to
frea= 32% forps = 1. The red peak is significantly stronger withaatse- 2 clusters.

We note that the Dip test, unlike KS test, does not depend ampaang the model
distribution to the Galactic sample. Therefore, the trefodoimodality derived from the
Dip test should apply to other globular cluster systems. Wecigate that bimodality
would likely arise if we applied our model with the parametdonstraints stated above
to any cosmologicaN-body simulation that follows the mass assembly history afrge
galaxy. Further discussion of applying our model in diffgrgalactic environments follows
in Section 4.7.

In order to investigate the underlying cause of bimodality,examined various proper-
ties of merger events. A merger event is defined as any timéalaes track when it meets
the criteria forcase- 1 formation. An important requirement here is the minimum sas
of cold gas needed to produce a cluster that would survivamyeal disruption. Through
equation (4.10), a cluster malgs> 2 x 10°M, requiresMy > 3 x 10®M,. This constraint
significantly reduces the number of eligible mergers. Wesatered the distributions of
halo mass, lookback time, and metallicity (without addiibdispersion) for all relevant
merger events. We find that relatively few mergers happeharspace of high metallicity,
high mass, and late time. Almost half of the mergers (44% tallace before = 12 Gyr,
and only 24% of the mergers happen in the last 10 Gyr. If we etsmted the events
that led to now-disrupted clusters, these humbers wouldagbeven further to 53% and
17%, respectively. Nevertheless, the recent mergers stanfibr two reasons: each such
event creates more clusters, and these younger clusteesteder chance of surviving
the dynamical disruption than the older clusters. Sincentimaber of clusters formed in
each merger is positively correlated with the galaxy mdssfeéw stochastic super-massive
mergers with high metallicity are likely to produce a sigeeint number of clusters, which
would separate the red peak from the blue peak.

We also considered that cluster bimodality may be linkedht rhass ratios in the

merger events. "Major" and "minor" mergers have been proptspthy different roles in
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Figure 4.19. Cumulative metallicity distributions of the fiducial modgusters split by the range of merger
mass ratios of their formation event.20< AM,/Mp < 0.3 (dotg, 0.3 < AM;,/My < 0.5 (dashey and
AMp/My, > 0.5 (solid ling). The similarity of all three distributions implies that raéicity bimodality is not
caused by mergers with any particular range of mass ratios.observed distribution is plotteddot-dashes
for comparison.

galaxy formation, so it is conceivable that different typéstar clusters may be formed de-
pending on the merger ratio. In Figure 4.19 we plot cumugatnetallicity distributions for
clusters grouped according to the mass ratios in the cHistating merger event. Merg-
ers with the closest masse&M,/M;, > 0.5, contribute 48% otase- 1 clusters, while
the lower two mass ranges each contribute equal portionseofetst. Running KS test on
these distributions revealed that they formally represgatistically different populations.
However, there is no clear-cut range of metallicities whame type of merging is exclu-
sively producing all of the clusters, and the overall shagfdte distributions are similar.
This uniformity suggests that bimodality is a natural capsance of hierarchical cluster
formation regardless of the exact definition of a "major" nesrg

Figure 4.20 shows how many models from the grid fall into icaftér ranges of the
Dip probability and the ratio ofase- 2 clusters tacase- 1 clustersN,/N;. The models
are restricted to have the normalized number of clustersd8)+N, < 160. The region

with the highest density of models is in the lower-right caref the plot, corresponding
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Figure 4.20.Number of models resulting in particular values of the Diplgability and the ratio ofase- 2
to case- 1 clusters, for all realizations of the parameter grid with titormalized number of clusters 140
N < 160.

to high Py, and lowN,/N;. Low values ofPy, are not significant since they cannot reject
a unimodal distribution. Effectively, bimodality requédl, /N; < 0.5. At the significance
level of Pyip = 90%, corresponding to the observed distribution, 38% efitid models are
bimodal if N,/N; < 0.3. This fraction drops to only 15% for.®< N,/N; < 1, and then
further to 9% forN,/N; > 1. These statistics confirms that bimodal populations appea
only when thecase- 2 channel is a secondary formation mechanism.

Another part of the explanation of bimodality of the surmgiclusters is due to the
dynamical evolution. Most of the disrupted clusters wed ahd blue. If we add these
disrupted clusters to the metallicity histogram in the fidumodel, the blue peak rises by
a factor of 2. The red peak remains virtually unaffected¢aithe more recently formed
red clusters are less subjected to dynamical disruption.raffethe Dip test on all grid
distributions, including both surviving and disruptedstiers. Among the models with the
number of surviving clusters in the range 1M < 200, few distributions havi;, > 50%
and none ha®g, > 80%. This means virtually no bimodality. Indeed, the disttions

appear almost entirely unimodal, with the peak in the blué and nothing more than
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Figure 4.21. Same as Figure 4.13 but for the models with an alternativecpirgion forM, as a function of
M, given by equation (4.9).

a tail in the red end. This leads to a prediction that lateetgplaxies, which have more
continuous cluster formation than early-type galaxiesy bwless likely to exhibit bimodal

cluster populations.

4.4.5 Alternative Formation Prescriptions

As alluded to in Section 4.2, some equations that we useceipréscriptions for the stellar
mass and the cold gas fraction were based on only a few olasporets. Currently there
is limited observational or theoretical understanding @itihese functions should behave
at high redshift, which is the period of primary interest éur study. Below we consider
some alternatives for these prescriptions.

The stellar fraction that we adopted from Woo et al. (2008yeHl motivated by Milky
Way dwarf galaxies at the present epoch, but the abundaatehing models such as the
one by Conroy & Wechsler (2009) predict a steeper dependembalo mass in the range
108Mg, < M, < 10'°M,,. Additionally, the redshift dependence of this relationngertain,
and recent observational surveys (Borch et al., 2006; Ball. e2007; Dahlen et al., 2007)

have advocated a slower evolution thar-@ 2 adopted in our model. To accommodate
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Figure 4.22. Metallicity distribution atz= 0 in the best-fit model with an alternative prescription¥br as a
function of My, given by equation (4.9)%6lid histogran), compared to the observed distribution of Galactic
globular clustersdashed histograin

this uncertainty, we re-ran the entire parameter grid withation (4.9) instead of equation
(4.7). The corresponding contour plot is shown in Figurel4agd the best-fit metallicity
distribution is shown in Figure 4.22. This best fit is capatfieeproducing the observed
metallicity (Pcsz = 49%) and mass distribution®dsm = 9.5%), similar to our fiducial
model. The acceptable range of the parameter space is rearama shifted towards higher
values ofp,, as the steeper mass slope otherwise prevents low-mass fiao forming

a sufficient number of clusters. Nevertheless, this alteragrescription still leads to a
significant chance of a bimodal metallicity distribution.

Current observational constraints on the gas fraction &b heglshift are even more
uncertain. We adjusted the fit by altering the scale massuatemn (4.6). As alternatives
to the fiducial model, we considered a power law of redsiMif,= Mso(1+2)%, and an
inverse time dependenckls = Mg (t/t)) ™. Both of these relations resulted in lower gas
fractions during the high-redshift epoch when most globalasters should form. The
gas fractions were too low farase- 2 formation for any reasonable choice pf. More

importantly, the low gas masses did not allow even the mosssiva halos to form star
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clusters until intermediate redshifts. Therefore, nonéhese fits is a viable alternative to
the fiducial model.

The same problems manifested if we took the simplistic aggiroof holding the gas
fraction constant for all halo masses at all times. This idaa initially considered to see if
we could generate simple results based only on halo mergerias without speculation
on the baryonic physics. We quickly realized that this applowas not going to work.
Settingfy too low effectively prevents cluster formation at high reils when blue globular
clusters are expected to form, as most halos cannot buildfipisnt mass to overcome the
minimum mass required to form a single massive star clugiscigssed in Section 4.2.2).
A constant gas fraction that is too high, on the other handsgmts obvious unphysical
predictions at low redshift, and in particular would draatly over-predict the number of
young clusters, forcing us to arbitrarily truncate theimfation.

We also considered an alternative parametrization of ttefgeation, suggested by

Stewart et al. (2009). They took the same observationaltants as us, but fitted them as

0.45
My M. ~0.59(1+2)
M, - 00 (4.5><1011M@> #.27)

This formula predicts so much cold gas at high redshift thabynow-mass halos would
be able to form clusters viaase- 2 channel for anyps < 1. If we completely disable
case- 2 formation and use the above prescription for the gas maséndienany model
realizations consistent with the observed metallicityribsition. This prescription differs
from our fiducial choice in that it produces considerably enpoung clusters and achieves
less clear metallicity bimodality. The maximum value of fhelihood function attain-
able with this prescription is approximately half of the walfor the fiducial prescription.
Nevertheless, it could still produce acceptable globulaster results.

In addition to changing the formulation of the fits, we inwgated the effect of adding a
random Gaussian dispersion with standard deviatjgrio the right hand sides of equations
(4.3), (4.5), and (4.7) to reflect their intrinsic scattemasdl as observational uncertainty.
Different random values for the three scatters are geng:fateeach halo at each timestep,

but we always force the condition (4.8) on the total baryomtent. For simplicity, we used
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the same magnitude of; for the scatter added to all three equations simultaneoMgty
re-ran the parameter search grid using = 0.1,0.2, and 0.3 dex. For each value @fs,
we were still able to find models with high values sz and overall likelihood statis-
tic, although these values decline with the increasing arhotiscatter. The metallicity
probability varies from 49% to 16% to 6%, fof,s = 0.1,0.2,0.3 dex respectively.

As an alternative to scatter in the cutoff mass (eq. 4.3) aifixed functional form
for the gas fraction (eq. 4.2), we tried adding scatter tcagiga (4.2) while keeping fixed
equation (4.3). Adding scatter tfy, allows the gas fraction to exceed the threshpid
much more easily and produce too margse- 2 clusters. To avoid unphysical results,
we analyze only results fazase- 1 formation. In this case we find the best-fit models
with Pcsz = 47% 13%, and 5%, fotrs = 0.1,0.2,0.3 dex respectively. These models are
still consistent with the observed Galactic distribution.

The addition of scatter as described above has two systesfédcts on any individual
realization of the metallicity distribution: the high m#igity tail is extended even further
and the height of the blue peak is damped relative to the daseszatter. The former effect
is due to the possibility of drawing higher values\df and hence higher [F&l]. The latter
effect arises from the enforcement of equation (4.8), wiigvents gas-rich halos at high-
redshift from gaining any extra gas from the positive scattequation (4.5); on the other
hand, negative scatter can prevent some of these halos feamg kligible forcase- 2
formation. Accordingly, the best distributions with highealues ofoys were found for
models with low values ops. We note that the Dip probability in most realizations is not
strongly affected by the new scatter, implying that the aceémearing of the peaks is not

significant and bimodality is preserved.

4.4.6 Alternative Dynamical Disruption

In Section 4.3 we noted that the expression for the evamoratite (eq. [4.23]) contains
some inherent parameters. Here we explore alternativemtisn models with different
values of¢, andé within the fiducial formation prescription.

The effect of decreasing. is simply to reduce the number of clusters that are com-

pletely disrupted by = 0. In the fiducial model witlfe = 0.033, about 60% of the orig-
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inal sample is disrupted. (Note that this implies that rdudhx 10’ M., worth of stars
in the Galactic stellar halo could be remnants of the digsdmiusters.) With the factor
of & =0.02, only ~ 30% are disrupted. With the factor ¢f = 0.01, almost all clusters
survive.

The effect of decreasing anddy is to shift the peak of the mass function to a lower
mass.

We repeated the grid parameter search for the best metaltistribution for two al-
ternative prescriptions, one witfy = 0.02, 6 = §p = 1/3, and the other witlf, = 0.033,

d =do=1/9. We found that in both cases our model could produce an whtsemally-
consistent metallicity distribution. However, loweringher & or § significantly alters the
mass function away from the data, by allowing too many lowssnalusters to survive.
Raising& andd may improve the mass function, but steers away from recamtcaints
on the two parameters (Baumgardt & Makino, 2003; Gieles &Bgardt, 2008). There-
fore, we ultimately conclude that our fiducial prescriptigp=0.033,6 = §o = 1/3) works
best.

For illustration, we list below the properties of the bestdals in the two alternative
prescriptions. Fog, = 0.02, § = §p = 1/3, we find a peak model that has a metallicity
distribution withPxsz = 69% and mass distribution withk sy = 0.02%. The parameters of
this model argp, = 4.4, p3s=1.4, p4 =0, ps = 0.99.

For & = 0.033,9 = 0o = 1/9, we find a peak model that has a metallicity distribution
with Pcsz = 19% and mass distribution witkcsy = 12%. The parameters of this model
arep,=4,p3=14, p;s =0, ps = 0.97. Its metallicity distribution is shown in Figure 4.23.
The overabundance of metal-poor clusters is clear.

The latter alternative prescription € 1/9) predicts the disruption time to scale with
cluster mass in a manner nearly identical to Gieles & Baudtg@008), if we take that
all model clusters have a mean galactocentric frequerey2.4 x 10"yr)™. Based on the
orbit calculations discussed in the next section, we findalar median value ol for
the sample of model clusters in the fiducial model. We also fiactorrelation between
w and cluster mass, which confirms our assertion in Sectioh&Bin such a model the

disruption time of the average cluster would scale with neasg! o« M3,
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Figure 4.23. Metallicity distribution atz= 0 in the best-fit model with an alternative dynamical disrup
tion prescriptiony = do = 1/9 (solid histogran), compared to the observed distribution of Galactic glabul
clusters {lashed histograin

4.5 Spatial Distribution

Using the samé&-body simulation as in this paper, Prieto & Gnedin (2008kstigated
the present spatial distribution of model clusters thatied in high-redshift (metal-poor)
galactic systems. They calculated the orbits of clusters fihe time when their host galax-
ies accreted onto the main galaxy and identified three dispopulations.Disk clusters
formed in the most massive halo that eventually hosts theepteGalactic disk. These
clusters, found within the inner 10 kpc, are scattered icteatric orbits by the perturba-
tions from accreted galactic satellitdaner halo clustersfound between 10 and 60 kpc,
came from the now-disrupted satellite galaxies. Theirteréie inclined with respect to the
Galactic disk and are fairly isotropi©uter halo clustersbeyond 60 kpc from the center,
are either still associated with the surviving satellitéagees, or were scattered away from
their hosts during close encounters with other satellites@nsequently appear isolated.
The azimuthally-averaged space density of metal-poorugolriusters is consistent
with a power law,n(r) o r™, with the slopey ~ 2.7. Since all of the distant clusters

originate in progenitor galaxies and share similar orbiithheir hosts, the distribution of
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the clusters is almost identical to that of the survivingeBae halos. This power law is
similar to the observed slope of the metal-poor globulastets in the Galaxy. However,
the model clusters have a more extended spatial distribigoger median distance) than
observed. In the model it is largely determined by the orbfitthe progenitor galaxies and
the epoch of formation. Moore et al. (2006) showed that thly-déarming halos are more
spatially concentrated and in order to match the Galacstridution, globular clusters
would need to form at ~ 12. However, such an early formation may be inconsisterit wit
the requirement of high mass and density of the parent mialeclouds.

In this work, we have retraced some of these steps to atteampptoduce the spatial
distribution of the whole Galactic globular cluster system

The clusters that formed in the disk of the main halo are assigadial positions ac-
cording to the exponential profilelN/dR o« Re®/R with the observed scale length of
the Galactic diskRy = 3 kpc. The azimuthal angles are assigned randomly. Thecakrt
position in the disk is also assigned randomly, with thees¢edight of one fifth of the scale-
length. The clusters are limited to the radial rangg@€ R < 10 kpc, where the observed
disk globular clusters are located. The distances are alen @ random Gaussian scatter
of 10% to replicate observational distance uncertainties.

Clusters that formed in satellite halos that survived urilO are assigned the present
position of the host, with a small displacement analogouskéodistribution in the main
disk. Clusters that formed in subhalos that did not survivid ar= O are initially assigned
the last known position and velocity of the host in the sirtiatg with the same displace-
ment as above. We then follow the orbits of these stray alsistietil z= 0 using a leap-frog
integration scheme with fixed time step.

The orbit integration follows Prieto & Gnedin (2008). The im&alo and the satel-
lite halos contribute their NFW potentials, while the diskishin the halos contribute the
Miyamoto-Nagai potentials with the total mass of gas antsstamputed from equations
(4.5) and (4.7). The total gravitational potential is congaliby linearly interpolating the
masses of halos and subhalos between the simulation stap§tusitions of subhalos at
each timestep are computed with cubic splines between #ypshots. We also include the

acceleration on the clusters that results from the use o$phiees, as described in Prieto
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& Gnedin (2008). Cosmological dark energy contributes antemtil component to the
acceleration in physical coordinates; = €2, H§ r.

Just as in the previous study, we find a more extended spatiabdtion of the globular
cluster system than that observed in the Galaxy. Clustetsaimaed in surviving satellites
(about 24% of the sample in the fiducial model) are the mosantidrom the center, as
forced by the location of the satellites. The orbit integmatfor the clusters formed in
disrupted satellites (about 52% of the sample) shows tlegetblusters also do not migrate
in r far from the last known position of their host. Such couplinghe dark matter halos
is the main reason for the overextended cluster system.

Clusters that formed in the disk of the main halo (the remair#d% of the sample)
most closely resemble the spatial properties of the Galatiisters. They are confined to
the inner 10 kpc and would be referred to as the bulge or disktets. However, this group
should contain more than 50% of the sample to be consistéhtolservations. A recent
paper by Griffen et al. (2010) similarly investigated thenfation of red clusters by major
mergers in the Aquarius simulation and concluded that siugtars must have formed in
the central disk.

Note that our orbit calculations, as well as those by Grit#¢al. (2010), use the grav-
itational potential derived in collisionless cosmologisanulations. Stars and cold gas
would deepen the gravitational potential in the inner ragiof the main halo and bring
the satellites closer to the center. Dense stellar nuclthetatellites should also survive
against tidal disruption longer than pure dark matter hald®e hydrodynamic simulations
of Naab et al. (2009) show that the combined effect of baryoag be to deposit half
of stellar remnants of the disrupted satellites, includimgir globular clusters, within 10
kpc of the center. This would effectively reconcile the peged cluster distribution with
the Galactic sample, since over 50% of our clusters formetisrupted satellites. More
detailed hydrodynamic simulations of galaxy formationaeeded to verify either hypoth-
esis.

An observational test of the cluster orbits would be possilshen proper motions
are measured for a large fraction of the Galactic clusterschSneasurements could be

achieved with the planned SIM-Lite space observatory.
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4.6 Globular Cluster Colors

We attempted another direct comparison of the model priedstwith the observed sam-
ple, by constructing single stellar population models g€nuzual & Charlot (2003) code
GALAXEV. As input for GALAXEV, we used the age and metalligifor each globular
cluster created with the fiducial model.

The distribution of the modé3—V color was considerably less bimodal than the metal-
licity distribution discussed in previous sections. Theimzause of the smearing of the
two peaks appears to be the younger age of metal-rich ctustedicted by the model. The
metal-poor clusters constitute a clearly defined peak-aV = 0.67, which corresponds
well to the blue peak of the Galactic sample. But the metdi-dlusters, which are ex-
pected to make up the red peak, have a ni@aW color of 0.77, while the observed red
mean is close to 0.85. The standard deviation of the red nubdsters is 0.08, implying
that the result is consistent within one sigma of the obskrbet the bimodality of the
distribution is not evident to the eye.

To test the hypothesis that the smearing of the color peakgaced was due to the
relative age of the populations, we ran the population sgithmodels again, this time
using a constant age of 12.1 Gyr for all clusters. The resylfistribution indeed appeared
to constitute two peaks, with a blue peak at a med®-6¥ = 0.67 and a red peak &-V =
0.84, with a clearly defined gap between them. It should be ribt&ida known discrepancy
exists between thB—V colors predicted by all major population synthesis codekthase
of observed globular clusters (Conroy & Gunn, 2009). All misderedict colors that are
too blue at high metallicity, which would directly play inemearing bimodality in our
result.

In addition to the colors, we examined the cluster luminesi{absolut&/-band mag-
nitudes) calculated by GALAXEV. These allow a more direangarison with the obser-
vations than the mass function presented in Section 4.3ywfoch we were required to
assume a constant mass-to-light ratio for all observedenisis This constarivl/Ly ratio
has been a traditional approach, but has come under reaetingdy Kruijssen (2008)

who argued thaM /Ly may vary as a function of cluster mass. However, the digiobu

129



of V-band magnitudes for our fiducial model has a KS probabilit§.8%, which is not a
significant departure from the 7.4% for the mass function. Mie tried the same exercise
as above by setting the ages of all model clusters to 12.1tyKS probability jumped to
25%. This improvement likely happened because we convéreeghagnitudes of observed
clusters into masses usiiy/Ly = 3, while GALAXEV typically predictedV /Ly < 3 for
the 12.1 Gyr isochrones. This brought the mean luminosityodel clusters closer to the
observed value than the average mass of model clusters waotiserved counterpart.
Even though these population synthesis results are initegesve believe that the mass
and metallicity distributions presented in previous smwiare more reliable. Population
synthesis modeling adds an extra layer of empirical unceyt&o our results, as the spe-
cific nature of horizontal-branch evolution remains an ésthat has not been completely

resolved.

4.7 Summary and Implications for Galaxy Formation Models

We have presented a model for the origin of the metalliciggribution of globular clusters.
In our scenario, bimodality results from the combinationta history of galaxy assembly
(rate of mergers) and the amount of cold gas in protogalagstems. Early mergers are
frequent but involve relatively low-mass protogalaxiesieh produce preferentially blue
clusters. Late mergers are infrequent but typically ineatwore massive galaxies. As the
number of clusters formed in each merger increases with thgemitor mass, just a few
late massive mergers can produce a significant number oflustiecs. The concurrent
growth of the average metallicity of galaxies between tle taergers leads to an apparent
“gap” between the red and blue clusters.

The peak metallicities of the red and blue populations amarkably robust to varia-
tions of the model parameters. The peaks encode the maséliaitgtrelation in galaxies
and do not depend strongly on the rate or timing of clustenfdron. The exact definition
of a major merger is also not important for our result, as laaghe merger mass ratio is at
least 1:5.

Our conclusions on the origin of metallicity bimodality amet significantly affected

by the large uncertainties in our knowledge of the stellassrend cold gas mass in high-
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redshift galaxies. We considered alternative prescriystifor the stellar fraction, gas-to-
stars ratio, and even dynamical disruption, but in all cdsesd a metallicity distribution
consistent with the observations. Such robustness irefidhtit most external factors are
not as important as the internal mass-metallicity relaiohost galaxies.

We find that dynamical disruption over the cosmic historyunaty converts an initial
power-law cluster mass function into an observed log-nbuiisribution. A continuous
formation of clusters in the first several Gyr help to repéénihe depleted low-mass end.
Dynamical disruption also helps establish metallicity bduality by preferentially deplet-
ing old clusters in the metal-poor peak.

Our prescription links cluster metallicity to the averaggaxy metallicity in a one-to-
one relation, albeit with random scatter. Since the avegadgxy metallicity grows mono-
tonically with time, the cluster metallicity also grows witime. Our model thus encodes
an age-metallicity relation, in the sense that metal-riclsters are somewhat younger than
their metal-poor counterparts. Observations of the Galagobular clusters indicate an
age spread that ranges from 1 Gyr for the inner blue clusde2€3yr for the inner red clus-
ters to 6 Gyr for the outer clusters, which is generally cstesit with the predicted spread.
However, the model may be marginally inconsistent with theesvation that some of the
metal-rich clusters appear as old as the metal-poor onete tRat our model is still sim-
plistic and does not include metallicity gradients withimjogalaxies, which may dilute
the predicted age-metallicity relation.

Our model demonstrates that star cluster formation duramgrgch mergers of proto-
galactic systems is a single mechanism that successfylipdaces many observed prop-
erties of the Galactic globular clusters. It may avoid thedh&r two separate formation
mechanisms for the red and blue clusters invoked in the moidBeasley et al. (2002).
Their model relied on constant cluster formation efficiemehative to the field stars, but
required different efficiencies for the two modes. While ted clusters in their models
continued forming through galaxy mergers, the blue clgstereded to be arbitrarily shut
off at z=5. This was the main cause of the bimodal metallicity disition in their model,
as the blue clusters did not have much overlap with the restels that formed in major

mergers involving metal-enriched gas considerably afte5. The Beasley et al. (2002)
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model also neglected the effects of the dynamical evolutiahshaped the present cluster
distribution. In contrast, in our model some old blue clustare disrupted and some are
unable to form at recent times because the protogalaxiegaar@oor. Another difference
is that in our model major mergers contribute both red and blusters, while in Beasley et
al. they contribute only red clusters. We also find that glabalusters form significantly
earlier than the bulk of field stars and therefore the two oame linked by a constant
formation efficiency at all times (see Fig. 4.10).

We have compared the metallicity distribution of globullusters to the mass-weighted
metallicity distributions of other stellar populations ai®dicted by our scaling relations
given in Section 2. We find that galaxy field stars overall hagingle-peaked distribution
with a mean of [FéH] ~ 0, a metal poor tail, and no stars with [F¢] > 0.4. This is con-
sistent with our current understanding of the metallicifystars in the Galactic disk. The
stars in surviving satellites, which correspond to Milky YMwarf galaxies, also appear to
have a single-peaked distribution with a mean metallidig/H] ~ —1. Only the globular
cluster system display a bimodal metallicity distribution

We derived some simple scaling relations for the overaltigfficy of globular cluster
formation. We adopted the cluster formation rate in gab;riagh-redshift merger events
(eqg. 4.10) that scales with the host system masMlas~ 10*My/f, ~ 10*M;,. We
have later learned of a similar empirical relation for alb&g of massive galaxies, derived
independently by Spitler & Forbes (2009) and Georgiev e(2010). The outcome of
the model is a prediction that the fraction of galaxy steffass locked in star clusters,
Mgc/M., is of the order 16-20% atz > 3 and then declines steadily with time to about
0.1% at present. The specific frequency parameter followsndas decline with time
and reachesl/(M../10°M.) ~ 1 at the present. These efficiencies are in agreement with
the compilations of McLaughlin (1999), Rhode et al. (20@B)¢d Peng et al. (2008). We
also find that the globular cluster system overall is sigarfity more metal-poor than the
galactic spheroid, which is populated by stars from theugisad satellites.

Our scenario can be applied to other galactic environmentsh as those of elliptical
galaxies which contain much larger samples of globulartehss For example, Peng et al.

(2008) showed that the fraction of red clusters increasmas 0% to 50% with increasing

132



luminosity of elliptical galaxies in the Virgo cluster. luomodel, globular cluster forma-
tion is entirely merger-driven. We showed that the Galastimple may have arisen from
early super-gas-rich low-mass mergers and later methalkigh-mass mergers. Compared
to the Galaxy, giant ellipticals are expected to experieanoee high-mass mergers which
would contribute more prominently to the globular clustgstem. As Figure 4.7 shows,
such mergers would produce comparable numbers of red aecchlaters simultaneously.
Thus the fraction of red clusters should increase with galaass, reaching- 50% for
giant ellipticals. This trend, observed by Peng et al. (306&y be a natural outcome of
the hierarchical formation.

At the other end of the galactic spectrum, dwarf galaxieslyikacked metal-rich merg-
ers and produced only metal-poor blue clusters. In padicw@E and dSph type dwarfs
which are now deprived of cold gas are not expected to comataynyoung and metal-rich
clusters. Some dlirr galaxies, such as the LMC, still possassiderable amounts of cold
gas and may produce younger clusters, although they drikstiy to have subsolar metal-
licity. The variety of globular cluster ages observed in théC indicates that it may have
had bursts of star formation throughout its cosmic evotutio

Our study places interesting constraints on galaxy foromatiodels. Within the frame-
work of our model, acceptable mass and metallicity distrdns result only from a certain
range of the parameters. In particular, the minimum ratimagses of merging protogalax-
ies strongly correlates with the cluster formation ratethd clusters form very efficiently
only a few massive mergers are needed; if the clusters foefficgiently many mergers are
needed, which requires a lower merger threshold. Howevassmatios of less than 0.2
are disfavored in the model (see Fig. 4.13). Formation ofsmasclusters in very gas-rich
systems without detected mergers (o@se- 2 scenario) improves the final mass func-
tion but is not required for reproducing the metallicity tdisution. Thus, globular cluster
formation solely in major mergers is consistent with theilatde observations. Finally,
our results rest on the derived prescription for the cold fgastion as a function of halo
mass and cosmic time. This prescription (Fig. 4.1) can keddsy future observations of

high-redshift galaxies with JWST and by detailed hydrodyitasimulations.
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CHAPTER 5

Conclusions

Here, | present a summary of all topics discussed in theghasd provide a roadmap

for future work that can further illuminate each subject.

5.1 Chapter 2 Summary

In this chapter, | revisited the formation and evolutiontd first galaxies using new hydro-
dynamic cosmological simulations with the ART code, andratited to quantify the effect
that Pop Il stars had on the evolution of these galaxies.dbuoulations featured separate
prescriptions for the formation of Pop Il and Pop Il starsheTlatter featured recently
developed model foH, formation and dissociation as presented in Gnedin & Krawtso
(2011), and a star formation recipe that is based on molecatlaer than atomic gas. For
the former, we developed and implemented a recipe for thredtion of metal-free stars in
galaxy-scale simulations that resolve primordial clouds wufficiently high density. We
based our recipe on the results of prior zoom-in simulatib@as resolved the protostellar
collapse in pre-galactic objects. We focused our investigan the possibility that a large
fraction of Pop Il stars were massive, and that many exmadepair-instability super-
novae. Our recipe prescribed very high output for ioniziadiation from Pop Il stars, and
thermal injections for the supernovae that generated shaic#l outflows.

Sufficiently massive galaxies which hosted Pop Il starsraitiretain dynamical sig-
natures of their thermal and radiative feedback for more th@& yr after the lives of the
stars ended in pair-instability supernovae, even when wsider the maximum reason-
able efficiency of the feedback. Though metals ejected bystipernovae traveled well

beyond the virial radius of the host galaxy, they typicalggm to fall back quickly, and
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do not enrich a large fraction of the intergalactic mediunalaRies with total mass in ex-
cess of 3« 10° M, re-accrete most of their baryons and transition to meteatbkad Pop I
star formation. This accretion process is driven by a coionm of the expanding virial
radius, increasing gravitational potential, and rapidow# of the early stages of galaxy
formation. Galaxies less massive than this limit were marmerable to the feedback,
especially those in underdense regions of the universe.olfedfthat roughly 20% of all
pair-instability supernovae may result in ejections thrat @ermanently incorporated into

the diffuse intergalactic medium.

5.1.1 Future Work

As discussed in the introduction of this thesis, studyirgfttst stars and galaxies with ab
initio cosmological simulations is inherently appealingedo the relative simplicity of the
initial conditions. This simplicity was exploited by reselers at the turn of the century
to make bold predictions regarding the first stars, difféegimg them significantly from
modern-day counterparts by the top-heavy initial masstfanc Our study showed that
even with a top-heavy initial mass function, it is doubtfiat Pop Il stars made much
of a long-lasting dynamical impact on their host galaxiese ##n still hope to observe
the impact of the first stars is by the actual detections af #glosions, which may be
possible with IWST (Wise & Abel, 2005; Hummel et al., 2012; Baal., 2012a; Whalen
et al., 2012). Alternatively, we can gain some clues by obsgrthe chemical signatures
of the stars which formed from their ejecta (Bromm & Loeb, 20Brebel et al., 2007).
Under detailed scrutiny, the formation of the first starsreirecompletely metal-free
gas was shown to be considerably more complicated thaallgibelieved. Indeed, turbu-
lence (Wise et al., 2008; Greif et al., 2008; Prieto et al12Q atif et al., 2013), magnetic
fields (Turk et al., 2012), and radiative feedback that coeitchinate accretion (Hosokawa
et al., 2011; Stacy et al., 2012) could potentially push & Ito lower characteristic
masses. Perhaps most importantly, simulations that agedino follow the protostellar
cores for long periods of time find that fragmentation caruredly occur from classic
disk instabilities (Stacy et al., 2010; Clark et al., 2011eiGet al., 2011, 2012). It must

be said that no simulation has actually followed the acorefirocess to its termination,
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and the protostellar cores may continue to grow to be moresiveasFuture simulations
should focus on following these processes for longer psraddime and culminating into
a statistical initial mass function.

From the perspective of galaxy formation simulations like bnes which constitute my
thesis, the way forward most likely involves scaling dowm estimate for the characteristic
mass of Pop Il stars in future works. At the very least, ptadns should be made for the
chemical signatures and supernova rates for Pop Il stakaging masses. We have
already begun to look at this with the "low-mass Pop Ill IMFhiscussed in sections of
Chapters 2 and 3. In future works, this can be made more riedbgtiracking the details
of ordinary stellar explosions in the minihalo environmenstudies such as Ritter et al.
(2012) have already taken the initiative on this frontienc® the sample of low-metallicity
stars becomes well characterized, and JWST is able to prahdftoiently high redshifts,
our models will finally be constrained and ab initio simubas of galaxy formation can

accurately connect to later epochs.

5.2 Chapter 3 summary

In this chapter, we investigated the transition from prichalPop Ill star formation to nor-
mal Pop Il star formation in the first galaxies using the colemical hydrodynamic sim-
ulations first presented in Chapter 2. Continuing the simutatiafter the pair-instability
supernova explosions revealed that while these explosieaded their host galaxies with
metals, the enrichment of the intergalactic medium was wegfficient, even with our as-
sumption of a top-heavy initial mass function. This meaias Bop 111 star formation could
potentially continue untit= 6 in different unenriched regions of the universe, befoiadpe
ultimately shut off by cosmic reionization.

Given this pattern, each galaxy is responsible for its owenaical enrichment. A single
pair instability supernova is all that is needed to seed Psiat formation, and Pop Il stars
typically overtake Pop Il stars in 20-200 Myr, based on theant of stellar feedback and
metal production. The exception to this rule happens formailes in underdense regions

with very slow accretion rates.
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5.2.1 Future work

As discussed in the summary of Chapter 2, the conclusionsotttapter are also liable
to change when considering alternative forms for the masstion of Population Il stars.
If the chemical feedback of the first stars is somewhat moréasiy) one supernova will no
longer be enough to facilitate a complete transition to Psfalr formation within a galaxy.
This puts greater emphasis on the need to understand staation in low, but non-zero
metallicity environments. We postulate that the inclusasbdust physics into fully radiative
hydrodynamic simulations, combined with realistic duglgs from early supernovae will
allow for the most sophisticated simulations of the progests The critical metallicity for
the transition to Pop Il star formation is subject to vary eeging on dust content of the
gas. Recent studies (e.g., Aykutalp & Spaans 2011) indibatehe interplay between UV
radiation field and metallicity must be considered when mieiteing whether gas can cool
enough to fragment efficiently in star-forming regions. Ewe the high-density regime of
protostellar collapse, dust cooling makes a difference ({anet al., 2005).

Another way to make these simulations more realistic is hys@ering the feedback
effects of radiation pressure from starlight. This is cathgbeing explored in modern-day
star-formation (Hopkins et al., 2011; Agertz et al., 2018)eell as mostly primordial envi-
ronments (Wise et al., 2012b). The strength of this feedib@ak also depend significantly
on dust physics, as dust provides an additional source afadjpkepth to drive winds. Gen-
erally speaking, ab initio simulations of galaxy formatidaring unresolved epochs can
only be fully trusted once the community can agree on a siongtaprehensive, realistic
recipe to model present-day stellar feedback.

The payoff for performing these more realistic high-reflsgalaxy simulations is im-
measurable. These galaxies are attributed to being thangstected faint sources that
contributed to reionization (Robertson et al., 2013), thiéding blocks of present-day mas-
sive galaxies, and in some cases, they can even survive ¢tongeemnant dwarf galaxies
(Ricotti & Gnedin, 2005). Ultimately, a self-consistenetry of galaxy formation will
require that ab-initio simulations of the first galaxies t@nconnected to the present day.

The accuracy of our modeling should become increasinglgttamed when new observa-
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tional facilities such as JWST, ALMA, LOFAR, and the next gextion of ground-based

optical telescopes become fully realized.

5.3 Chapter 4 Summary

In this chapter, | presented a model which prescribes th@dton of globular clusters
semi-analytically using galaxy assembly history from cokigical simulations coupled
with observed scaling relations for the amount and metgllaf cold gas available for star
formation. We assumed that massive star clusters form omlyng mergers of massive
gas-rich galaxies and tune the model parameters to repedtiecobserved distribution in
the Milky Way. A wide, but not entire, range of model realipats produced metallicity
distributions consistent with the data. The resulting ety distribution of the clusters
was bimodal, with the peaks occurring at the same metadigcés in the Milky Way’s. The
distribution of cluster masses was also consistent witlMhiey Way’s once we applied a
realistic treatment of dynamical mass disruption.

Many of the clusters were formed in now-disrupted sateljadaxies. Others were
formed in surviving satellites, with some potentially asnting for the massive star cluster
population associated with local dwarfs like the Large Mizgéc Cloud. A third popu-
lation that was primarily metal-rich formed in the most mesgrogenitor, making them
analogous to the bulge population of the Milky Way. We fouhdttearly mergers of
smaller hosts create exclusively blue clusters, wherebsesjuent mergers of more mas-
sive galaxies create both red and blue clusters. Thus biliypa@aises naturally as the
result of a small number of late massive merger events. Tdrislasion is not significantly
affected by the large uncertainties in our knowledge of telas mass and cold gas mass
in high-redshift galaxies. The fraction of galactic stelaass locked in globular clusters

declines from over 10% a> 3 to 0.1% at present.

5.3.1 Future work

One very notable challenge remains for the hierarchicabgaformation scenario to ex-
plain the properties of globular clusters - dark matter. Sudy, as well as other works

that have modeled and simulated the formation of globulastels (Beasley et al., 2002;
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Bromm & Clarke, 2002; Boley et al., 2009; Griffen et al., 201§2nerally prescribe glob-

ular clusters to form in environments where the dark matesrsity should also be high.
However, to date, studies have generally found that thame ynamical evidence for the
presence of dark matter within globular clusters (Conroylet2®11), even taking into

account the gradual dynamical evaporation of dark matteigies (Baumgardt & Mieske,

2008). If the evidence continues to be inclined this wayusators and theorists will need
to provide explanations for how gas physics can cause tratetkito form off-center in

halos, thereby averting significant dynamical contribagsidrom the dark matter. Fortu-
nately, studies are already beginning to show that this isuasgble phenomenon (Powell
et al., 2013). Our group’s future simulations that will inde detailed treatment of dust
physics can shed further light on this, as we may be able twod& regions where the
star-formation efficiency ought to be high enough where masstar clusters may form

shielded from the negative effects of internal and exteiewdback.

Another recently discovered phenomenon in globular ctestethe apparent presence
of multiple stellar populations, or at the very least, a @griof enrichment patterns within
each cluster (Conroy & Spergel, 2011). Future work shouldlile to self-consistently
account for this phenomenon, allowing for multiple burstsl/ar self-enrichment by re-
accretion of outflows.

The models presented in our study were specifically createbliiky Way-like galac-
tic environments, and meant to reproduce the propertieslgftoe Milky Way’s globular
cluster system. Future semi-analytical efforts will hawebtoaden the focus of model-
ing to also self-consistently reproduce the varying propsrof globular clusters in other
galaxies, from massive ellipticals to dwarf irregulars. eéAgolor, brightness, and metal-
licity measurements for large samples of extragalactibgjar clusters will significantly
increase the database available for constraining futurdetimg attempts (Chies-Santos et
al., 2011; Cho et al., 2012; Pota et al., 2013). Once bettestants become available for
the gas and stellar content of high-redshift galaxies, tbdats may need to be re-tooled
to match these constraints.

One final possible future direction of research that willtsysize the work presented

in all three chapters of this thesis is a study of the poténtatribution of early globular
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clusters to cosmic reionization. This possibility has bdextussed in literature (Ricotti,
2002; Griffen et al., 2010, 2013; Katz & Ricotti, 2013), aslgllar clusters’ ages are not in
conflict with the possibility of forming prior to reionizain. Indeed, in order to reproduce
the current mass function of globular clusters, the totabraf star formation that occurs
in massive clusters approaches unity at high redshift, ssudsed in Chapter 3 (Muratov
& Gnedin, 2010). If massive clusters do form efficiently invionass galaxies, especially
if they can form off-center, we expect that the escape foactif ionizing radiation to be
high, easing observational constraints on reionizatibthis is indeed a physical possibil-
ity, this process may be resolved in my next generation otigtions by our group. Oth-
erwise, the simulations should resolve the formation obglar clusters after the epoch
of reionization, whether it be in protogalactic mergersgisov & Gnedin, 2005) or in
star-bursting Lyman-alpha emitters (EImegreen et al. 220&ither conclusion would be a

ground-breaking theoretical study in both galaxy forma@md globular clusters.
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